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F O R E W O R D  

The co l loqu ium on white dwarfs reported in this book was held at 

Dartmouth College 14 - 19 August 1988 and was jointly sponsored by Dartmouth 

College and the International Astronomical Union as IAU Colloquium Number 114. 

Over the years, there have been a number of international meetings devoted to 

white dwarfs,  and the proceedings of such gatherings document  the steady 

increase in our knowledge of these objects. Perhaps the beginning can be placed 

with the International Colloquium on Novae and White Dwarfs held in Paris in 

1939 (Shaler 1941), followed by IAU Col loquium No. 42 (Luyten 1971) which 

took place in St. Andrews and IAU Colloquium No. 53 in Rochester (Van Horn & 

Weidemann  1979). There have been a number of other conferences on white 

dwarfs. These include the European Workshops beginning with the 1974 Kiel 

meeting, and the Delaware workshops, the first taking place in 1980. Numerous 

other meetings on related subjects such as faint blue stars and planetary nebulae 

have also taken place. Each meeting has been typified by the unusually good 

relations and comaraderie of the people who work on white dwarfs. 

The Dar tmouth meet ing resulted from the Delaware workshop held in 

Montreal in June 1983 when I promised to host a meeting in Hanover. However, 

in early 1986 when I was planning it, Brian Warner suggested to me that another 

IAU colloquium on white dwarfs was due and that it would coincide nicely with 

the Baltimore General Assembly in 1988. The first step was to form a Scientific 

Organizing Commit tee  and the following people kindly consented to serve as 

members: F. D'Antona (Italy), G. Fontaine (Canada), D. Koester (U. S. A.), J. Liebert 

(U. S. A.), J. Pringle (U. K.), G. Shaviv (Israel), H. M. Van Horn (U. S. A.), G. Vauclair 

(France), B. Warner (South Africa), R. Wehrse (F. R. G.), V. Weidemann (F. R. G.), 

and G. Wegner (U. S. A., Chairman). 

Next, endorsement for the colloquium had to be obtained from commissions 

of the IAU. The present meeting was held with the sponsorship of the following 

IAU Commissions: 29 (Stellar Spectra), 35 (Stellar Constitution), and 36 (Theory of 

Stellar Atmospheres) .  

The Local Organizing Committee consisted of: F. I. Boley (Chairman), G.  

Wegner, R. K. McMahan, J. R. Thorstensen, and D. Mook. A number of other people 

worked very hard to make the meeting happen. Kay Wegner and Josef  Wegner 

handled most of the details of the mailings, printing programs, finances, and 

organization of social activites. The Dartmouth Conference Center was responsible 

for the dormitory arrangements.  Several others helped in ways crucial at the 

time: Steve Swanson, Ralph Gibson, Fred Ringwald, Robert Hamwey,  May Suzuki, 
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Connie Elder, and Judy Lowell. Prof. John Cummins delivered the after dinner 

speech, "Ripples: A View from the Outside", which was enjoyed by all present at 

the banquet held at the Dartmouth Outing Club. The United States Park Service 

gave a special tour of the Saint Gaudens Historical Site for our delegates. We are 

most grateful to all of those named above for their efforts in our behalf. 

Both the IAU and Dartmouth College provided financial support for this 

meeting. In this respect,  we wish to acknowledge these organizations and in 

particular Associate Dean of Science P. Bruce Pipes of Dartmouth for his 

endorsement of the conference. As a result, the colloquium was attended by 115 

registered participants from 17 nations and it was possible to give 18 persons 

partial support for either travel or local expenses. There were 44 oral papers 

given in Dartmouth's  Cook Auditorium and 58 poster presentations, available for 

viewing during the week in Alumni Hall and discussed during the oral sessions. 

We are grateful  for  the following individuals who conducted valuable and 

insightful reviews of the posters: F. Wesemael (Canada), H. M. Van Horn (U. S. A.), 

K.-H. B6hm (U. S. A.) and B. Warner (South Africa). 

The accompany ing  volume contains the numerous  new and original 

contributions presented at IAU Colloquium No. 114. We are thankful to the firm 

of Springer-Verlag for undertaking to publish them. The amount of  material 

exceeded our original expectations and consequently there were problems with 

keeping the book at a manageable size. As a result, we have not published the 

abstracts of some of the longer papers and have omitted the often lively 

discussions fol lowing the presentat ions also in the interest  of  conciceness.  

Nevertheless, it is hoped that none of the main parts of the material have become 

lost and that this volume will remain a reminder of a pleasant meeting and a 

tribute to all those people who have contributed to the field of white dwarfs. 

Gary Wegner 

Dartmouth College 

December 5, 1988 
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MASS DISTRIBUTION AND LUMINOSITY FUNCTION 

OF WHITE DWARFS 

Volker Weidemann and Jie W. Yuan 
Institut f. Theoretische Physik u. Sternwarte 

der Universit~t Kiel, D-2300 Kiel i, F.Ro Germany 

i. The white dwarf mass distribution 

Ever since Graham's Str6mgren photometry (1972) demonstrated the exist- 

ence of a single well defined cooling sequence of DA white dwarfs the 

question of the mass dispersion (or the width of the number-mass distri- 

bution) has been in the foreground of my studies (Weidemann, 1970, 1977). 

Indeed it turned out that the shape of the white dwarf mass distribution 

provides strong constraints on the theory of stellar evolution with mass 

loss, a fact which will be demonstrated again in the following lecture. 

It therefore seems worthwhile to dwell in some detail on the methods of 

its determination. For the benefit of the non-specialists I shall first 

present some of the historical results and then continue to discuss the 

present situation. 

After my demonstration (1970) that Str6mgren photometry was highly supe- 

rior to Johnson (UBV) photometry, due to the fact that the narrow bands 

are essentially line-free, and after understanding the S-shape of the 

line-free DA-sequence as caused by the effects of Balmer depression and 

H minus opacity as compared to black-body energy distribution it was 

possible to use calculated two-color diagrams for the determination of 

surface gravity, with the highest sensitivity around 12000 K. It turned 

out that the g-distribution - and via the mass-radius relation therefore 

also the mass distribution - is fairly narrow, around M ~ 0.6 M . ® 

Observationally, the next step was the use of Oke's multichannel 

spectrophotometer with which Greenstein secured reliable energy 

distributions for hundreds of white dwarfs at the Hale 5 m telescope (see 

Greenstein, 1976, 1984). 

The Kiel group - to which Greenstein kindly provided most of his observa- 

tions - was able to evaluate the data, and it turned out that Schulz's 

idea to bin the monochromatic fluxes into wider filters reduced observa- 

tional and instrumental scatter and thereby provided more reliable 

g-determinations (see Koester, Schulz, Weidemann, 1979, Fig.6).KSW used 



a weighted least square method to incorporate Str~mgren and Johnson 

colors and Balmer line data, as available, and thus were able to weight 

their results. Aside from mass distributions derived from surface gravity 

they also determined radii for stars with known distances and thus 

obtained mass distributions for M(R). 

The difference in the shape and width of the distributions obtained was 

demonstrated in Fig. 7 to i0 of KSW. The "most" reliable distribution 

showed a shape which was expected from synthetic calculations for stellar 

evolution with mass loss as I had shown a few years earlier (Weidemann, 

1977, Fig. 2), using a Salpeter initial mass function (IMF) and semi- 

empirical relations between initial and final mass, derived from white 

dwarf in open clusters of known age or calculated by stellar evolution 

with wind mass loss according to the Reimers formula. 

By variation of IMFs, star formation histories in the Galaxy, and 

initial-final mass relations Koester and Weidemann (1980) demonstrated 

how one is able to constrain these essential parameters for models of 

galactic evolution and estimates of the mass given back to the 

interstellar medium by the shape of the white dwarf mass distribution. 

It therefore seemed worth every effort to improve its empirical 

determination. That this was still necessary could be seen e.g. by the 

non-agreement of M(g) and M(R) determinations in KSW (Fig.ll). 

We thus embarked on the evaluation of the remaining multichannel spectra 

and concentrated on the most g-sensitive temperature range 16000 > Tef f > 

}8000 K with improved model atmospheres and least square fits to the 

whole energy distribution (Weidemann, Koester, 1984) (WK 84).A specific 

goal was the determination of better parameters for the ZZ Ceti stars. 

The resulting mass distribution for 70 DA stars is reproduced in Fig. i. 

It seems still the most reliable one up to the present time. 

Before we go on with its discussion let us consider results obtained for 

non-DA stars. 

For the DB stars Oke's multichannel observations were evaluated in Kiel 

by the same methods. The results were published by Oke et al. 1984 (OWK) 

and for the first time demonstrated convincingly that the masses of DA 

and DB stars are very similar. The same holds for the cooler non-DA stars 

of type DC and DQ, for which masses were determined from effective 

temperatures obtained with new model atmospheres and from radii in case 

of known distances. The resulting distributions are shown in Fig. 2 

(reproduced from Weidemann, 1987a). 
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Fig.2. Mass distribution for non DA stars. 
---: DA stars for comparison (see text). 

A side remark is necessary which at the same time is important for future 

improvements. Oke's multichannel data were calibrated on AB 79 (Oke and 

Gunn, 1983) whereas the DA studies used the earlier calibration of Hayes 

and Latham (1975). 

AB 79 seemed superior in the DB case as demonstrated by Fig. 2 and 6 in 

OWK. If so the DA results should also be corrected. The difference 

amounts to an average increase of about 0.04 M as compared to KSW and WK ® 

84. This implies that the average mass of DA's goes up to 0.62 M e from 

0.58 M e . The average masses are compared in Table 3 of Weidemann, 1987a. 

We may thus conclude that the non-DA masses could in the average be some- 

what smaller, although this seems not to be significant. The recent study 

of the kinematics of DA and DB stars by Sion et al. (1988) also reaches 

the conclusion that there are no significant differences between both 

spectral types. 

Sion et al. determined masses M(R) via radii from effective temperatures 

and distances. I took their Fig. 3 and compare both histograms (norma- 

lized to equal area). Although the temperature ranges show little overlap 

(13000-16000 K) the similarity is striking, and the distribution appears 

even somewhat narrower than the one of WK 84. However we may not fall 

into a trap: Sion et al. derived the masses from radii, M(R) with the 

M-R-relation, with radii from Tef f and distances using single valued 

Teff(color) and Mv(COlOr) relations (from Shipman, 1979 and Greenstein, 

1984), where the first is calculated for log g = 8 ( ~ M = 0.58 M G) and 

the second from an empirical mean fit to observational data for stars 

with known parallaxes. 

This implies to assign to a given color an average radius which corre- 

sponds of course to the average mass. With other words: had Sion et al. 

not included many stars with independently determined Tef f and g or M(R) 

or M v from parallaxes the distribution would only reflect the deviation 



of the empirical Mv-COlor relation (e.g. Greenstein 1984, 1985) from a 

calculated My-COlor relation for M = (M>. The difference is, as expected, 

minute. Greenstein (1985), however, used his empirical studies of multi- 

channel data to estimate also the width of the distribution and finds 

with ~(M v) = 0~25 corresponding to a mass range from -0.i0, +0.14 M e in 

essential agreement with WK 84 (see Table 5 of Greenstein, 1985). It is 

remarkable that this refers to the M(R) distribution of 52 white dwarfs 

of different spectral types, (omitting a few deviating objects like EG 

Ii, L870-2, which has recently been shown to be a close binary by Saffer 

et al., 1988). Thus there can be little doubt that the distribution is at 

least as narrow as shown in Fig. i. 

However, several questions arise at this point: 

i) how does this distribution compare with the distribution of 

progenitors: central stars of planetary nebulae, or core masses of 

stars leaving the AGB? 

2) how can one understand the observed distribution in terms of models of 

galactic and stellar evolution? 

3) how to improve the results observationally and theoretically? 

We address each question in turn in the next sections. 

2. Comparison with M-distributions of 

white dwarf progenitors. 

Today it is generally accepted that the immediate progenitors of white 

dwarfs are in the large majority central stars of planetary nebulae 

(CPN). Sch~nberner (1981) has first demonstrated how one can use evolu- 

tionary post-AGB tracks and kinematical ages in order to determine CPN 

masses in cases where distances are known. The luminosity in the plateau 

phase equals that of a star with the same core-mass in the AGB phase. 

The rate of evolution along the tracks is determined by burning of the 

remaining hydrogen fuel. After its exhaustion follows a fast decline of 

luminosity. As can be seen from the time marks along the tracks, plane- 

tary nebulae (PN) are not excited for CPN with M ~ 0.55 Me, since those 

stars evolve too slowly. In the course of time some exceptions have be- 

come apparent, which I shall not discuss, instead I refer to the liter- 

ature, e.g. to the forthcoming Proceedings of the IAH Symposium No. i01 

in Mexico City, Oct. 1987. A survey of the methods has also been given in 

my Tucson lecture last year (Weidemann, 1987a). 

The main results of the Sch6nberner method (see Sch6nberner and Weide- 

mann, 1983) is a confirmation of the narrow highly peaked M-distribution 

around 0.6 M®, (see Fig. 5, below). 



However there are two differences: one expected, one unexpected. The 

first is the absence of CPN below 0.55 Me, the second is the steeper de- 

crease towards the high mass tail. Part of it is certainly due to selec- 

tion effects which discriminate against high mass CPN which pass the high 

luminosity phase very quickly, but part of it may be due to the possibil- 

ity that the white dwarf distribution is in reality also narrower and 

appears broadened due to observational errors. Indeed, the post-AGB lumi- 

nosity is so extremely sensitive to mass that a distribution could be de- 

termined with comparatively higher accuracy, if only distances of PN were 

better known, or the ensemble on the plateau phase were more complete. 

Unfortunately both is not the case, and it appears that progress can be 

made only if one either goes to extragalactic PN's or concentrates on low 

luminosity CPN's which are hard to find and to observe. 

Both ways have been entered now. Ford et al. (1988) find evidence for a 

steep high mass tail above 0.6 M e with ~0.05 M ° by observations of 

~II~ luminosities for local group galaxies and comparison with evolu- 

tionary calculations, whereas a similar small scatter around 0.6 M e has 

been derived for the Magellanic Clouds. Barlow (1988) combines these MC 

results to find (0.597 + 0.023) M for 17 CPN. 
-- e 

A different claim was made by Heap and Augensen (1987) which evaluated 

IUE UV fluxes instead of M by the Sch6nberner method to derive a broader 
v 

M-distribution with a maximum at 0.65 M . However I have shown (Weide- ® 
mann, 1988) that the discrepancies completely disappear if larger dis- 

tances are applied, for which there is other evidence. For details I 

refer to my paper. 

A third possibility to derive a progenitor M-distribution is a comparison 

of AGB luminosity functions with synthetic evolutionary calculations. 

This method has been applied to the LMC AGB luminosity function of Reid 

and Mould (1985). First results were presented at the Calgary Workshop 

1986 (Weidemann, 1987b) and a detailed explanation of the method has been 

published in my recent paper (Weidemann, 1987c). 

The results are sensitive to the location of the start-TP-AGB relation in 

the initial mass-luminosity plane. 

If thermal pulses start early - as shown by recent evolutionary 

calculations - the derived M-distribution of stars leaving the AGB be- 

comes very narrow, intermediate between the extremely small (selection 

effect dominated) CPN distribution and the comparatively wider white 

dwarf distribution. 

A final possibility lies in the evaluation of IRAS sources the luminosity 

distribution of which in the Galaxy, according to Habing (1988), peakes 

at log L/L e = 4000 (corresponding to an AGB core mass of 0.57 Me). Habing 



concludes that the M-distribution is very similar to that of the white 

dwarfs which is taken as support for the hypothesis that the IRAS point 

sources are the immediate predecessors of white dwarfs. 

3. Mass distributions calculated with 

galactic evolution models 

Yuan (1987a) has updated our galactic evolution program, which considers 

single pool models specified by a given IMF, star formation rate, SFR(t), 

total age, and initial-final mass relation. Changes compared to our ear- 

lier calculations (Koester and Weidemann, 1980, WK 84) concerned mainly 

incorporation of newer IMFs and Mf(Mi)-relations, and normalization to a 

smaller present white dwarf birth rate of 1.10 -12 WD/pc3yr, revised down- 

wards by a factor of two in view of the results of Fleming, Liebert and 

Green (1986). 

The variety of Mf(Mi)-relations is shown in Fig. 3. For the discussion of 

Mf(Mi)-relations I refer to my lecture at the Mt. Porzio Workshop (Weide- 

mann, 1987d) and the following publication (Weidemann, 1987c). Resulting 

white dwarf M-distributions become wider as steeper the relations are and 

begin at smaller masses for lower values of Mf for M i = 1 (about the 

galactic turn-off). 
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Fi~.3. Initial-final mass relations used in galactic evolution model calculations 
(Yuan,1987a). I),2): Fusi-Pecci, Renzini (1976); 3)-5): Iben, Renzini (1983); 
6): Weidemann (1977); 7): Hills, Dale (1973); 8),9): Weidemann, Koester (1983); 
10): Reid, Mould (1985); 11): ~dijn (1986); 12): Mazzitelli, D'Antona (1987a); 
13)-15): Weidemann (1987d). 



Relations 8), 9) and 13) to 15) are based on observations of white dwarfs 

in open clusters mainly by Koester and Reimers (for details see Weide- 

mann,Koester,1983, or Weidemann,1987c). For stellar evolution with inter- 

mediately strong overshooting, characterized by a parameter O( c = 0.5 the 

upper mass limit for white dwarf production is about M i ~ 8 M e . 

Calculated M-distributions are broadened by a Gaussian with ~ = 0.05 M ® 
in order to account for observational errors. An essential result is re- 

produced in Fig. 4 (the influence of different IMFs turned out to be 

minor) which shows two distributions compatible with the observational 

histogram. 
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Fig.4. Mass distribution as calcu- 
lated with galactic evolution model 
for different Mf(Mi) relations (see 
insert); 
I : Weidemann (1987d) ~c=0.5; 
2 : Iben, Renzini (1983) for 

(~,b)=(2,1), (~: Reimers wind 
loss factor, b: PN efficiency 
parameter); 

3 : Bedijn (1986) linearized rela- 
tion derived from mass loss 
calculations for AGB evolution 
for OH/IR stars; 

AMf measures the 2~ (67%) width; 
---: DA distribution. 

The left side indicates that either Mf(M i = i) should be assumed smaller, 

since relation 1 starts at Mf = 0.55 M e implying that there are no white 

dwarfs with smaller masses, which is probably not true. The fraction of 

white dwarfs born below the PN visibility limit is at present unknown, it 

is composed of stars leaving the AGB below it and of stars which do not 

reach the AGB at all (horizontal branch stars, which enter the white 

dwarf region via sdO and sdB channels). The fraction of the latter should 

not be larger than 10%, although a firm estimate can be only be made for 

the extreme horizontal branch stars, with 0.45 < M~0.50 M e , for which 

Heber (1986) finds 2%. 

In this context it is worthwile to mention that the mass of 40 Eri B, for 

a long time considered to be well established by stellar dynamics, (0.43 

0.02)M®, is probably more around 0.50 M e as indicated by recent red- 

shift observations of Wegner (1980, 1987) and Koester (1988). 

The fraction of white dwarfs entering below the PN limit of 0.55 M ® 

cannot be too large since otherwise the discrepancies between PN and WD 

birth rates, amounting to a factor of three (see Fleming et al., 1986) 

would become unbearable, although some remedy can be found by increased 

PN distances (Weidemann, 1988) and hidden white dwarfs in binaries. 



On the other hand there is evidence for differential mass loss at a given 

M i, thus the unique Mi/Mf-relations have to be replaced by some kind of 

strip (see Fig. 1 in Weidemann, 1987d). However, it is evident from the 

calculations that such a strip must be of restricted width in order to 

remain compatible with the observed narrow M-distributions. 

As far as the results of Yuan's calculations are concerned it is impres- 

sive to show that one can rule out the Mf(Mi)-relation proposed by Mazzi- 

telli and D'Antona (1986~which begins at Mf = 0.64 M e for M i = 1 Me, al- 

though its slow increase results in an acceptable distribution, as far as 

its width is concerned. 

The calculated M-distributions as presented comprise all white dwarfs 

above log L/L® = -3.7 corresponding to a cooling age of 2-109 yrs, down 

to Tel f =6000 K (Koester and Sch~nberner, 1986). Of course it is easy to 

obtain also the M-distribution at white dwarf birth which is identical to 

the M-distribution of CPN. Fig. 5 thus gives the predicted CPN M-distri- 

bution for a model which fits the white dwarf data well. It is unfolded 

and indeed appears compatible with the observed distribution. 
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Yuan (1987b) has used the evolutionary tracks for CPN (Sch~nberner, 1981, 

1983, Wood and Faulkner, 1986) to indicate the expected density of CPN in 

the HR-diagram, which is shown in Fig. 6. 

It is evident that the true M-distribution can only be found by observing 

faint CPN since selection effects favor the observation of low mass CPN. 

A similar approach has been recently presented by Shaw (1988). However we 

have here included also 20% helium-burning CPN, which are found at higher 

luminosities (cf. Iben, 1984) so that the observed fraction at log L/L -~3 

should be about 50%. Since WC type CPN are less frequent (17 - 20%, 

Sch~nberner, 1986, Barlow, 1987) it appears that the 20% fraction assumec 
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is too high or that helium-burning stars retain a thin hydrogen atmos- 

phere. PG 1159 objects, from their approximate location in the HR-diagram 

are probably helium-burning stars, which explains their relative frequen- 

cy (see Weidemann, 1987a). 

If we take all uncertainties into account we may close this section with 

the statement that M-distributions of white dwarfs and planetary nebulae 

can be well understood within a comparatively simple model of galactic 

evolution. 

Fig.6. Expected density 
distribution of CPN in 
HR-diagram (Yuan,1987b) 
with evolutionary tracks 
from Paczynski (1970), 
Wood and Faulkner (1986), 
and Sch6nberner (1981, 
1983). 
• : for hydrogen burning; 
+ : for 20% helium 

burning CPN added; 
: evolutionary tracks 
for H-burning CPN; 

----: for He-burning CPN. 

Time interval 
3000 to 30000 yrs 
indicated by 
--- for H-bUrning CPN, 
--- for He-burning CPN. 

4. Possibilities of improvement 

As far as the observations is concerned, it is now possible to attain 

spectroscopy and photometry at higher signal to noise (see Greenstein, 

1986) and higher resolution with modern detectors. High quality spectra - 

like that of the DB star GD 358 (Koester et al., 1985) - enable more re- 

liable analysis. In the case of DA stars, one should improve the g/Tef f 

determination by the analysis of high resolution line profiles, and by 

careful calibration, providing better M(g). With Hipparcos coming up it 

can also be envisaged to obtain much better parallaxes, which are essen- 

tial in order to determine M(R) and to check on the mass-radius relat~ono 

The present situation is still completely unsatisfactory, as shown in 

Fig. 7, which gives the position of those DA stars whithin the WK 84 

ensemble for which parallaxes are available. Some progress has recently 

been made by redshift determinations of high accuracy. (Wegner, 1987, 



Koester, 1987). I shall skip this since we shall hear more about it in 
1 

Prof. Wegners lecture (this volume). 
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Fi~.7. Mass and radii derived 

for 21 stars with known dis- 

tances out of 70 DA with well 

determined surface gravities 

(Weidemann and Koester,1984), 

M = M(R,g). If not for Sirius 

B, at 1M e, and three higher 

mass stars in NGC 2516 (WK 83 

indicated by crosses, Chandra- 

sekhar would come out only 

marginally vs. Eddington. 

In this context I should like to mention that the ongoing search for 

close double degenerates has yielded first results (cf. Saffer and 

Liebert, and the Bologna group, Bragaglia et al., this Conference). The 

smaller masses found for L 870-2 (EG ii) are in line with predictions by 

Iben and Tutukov (1986) for a secondary peak in the number-mass distribu- 

tion around 0.2 - 0.3 M e, although the frequency of these objects is evi- 

dently smaller than first estimated. 

I shall not go into details but refer to the other contributions concern- 

ing binarity at this Conference. 

On the theoretical side much improvement is needed in the field of 

stellar evolution which enters directly or indirectly many of our 

conclusions, e.g. concerning the presence of overshooting, the onset of 

the thermal-pulsing AGB and mass loss mechanisms. Also models of galactic 

evolution should be extended to include different populations, and 

dependence on different locations in the Galaxy. Such population 

synthesis models have already been published (cf. Bienaym~ et al., 1987) 

and white dwarf results shall appear if the proposed HST parallel survey 

- in which we participate - becomes reality. 

Population II results are still too meager as to reach any conclusion. 

The local fraction should be of the order of a few percent (see Sion et 

al., 1988). The exciting possibility to observe white dwarfs in globular 

clusters (first claimed by Richer and Fahlmann, this Conference) and to 

determine their masses will be also provided by the HST (see Renzini and 

Fusi Pecci, 1988). 
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A final word should be said about selection effects. These have been 

shown to be extremely important in the case of CPN (see Heap and Augen- 

sen, 1987), and could have been influential also in the white dwarf case. 

This has been emphasized by Shipman (1979), taken up by Guseinov et al. 

(1983) l but shown to be practically unimportant due to the very fact that 

the true M-dispersion is evidently narrow (Koester, 1984). But it is 

clear that for and with further improvements also selection effects have 

to be more carefully taken into account. 

5. The white dwarf luminosity function 

Since this topic has been covered recently by Liebert, Dahn and Monet 

(1988) and will be dealt with again in Liebert's following lecture (this 

Conference) I shall restrict myself to a few remarks and to the 

presentation of some relevant results obtained with the Kiel galactic 

evolution program. 

The discussion during the last years centered on three questions, which 

are closely connected, namely first: how is the shape of the LF at the 

cool end? Second: does the observed downturn of the LF reflect the finite 

age of the galactic disk and third: how reliable is the cooling theory, 

especially what is the influence of miscibility in the solid phase? 

To begin with the last question: the most recent contribution by Barrat, 

Hansen and Mochkovitch (1988) finds that the influence of a minor phase 

separation at crystallization on the WD LF is moderate and does increase 

the estimates of the age of the galactic disc from the downturn of the LF 

by Winget et al. (1987) by only 0.50 to 0.75 Gyrs. However, for the se- 

cond question, if the LF downturn measures the age of the galactic disk, 

there remain controversial statements. The calculations of Mazzitelli and 

D'Antona, 1986a, predicted, and Larson's bimodal SFR (1986) needed a 

large number of WDs cooled down below invisibilty in order to explain the 

local missing mass. 

On the other hand, it is important to notice that the population synthe- 

sis model by Bienaym~ et al. (1987) can explain the dynamical constants 

without the introduction of local missing mass, a result confirmed also 

by studies of the Cambridge group as recently presented at the Bologna 

ESO-CERN Conference by Lynden-Bell (1988). 

Whereas Larson's hypothesis seems thus weakened the question of the 

extension of the cooling curves remains still important: as Winget and 

Van Horn (1987) have demonstrated the raw ages of WDs cooled down to 

log L/L® = -4.5 range from 5 to 13 Gyrs according to different models and 

physical assumptions. 
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The Winget et al. (1987) conclusion for the galactic age must therefore 

be viewed with caution (especially as recent detailed studies of globular 

clusters by Buonanno et al. (1988) yield again a large age for the 

Galaxy, of 19 + 3 Gyrs). 

Its derivation has another weakness which lies in the fact that for the 

model calculations a constant WD birth rate (weighted by the DA M-dis- 

tribution) has been assumed down to some time interval of 0.3 Gyrs after 

the beginning of the Galactic disk, which is estimated to be a mean 

pre-white dwarf lifetime. 

Yuan's calculations with our galactic evolution program however show 

that the results change significantly if the time dependence of the WD 

birth rate is taken into account. 
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Fig.8. White dwarf birth rate in- 
crease as function of time. Ga- 
lactic evolution model with IMF 
Salpeter, SFR = const, Mf(M i) from 
Weidemann (1987c) 6Cc=0.5. 
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Fi~,9. Luminosity function as calculated 

with galactic evolution model, compared to 
Winget et al. modelling (see text). 

Whereas Fig.8 demonstrates how the WD birth rate increases gradually, 

Fig.9 shows the corresponding LF to run smoother and to display not such 

a steep downturn than in the Winget et al. approach (keeping all other 

parameters as in their publication). 

However it might be also interesting to show how the LF changes with 

other assumptions: on IMF - we can rule out the Larson model; on SFR - 

we can demonstrate that it is not possible to conclude from the WD LF on 

SFR(t) except in extreme cases of star bursts; on Mf(M i) - the differ- 

ences are minor; on cooling curves and galactic age - it will be diffi- 

cult to disentangle the effects, since longer or shorter cooling times 

can be nearly compensated by larger or smaller galactic ages. 
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As always we thus have to conclude what is almost trivial: we need 

improvements as well on the observational side of very cool degenerates 

(cf. Ruiz and Anguita at this Conference) as on the interpretation of 

cool atmospheres and especially on cooling theory. 
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I. INTRODUCTION 

The luminosity function (LF) and total space density of white dwarfs in the solar neighbor- 

hood contain important information about the star formation history of the stellar population, 

and provide an independent method of measuring its age. The first empirical estimates of the LF 

for degenerate stars were those of Weidemann (1967), Kovetz and Shaviv (1976) and Sion and 

Liebert (1977). The follow-up investigations made possible by the huge Luyten Palomar proper 

motion surveys, however, added many more faint white dwarfs to the known sample. While the 

number of known cool white dwarfs grew to nearly one hundred, these did not include any that 

were much fainter intrinsically than the coolest degenerates found from the early Luyten, van 

Biesbroeck and Eggen-Greenstein lists. 

In an analysis of a fainter sample, Liebert et al. (1979) first discussed the evidence that 

there was a paucity of white dwarfs fainter than M v N +16 with respect to the predictions of 

theoretical cooling models allowing cooling ages greater than 10 Gyrs. Taken at face value, the 

result implied that the bulk of star formation in the disk began less than 10 Gyrs ago, an effective 

age for the disk billions of years younger than the ages estimated for globular clusters and the 

galactic halo (Liebert 1980). These results also implied that degenerate dwarfs are a relatively 

minor contributor to the local mass density of the galactic disk. 

The last several years have brought considerable improvements in both the theoretical cal- 

culations and the observational data base. Iben and Tutukov (1984) presented new evolutionary 

models and rediscussed the published observational data, offering alternative explanations for an 

apparent paucity of very faint degenerate stars. Winget et al. (1987) combined a new set of the- 

oretical calculations with a preliminary version of the observational data base reported here and 

reported a direct estimate of the age of the galactic disk of 9.3 =k 2 billion years. However, Winget 
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and Van Horn (1987) discussed in considerable detail the sensitivity of this number - which ba- 

sically represents the cooling time of a model to reach a luminosity near log(L/Lo) N -4 .5  - to 

various physical parameters in the models. The use of different parameters explains the discrep- 

ancies between their conclusion and the result of D'Antona and Mazzitelli (1986). 

The improved observational data base is documented in detail in (Liebert, Dahn and Monet 

1988; hereafter LDM). While this paper includes a brief review of that work, we now can incorpo- 

rate new parallax data and considerably improved absolute magnitude estimates for several stars 

in the sample. Thus Figure 1 is an updated observational LF, which supersedes that appearing in 

LDM. After the brief review and presentation of updated results in Section II, a discussion of the 

sources of error and incompleteness is given in Section III. The kinematics of the sample based 

on the derived tangential velocities is also discussed. Section IV features a preliminary look at 

the LF yielded by the sparse population of local halo white dwarfs, as defined from a kinematic 

criterion. 

II. THE LHS 8TENTHS SAMPLE 

The sample used in LDM consists of the 43 spectroscopically confirmed white dwarfs contained 

in the LHS Catalogue (Luyten 1979) which have (1) proper motions (/z) _> 01.'800 yr -1, (2) 

locations in the sky north of ~ = -20  °, and (3) M v > 13.0. Available astrometric, photometric and 

spectroscopic data for each star in the sample are summarized in Table 1 of LDM and the notes. 

Absolute magnitudes were calculated for each star, usually based on an available trigonometric 

parallax. Space densities were calculated using the 1/Vma x method similar to the application ef 

Schmidt (1975). In this presentation, new or updated trigonometric parallaxes are substituted for 

six stars. These stars, with the improved absolute parallax values and mean errors in parentheses, 

are: LHS239/240 (0!'0525 =t= 0~/0011), LHS342 (0~.'0374 =k 0!~0022), LHS483 (0!'0577 =k 0!'0015), 

LHS542 (0!'0322 -4- 0r/0037), LHS2364 (0!r0416 ± 0~.'0022) and LHS2673 (0P/0284 =k 0(t0033). 

For a dwindling minority without trigonometric values, photometric parallaxes were assigned 

based on new determinations of the relationships between absolute visual magnitude, effective 

temperatures and broad band BVI colors. Particular attention was given to estimating the 

bolometric correction (BC), necessary to place the stars in bolometric luminosity intervals for 

comparison with theoretical predictions. 

For the hotter DA stars, the available tabulations of BCs for hydrogen-rich atmosphere calcu- 

lations show considerable scatter about what is expected to be a monotonic functional dependence 

on the effective temperature (Teff). Matt Wood has kindly pointed out to us that the mean Mbo 1 

bin centers for the hot white dwarfs listed in Table 4 of LDM differ slightly (i.e., up to approx- 

imately a symbol diameter) from the corresponding points plotted in Figures 3 and 4 of that 

paper. This discrepancy resulted from inadvertently using preliminary values for the mean Mbo 1 

numbers in the figures rather than those finally adopted and presented in Table 4 of LDM. These 

preliminary values were based on slightly different smoothings of the model BC values used in 

estimating a functional relationship between BC and Teff from that finally adopted for hot DA 
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white dwarfs. Figure 1 includes the hot white dwarf LF from the Palomar Green Survey now 

plotted with a luminosity scale entirely consistent with Table 4 of LDM. 
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Figure 1. Luminosity function for disk white dwarfs, using blackbody BCs and updated from 
Fig. 3c of LDM by incorporating new trigonometric parallaxes. Numbers of WDs in each bin are 
listed above the tops of the bins. 

For the cooler white dwarfs, the problem is that BCs for the more accurate calculations of 

the energy distributions of stars with helium-rich atmospheres are not generally available. I:1 

one approach, BCs were estimated by applying the value for the blackbody corresponding to the 

derived Teff consistent with the measured value of M v. Arguments were given that the blackbod] 

BCs probably overestimate the corrections for helium atmosphere white dwarfs. For several well- 

studied cases, these imply larger radii and smaller masses than the means for DA white dwarfs. 

It is implausible that the older white dwarfs should have a smaller mean mass than that for the 

hotter DA stars. On the other hand, a conservative lower limit to the luminosities of the coolest 

stars in the sample (and an upper limit to the derived cooling ages for a given set of models) is 

provided by assuming no BCs at all! This was the alternative approach, and it was argued that 

the LFs presented from both methods bound the uncertainty due to the BCs. 

III. THE DISK WHITE DWARF LUMINOSITY FUNCTION: SOURCES OF ERROR 

AND INCOMPLETENESS 

While the observed maximum and apparent cutoff in the white dwarf LF derived from this 

sample has already been used to infer an age for the local galactic disk population (Winget et 

al. 1987), there are several ways in which the function is likely to be incomplete. Each of these 
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is discussed below, and underscores our caution that the empirical LF is not necessarily accurate 

enough yet to infer many details about the star formation history of the disk population. 

(a) Possible existence of stars much fainter than M v N +16. 

It is asserted in LDM that this sample and others discussed in that paper show that there is 

a sharp drop in the LF at M v fainter than 16.5. Note that the preliminary trigonometric parallax 

reported for the southern proper motion star ER8 by M. T. Ruiz at this meeting indicates that this 

star also lies near this empirical luminosity limit. The space densities of stars at M v N 17-17.5 

must be reduced by more than an order of magnitude from the peak. However, there is very 

little search volume available from this sample to test the numbers of stars at My> +18, if such 

objects avoid low mass main sequence stellar companions. The constraints these results place on 

a bimodal star formation hypothesis (e.g., Larson 1986) are discussed in LDM. 

(b) Unidentified members of binary systems. 

Two kinds of unresolved binaries may hide white dwarfs from this census. First, there are 

those white dwarfs with bright nondegenerate companions (the "Sirius B" type). Insofar as 

close binaries tend to have mass ratios near unity, there could be a fair fraction of A - K  dwarfs, 

subgiants and giants with white dwarf companions. It is still controversial as to what fraction of 

G stars, for example, are binary; however, it is often impossible to distinguish a lower luminosity 

main sequence companion from a degenerate companion for single-lined spectroscopic binaries. 

For wide binaries the incidence of white dwarf-nondegenerate pairs appears to be rather small 

(Greenstein 1986). However, the frequency of binaries with an evolved component and their 

period distribution are certainly not well determined. In the solar neighborhood, the census of 

stars within 5.2 pc of the Sun (cf. van de Kamp 1971), often regarded as a nearly complete sample, 

contains two single white dwarfs, two with distant, low luminosity nondegenerate companions, 

and two white dwarfs (Sirius B and Procyon B) with close, bright companions which could not 

be found by the usual techniques. 

Secondly, there are now known to be unresolved binary white dwarfs, such as L870-2 (Saffer, 

Liebert and Olszewski 1988). The frequency of such objects is not well determined, especially for 

periods longer than several hours (see Robinson and Shafter 1987). However, the frequency of 

progenitor binaries with the required small separations is surely small enough that the effect of 

unresolved degenerate pairs is unlikely to exceed (conservatively) 10%. 

(c) Allowance for low velocity stars. 

While the 1 /Vm~ method as applied by Schmidt (1975) is designed to define a correct, 

effective search volume based on the limits of both apparent magnitude and proper motion, there 

may be significant numbers of white dwarfs missed which have small tangential velocities(vtan) , 

despite the minimum ages (set by the cooling times) of at least 1 Gyr and the well known 

increase in space motions with stellar age. This problem is clearly worse for the brighter stars 
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near M v ~ +13, which are found at greater  distances and are also likely to have a younger mean 

age, than  for the critical stars near the faint end used in defining the turnover  of the LF. 

It is instruct ive to consider the distr ibution of vtanwith M v for this sample (Figure 2). Here 

we also include stars in the LHS Eight  Tenths Sample brighter than M v -- +13, al though these 

were not  included in the determinat ion of the disk LF since the Palomar  Green Survey is a much 

superior sample. While there hot ter  stars of low velocity, no cool stars are present with vta n < 

40 km s -1 .  For an earlier sample (Liebert 1978), we compared the distr ibution of tangential  

velocities for the known cool white dwarfs near the Sun with those of a strictly color-selected 

sample of nearby M dwarf  stars - the Gl iese /McCormick sample - and with  the van de Kamp 5 

pc sample of K - M  dwarfs. The  comparison suggested that  a correction factor of up to 100% for 

missing low velocity white dwarfs was possible, if the white dwarfs have the same mean age a~ 

the low mass main sequence stars. However, as each white dwarf with My> +13 has a min imum 

age of at least 1 Gyr, and a nuclear-burning lifetime before that ,  the mean age of this sample 

is likely to be significantly older. Moreover,  if cool, low velocity white dwarfs were present in 

comparable  numbers  to those const i tut ing the known sample, it seems improbable  that  not  a 

single representat ive of this group with  Vta n < 40 km s -1 would have been found. 
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Figure 2. The distr ibution of tangential  velocities (vtan) against absolute visual magni tude  (My) 
with error bars shown. Filled circles are data  points from this paper,  for LHS stars with/~ > 0~/8. 
Open circles are a new set of da ta  presented in the following paper  (Dahn et al. 1989), for LHS 
stars with 0~JT00 < # < 0!1799 yr  -1 .  

Finally, the nice matchup between these bins derived from the proper  mot ion sample (open 

circles in Figure  1) wi th  the kinematically-unbiased hot star  sample (filled circles) and the model  

slope of Winget  et al. (1987) suggests that  the effect is not  substantial  even for the brighter 

intervals of the proper  mot ion sample. Thus,  it is unclear as to what  correction needs to be 
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applied for the missing low velocity stars to define better the shape of the empirical LF. It is clear 

that the omission of significant numbers of low velocity stars could distort the true shape. 

(d) Possible scale height inflation. 

Some authors have suggested (Iben and Tutukov 1984; Garcia-Berro et al. 1988) that sub- 

stantial numbers of cool white dwarfs could be missing from the solar neighborhood due to a 

greatly increased scale height associated with their larger mean age than that of a typical sample 

of stars in the solar neighborhood. This effect could be especially important if carbon and oxygen 

separate in the core, releasing additional energy and slowing the cooling rate by 1.6 Gyr per 

0.1 M® of deposited oxygen (Garcia-Berro et al. 1988). Later calculations (Barrat, Hansen and 

Mochkovitch 1988) indicate that the effect on the white dwarf cooling rate is much more modest, 

adding only ~ 1 Gyr to the cooling ages. 

However, we have a potential empirical test as well: If there were a population of old, dispersed 

white dwarfs with a scale height 6.6 times that of the typical old disk (Garcia-Berro et al., p. 

146), we may expect the sample in the solar neighborhood to reflect this in the mean motiom, 

which should scale approximately a s  V t a  n N Z for a harmonic law. Thus, the mean tangential 

velocity should "inflate" by a factor of 6 between My= +13, a luminosity too high for oxygen 

settling, and My= +15-16.  An examination of Figure 2 suggests a modest indication of an 

increasing vtanbetween M v N +13 and +16, as expected for the increasing mean age of the sample 

without the inclusion of gravitational settling in the cooling curve. However, the difference in 

mean velocity among the magnitude bins is not statistically significant. There is little evidence 

in this data set for the effect of scale height inflation amongst the coolest white dwarfs. 

In summary then, it is difficult to quantify the various effects discussed above into a statement 

about how incomplete the empirical LF reported here might be. The effect of excluded binaries 

should not exceed the space density of luminous stars plus 10% of the white dwarfs themselves. 

We argued that the incompleteness due to low velocities is at most a factor of two for the coolest 

stars, but is likely to be much less. The effect of scale height inflation in pulling stars out of the 

plane is also likely to be modest. The total mass density of white dwarfs in the solar neighborhood 

derived from this sample (using a mean mass of 0.6 M®) is only 0.002 Mo pc -3. It is possible 

that this density could be as much as doubled by correcting for these effects. 

IV. A PRELIMINARY LUMINOSITY FUNCTION FOR WHITE DWARFS 

OF THE LOCAL HALO 

Several of the white dwarfs in this sample clearly have high enough space velocities to be 

considered interlopers from the halo population. In fact Schmidt (1975) first applied the 1/Vma x 

method to estimating the local density of hMo stars from a bright proper motion sample. This 

sample included only one white dwarf. He assumed (1) that such a population would have a mea:~ 

vta n = 250 km s -1, based on Oort's (1965) studies of metal-poor RR Lyrae stars; (2) that all stars 
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with velocities above this value were assignable to the halo population; but (3) that stars falling 

in the lower half of the distribution would be counted as disk population members. Thus, the 

density derived from the assigned stars should be corrected upwards by a factor of two. 

Depending on the possible existence of a "thick disk" population (Gilmore and Reid 1983), or 

of an extended non-gaussian, high-velocity tail to the velocity distribution of old disk stars, the 

Schmidt (1975) assumptions may be too simplified. However, even for an assumed scale height of 

order 1 kpc, few hypothetical "thick disk" stars would be expected to have tangential velocities 

reaching 250 km s -1. For a first look at the luminosity function of local halo white dwarfs, let 

us simply adopt the same prescription, so that comparisons may be made with the total LF of 

visible halo stars derived by Schmidt in exactly the same way. 

Six white dwarfs in this sample have vta n :> 250 km s -1 and are assignable to the halo sample; 

five of these are fainter than My-- 4-13. None of the other stars have estimated tangential velocities 

exceeding 200 km s -1, although some error bars overlap with those of the assigned halo sample. 

In Figure 3, the LF derived from these six stars is displayed with the disk LF binned in unit M v 

intervals, applying the blackbody BC values to both disk and halo degenerate stars. 
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Figure 3. Luminosity functions for the local disk and halo, binned in one bolometric magnitude 
intervals with blackbody BCs applied. 

The total space density of the designated halo sample is 1.3 (~= 0.6) × 10 -5 pc -3, with poisson 

error bars. Let us compare this with the subset of Schmidt's (1975) Table 2 with Vta  n > 250 km 

s -1. These add up to total number densities of nondegenerate and degenerate stars of 5.75 × 10 -5 

and 3.69 (:h 3.69) x 10 -5 pc - s ,  respectively. The former was derived from 17 main sequence stars 

with assigned masses between 0.25 and 0.75 M J o r  which Schmidt assumed the LF was reasonably 

complete, except for the correction for the low velocity part of the distribution. The latter number 

was based on one white dwarf star, so that our new result should be an improvement. 

21 



If the local halo LF may be approximated as a Salpeter (1955) power law, a comparison of 

the white dwarf density with that for nondegenerate stars can give a measure of the slope. We 

shall again follow Schmidt in assuming that the latter applies to the main sequence only in mass 

range 0.25-0.75 M®. The white dwarf density should include stars above the appropriate halo 

turnoff mass of ~ 0.8-0.9M®. Since we can make no claims to be complete for white dwarfs as 

faint as Mv~ +15, this white dwarf LF may not provide a complete census for masses up to the 

mass limit for the production of neutron stars. The exercise thus yields an upper limit to the 

power law slope for the local halo mass function. 

The ratio of the number density of degenerate stars from this work to nondegenerate stars, 

as defined above from Schmidt (1975) is 0.22 :t= 0.11. For Salpeter mass distributions of the form 

~(M) N M - a  

the number ratios of stars for the 0.8-60M®and 0.25-0.75Momass intervals are 0.12 for a = 

2 and 0.49 for a = 1, respectively. Our white dwarf space density thus indicates that the local 

halo mass function slope is not steeper than 2 over this wide range of mass, and may well be 

considerably flatter, as inferred from proper motion data by Reid (1984). We note that there are 

contrasting claims for power law slopes in deep CCD analyses of the main sequences of various 

globular clusters. 

The Schmidt prescription leads to a total space density of local halo white dwarfs of 2.6 (± 

1.2) × 10-5  pc -3. This result is two orders of magnitude lower than that derived previously for 

the white dwarfs of the disk population~ before any corresponding correction for the missed low 

velocity stars. Neither number includes a correction for missed binaries. This ratio for the dying 

stars compares with ratios derived for main sequence stars of 1/253 from Hartwick, Cowley and 

Mould (1984), 1/600 by Dawson (1984), or 1/200 by Chiu (1980). The degenerate star ratio, if 

complete, ought to be somewhat lower since a larger effective interval of the mass function has 

formed white dwarfs in the halo population. 

This first sampling indicates that more extended proper motion samples complete for higher 

proper motions and to fainter absolute magnitudes may achieve a meaningful description of the 

local LF for halo white dwarfs. It is curious that one halo star already shows up in the somewhat- 

sparse faintest magnitude bin, giving that interval a correspondingly high (but precarious) space 

density. We permit ourselves two premature remarks: First, the halo LF may obviously form 

a peak at lower luminosity if this is an older population than the local disk. Secondly, the 

theoretical LF calculations of Iben and Laughlin (1988) assuming a delta function or "impulse" 

star formation 101° years ago lead us to anticipate a steeper slope prior to the peak in the halo 

LF. 

We thank Matt  Wood for pointing out the discrepancy in the hot star luminosity scale 

discussed in Section 2 here. This work was supported by the National Science Foundation through 

grant AST 88-40482. 
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T W O  N E W  L A T E - T Y P E  D E G E N E R A T E S :  

I M P L I C A T I O N S  F O R  T H E  W H I T E  D W A R F  L U M I N O S I T Y  F U N C T I O N  

Conard C. Dahn, David G. Monet and Hugh C. Harris 

U. S. Naval Observatory 

Flagstaff, Arizona 86002 

I. INTRODUCTION 

Recent preliminary USNO CCD parallax solutions for over 100 fields have yielded relative 

parallaxes with formal errors less than 01/0030 for approximately 60 faint (15.9 < V < 20.3) stars. 

The stars observed include a variety of late-type dwarfs, extreme subdwarfs, and degenerates. 

Among the latter are the well-known, spectroscopically confirmed degenerates LP543-32/33 

(--LHS239/240), LP131-66 ( -LHS342) ,  LP754-16 (--LHS483), LP702-7  (~-LHS542), 

LP374-4 (--- LHS2364), and LP322-800 (-- LHS2673), all of which have M v > 15.0. In addition, 

two "new" (in terms of previously lacking both spectroscopic confirmations and absolute lumi- 

nosity estimates) late-type degenerates were identified - -  LP53-7  (-- LHS1405) and LP550-178 

(-- LHS2288) - -  both with proper motions in the range 0~/700 _</~ < 0r/799 yr -1. 

The white dwarf luminosity function (WDLF) presented by Liebert et al. (1988) and updated 

slightly in Liebert et al. (1989) employed a 1/Vma x solution for the 43 degenerates contained in the 

LHS Catalogue (Luyten 1979) which have # >_ 0t/800 yr -1 ,  6 >_ - 2 0  °, and M v ~ 13.0 (hereafter, 

referred to as the ">Stenths" sample). The most important feature of the derived WDLF is 

an apparent sharp falloff for log(L/Lo) < -4 .4 ,  corresponding to approximately Mbo 1 > 15.6 or 

M v > 16.5. The identification of LHS1405 and LHS2288 as two new degenerates with M v > 15.0 

among the LHS stars with 0t/700< # _<0:'799 yr -1 and ~f _> - 2 0  ° (hereafter, the "7tenths" 

sample) raises the possibility of augmenting the >8tenths sample and thereby improving the 

statistics of the WDLF determination near the apparent falloff. Success will depend, of course, on 

the completeness achieved in distinguishing degenerates from non-degenerates within the 7tenths 

sample. 

II. THE 7TENTHS SAMPLE 

The LHS Catalogue contains a total of 320 stars within the 7tenths sample. Astrometry, 

photometry and/or  spectroscopy are available in the published literature to establish reliable 

degenerate versus non-degenerate discriminations for 212 of these objects. Unpublished data, 

either obtained at USNO or communicated privately to us by various colleagues (e.g., P. Hintzen, 
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J. Liebert ,  and R. Probs t ) ,  establ ish the  na ture  of an addi t ional  37 stars .  Basic da ta  for the 

eleven stars  regarded as es tabl ished degenerates are collected in Table 1, where an asterisk indi- 

cates t ha t  a specific explanat ion  is included in the following text.  The adopted  parallaxes given 

to four decimal places indicate t r igonometr ic  de terminat ions  and the values quoted for LHS1341, 

TABLE 1 

Established White Dwarfs in the 7Tenths Sample 

LHS P.M. Pi V B-V V- I  n,n,n M v 
WD Vtan m.e. re.e. m.e. m.e. Sp. m.e. 

1038 0.718 0.0908 14.36 0.42 0.57 4,4,1 14.15 
0009+501 37 0.0037 0.01 0.01 DA8 0.09 

1244 0.712 0.0329 17.10 0.82 4,4,- 14.69 
0121+401 103 0.0055 0.02 0.0B DC9 0.36 

1341 0.799 0.0268 17.8' 14.9 
0203+184 141 0.0010 0.3 0.3 

1405 0.727 0.0316 18.34 1.23 2,-,2 15.84 
0222+648 109 0.0014 0.01 0.03 0.10 

1433 0.708 0.020p 17.05 0.37 0.91 1,1,1 13.6p 
0239+167 168 0.005 0.5 

1693 0.765 0.024p 16.92' 13.8p 
0437+093 151 0.004 DA8 0.4 

1822 0.793 0.022p 17.96" 14.7p 
0600+735 171 0.004 DC9 0.4 

2288 0.735 0.0187 19.36 1.20 1,-,1 15.72 
1034+078 186 0.0024 0.27 

2542 0.706 0.0470 15.32' 0.38 * 13.68 
1214+032 71 0.0034 DAs 0.16 

2696 0.777 0.031p 18.30 1.37 1,-,1 15.7p 
1310+027 119 0.004 0.3 

3501 0.790 0.0864 13.71 0.30 3,3,- 13.39 
1953-011 43 0.0031 0.05 0.01 DA6 0.09 

LHS1405, and LHS2288 are f rom prel iminary USNO CCD solutions. A "p" denotes  pho tomet -  

rically derived parallaxes and M v values. The  b roadband  photometr ic  da ta  (with V - I  on the  

Kron-Cousins  system) were obta ined either wi th  a single channel pho tomete r  on the  61-in  re- 

flector (by Dahn)  or wi th  a CCD on the  40-in  reflector (by Harris). The numbers  of individual 

V, B - V ,  and V - I  observat ions are specified by n,n,n.  The da ta  adopted  for LHS1693 and 

LHS1822 were derived f rom Greenste in 's  (1984) M C S P  results.  The V magni tude  for LHS1341 

was es t imated  f rom unpubl i shed  calibrat ions of mpg and m R obta ined from the LHS Catalogue. 

Photomet r ic  deconvolution of LHS2541/2, a close red dwar f /whi te  dwarf  binary,  was adopted  

from Dahn et al. (1976). Where available, spectra l  types from the McCook and Sion (1987) 

compilat ion are included. 

Two potent ia l  degenerates ,  the  unseen companion  responsible for the periodic radial  veloc- 

ity variations repor ted  by Dearborn  et al. (1986) for G 7 7 -6 1  (= LHS1555) and L P 4 2 4 - 1 5  

(= LHS1986 = WD0807-{-190), have been explicitly excluded. While the  former may well tu rn  
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out to be a cool white dwarf, there is presently insufficient information to even roughly estimate 

its absolute magnitude. However, it is known from astrometry of G77-61 that the system pos- 

sesses space velocity components characteristic of the halo population so that  the star will make 

essentially zero contribution to the disk WDLF estimated by the 1/Vma x method. Regarding 

LP424-15, the only reference to the degenerate nature of this star is that  presented by Mc- 

Cook and Sion which is erroneous and no other evidence suggesting a WD - -  either published or 

unpublished - -  could be located. 

At this time 71 stars within the 7tenths sample lack the necessary astrometry, photometry, 

and/or  spectroscopy to establish their nature. Figure 1 shows the number distributions of reduced 

proper motion, Hr, for both the >Stenths and the 7tenths samples. Since the >Stenths sample 

~_ 7tenths Sample 
30 320 Stars Total 2 1 

N(Hr ) ~ 11 WDs (All with M.~I3.00) ~ 

i 1 1 

6 0 -  - 
>8tenths Sample S 

670 Stars Total ~]~ 
49 WDs (43 with M~>I3"00) ~ 1 

40 s a 

N(Hr) 3 1 

2O 

8 10 12 14 16 18 20 22 24 
Hr ---- m,+5+51og~ 

Figure 1. Frequency distributions of reduced proper motion, Hr, for both the 7tenths and >8tenths 
samples. Numbers of WDs with either M v > 13.0 or M v < 13.0 in each bin are given either above 
or below the bin tops, respectively. The crosshatch area indicates the 71 unobserved stars. 

is complete - -  that  is, the degenerate versus non-degenerate status has been observationally 

established for all of the >8tenths stars - -  a comparison of the two distributions should provide 

an indication of the likelihood of having unidentified WDs among the unobserved sample. Figure 

1 reveals that  20 of the 43 cool WDs found in the >Stenths sample have reduced proper motions 

within the range 18.0 < H r < 21.0 - -  just  the range within which the 7tenths sample is seriously 

incomplete. Consideration of the Luyten color classes of the unobserved stars, however, yields a 

much more encouraging picture. Table 2 gives the numbers of degenerates and nondegenerates 

within the relevant H r bins for the various Luyten color classes. The majority of the unobserved 

7tenths stars with 18.0 < H r < 21.0 (40 of the total 56) have m color classes. Based upon the 

complete >Stenths sample, m color class degenerates are known to be extremely rare. [In fact, a 

total of only 3 degenerates are presently recognized among this color class: LP701-29 (= LHS69), 
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TABLE 2 

Numbem of>8Tent~and7Tent~ Stars byLuyten Color Class 

Hr Bin Luyten Color Class 
Center a a-f f f-g g g-k k k-m m m+ 

The >8Tenths Sample (Degenerates/Non-Degenerates) 

18.25 1/0 012 0 /12  0/22 0/1 
18.75 o/s o/s o/3 o/2~ 
19.25 2/0 1/0 1/0 0/2 0/5 0136 
19.75 310 2/0 113 019 0134 
20.25 1/0 1/0 2/0 1/1 0/4 0/29 0/1 
20.75 2/0 1/0 0/2 1/2 0/20 

The 7Tenths Sample (Degenerates/Non-Degenerates/Unknowns) 

18.25 01011 01412 01614 
lS.75 2/0/o o/1/1 o/1/3 o/11/5 o/1/o 
19.25 11010 01011 0/2/0 0/3/2 01917 
19.7s 01011 o/o/2 o/s/11 
20.25 1/0/0 0/1/2 0/1/0 0/1/7 
20.75 1/0/0 011/0 0/1/1 01416 

the unique, highly-blanketed degenerate (Dahn et al. 1978) with H r--  22.0; LP131-66 (-- LHS342; 

Liebert et al. 1979 / with Hr=  22.6; and LP550-358 (= LHS2288), one of the newly established 

late-type degenerates reported in this study, with H r = 23.4. Note that all three fall well outside 

of the H r range of serious incompleteness for our 7tenths sample.] The data contained in Table 

2 suggests that the 15 unobserved stars with k or k - m  colors might include one or possibly two 

additional degenerates. One unobserved star that is almost assuredly a degenerate is the a - f  

_~ - I ' , ~ I , , , I ' ' _ 
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AM~,a = 0.50 bins centered on 

Mbo~ = 13.e5(0.50)15.25 6 1 ~1~.-- 
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Figure 2. The derived WDLF employing the >7tenths sample degenerates. Filled circles represent 
the Fleming et al. (1986) data as presented in Liebert et al. (1988) and the dashed curve is the 
theoretical function of Winget et al. (1987, their Fig. I). The open circles give the present results 
where the numbers of stars within each bin are indicated above the error bars. 
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color object LP737-47 (= LHS2712) with H r - -  19.4. Since this star is relatively bright (V ~ 15.0 

according to our unpublished calibrations of the LHS Catalogue mpg and m R values) it might 

have a relatively small value of Vma x and therefore make a significant contribution to the space 

density at whatever Mbo i bin it turns out to occupy. However, based on the blueness of the 

a - f  color class this star  most likely has M v < 14.2 and thus will not affect the cool end of the 

WDLF. In summary, the arguments presented above suggest that  the degenerates listed in Table 

1 comprise a very nearly complete subsample of the 7tenths stars - -  at least for M v < 16.3. 

III. THE WDLF FROM THE >7TENTHS SAMPLE 

The 7tenths and >8tenths degenerates together are now referred to as the >7tenths sample. 

A 1/Vma x anaiysis identical to that  used by Liebert et al. (1988) was performed on the >7tenths 

degenerates with M v > 13.0 and the results are presented in Figure 2. Comparing Figure 2 with 

the results of Liebert et al. (1989) indicates that  the present results are fully consistent with the re- 

sults from the smaller but fully complete sample, at least over the range -3 .3  _> log(L/Lo) > -4 .3 .  

Since the 7tenths subsample is observationally incomplete for the m color class (which includes 

degenerates with M v > 16.3 if they exist at densities detectable within the solar neighborhood), 

the total absence of stars below log(L/L®) ~ -4 .3  is based primarily on the Liebert et al. (1988, 

1989) results. However, the continued failure to detect such stars within the 7tenths sample does 

add to the evidence supporting a real turnover in the WDLF at the faint end. 
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PRE-WHITE DWARF EVOLUTION: UP TO PLANETARY NEBULAE 

Italo Mazzitelli 

Istituto di Astrofisica Spaziale del CNR 

Via E. Fermi 21, 00044 Frascati, Italy 

ABSTRACT. The main evolutionary phases having some interest for the 

formation of the remnant white dwarf are discussed, starting from the 

core helium burning phase, in the attempt of evaluating a theoretical 

relation between initial main sequence mass and final white dwarf 

mass. Several difficulties, mainly due (but not only) to uncertainties 

in the theory of mass loss, have been met, so that only a fiducial 

bona fide correlation can be drawn. The mass function of population I 

white dwarfs has probably a secondary maximum at M = 0.9 - 1 Me. 

I. INTRODUCTION 

In a review of this kind it is very difficult to correctly quote 

all the researchers who, in the last thirty years, have contributed to 

our present understanding of the pre-white dwarf stellar evolution. In 

the following, several results will be given for granted, without 

explicit quotations, apart from a few cases; it is however to be noted 

that the most of the discussion will be based upon works by 

Sch~nberner, Iben, Becker, Lattanzio, the Padua group (Bertelli, 

Bressan, Chiosi and coworkers), Packzynski, Wood, Faulkner, D'Antona 

and myself and, in general, upon the results by people who afforded 

the risk to plug their hands in the mess of numerical computations. 

Our thanks to those people who have the courage to do the dirty job, 

which can be always easily criticized, but which is at the very ground 

of most improvements in astrophysical knowledge, at the same level as 

the observational activity. 

In principle, the stellar evolution through the WD state could be 

studied without a previous understanding of the preceeding 

evolutionary phases (D'Antona 1988). A parametrical approach in which 

total mass and chemical distribution in the interior can be 

arbitrarily chosen, is however almost meaningless when the comparison 
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to the observational data is tried (Mazzitelli and D'Antona 1987), 

since the initial choice of parameters severely affects the following 

evolution. For this reason, in the last ten years a number of attempts 

have been performed to follow the whole stellar evolution from the 

main sequence to the white dwarf stage (Sch~nberner 1979, 1981, 1983, 

1987a Iben et al~ 1983, Iben 1984, Iben and Tutukov 1984, Mazzitelli 

and D'Antona 1986a Wood and Faulkner 1986), to determine the proper, 

physically correct choice for the initial white dwarf parameters. In 

the following, I will try to summarize our present level of 

understanding of the evolutionary processes having some influence upon 

the star when it reaches its white dwarf stage. I will limit the 

discussion to Population I stars, since at present the vast majority 

of observational informations upon white dwarfs is relative to the 

solar environment. Since in any case I am left with a mammoth task, I 

will further restrict the subject, trying to focus my attention upon 

only one of the various aspects relevant for the understanding of the 

white dwarfs properties, that is: the relation between initial main 

sequence mass (Min) and the final white dwarf mass (Mfl,). Of course, 

a number of questions cannot yet be solved by theory alone, and I will 

be forced, in some cases, to take advantage from the observations in 

the tuning of some free parameters, especially for what concerns the 

mass loss and/or envelope ejection mechanisms; nevertheless I will 

always try to stay on the theoretical, modelistic side of the subject, 

as my intention is to give clues about the theoretical relatively safe 

conclusions which can be raised, and on those which are still subject 

to debate, for which there is still room for substantial revisions. 

2. STARS EXPERIENCING THE CENTRAL HELIUM FLASH 

Let me start by fixing boundaries and internal subdivisions to 

the range of initial masses which can give rise to white dwarfs. It is 

very hard to expect disk white dwarfs coming from Population I stars 

having mass smaller than the solar one, since the pre-white dwarf 

evolutionary life of the Sun is just of the order of the galactic age. 

On the other side, there is still no agreement about the maximum 

initial mass which can die as a white dwarf. In fact, most of the 

recent computations (Castellani et AI., 1985) seem to show that a star 

of initial mass about 7 Me ignites carbon off-center in a degenerate 

core leading, perhaps, to the distruction of the star. Detailed 

hydrodynamic computations of this carbon ignition are still far from 

our reach (Iben 1982) but, as we will see, the possibility of a 
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quiescent carbon burning with the formation of neon-magnesium white 

dwarfs of mass larger than 1.05-1.1 Me cannot be excluded, at least on 

the observational ground, so that the upper limiting mass for the 

formation of white dwarfs can be shifted up to about 9 Me (Iben 1987). 

In the following I will limit my discussion to stars which do not 

reach the carbon ignition, but this last possibility has to be taken 

seriously into account. 

The range 1 to 7 Me can be further divided into three subranges, 

namely: 

i} stars undergoing the central helium flash ( M < 2.4 Me); 

ii) stars gently igniting Helium, and not undergoing the second 

dredge-up ( M = 2.4 ÷ 4.5 Me, Becker and Iben 1979); 

iii) stars undergoing the second dredge-up ( M > 4.5 Me). 

Let me start from the first mass range. There seems to be at 

present a general agreement about the relation between the total mass 

of the star and the core mass at which the helium flash takes place. 

The results by Rood (1972), Sweigart and Gross (1978), Lattanzio 

(1986) and Mazzitelli (1988) all agree within about 0.03 Me, and the 

agreement between the last two authors is even better than 0.015 Me. 

This small difference can perhaps be of some significance when 

studying the details in the HR diagram of the horizontal branch 

evolution (Caputo et A1 1984), but it is of no matter at all in the 

more general framework of the pre-white dwarf evolution. Also, 

agreement exists about the total and core mass for which a non 

degenerate helium core firstly ignites. Broadly speaking, a core mass 

about 0.48 Me can be assumed for degenerate ignition in the whole 

range 1.0 to 2.4 Me for a solar metal abundance and X=0.7, and a core 

mass about 0.34 Me for the star of 2.5 Me which ignites in non- 

degenerate conditions (Figure I). Most unfortunately, if we allow for 

massive convective overshooting in main sequence (Roxburgh 1978, 

Maeder and Mermilliod 1981), the whole picture is dramatically 

modified. In fact, for those stars having a non negligible convective 

core in main sequence ( M > 1.5 Me), overshooting enlarges the core in 

such a way that, at the central hydrogen exaustion, a helium core 

about 0.33-0.35 Me is already present (Bertelli et A1 1986), which can 

gently ignite helium without degenerating. This leads to substantially 

lower core masses at helium ignition in the mass range 1.5 - 2.5 Me, 

and much larger core masses for M > 2.5 Me, since a general feature of 

the stellar evolution is that mass of the non degenerate helium core 

at the helium ignition increases almost linearly with the total mass of 

the star. Massive overshooting has been recently criticized, on 

apparently sound bases (Renzini 1987, Baker and Kuhfuss 1987); 
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nevertheless, this possibility cannot at present be 'a priori' 

excluded, and I will briefly come back on this subject. 

Going on to the central helium burning phase, up to the first 

thermal pulse, people working in stellar evolution well know the still 

open debate about the existence of large scale mixing mechanisms, such 

as semiconvection, overshooting on different scales, and breathing 

pulses or helium spikes (Robertson and Faulkner 1972, Sweigart and 

Renzini 1979, Castellani et al. 1985). All these mechanisms strongly 

affect the horizontal branch evolution, especially for Pop II stars. 

Luckily enough, it can be shown that, at least for Pop I stars in 

which a powerful hydrogen burning shell is present in any case, all 

the core mixing mechanisms have little influence upon the final 

hydrogen exausted core mass at the first thermal pulse. 

Let me define M. the hydrogen exausted core mass, and M.e the 

helium exausted core mass. Without taking too seriously the following 

mathematics, we can write in a first approximation: 

i) Ln Ls = C,M. + C2 

which is a "Red Giant" relation between the shell hydrogen luminosity 

and the core mass. We can write also: 

2) Ln L,e = C3M. + C4 

which is instead a "helium main sequence" relation between helium 

luminosity and helium core mass. Moreover, we can obviously write: 

3) dM,/dt = CsL. 

4) dMse/dt = C6L. e 

where the various coefficients C. can be derived, partly from the 

models, partly from the first principles. Defining t = 0 the beginning 

time of central helium burning, and t' the time of the first thermal 

pulse, from 4) and 2) one can write 

5) Ms. ' = ~exp(Mi) dt 

where MHe ' is the helium exausted mass at the first thermal pulse. 

Moreover, from 3) and i): 

6) dt = dM./Csexp(MH) 

and, substituting 6) in 5) with the proper changing of the integration 

boundaries: 

MMH e ' MHe ' = Cgexp(M.)dM. 
I 
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being MI the hydrogen-exausted mass at the beginning of central helium 

burning, and the upper boundary having been put M.. ' instead of MH ' 

(the hydrogen exausted core mass at the first thermal pulse), since 

the two values are coincident within 1 - 2 hundreths of solar mass. 

One has finally: 

C, 0exp(M,e') - C11Mse' = C10exp(M,) 

that is: as long as I) to 4) are verified, the final core mass at the 

first thermal pulse is a function of the initial core mass only, and 

not of the details of the helium-burning phase. In more plain words, 

as long as the luminosity of helium burning follows its main sequence 

like relation outlined in eq. 2), it is of no importanca at all where 

helium is burned (at the center, in a convective core or in a thick 

shell). The problem is rather to understand if eq 2) holds also in 

thick shell, and this seems to be the case according to the numerical 

models, at least for stars with masses not larger than 3 Me, in which 

hydrogen and helium burning shells can coexist before the thermal 

pulses phase. 

The behavior of the core mass at the first thermal pulse versus 

the total mass is shown in Figure 2 (Lattanzio 1986, 1987). As can be 

seen, almost all the stars undergoing the helium flash give rise to 

cores in the range 0.57 - 0.58 Me unless, of course, mass loss during 

the first rise on the red giant branch has not already reduced the 

total mass of the star below these values. This is possible especially 

for stars of 1.0 - 1.2 Me with large mass loss rates, which can then 

die as low mass white dwarfs, possibly in the range 0.50 - 0.55Me. 

Very different is the case if massive overshooting is present; 

definitely smaller core masses are found in the range 1.5 - 2.2 Me, 

and much larger core masses for larger total masses (Bertelli et al. 

1986). It is however to be recalled that these large differences are 

due to the differences in core mass at the beginning of the helium 

burning phase since, as shown before, the core mass at the first 

thermal pulse is quite insensitive to the behavior of central 

convection and, in any case, semiconvection and/or breathing pulses 

have the effect of mixing matter well beyond the formally convective 

core, almost in the same amount of large overshooting. 

In Figure 2, also two values of core mass from Mazzitelli and 

D'Antona 1986b are shown, and labeled as "upper limits" Care has to be 

taken with the chemical evolution scheme when performing this kind of 

computations, since the helium depletion during each time step is 

proportional to the third power of the helium abundance and, during 

the time step itself, the helium abundance decreases. In our 
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computations of 1986, an algorithm was present which tended to 

overcorrect for this effect, giving rise to lower depletion rates and 

larger final core masses. In all the other computations, including the 

present ones and those by Lattanzio (1986, 1987), the abundance 

variation during the time step is instead computed according to the 

starting helium abundance, which causes an overestimate of the 

depletion and gives rise to lower core masses. It is to be expected 

that a better algorithm would lead to core masses somewhere in between 

the present values and those by Mazzitelli and D'Antona 1986. 

Going ahead through the thermal pulse phase, it can be useful to 

note that the current calibration for the recurrency period of the 

thermal pulses versus the core mass (Paczynski 1975) probably gives 

smaller values than those presently found by several authors with 

updated input physics (Sweigart 1971, Gingold 1974, Iben 1975 and 

1982, Schonberner 1979, Fujimoto 1979, Sackmann 1980, Wood and Zarro 

1981, Lattanzio 1986, Mazzitelli 1987). Part of the difference is also 

due to the fact that Paczynski tuned the relation by computing a very 

few thermal pulses for each core mass, and all the computations show 

that at least for the first 10 - 12 pulses, the interpulse period 

increases. It is then recommended to multiply by a factor 2 - 3 the 

interpulse periods deduced by the Paczynski relation. This means, in 

turn, that the total number of thermal pulses experienced by a star 

during its asymptotic giant branch life is not very large; in the 

following we will see that it can be of the order of 30-40 in some 

cases but, for the more frequent cases, it can hardly exceed 10-20. 

Since the star at the first pulses is underluminous with respect to 

the equilibrium conditions, the following relations between 

asymptotic giant branch luminosity and core mass are suggested, 

holding also for the first pulses. Given a present core mass Mc, and a 

core mass M' at the first pulse, the steady interpulse luminosity and 

the peak surface luminosity at the pulse are respectively: 

Log Lsteady/L, = 3.15 + 1.33Mc - 0.3exp(M'-Mc)/0.015 

and 

Log Lpeak/Le = 3.25 + 1.5Mc - 0.4exp(M'-Mc)/0.015 

The asymptotic branch phase is ultimately truncated by the loss 

of the hydrogen rich envelope by stellar wind or superwind (Renzini 

1981). Most unfortunately, no complete theory based upon the first 

principles exists to be included in stellar evolution codes. For the 

wind, the empirical calibration by Reimers (1975) can be of some 
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utility; for the superwind, only qualitative estimates of orders of 

magnitude, and indirect evidences exist. The main classes of mass loss 

mechanisms presently under investigation, upon which Linsky (1987) and 

Holzer (1987) have given extensive theoretical reviews, are: 

-thermally driven winds, that is: steady state radial flow from 

the chromosphere. The gas density at the critical point (defined as 

the point where the outflow gas speed exceeds the sound speed) is 

however too low in all the cases to account for the observed mass loss 

rates. One has to invent mechanisms to increase the critical density, 

either by lifting matter in the corona, or shifting the critical point 

closer to the surface. 

-Radiatively driven winds, that is: radiation pressure on ions 

or, mainly, on circumstellar dust grains. Also in this case the 

mechanism seems not to work efficiently enough, since the stellar 

atmosphere theory predicts the grains to be very close to the surface, 

with greenhouse effect, melting of the grains, cooling, new grains 

formation and so on, but little or no wind. 

-Periodic shock waves in pulsating stars, that is: periodic 

lifting of gas and grains due to pulsationally driven shock waves, 

with period shorter than the gravitational return time, so that in the 

end matter ejection occurs. This is probably the more clearly 

understood mechanism up today, but if it works for Mira variables, 

what about non-Miras? 

-Alfven waves, that is: the same as before, but driven by 

hydromagnetic waves. Unfortunately, our present understanding of 

stellar magnetohydrodynamics is so poor that this mechanism is little 

more than a free parameter in the theory. 

In summary, what we expect is heating and lifting of the 

atmosphere due to gravitational or hydromagnetic waves, so that the 

thermally and radiatively driven winds are largely powered. This gives 

no indication at all about the ignition of the superwind, so that the 

best the theory can say is that, if the maximum white dwarf mass which 

can be given birth from a given initial mass is computed according the 

Reimer's mass loss rate during the asymptotic giant branch evolution, 

and the minimum white dwarf mass is of course the core mass at the 

first thermal pulse, the superwind will give rise to a white dwarf 

mass somewhere in between these two limiting values. This situation is 

illustrated in Figure 3. The total number of thermal pulses ranges 

between 5 and 30, and this is relevant when computing the expected 

enrichment in carbon and s-elements due to the third dredge-up. 

As a result of the termination of the asymptotic giant branch 

phase during a continuous (wind or superwind) mass loss, the chances 

36 



are that the blueward excursion for an object in this mass range 

begins during the interpulse phase, when a steady hydrogen burning 

shell is powering the star. In fact, from the computations it turns 

out that about 90~ of the total mass lost from the star during a 

complete thermal pulse cycle is lost during the steady hydrogen 

burning phase. If it is so, the planetary nebulae nuclei should be 

hydrogen burners, according to Sch~nberner (1987), taking also into 

account the complex picture outlined by Iben (1984) who follows also 

the case in which a final thermal pulse can take place during the 

blueward excursion, or the case in which, by chance, the blueward 

excursion itself begins during a thermal pulse. In practice, according 

to the above results, and considering that the initial mass function 

for main sequence stars is peaked around the lower limits, it is to be 

expected that more than 80% of the white dwarfs have their origin in 

this way, and more than 70% of them die with a still thick hydrogen 

envelope, apart of course from the possible depletion of surface 

hydrogen due to wind in the luminous blue region of the H~ diagram. 

3. STARS GENTLY IGNITING HELIUM 

Let me now go ahead to the second mass range that is: stars 

gently igniting helium at the center, and not undergoing the second 

dredge-up. For these stars, the relation between core mass at the 

helium ignition and initial mass is not flat any more as it was for 

the first mass range, but the core mass steeply increases, almost 

linearly with total mass. Of course, also the envelope mass linearly 

increases and, in principle, this would mean that such stars should 

experience a larger and larger number of thermal pulses before wind or 

superwind can stop the asymptotic giant branch evolution. Actually, 

not only the observations (Iben 1981), but also some theoretical 

considerations suggest that the game is played in a different 

way. In fact, when the core mass increases due to the ongoing thermal 

pulses, both the steady interpulse and peak-of-the-pulse surface 

luminosities increase, the latter with a 3/2 power of the core mass. 

At a given point we see from the models that, at the peak of the 

surface luminosity during a thermal pulse, when the hydrogen shell is 

completely turned off, several processes occur in the envelope, mainly: 

-the hydrogen rich envelope is cooled, lifted and expanded; 

-the temperature at the base of the convective envelope drops to 

a few in I0" OK, and Hydrogen recombines in almost the whole envelope; 

-the total energy of the envelope (including the dissociation and 

ionization energy) becomes larger than the gravitational binding 
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energy (of course this does not necessarily mean that the ejection of 

the envelope is unavoidable, since one has to estimate the conversion 

efficiency into kinetic energy); 

-the radiation pressure at the H-He interface dominates by orders 

of magnitude (it can be easily more than 99% of the total pressure); 

-in the helium rich layers just behind the base of the convective 

envelope, the mean free path of a photon begins to be a non negligible 

fraction (some hundreths) of the local stellar radius, so that the 

radiation field is not isotropic any more, but there is a net 

radiation flux toward the external layers. 

In these conditions, not only the evolutionary computations begin 

to become very hard, since the specific heat of matter is higly non 

linear with respect to the thermodynamical quantities, but also the 

approximation of local isotropy of the energy flux is no longer valid 

and the numerical results obtained in this hypotesis can be no longer 

reliable. 

In practice, several authors, working in different structural or 

evolutionary frameworks, have found that a sudden loss of the 

hydrogen rich envelope it is to be expected at the peak of a thermal 

pulse, when the core mass ranges between 0.8 and 0.9 Me. I can quote 

the hydrodynamic computations by Kutter and Sparks (1974) for a 

structure with a helium core powering the luminosity and a turned off 

hydrogen envelope, the results by Tuchman et AI. (1978) and Barkat and 

Tuchman (1979) showing that the envelope of a Mira variable at the 

maximum is unbound and can be ejected beyond a given luminosity, the 

difficulties met by Faulkner and Wood (1984) in computing advanced 

thermal pulses, which lead the same Wood and Faulkner (1986) to 

hypotize the reaching of an "Eddington - like" luminosity at the base 

of the envelope, and a similar result by myself (Mazzitelli 1987) in 

the computation of a long run of thermal pulses, with the ratio 

between mean free path of photons and local radius exponentially 

increasing from the peak of one pulse to the other. 

As can be seen, the effects quoted above are completely different 

from each other, and seem to have nothing in common; actually, at the 

very base of all of them there is the enormous lifting and cooling of 

the hydrogen rich envelope, which causes recombination, large increase 

in opacity, and the storage of a large amount of energy in the 

envelope itself. In spite of the uncertainties in the theory, we can 

reasonably safely conclude that, in these conditions, a detachment of 

the hydrogen rich envelope is very likely at the maximum surface 

luminosity at the peak of a thermal pulse, when the core mass is about 

0.85 Me (depending on the total mass) and the steady interpulse 
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luminosity is around Log L/Le = 4.3, and this is the mechanism 

terminating the asymptotic giant branch phase for these stars. Note 

that, if this is the real occurrence, we can expect very thin hydrogen 

envelopes upon the white dwarfs originated in this way: in fact, if 

the hydrogen opacity is the triggering mechanism for the envelope 

ejection, almost no hydrogen (probably enough for an optical 

atmosphere, but not for hydrogen burning in the blue) should be left 

at the surface of the star. We further expect a steep slope in the 

Mfl. - MI. relation for masses in the range 2.5 - 4 Me, since also the 

mass at the beginning of the helium burning phase sharply increases 

with total mass. For MI. > 4 Me we then expect a much flatter 

behaviour, since, for these stars, the evolution in asymptotic giant branch 

terminates for core masses in a relatively narrow range (0.8 to 0.9 

Me). Also note that the total number of thermal pulses experienced by 

these stars reaches a maximum of the order of 50 around 3 - 3.5 Me, 

then fastly decreases to a very few or no thermal pulses at all for 

larger masses. 

4. STARS EXPERIENCING THE SECOND DREDGE-UP 

I will finally discuss the last mass range, that is stars 

experiencing the second dredge-up (Becker and Iben 1979). The core 

masses before and after the dredge-up as a function of the total mass 

are shown in Figure 4, where both the results by Becker and Iben and a 

set of results computed by myself for the present talk are collected. 

There are some differences due, only in part, to updating of the input 

physics. One major difference, which unfortunately throws a shade upon 

the reliability of all these results, is that at the maximum deepening 

of surface convection during the second dredge-up, all the convective 

region, down to the base just above the helium burning shell, is 

largely overadiabatic. This could not be found with previous computer 

codes, in which the overadiabaticity is considered only in the 

external subatmospheric layers, but I have found it in the present 

computations since, being the code a full Raphson-Newton up to the 

base of the optical atmosphere, overadiabatic convection had to be 

included all through the structure (in these computations, the ratio 

of mixing length to pressure scale height is 1.0). As an example, for 

the star of 6.5 Me, an average overadiabatic gradient about 0.2 was 

found down to the bottom of the convective envelope, around 1.1 Me. 

When recalling that these envelopes are highly dominated by radiation 

pressure, so that the adiabatic gradient is very close to 0.25, the 
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consequences of such large overadiabaticity can be easily understood, 

at least from the side of the reliability of the models. Lacking any 

better physical treatment than the mixing length theory, we are forced 

to assume that the stellar models be reliable at least as long as 

overadiabatic convection is present in thin subatmospheric layers 

only; it is however hard to believe that a theory which can be 

responsible for large scale density inversions along more than 80% of 

a stellar structure can provide physically sound models, to be 

compared to the observations. In my opinion this is presently another 

of the boundaries within which the theory of stellar evolution has to 

be forced. 

In the hope that all the models dealing with this phase are not 

completely meaningless, let me go on to the discussion of the 

evolution to white dwarf for this mass range. Actually, the general 

structure of the star at the maximum deepening of the second dredge-up 

closely resembles the structure at the peak of a thermal pulse. Also 

in this case the hydrogen rich envelope is cold and enormously 

expanded (the density at the base of the envelope can be 10 -6 or I0 -7 

g/cc ) and so on, so that it is likely that the envelope itself be 

blown up without even igniting the first thermal pulse or, since the 

helium remnant layer above the helium burning shell is, at the maximum 

penetration of surface convection, still of several hundreths of Me, 

very few thermal pulses can occurr, due to thermal adjustment of the 

helium layer. The possibility that stars in this mass range die 

without previously going through a long run of thermal pulses has 

already been indicated for instance by Iben (1987), on the ground that 

asymptotic giant branch stars of this kind are by far undernumerous. 

Unfortunately, if this is true, we are left with a severe 

problem. In fact, white dwarfs with masses larger than 1.05 - i.i Me 

were thought to be originated by asymptotic giant branch stars with 

initial core masses smaller than these values, but undergoing long 

runs of thermal pulses, and accreting mass upon the core up to the 

theoretical Chandrasekhar limit since, as already quoted at the 

beginning, a carbon - oxygen core born with a mass larger than 1.05 - 

i.i Me (depending on the carbon abundance) very fastly ignites. In the 

above outlined framework, there is no room for white dwarfs of mass 

larger than 1.05 - i.I M,, unless they are formed after a violent but 

not catastrophyc phase of carbon burning, following degenerate 

ignition, and without the destruction of the structure. In this case, 

large mass white dwarfs should be formed by 22Mg and Z4Mg, but no 

theoretical models showing this possibility are presently available so 

that the existence of these white dwarfs is still not explained. 

41 



5. CONCLUSIONS 

In summary, the relation Mf,. - Mi, for the whole range of initial 

masses of interest is summarized in Figure 5, together with a recent 

semiempirical relation suggested by Weidemann (1987a). The agreement 

for low initial masses is quite good, but it is an artificial 

byproduct of the fact that, knowing almost nothing about the 

theoretical superwinds, I simply draw a bona fide band not far from 

the semiempirical calibration. For larger masses, there is a 

sistematic difference about 0.15 Me with respect to the calibration by 

Weidemann, but I do not think this disagreement be dramatic since, up 

today, due to the low statistics, the semiempirical relation is not 

easily tuned in this region. It is interesting to note that, if the 

relation follows indeed the band drawn in Figure 5, the mass 

distribution function of the observed white dwarfs has to show a 

peculiar behavior. After a peak around 0.6 Me and a sharp decrease up 

to 0.85 Me, the mass function shows a flattening, if not a secondary 

(very low) peak around 0.9 Me, to drop again for larger masses. 

Actually, this seems to be the case (Weidemann 1987b), although the 

statistics is too low to be reliable, and we will have to wait perhaps 

the Hubble Space Telescope for an answer. This theoretical prediction, 

which could be probably confirmed or ruled out by the observations in 

a few years, can be a reasonable conclusion for the review. 
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EVOLUTION OF WHITE DWARFS: STARTING FROM PLANETARY NEBULAE 

Francesca D'Antona 

Osservatorio Astronomico di Roma 
1-00040 MONTE PORZIO (Italy) 

1.INTRODUCTION 

The ultimate aim in the study of White Dwarf (WD) evolution is to 

understand properly the observed Luminosity Function (LF) of WDs, that 

is the number of WDs observed per unit magnitude interval. The 

complicated route to the interpretation of this scarne quantity (12 

fiducial points in the recent update of Liebert et al. 1988) is 

schematically summarized in figure I. Clearly, the main input to the 

LF are the evolutionary (cooling) times, but it is necessary to 

consider their non trivial dependence on galactic evolutionary inputs, 

namely the initial mass function of disk stars, their age distribution 

with time (ultimately: the disk age), and their evolutionary 

properties. Stellar evolution enters in the problem of cooling by two 

main routes: first, by determining the mass of the WD as a function of 

the inital stellar mass and chemistry, second by fixing the internal 

constitution of the WD remnant for each given mass, and the initial 

physical conditions at the start of WD evolution (mainly the 

temperature distribution, which is important for the first phases of 

evolution). Of course, there is no need of good evolutionary inputs to 

study "theoretical" WDs. In fact, historically, the first approach in 

the study of "cooling" (Mestel 1952, Schwarzschild 1958)) has been 

directly related to the stimulating physical properties of these 

objects, in which neutrino losses at the beginning (Vila 1966, 

Savedoff et al. 1969) and, in late stages, liquification and 

crystallization of the plasma (Brush,Sahlin and Teller 1966, Hansen 

1973) long recognized to be dominated by coulomb interactions, 

(Kirzhnits 1960, Abrikosov 1960, Salpeter 1961), are the main features 

to be investigated (Mestel and Ruderman 1967, Van Horn 1968, Kovetz 

and Shaviv 1970). 

While also the theory of heat conduction by degenerate electrons 

went on improving in the course of years (Marshak 1940, Mestel 1950, 

Hubbard and Lampe 1969, Canuto 1970, to end, recently, with Itoh et 

al. 1983. 1984), we may regard as a second approach, the stage in 

which it has been recognized that full consideration should be given 
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Figure i: inputs for the determination of the luminosity function 

to the envelope physics, (Bohm 1968, Van Horn 1971). The envelope is 

an incompletely ionized, strongly coupled, partially degenerate 

plasma, whose physics is much more complex than that of the interior, 

and this required long studies to assess properly the equation of 

state (Fontaine et al. 1974, Fontaine and Van Horn 1976, Fontaine, 

Graboske and Van Horn 1977, Magni and Mazzitelli 1979), while only one 

attempt has been made, as far as I am aware of, to compute opacities 

under these extreme conditions (Bohm et al 1977). 

Together with the study of cooling properties through the central 

temperature - luminosity relations obtained by integration of envelope 

models (Koester 1972, Sweeney 1976), these years see the 

quantification of convection in the WD envelopes, and the study of 

possible transitions between hydrogen and helium dominated atmospheres 

by convective mixing (Baglin and Vauclair 1973, D'Antona and 

Mazzitelli 1974 and 1975, Vauclair and Reisse 1977) while the first 

insight is given to the role of additional problems like accretion of 

interstellar matter, gravitational settling, and radiative 

acceleration (Strittmatter and Wickramasinghe 1971, Koester 1976, 

Wesemael 1978, D'Antona and Mazzitelli 1979, Vauclair et al 1979). 

In the seventies, two sets of complete models were evolved, by 

Lamb and Van Horn 1975 and Shaviv and Kovetz 1976. Only starting from 

1984, a third approach to the study of WDs evolution begins, with a 

fundamental paper by Iben and Tutukov (1984): here and in the 
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following computations (Koester and Sch6nberner 1986, Mazzitelli and 

D'Antona 1986, Iben and Mc Donald 1985 and 1986) consideration is 

given to the construction of the WD, following all the burning phases 

up to the building up of the degenerate carbon- oxygen core, and 

simulating mass loss by stellar wind and/or superwind until the WD 

phase is reached. The starting models for the WD cooling reflects the 

result of the previous evolution. Iben and Tutukov (1984) first found 

out that the "evolutionary" remnant hydrogen layer on DA WDs can 

appreciably contribute to the energy generation at very low luminosity 

by proton- proton burning. 

Nevertheless, the recent results also showed a large spread in 

the total evolutionary time of WDs according to the different authors: 

in practice, we (Mazzitelli and D'Antona 1986) had obtained cooling 

times down to logL/Lo N -4.5 of the order of 5-7 109 yr, others had 

obtained times longer than 10 *e yr. These differences have obvious 

consequences on the weight to be given to the interpretation of the 

luminosity function of WDs in terms of disk age (D'Antona and 

Mazzitelli 1978, Winget et al. 1987), and must be clarified. 

Winger and Van Horn (1987) have shown that most of the 

differences between the results of different researchers can be 

attributed to the different physical and chemical inputs adopted. 

While we are still comparing our computations in the effort to 

understand whether this is certain, let us take advantage of this 

conclusion and realize that, although on the "physics" of WDs there is 

today broad agreement, the uncertainty in the inputs to be used (see 

Mazzitelli and D'Antona 1987 for an overview, and Mazzitelli 1988a for 

an update), is such that the cooling times are "evolutionary" 

uncertain by at least a factor two! 

In practice, our times were shorter mainly for two reasons: 

i) our models are very oxygen rich, having been obtained by adopting 

the new reaction rates suggested by Kettner et al. (1982) for the 12C+ 

4He, and ii) we have chosen envelopes which at low Tef~ are helium 

dominated and mostly deprived of metals down to the end of the 

evolution, adopting very low surface opacities (Cox and Tabor 1976 for 

Z=I0-5). Even if 3/4 of WDs show hydrogen dominated spectra, it seems 

(Greenstein 1986) that most of them are mixed at low Tell, leading to 

helium dominated atmospheres and fast cooling. Unfortunately, how much 

Hydrogen is left on the surface (if any) and also how large is the 

helium layer remnant depend on the details of the final phases of 

evolution, as it has been shown both by stellar evolution computations 

(Sch~nberner 1983, 1987, Iben 1984, Mazzitelli and D'Antona 1986, Wood 

and Faulkner 1986) and by the theoretical inferences bases also on the 
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observations (Iben et al. 1983, Renzini 1987). This conclusion is 

however frustrating, as the final phases of pre-WD evolution, linked 

to the complex hydrodynamical problem of Planetary Nebula ejection, 

can be solved up today only parametrically, and the unknowns leave 

shadows on our global understanding of WD evolution. The fourth 

approach to the study of WDs is therefore the combination between what 

we may infer on the external layer composition by the predictions of 

stellar evolution, and what information we may extract from the 

observational evidences on WDs, interpreted through the knowledge of 

the processes acting on WD envelopes. In recent years, this has been 

the tentative approach of the Canadian group (e.g. Fontaine and 

Wesemael 1987). The ongoing discussion on the evolution of WDs is 

another tentative to follow this route. 

I will concentrate on: 

-the main phases of WD evolution; 

-the outer envelope composition, its links to previous evolution, 

and its influence on the final fate of the WD; 

-comparison of theoretical and observational luminosity 

functions; 

-problems with building of cool WD models. 

2.THE MAIN EVOLUTIONARY STAGES OF WHITE DWARFS 

WD evolution can be divided into five main regimes according 

mainly to the stellar luminosity. Into these regimes the physical 

processes which play a major role are different, so as the information 

which we may derive from observations. These phases are illustrated 

mainly with the results of our models of 0.68Me (Mazzitelli and 

D'Antona 1986) and of 0.564Mo (D'Antona and Mazzitelli 1989). 

ist staqe: log L/Le>0 ; log Terf>4.7: "mixed approach to WDs". 

This phase includes the late CNO burning -if the remnant hydrogen 

layer is the maximum possible), the onset of diffusion of CNO 

elements, the main period in which neutrino losses are dominant and 

are counteracted by the residual gravitational contraction of the 

outer layers. Helium burning is never dominant in these stars, 

although it may have been playing a major role before. 

The effect of diffusion of CNO in the interior has been 

selfconsistently investigated by Iben and McDonald 1985, and has two 

main effects: it lengthens this phase of evolution, as the reactions 

'2C~'4N contribute energy for a longer time, but it leaves a smaller 
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hydrogen mass on top of the WD so that proton-proton burning at a 

later stage is less important. In any case, Iben and McDonald showed 

that diffusion induced nuclear burning can not reduce the mass of the 

evolutionary remnant by more than a factor two. If there are reasons 

to believe that in many cases the hydrogen remnant is orders of 

magnitude smaller, this can not be inputed to this mechanism. 

The external layers are fully radiative, but convection in pure 

helium envelopes begins to appear just at log Teff ~ 4.70, with scarce 

dependence on the gravity and on the treatment of convection. 

Observationally, the hottest WDs appear at Teff> 10sK (the PG 1159 

class (Wesemael, Green and Liebert 1985) followed by the hottest DAs 

(the DAOs) and by the DOs. The hottest WDs are helium dominated: while 

Fontaine and Wesemael (1987) suggest that most DAs appear at 

Te~f~80000K, where gravitational separation had the time to bring to 

the surface the amount of hydrogen necessary to form the hydrogen 

atmosphere, we also know that the WDs of low mass with 

thick hydrogen layers have radii considerably larger than the 

corresponding one of helium atmosphere WDs, and, at large T,~, the 

time of evolution of non DAs can be considerably longer than that of 

DAs (e.g. Iben and Tutukov 1984 and figure 2). If we consider, on the 

other hand, an already stratified hydrogen layer of much smaller mass 

(say 10-TMo), the radius does not differ significantly from that of 

the WD in which no hydrogen is present at the surface (e.g. Koester 

and Sch6nberner 1986). In practice, PG 1159 WDs may be progenitors of 

some DA WDs with very thin hydrogen envelopes, as suggested by 

Fontaine and Wesemael 1987, but the lack of DAs at large Tefr may also 

mean that many DAs have thick (~10-4Me) remnant hydrogen layers. 

Several features conspire against a meaningfully simple 

assessment in this first stage: 

i) The time of evolution in the PG1159 stage (at Teff~10Syr) is of 

the order of 10~yr from all evolutionary computations. Observers must 

take care in adopting these timescales when trying to derive 

information on the number of white dwarfs expected in the following 

evolutionary phases. Models built from non evolutionary starting 

models do not necessarily give the correct times at these first 

stages, although later on differences of a million year in the total 

cooling time becomes negligible. Furthermore, the evolutionary times 

show a somewhat large dependence on the evolutionary inputs (compare, 

in figure 2, the timescale for 0.68Me and for 0.56M®). As an entire 

set of computations for the whole set of parameters to be explored is 

not yet available, it is difficult at present to say how many 

selection biases weigh on the interpretation of the hottest WDs; 
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Figure 2: Logaritmic (upper part) and linear (lower part) behavior of 

evolutionary times with Teff for the models of Mazzitelli and D'Antona 

1986 and of D'Antona and Mazzitelli (1989). 

ii) it is not easy to derive correct Teff and gravities; 

iii) the atmospheric chemical composition is not simply linked to the 

previous evolution, as radiation pressure, operating on the lines, is 

the dominant process for establishing a given pattern of abundances, 

regardless the initial compositions (Vauclair et al 1979, Vauclair 1987); 

iv) mass loss is still operating: it is not easy to predict what 

happens to a given spectral type in the subsequent evolution: for 

instance, DAOs may become DAs when diffusion of helium sets in, or DBs 

if the remnant hydrogen is completely lost by wind. 
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2nd stage: 0>log L/L®>-1.5, 4.7>Iog Tef~>4.3: "end of neutrino 

cooling". 

In this phase the deviations of the radius from a constant value 

begin to be negligible. Neutrino cooling decreases, while, possibly, 

nuclear burning by the p-p chain becomes important. Helium convection 

begins and becomes progressively more important when decreasing Teff. 

In the range 4.65~logTeff~4.5 the HeII lines should be already 

visible, but there are no DBs (Wesemael et al 1985). The latter appear 

only at logTeff=4.5. Pelletier et al (1986) suggest that DO evolve 

into DAs and, later on, the onset of He convection below the H-layer 

is able to mix this layer and leads to the appearence of DB stars. 

Hydrogen masses up to 10 -*5 of the total mass of the star can be mixed 

at logTeff<4.5 (Pelletier et al 1986, Liebert, Fontaine and Wesemael 

1987, D'Antona and Mazzitelli 1975). Actually, the statistic 

significance of the DB gap is given by the relative population of the 

range. The ratio of expected numbers of WDs is equal to the ratio of 

the relevant cooling times multiplied by the ratio of discovery 

probability. The ratio of the time spent in the range where DBs are 

predicted but are not seen (45000~ Teff~30000K) to the time spent in 

the DB phase (say 30000~ Teff ~21000K and 21000kTe~fl12000K) in our 

models ranges from 1:9:60 for the 0.68M® evolution (Mazzitelli and 

D'Antona 1986) to 1:5.3:33 for the evolution of 0.56 and 0.6Me. The 

latter values are consistent also with the ratios derived from Koester 

and Sch~nberner (1986) models (1:5:27). As the relative probability of 

discovery is 1:0.8:0.2 (Wesemael et al. 1985) we should expect from 10 

to 17 DBs at 30000 ~ T, ff~ 12000K for each DB at larger Tef~. As in 

the Palomar Green survey there are 39 DBs, only 2 to 4 hot DBs are 

missing, and the DB gap can be considered at least partially due to 

observational selection effects. Wesemael et al (1985) expected from 6 

to 7 hot DBs, based on Winger et. al. evolutionary times: this is a 

further indication that observers must be very careful in the use of 

evolutionary times at large Teff, as they depend critically on the 

starting models. I conclude that not necessarily most of DBs come out 

from mixing of a very thin outer hydrogen layer. 

3rd stage: -l.5>logL/Le>-3 4.3>logTef~>4.0 : "cooling". 

The inner structure is dominated by "cooling", possibly with 

residual p-p burning if the hydrogen layer is thick. Helium convection 

in He-envelopes reaches its maximum depth around 10000K. In hydrogen 

envelopes convection sets in around logTe~f=4.2. 
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According to the available computations, this is the region where 

the evolutionary times do not differ too much for "details" of 

evolution and so this is the best place where to normalize the 

luminosity function. 

From an observational point two interesting classes appear: the 

DBAs (DBs with hydrogen abundances of 10 -3 - 10 -5 -Shipman et al 

1987) and the DQs (WDs with C~ abundances from 10 -3 to 10 -7 -Koester 

et al. 1982, Wegner and Yackovich 1983, 1984). While DBAs are still 

not well explained -the trace hydrogen can be due to accretion of 

interstellar matter, and however can not be due to mixing of the 

hydrogen layer, unless our prediction on convection efficiency are 

wrong by about two orders of magnitude (see the full discussion by 

Shipman et al. 1987 and by Koester 1987)- DQs are tracers of previous 

evolution: carbon appears in the envelope as it is dredged up by the 

sinking helium convection. 

The case of DQs is the best occasion we have to get information 

on the previous evolution from the WD surface composition. It was 

obvious even ten years ago that this carbon should come out from the 

regions of the WD where triple alpha processes had occurred. The first 

attempts to see whether this carbon could be picked up directly from 

the core failed: if the helium envelope was so small that helium 

convection could reach its base, also carbon would have been 

convective, and a pure carbon composition would have resulted at the 

surface (D'Antona and Mazzitelli 1979, Fontaine and Michaud 1979). 

Subsequently, Koester et al (1982) suggested that the appearence of 

carbon at the surface could be due to the encounter of the convective 

region with the region in which finite but small abundances of carbon 

are present due to the effect of diffusion from the core. Relevant 

computations have been done by Muchmore (1982, 1984), Fontaine et al 

(1984) and Pelletier et al (1986). As shown by Wegner and Yackovich 

(1983) the correlation between carbon abundance and Tetf predicted by 

this theory is successfully consistent with the observations. 

Unfortunately, the best fit is achieved for very small He-buffer 

layers (log Mhe/Mt=-3.5 -4.0), but stellar evolution predicts helium 

intershell remnants from 10 -3 to 10 -2 Me (e.g. Mazzitelli and D'Antona 

1987). In fact, although there are several phases in which the sudden 

loss of the hydrogen envelope could keep the pure helium layer at a 

minimum, on top of the star remains a massive layer in which the 

carbon abundance is very large. D'Antona and Mazzitelli 1979 suggested 

that, instead of coming from the core itself of the WD, the Carbon 

could have been picked up by the helium convection from this region of 

the He intershell enriched in carbon during the thermal pulse phase. 
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This would solve the discrepancy between the evolutionary theory and 

the prediction of the diffusion-convection model, but is contradicted 

by the results by Muchmore (1984), which imply, at large Tef~, very 

fast settling of carbon even in the regions where it is not a trace 

element. The whole intershell region is never very small, and fast 

gravitational settling leaves about 70% of it as a pure helium layer 

at the top of the WD. This mass can not be smaller than 10-3M®. 

We must therefore look for mechanisms which skip from the WD the 

most of its helium, to reduce the layer to the 2x10-4Mo or less 

indicated by the interpretation of DQs. We can think about: 

i) winds in the post planetary nebula phase: if the hot 

temperature domain is crossed during the stationary helium burning 

stage, a reasonable rate of 10-eM®/yr acting for 5xl04yr is able to do 

the job. But, if the helium mass is reduced below a percent of solar 

mass, the 3G reactions can no longer be sustained, the evolutionary 

times shorten, and the phase of large luminosity, where reasonably 

strong winds may act, finishes. A further argument against winds is 

the following: we should probably expect a much larger spread in 

carbon abundances in the DQs than actually observed. 

ii) when a He-shell flash is ignited in the blue, it is very 

probable that at the peak of the pulse convection reaches the bottom 

of the hydrogen layer, bringing protons in the region of helium 

burning , with consequences which up today are predictable only by 

speculations. The explosive burning of hydrogen, occurring mostly at 

the base of the convective envelope, could be sufficient to expell the 

entire helium layer! This occurrence, foreseen by Renzini (1982) was 

tentatively investigated by Iben etal, 1983 and by Iben 1984 (see 

also Iben 1987). If any hydrogen is left, (according to Iben et al. 

1983, 4xl0-SMe, less than 10-6M® according to Iben 1984), it can 

easily be lost by wind, leading to expose helium and carbon rich 

layers. It is very easy that a last He-shell flash occurs in the blue 

mainly for low mass stars. It has been found for instance also in the 

computations by Caloi (1989) regarding the evolution of very blue 

horizontal branch stars. The indication that DQs have space velocities 

larger than the average sample of other spectral types (McMullin et 

al. 1987, Sion et al. 1988) may be in favour of the interpretation of 

DQs as a subclass of WDs having suffered a late He-shell flash with 

hydrogen mixing in their pre-WD life. In the framework of this 

interpretation, we may regard the extremely carbon rich nucleus of the 

planetary nebula NGC 246 (Husfeld 1987) as a possible progenitor. 

I conclude with a caveat: remember that the results by Pelletier 

et al (1986) depend on many other parameters: they show that a 
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turbulent diffusion could modify substantially the situation, by 

allowing helium shell masses about a factor ten larger (2xl0-~M®), in 

substantial agreement with the stellar evolution predictions. Although 

Pelletier et al. (1986) are not in favour of this interpretation, as 

the turbulence parameter should be adjusted with the effective 

temperature, let us remember that also the lithium depletion during 

main sequence evolution requires the same type of adjustment of 

turbulent diffusion with Tell. 

4th stage: -3>logL/Le>-4.5 4.0>log Teff >3.6: "crystallization". 

In the interior crystallization sets in. In the outer hydrogen 

layer convection reaches its maximum depth at logTeff ~ 3.7. The WD 

with hydrogen or helium atmospheres become considerably different in 

their internal structure. If mixing of a "massive" (10-$Me) H-layer 

occurs, the evolution is delayed until the extra-thermal content of 

the WD is lost (D'Antona and Mazzitelli 1987). 

This is probably the most important stage for our understanding 

of white dwarfs. The input physics of crystallization is assumed as 

more or less "standard" by all authors. The latest years have seen the 

interesting development of the idea that oxygen and carbon are not 

miscible in the solid phase (Stevenson 1980), and that "oxygen snow" 

settles at the center liberating gravitational energy which 

contributes to substantially lengthen the evolution. This idea, first 

developed by Mochkovitch (1983), has been carefully explored recently 

by Garcia-Barro et al. (1988a and 1988b). A recent new investigation 

of the crystallization properties of carbon oxygen mixtures indicates 

however that disordered crystallization, as first assumed by Kovetz 

and Shaviv 1970 is probably the best approach to the reality (Barrat, 

Hansen and Mochovitch 1988). 

While the interior suffers the transformations which will 

ultimately lead to the reduction of its thermal energy like in a 

common crystal, the external layers begin to play a major role. 

First of all, we begin to reach critical conditions at the 

surface. I discuss now these facts on the basis of our latest WD 

models (D'Antona and Mazzitelli 1989) referring to the evolution of a 

IM® pop. I star which becomes a white dwarf of 0.564M® after losing 

mass simply by stellar wind during the first and second giant branch 

evolution. Our previous computations were done down to logL/Le ~ -4.5, 

as the opacity and e.o.s, employed were not extended enough to study 

lower luminosities. The e.o.s, has been recently updated by Mazzitelli 

(1988b) and for the opacities we decided to make extrapolations which 
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could allow us to perform wider computations, although we must still 

keep in mind that these must be considered only educated guesses. 

If the metals are scarce, as they observationally are in WDs, the 

densities reached in the atmospheres at low temperature become so 

large that the photospere is out of the normal available radiative 

opacity tables (Cox and Stewart 1970, or analogous). At low 

temperature, large density, the helium is mostly atomic, and we must 

not worry for electron conduction. We selected one set of radiative 

opacities (the Z=10 -s mixtures by Cox and Tabor 1976), and 

extrapolated them up to the pressure ionization boundary. At densities 

large enough that pressure ionization has set in, but at low 

temperature, the conductive opacities can be computed by the 

formulation by Itoh et al (1983 and 1984). The result is shown in 

figure 3. 

Inspection of our models shows that, while the Teff declines 

below 10000K, the structures begin to enter the pressure ionization 

domain: this has the effect of changing the slope of the relation Tef~ 

- Tc in a way which depends on the assumed envelope composition (He, 

H, or H with large metal content, see as an example figure 10 in 

Mazzitelli and D'Antona 1986). 

5th stage: log L/L®<-4.5, logTe~ <3.6: "Debye cooling". 

What happens in the interior at this phase depends critically on 

the external opacities. After crystallization is completed, Debye 

cooling will sure set in, but at which luminosity it is still in the 

phase of debate, further it is not clear whether any stars had enough 

time to reach the stage of Debye cooling! In order to describe this 

stage we must therefore rely on models which are able to reach it in a 

time shorter than the age of the Universe. In our models, actually 

this happens. 

The reasons why we had chosen for these models very low opacities was 

precisely to understand how short evolutionary times of "typical" WDs 

could be. Also the fact that these WDs are mainly composed of oxygen 

conspires to have them get an early crystallization in the interior, 

so that, by the time the stars are at logL/Le=-4.5 Debye cooling is 

already very efficient. The total evolutionary time down to logL/Lo=- 

5.3 is 5.Sx109yr for the helium envelope models, 9.3x109yr for the 

hydrogen atmosphere models (figure 2). The central temperature is 

3xl0SK at logL/Le=-5.3, while the relevant Debye temperature: 

~0 =3.48xi03 (Z/A) ~,/2 

at center (~c=3xl06g cm -3) is a factor ten larger, and the specific 
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heat is reduced to 6x10 s cgs, while it is 2xl0"cgs in normal 

conditions. However, the temporal evolution of the surface luminosity 

does not show the signs of acceleration we would have primarily 

expected. The reasons for this behaviour are examined in the following 

sections. 

The lower T, ff models have their Photosphere at the boundary of 

pressure ionization! This interesting feature is by no means new: it 

had been found in the pure helium models computed by Bohm et al 1977. 

0 
0 
L.O, 
hO 
LO 
- 0  
,O 

Figure 3: logarithm of the 

opacities adopted for the 

helium composition, as 

function of log9 (cgs) and 

T (K). The pressure 

ionization is assumed to 

occur at 0 < log ~ <i 

If we look at the opacities adopted for the helium composition (figure 

3), we see that these are so low when helium is not ionized that 

even the quite low electron conduction opacities which are adopted at 

log ~ =I are two orders of magnitude larger, a plausible explanation 

of the reason why the photosphere is reached just at this interface. 

The model having helium surface at log Tell=3.46 resembles quite 

closely the model plotted by B~hm et al (1977) at logTe~f=3.48, even 

in the central temperature reached. It is interesting to notice that 

also in the coolest models with hydrogen envelopes the photosphere is 

reached at the boundary of pressure ionization. We can conclude that 

the effect of Debye cooling appears at the surface through the opacity 

of free electrons at the boundary of pressure ionization. This clearly 

deserves further, much more physically appropriate investigation. 
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3.THE LUMINOSITY FUNCTION OF WHITE DWARFS 

The work on the luminosity function of WDs has seen the efforts 

of many careful researchers, starting from Luyten (1958) and Weidemann 

(1967), and ending with Fleming et al (1986), but I think every 

theoretician should be grateful to Liebert Dahn and Monet 1988 to have 

made two non simple efforts: 

- to take the responsibility to assert that the number density at 

logL/Le=-4.5 is no longer a lower limit, but a significant point with 

estimated error bars; 

- to convert the observed magnitudes into theoretical values. 

The different My - Mbol relations adopted by Liebert et al. 1988 give 

also a clear hint of how much uncertain we must consider the very low 

luminosity points. 

Let me take advantage of all the previous discussion on 

evolutionary times to make clear one point: if we want to compare the 

theoretical and observed LFs, we must find a reasonable way of 

normalization. It is clear that we must avoid normalization at larqe 

luminosities, where the evolutionary times are somewhat dependent on 

the previous evolution. Probably the best choice for normalization is 

the region of pure "cooling" at -1.5 > log L/Le > -3, which is safe 

from dramatic problems, at least if p-p nuclear burning does not play 

a very important role (as it seems from Iben and McDonald 1985). 

Further, probably this is also the region in which we may trust the 

observational points without entering in difficult problems as the 

drastic decrease of discovery probability (Lamb and Van Horn 1975, 

Iben and Tutukov 1985). 

Let me further define the theoretical LF simply as 

log ~ = log ( dt/ dlogL/L® ) + constant 

Fit with observations is thus simply a vertical shift which determines 

the value of the constant. This approach is valid until we may 

consider the birth rate of WDs constant with time, namely, until the 

proper WD evolutionary times are not longer than -say- 5 + 8 xl09yr, 

otherwhise, proper account must be taken of the finite age of the disk 

in which WDs have been searched (D'Antona and Mazzitelli 1978). 

In figure 4 I compare the LF obtained by our latest computed 

models of 0.56M® with the observational LF. I further show the 

comparison with the previous LF obtained by the evolution of 0.68M® 

WDs with helium or hydrogen envelopes (Mazzitelli and D'Antona 1986, 

D'Antona and Mazzitelli 1986). I show also the LF from the models of 

Winger and Van Horn for a disk age of 10*°yr, adopted by Liebert et 
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al. 1988 as a comparison. In figure 6b this LF is shifted, to achieve 

a better fit of the observational points in the "secure" region at 

logL/L®=-2. The overall shape of the LF is very reasonably fit by our 

models, particularly by those having helium envelopes, apart from the 

crucial point at log L/LQ=-4.5. (The models used in D'Antona and 

Mazzitelli 1986 were extended only to logL/L® =-4.3, and this problem 

was not so evident). In particular, there is a good agreement between 

the theoretical curve and the flattening shown by the observational 
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Figure 4:Comparison of observed and theoretical luminosity functions. 
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LF at logL/Le<-3. 

Although the following exercize has already been done in many 

forms, let me derive the dependence of the luminosity function on th, 

luminosity as a function of two quantities: the functional relation 

between the specific heat and the WD average (central) temperature: 

Cp ~ Tkc 

where k=0 in the case of a gas, and k=3 in the the Debye phase; the 

second is the relation between central temperature and Tell: 

Tc o~ Tell" 

Simple algebra and the fundamental relations: 

L = 4 ~ R ~ ~ Te~f 4 

and 

L = d Eth / dt 

where the thermal energy is 

Etb ~ Tc k ÷ l  

provide 

= dN/ dlog(L/Le) ~ dt/dlog(L/L~) c~ L ( n ( k + * ) / 4 - * )  

in the case of k=0: 

~ Lln/4-1) 

in the Debye phase: 

~ L ( " - 1 )  

We can derive the index n from our models. In the first phases, we 

have n 1.6, but, at logL/Le=-3, n suddenly increases to n=2.7 due to 

the discussed effects of e.o.s, and atmospheric opacities. Here the LF 

behaviour should change from L -°.~ to L -°.3 . For this reason the 

helium atmosphere models, where the change of slope of the Tc - Teff 

relation occurs earlier, seem more appropriate to reproduce the 

flattening of the LF. In the meantime k becomes larger than zero 

and the LF shows some decline. Had the n index remained the same, 

during Debye cooling the LF would have shown a decrease with the 

power 1.7 of the luminosity. In our models, however, n decreases to 

n~l, and the LF remains flat. 

We see therefore that the results we have obtained are related in 

a crucial way to the input opacities adopted, which determine the 

dependence of Te~f on Tc. If we want that Debye cooling appears at the 
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surface with a sharp decrease of the LF, we need a steeper relation, 

which our (maybe naif) extrapolations do not indicate. It is clear 

that further exam of the physics in this difficult region begins to be 

really worthwhile. 

As present models seem to reproduce very well the global shape of 

the LF, but are not able to explain the factor 10 deficit in the WDs 

at very low luminosity, although they reach Debye cooling very early, 

we must then investigate the other possibilities. 

Both our models and the models by the Texas group (Winget and Van 

Horn 1987, Wood et al 1987) agree that simple increase of the low 

temperature opacities is able to increase substantially the 

evolutionary times so that the drop in the LF acquires the meaning 

that all WDs formed from the birth of the Universe (or at least of the 

disk) are still visible (Winget et al. 1987, Liebert et al 1988). 

To increase the ages we can think either that the metal abundances in 

the envelopes of cool WDs, although not perfectly determined, are 

somewhat larger than those we have assumed (see for a summary 

Koester 1987). Accretion of metals from interstellar clouds may be 

more and more relevant at later stages of evolution. It is also 

possible that hydrogen (although not seen in most of cool WDs) is 

present in cool WDs. Interestingly enough, if this is the case, the 

very drastic conditions we meet at the photospheric boundary are 

avoided, and we may also trust more the results (a similar situation 

is encountered when dealing with brown dwarfs, e.g. D'Antona and 

Mazzitelli 1985, D'Antona 1987). Finally, maybe that the interior 

composition of WDs may be not so substantially dominated by oxygen 

(although for the small masses it is difficult to believe that carbon 

is more than 20~). 

Remember also that, although it helps in solving the factor ten 

discrepancy in the LFs at logL/L®=-4.5, prolonged cooling may create a 

problem with the space densities around logL/Le=-4.3, if the numbers 

given by Liebert et al. 1988 are to be taken at face value. 

I conclude that, if the observational luminosity function is 

correct, we are left with two interesting alternatives: are the metals 

or hydrogen in the atmospheres of WDs sufficient to considerably 

prolongate the lifetime at low luminosity? Or is Debye cooling 

responsible for the drop in the luminosity function, and we are simply 

missing the correct Teff - Tc relation due to our poor understanding 

of high density atmospheres and envelope physics? 
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ON THE STRUCTURE OF PRE-WHITE DWARFs 
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White dwarfs (WD) are the final configurations of all stars up to 

initial masses between 5 and 9 M®. Two feeder channels for the 

creation of single WDs can be distinguished: Either evolution through 

the asymptotic giant branch (AGB) and the following planetary-nebula 

(PN) phase, or evolution from the horizontal branch through the hot 

subdwarf region. Prelimary estimates by Drilling and Sch6nberner 

(1985) and Heber (1986) indicate that the creation of WDs via the 

horizontal-branch channel is rather insignificant (few percent of the 

total WD birthrate) and can be neglected. Thus the evolution through 

the AGB determines the internal structure of single WDs, and the study 

of the PN stage serves to elucidate the inital conditions for the 

white-dwarf evolution. 

Sch6nberner (1981) has presented the first evidences that 

hydrogen-burning post-AGB models of about 0.6 M® explain well all 

observed properties of central stars of planetary nebulae (CPN). 

Although this case has been strengthened further, it remained 

debatable because of the well-known distance uncertanties. Therefore 

it is desirable to investigate the PN stage by distance-independent 

means. A first step into this direction has already been made by 

Sch6nberner (1986) and Szczerba (1987). Both anthors made a 

statistical study of the nebular line strength of He II 4686 A 

relative to H8 and came up with essentially the same results as 

Sch6nberner (1981). 

In this communication we report on recent results of a similar 

study where the line ratio [OII] 3727 A/ [OIII] 4959 A has been used. 

We calculated the detailed photoionization in PN models of selected 
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evolutionary sequences computed by Schmidt-Voigt and K~ppen (1987). 

Computational details will be given elsewhere (Sch6nberner and 

Tylenda, in preparation). The advantage of using [OII]/ ~III] instead 

of HeII/HS is a greater sensitivity to changing degrees of ionization 

and an insensitivity to the spectral shape in the ultraviolet (HeII 

4686 depends heavily on the 228 A edge). 

We concentrated our efforts on the later phases of the CPN 

evolution, viz. on the region above and below the turn-around point of 

the evolutionary tracks in the H-R diagram. Hydrogen-burning post-AGB 

models are expected to drop very rapidly in luminosity by more than a 

factor of IO, forcing the planetary to recombine. The ~II]/[OIII] 

line ratio will then vary accordingly. The following three sequences 

from Schmidt-Voigt and K~ppen (1987) have been selected: 

i. M = 0.64 M®, MpN = 0.19 MQ, 

2. M = 0.60 Me, MpN = 0.27 M®, 

3. M = 0.57 Me, MpN = 0.30 M®. 

The CPN models are those of Sch~nberner (1981, 1983), with the 

evolutionary ages of both the CPNs and PNs taken as proposed there. 

Table 1 presents the results at some relevant points along these 

evolutionary sequences. It contains also one calculation for a low- 

luminosity 0.89 Me post-AGB model of Wood and Faulkner (1986). The 

nebular masses are only mean values since these sequences assume mass 

accretion from the old AGB wind, and the expansion velocities vary 

between 25 and 40 km/s (see Schmidt-Voigt and K6ppen, 1987, for 

details). A slighthy varying mass has only negligible influences on 

the nebular ionization. 

It can be seen from the Table 1 that the rapid luminosity drop of 

the post-AGB models (0.64 and 0.60 M®) forces the planetary to 

recombine, leading to a corresponding increase of I(3727)/I(4959). As 

the model's evolution slows down, the continuing nebular expansion 

leads to some reionisation as indicated by the decreasing line ratio. 

The ionization remains, however, rather low. In the extreme case of a 

slowly evolving model (0.57 Me) together with a fast expanding nebula, 

recombination does not occur at all. The 0.89 Me represents the other 

extreme, viz. the combination of a massive CPN with a massive PN. 
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Table i: Properties of selected models 

CPN model PN model 

M/Me L/L® M v Age/yr MpN/M® R/pc NH/Cm-3 I(3727)/I(4959 

0.64 0.18 

0.60 

0.57 

7675 1.8 3065 
4210 4.2 4240 
2950 4.7 4440 
240 6.4 4740 
160 6.7 5545 
122 6.9 7870 
80 7.0 14430 
68 7.0 20000 

5690 0.3 4780 
5145 1.9 6410 
1300 4.8 9300 
266 6.2 10530 
125 6.5 12220 
113 6.6 17580 

3730 -0.2 8460 
3680 0.0 9250 
3580 0.7 10750 
3210 1.8 13750 

0.89 55 8.1 30000 

0.27 

0.30 

0.08 2300 0.013 
0.14 500 0.026 
0.15 420 0.045 
0.16 340 1.9 
0.19 215 2.8 
0.27 75 1.8 
0.49 12 1.0 
0.67 4.5 0.61 

0.16 300 0.021 
0.19 170 0.016 
0.33 53 0.055 
0.37 37 0.35 
0.43 24 0.89 
0.61 8 0.55 

0.23 220 0.29 
0.29 90 0.ii 
0.45 25 0.038 
0.78 5 0.013 

0.58 0.44 47 12 

How do these computations compare with observations? To answer this 

question, we have chosen Kaler's (1983) sample of old PN because these 

correspond approximately to the models shown in Table i. We have selected 

the objects with known [OII] and [OII!] lines (27 objects) and found them 

to fall into two distinct classes: one with I(3727)/I(4959) ~ 0.1 and 

bright central stars (6 objects), and the rest with 

0.3~ I(37~7)/I(4959)~ 2 and faint (Mv> 5) central stars (21 objects). All 

the oldest PN appear to have this low ionization. Inspection of Table 1 

then clearly indicates that only PN models illuminated by hydrogen- 

burning post-AGB models of about 0.6 Me give a very good explanation of 

the observed ionization in old planetaries. More massive models, say with 

MZ 0.7 M®, give rise for too much OII during the low-luminosity stage 

(cf. 0.89 Mo model of Table i). Contrary, a low-mass model (M! 0.5? Me) 

does not fade fast enough as to allow for recombination in an expanding 

nebula. 
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Accepting these post-AGB models of ~ 0.6 M® as representative for most 

central stars, we have to face the following properties of pre-white 

dwarfs: 

i) M = 0.6 M®~ 

ii) hydrogen-rich envelope of Me~ l0 -4 Me; 

iii) helium inter-shell layer of Mis ~ 10 -2 M®. 

Note that the residual hydrogen-rich envelope is determined by the shut- 

down of hydrogen burning. Should mass loss be important, the only effect 

would be a faster evolution toward this limiting envelope mass. More 

details on the influence of mass loss on the post-AGB evolution can be 

found in Sch~nberner (1987). The helium-rich intershell layer is a 

consequence of the interplay between the hydrogen-burning and the 

helium-burning shell and is determined by the stellar structure 

equations. Its mass is insensitive to even drastic changes of the energy 

generation rates (Despain and Scalo, 1976), although it varies by about a 

factor of 2 during one thermal pulse cycle. 
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TRANSPORT PROCESSES AND NEUTRINO EMISSION 

PROCESSES IN THE INTERIOR OF WHITE DWARFS 

N a o k i  I t o h  

D e p a r t m e n t  o f  P h y s i c s ,  S o p h i a  U n i v e r s i t y  

7 - 1 ,  K i o i - c h o ,  C h i y o d a - k u ,  T o k y o  102 J a p a n  

ABSTRACT. R e c e n t  d e v e l o p m e n t s  i n  t h e  s t u d i e s  o f  t h e  t r a n s p o r t  

p r o c e s s e s  a n d  t h e  n e u t r i n o  e m i s s i o n  p r o c e s s e s  i n  t h e  i n t e r i o r  o f  

w h i t e  d w a r f s  a r e  r e v i e w e d .  S p e c i a l  e m p h a s i s  i s  p l a c e d  u p o n  t h e  

a c c u r a c y  o f  t h e  c a l c u l a t i o n s ,  l o n i c  c o r r e l a t i o n  e f f e c t s  p l a y  a n  

e s s e n t i a l  r o l e  i n  t h e  t r a n s p o r t  p r o c e s s e s  a n d  t h e  n e u t r i n o  

b r e m s a t r a h l u n 9  p r o c e s s .  T h e  W e i n b e r o - S a l a m  t h e o r y  i s  t h e  b a s i s  f o r  

t h e  c a l c u l a t i o n  o f  t h e  n e u t r i n o  e m i s s i o n  p r o c e s s e s .  

1.  INTRODUCTION 

T r a n s p o r t  p r o c e s s e s  a n d  n e u t r i n o  e m i s s i o n  p r o c e s s e s  a r e  t h e  k e y  

e l e m e n t s  i n  t h e  c a l c u l a t i o n  o f  t h e  e v o l u t i o n  o f  w h i t e  d w a r f s .  

R e c e n t  d e v e l o p m e n t s  i n  p l a s m a  p h y s i c s  a n d  h i g h  e n e r g y  p h y s i c s  h a v e  

m a d e  a c c u r a t e  c a l c u l a t i o n s  o f  t h e  t r a n s p o r t  p r o c e s s e s  a n d  t h e  

n e u t r i n o  e m i s s i o n  p r o c e s s e s  p o s s i b l e .  I n  t h i s  p a p e r  we r e v i e w  t h e  

r e c e n t  d e v e l o p m e n t s  i n  t h e  s t u d i e s  o f  t h e  t r a n s p o r t  p r o c e s s e s  a n d  t h e  

n e u t r i n o  e m i s s i o n  p r o c e s s e s  i n  t h e  i n t e r i o r  o f  w h i t e  d w a r f s .  

2 .  TRANSPORT PROCESSES 

R e c e n t  p a p e r s  o n  t h e  t r a n s p o r t  p r o c e s s e s  i n  t h e  i n t e r i o r  o f  

w h i t e  d w a r f s  i n c l u d e  F l o w e r s  a n d  I t o h  ( 1 9 7 6 , 1 9 7 9 , 1 9 8 1 ) ,  Y a k o v l e v  a n d  

U r p i n  ( 1 9 8 0 ) ,  R a i k h  a n d  Y a k o v l e v  ( 1 9 8 2 1 ,  I t o h  e t  a l .  ( 1 9 8 3 ) ,  M i t a k e ,  

I c h i m a r u ,  a n d  I t o h  ( 1 9 8 4 I ,  I t o h  e t  a l .  ( 1 9 8 4 c ) ,  N a n d k u m a r  a n d  P e t h i c k  

( 1 9 8 4 ) ,  I t o h ,  K o h y a m a ,  a n d  T a k e u c h i  ( 1 9 8 7 ) .  

2 . 1  E l e c t r i c a l  a n d  t h e r m a l  c o n d u c t i v i t i e s  o f  d e n s e  m a t t e r  i n  t h e  

l i q u i d  m e t a l  p h a s e  

E s s e n t i a l  i n g r e d i e n t s  t h a t  g o  i n t o  a c c u r a t e  c a l c u l a t i o n s  o f  t h e  

t r a n s p o r t  p r o p e r t i e s  o f  t h e  d e n s e  m a t t e r  i n c l u d e  t h e  i n t e r - i o n i c  c o r -  

r e l a t i o n s  b r o u g h t  a b o u t  b y  t h e  s t r o n g  C o u l o m b  c o u p l i n g  a n d  t h e  

e l e c t r o n - i o n  i n t e r a c t i o n  r e p r e s e n t e d  b y  t h e  s c r e e n i n g  f u n c t i o n  o f  t h e  

e l e c t r o n s .  Ou r  u n d e r s t a n d i n g  o f  s u c h  m a n y - p a r t i c l e  e f f e c t s  i n  t h e  
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C o u l o m b  s y s t e m  h a s  p r o g r e s s e d  r e m a r k a b l y  d u r i n 9  t h e  p e r i o d  o f  t h o s e  

d e v e l o p m e n t s  d u e  m a i n l y  t o  t h e  a d v a n c e m e n t  i n  t h e  M o n t e  C a r l o  m e t h o d  

a n d  o t h e r  t h e o r e t i c a l  m e a n s  ( s e e ,  e . 9 . ,  I c h i m a r u  1 9 8 2 ) .  I n  t h i s  

s e c t i o n  we t a k e  a c c o u n t  o f  w h a t  we c o n s i d e r  t o  b e  t h e  m o s t  r e l i a b l e  

r e s u l t s  c u r r e n t l y  a v a i l a b l e  o n  t h e  d e s c r i p t i o n  o f  t h o s e  m a n y - p a r t i c l e  

e f f e c t s ,  a n d  t h e r e b y  p r e s e n t  a n  a c c u r a t e  c a l c u l a t i o n  o f  t h e  e l e c t r i -  

c a l  a n d  t h e r m a l  c o n d u c t i v i t i e s  o f  d e n s e  m a t t e r  l i m i t e d  by  e I e c t r o n -  

i o n  s c a t t e r i n 9  i n  t h e  l i q u i d  m e t a l  p h a s e .  

We s h a l l  c o n s i d e r  t h e  c a s e  t h a t  t h e  a t o m s  a r e  c o m p l e t e l y  

p r e s s u r e - i o n i z e d .  We f u r t h e r  r e s t r i c t  o u r s e l v e s  t o  t h e  d e n s i t y -  

t e m p e r a t u r e  r e q i o n  i n  w h i c h  e l e c t r o n s  a r e  s t r o n g l y  d e g e n e r a t e .  T h i s  

c o n d i t i o n  i s  e x p r e s s e d  a s  

T ( ( T  F = 5 . 9 3 0 X  109 [ [l+l.lO18(Z/A)2/3062/331/2 - 1 ]  [ K ] ,  ( 1 )  

where T F is the Fermi temperature, Z the atomic number of the 

n u c l e u s ,  a n d  0 6  t h e  m a s s  d e n s i t y  i n  u n i t s  o f  106 9 cm - 3 .  F o r  t h e  

i o n i c  s y s t e m  we c o n s i d e r  t h e  c a s e  t h a t  i t  i s  i n  t h e  l i q u i d  s t a t e .  

T h e  l a t e s t  c r i t e r i o n  c o r r e s p o n d i n 9  t o  t h i s  c o n d i t i o n  i s  9 i v e n  b y  

( S l a t t e r y ,  D o o l e n ,  a n d  D e w i t t  1 9 8 2 )  

Z 2 e  2 Z 2 
F ~ akBT = 2 . 2 7 5 X  10 -1 T8 ( ) 1 / 3  < 178 , ( 2 )  

w h e r e  a = [ 3 / t 4 ~  n i ) ]  1/3 i s  t h e  i o n - s p h e r e  r a d i u s ,  a n d  T 8 t h e  t e m p e r a -  

t u r e  i n  u n i t s  o f  108 K. 

I n  t h e  p r e s e n t  c a l c u l a t i o n  we r e s t r i c t  o u r s e l v e s  t o  t h e  c a s e s  

w h e r e  t h e  h i g h - t e m p e r a t u r e  c l a s s i c a l  l i m i t  i s  a p p l i c a b l e  t o  t h e  

d e s c r i p t i o n  o f  t h e  i o n i c  s y s t e m .  S p e c i f i c a l l y  we a s s u m e  t h a t  t h e  

p a r a m e t e r  

~2kF2 1 Z 
y ~ - 1 . 6 5 6 X  10 - 2  (--~-)2/3p62/3 ( 3 )  

2MkBT AT 8 A 

i 5  much  l e s s  t h a n  u n i t y ,  w h e r e  k F i s  t h e  F e r m i  w a v e  n u m b e r  o f  t h e  

e l e c t r o n s  a n d  M i s  t h e  m a s s  o f  a n  i o n .  I n  F i g u r e  1, we s h o w  t h e  

p a r a m e t e r  d o m a i n  f o r  t h e  v a l i d i t y  o f  t h e  p r e s e n t  c a l c u l a t i o n  i n  t h e  

c a s e  o f  5 6 r e  p l a s m a .  

F o r  t h e  c a l c u l a t i o n  o f  t h e  e l e c t r i c a l  a n d  t h e r m a l  c o n d u c -  

t i v i t i e 5  we u s e  t h e  Z i m a n  f o r m u l a  ( 1 9 6 1 )  a s  i s  e x t e n d e d  t o  t h e  

r e l a t i v i s t i c a l l y  d e g e n e r a t e  e l e c t r o n s  ( F l o w e r s  a n d  I t o h  1 9 7 6 ) .  On 

d e r i v i n 9  t h e  f o r m u I a  we r e t a i n  t h e  d i e l e c t r i c  s c r e e n i n 9  f u n c t i o n  d u e  

t o  t h e  d e g e n e r a t e  e l e c t r o n s .  As t o  t h e  e x p l i c i t  e x p r e s s i o n  f o r  t h e  
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FIG .  I .  P a r a m e t e r  d o m a i n ( s h a d e d  a r e a )  f o r  t h e  v a l i d i t y  

o f  t h e  p r e s e n t  c a l c u l a t i o n  i n  t h e  c a s e  o f  5 6 r e  p l a s m a .  

d i e l e c t r i c  f u n c t i o n ,  we u s e  t h e  r e l a t i v i s t i c  f o r m u l a  w o r k e d  o u t  by  

J a n c o v i c i  ( 1 9 6 2 ) .  T h e  u s e  o f  t h e  r e l a t i v i s t i c  d i e l e c t r i c  f u n c t i o n  

i s  a n  e s s e n t i a l  d i f f e r e n c e  b e t w e e n  t h e  p r e s e n t  w o r k  a n d  t h a t  o f  

Y a k o v l e v  a n d  U r p i n  ( 1 9 8 0 ) .  Y a k o v l e v  a n d  U r p i n  s e t  t h e  d i e l e c t r i c  

f u n c t i o n  d u e  t o  e l e c t r o n s  e q u a l  t o  u n i t y ;  t h i s  a s s u m p t i o n  i s  v a l i d  

o n l y  in  t h e  h i g h - d e n s i t y  l i m i t .  

W o r k i n g  o n  t h e  t r a n s p o r t  t h e o r y  f o r  r e l a t i v i s t i c  e l e c t r o n s  

g i v e n  by  F l o w e r s  a n d  I t o h  ( 1 9 7 6 ) ,  we o b t a i n  t h e  e x p r e s s i o n  f o r  t h e  

e l e c t r i c a l  c o n d u c t i v i t y  a : 

a = 8 . 6 9 3 X  1021 0 6  1 
A [ l + l . O I 8 ( Z / A ) 2 / 3 , o 6 2 / "  ]~<S> I s - l ] .  (4)  

t t e r e  t h e  s c a t t e r i n g  i n t e g r a l  <S> i s  e v a l u a t e d  f o r  y { 1 a s  

1 ~ S ( k / 2 k F )  <S> = fO d ( ) ( _ . k ) 3  
2kF 

l'O18(Z/A)2/3p62/3 ~ _?___kF ~k~__ F 
I + l . O 1 8 ( Z / A ) 2 / 3 p 6 2 / 3  d ( ) ( , ) 5  

1.OIS(Z/A)2/3p62/3 
= <S_l>  - l + l . O I 8 ( Z / A ) 2 / 3 D 6 2 / 3  <S+I> , 

[(k/2kF)2C(k/2kF,O)] 2 

S ( k / 2 k  F ) 
[(kl2kF)2C(k/2kF,O)] 2 

(5) 

w h e r e  ~ k  i s  t h e  m o m e n t u m  t r a n s f e r r e d  f r o m  t h e  i o n i c  s y s t e m  t o  a n  

e l e c t r o n ,  S ( k / 2 k  F) t h e  i o n i c  s t r u c t u r e  f a c t o r ,  a n d  6 ( k / 2 k F , O )  t h e  

s t a t i c  d i e l e c t r i c  s c r e e n i n g  f u n c t i o n  d u e  t o  d e g e n e r a t e  e l e c t r o n s .  

T h e  f i r s t  t e r m  i n  e q u a t i o n  ( 5 J  c o r r e s p o n d s  t o  t h e  o r d i n a r y  C o u l o m b  

l o g a r i t h m i c  t e r m ,  a n d  t h e  s e c o n d  t e r m  i s  a r e l a t i v i s t i c  c o r r e c t i o n  

term. 

For the ionic liquid structure factor we use the results of the 
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improved hypernetted chain ( I I t N C )  theory for the classical one- 

component plasma (lyetomi and Ichimaru 1982). 

For the thermal conductivity ~ for relativisticaIly degenerate 

electrons we analogously obtain the expression: 

: 2 . 3 6 3 X  1017- : - - -v- -~  
A 

1 
' [ l + l  .O I 8(Z/A)213 p62/3]<S> 

[ e r g s  cm -1  s - I  K - l ]  ( 6 )  

w h e r e  <S> i s  t h e  s a m e  a s  t h a t  f o r  e l e c t r i c a l  c o n d u c t i v i t y .  

We h a v e  c a r r i e d  o u t  t h e  i n t e g r a t i o n s  i n  e q u a t i o n  ( 5 )  n u m e r i -  

c a l l y  b y  u s i n g  t h e  IHNC s t r u c t u r e  f a c t o r  o f  t h e  c l a s s i c a l  o n e -  

c o m p o n e n t  p l a s m a  a n d  J a n c o v i c i ' 5  ( 1 9 6 2 )  r e l a t i v i s t i c  d i e l e c t r i c  f u n c -  

t i o n  f o r  d e g e n e r a t e  e l e c t r o n s .  We h a v e  m a d e  c a l c u l a t i o n s  f o r  t h e  

p a r a m e t e r  r a n g e s  2 ~  F ~ 160 ,  1 0 - 4 ~  r s ~  0 . 5 ,  w h i c h  c o v e r  m o s t  o f  t h e  

d e n s i t y - t e m p e r a t u r e  r e g i o n  o f  t h e  d e n s e  m a t t e r  i n  t h e  l i q u i d  m e t a l  

p h a s e  o f  a s t r o p h y s i c a l  i m p o r t a n c e .  

I n  F i g u r e s  2 , 3 , 4 ,  a n d  5 we c o m p a r e  t h e  r e s u l t s  o f  t h e  c a l c u l a -  

t i o n  o f  <S> b y  Y a k o v l e v  a n d  U r p i n  ( 1 9 8 0 )  ( d a s h e d  c u r v e s )  w i t h  t h e  

F o r  t h e  

1.0 

<S> 

0.5 

L t 

1 H 

j l  

1.0 

1H m a t t e r  a n d  t h e  4 t te  

I "1 I I / 
- . . . . . .  ~ .  4 H e J  

(S) 

0.5 

p r e s e n t  r e s u l t s  ( s o l i d  c u r v e s ) .  

0 I ~ 0 i I I 1 
4 2 io4pg 6 2 I°g" o 3 ( 9 . c m _ 3 )  ( ~ ~ )  

F I G . 2  F I G . 3 .  

F I G . 2 .  C o m p a r i s o n  o f  Y a k o v l e v  a n d  U r p i n ' s  r e s u l t s ( d a s h e d  

c u r v e s )  w i t h  t h e  p r e s e n t  r e s u l t s ( s o l i d  c u r v e s )  f o r  t h e  

IH m a t t e r .  

F I G . 3 .  S a m e  a s  F I G . 2 .  f o r  t h e  4He m a t t e r .  
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1.5 

<s) 

1.0 

O~ 

[ '  T 1 I I I 

\ 

\ \ \  
\ \ 

\ \ \  

4 i0~/0 ( g~m_3 ) 10 

F I G . 4 .  

1.5 

S> 

1.0 

{3.7 

I I I I I I I 

= ' - .  S6Fe 
• , .  , ,  

\ \ 

i I i l i l 

6log ~ 8(g.cm-3~O 

F I G . 5 .  

F I G . 4 .  Same  a s  F I G . 2 .  f o r  t h e  12C m a t t e r .  

F I G . 5 .  Same  a s  F I G . 2 .  f o r  t h e  5 6 F e  m a t t e r .  

1 

1 2  

m a t t e r  Y a k o v l e v  a n d  U r p i n ' s  r e s u l t s  a m o u n t  t o  a n  o v e r e s t i m a t i o n  o f  

<S> by 60% a t  low d e n s i t i e s .  F o r  t h e  12C m a t t e r  t h e i r  o v e r e s t i m a -  

t i o n  o f  <S> a m o u n t s  t o  40% a t  low d e n s i t i e s .  F o r  t h e  5 6 F e  m a t t e r  

t h e i r  o v e r e s t i m a t i o n  i s  n e a r l y  30% a t  low d e n s i t i e s .  At h i g h  d e n -  

s i t i e s  Y a k o v l e v  a n d  U r p i n ' 5  r e s u l t s  a r e  r e a s o n a b l y  c l o s e  t o  t h e  

p r e s e n t  o n e s .  T h e  l a r g e  a m o u n t  o f  t h e  o v e r e s t i m a t i o n  o f  <S> a t  l o ~  

d e n s i t i e s  by Y a k o v l e v  a n d  U r p i n  i5  d u e  t o  t h e i r  n e g l e c t  o f  e l e c t r o n  

s c r e e n i n g .  At h i g h  d e n s i t i e s ,  h o w e v e r ,  t h e  e f f e c t  o f  t h e  s c r e e n i n g  

d u e  t o  e l e c t r o n s  i s  r e l a t i v e l y  s m a l l .  T h i s  i s  t h e  m a i n  r e a s o n  f o r  

t h e i r  o v e r e s t i m a t i o n  o f  t h e  r e s i s t i v i t y  ( u n d e r e s t i m a t i o n  o f  t h e  

c o n d u c t i v i t y )  a t  low d e n s i t i e s .  

2 . 2  E l e c t r i c a I  a n d  t h e r m a l  c o n d u c t i v i t i e s  o f  d e n s e  m a t t e r  i n  t h e  

c r y s t a l l i n e  l a t t i c e  p h a s e  

In  t h i s  s e c t i o n  we d e a l  w i t h  t h e  e l e c t r i c a l  a n d  t h e r m a l  c o n d u c -  

t i v i t i e s  o f  d e n s e  m a t t e r  i n  t h e  c r y s t a l l i n e  l a t t i c e  p h a s e  F > 1 7 8 .  

T h e  e l e c t r i c a l  c o n d u c t i v i t y  a a n d  t h e r m a l  c o n d u c t i v i t y  K a r e  r e -  

l a t e d  t o  t h e  e f f e c t i v e  e l e c t r o n  c o l l i s i o n  f r e q u e n c i e s  v a a n d  v K by  

o = e 2 n e  
m~vo 

= 1 . 5 2 5 X  1020 Z Z ~ - , o  6 [ 1+1 .018 ( - - ~ p 6 ) 2 / 3 ]  -1/2 

1018  s - 1  
X S -I , 

V G 
( 7 )  
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/ z 2 k g 2 T  n e  = 4 . 1 4 6 X  1 0 1 5 Z  Z 6 ) 2 / 3 ] _ 1 / 2  
= 3 m * v g  ~- 0 6  [ 1 + 1 . 0 1 8  ( - ~ - P  

1018  s-I 
X T 8 e r g s  cm -1 s - I  K -1  , ( 8 )  

vg  

w h e r e  n e i s  t h e  n u m b e r  d e n s i t y  o f  e l e c t r o n s  a n d  m ~ i s  t h e  r e l a t i v i s -  

t i c  e f f e c t i v e  m a s s  o f  a n  e l e c t r o n  a t  t h e  F e r m i  s u r f a c e .  I n  t h i s  

s e c t i o n  we a r e  i n t e r e s t e d  i n  t h e  s c a t t e r i n 9  o f  e l e c t r o n s  b y  p h o n o n s .  

T h e  c o l l i s i o n  f r e q u e n c i e s  v a a n d  v ~ d u e  t o  o n e - p h o n o n  p r o c e s s e s  

c a n  b e  c a l c u l a t e d  b y  t h e  v a r i a t i o n a l  m e t h o d  ( F t o w e r s  a n d  I t o h  1 9 7 6 ;  

Y a k o v l e v  a n d  U r p i n  1 9 8 0 ;  R a i k h  a n d  Y a k o v l e v  19821  a s  

e 2 kBT F 1 
v a , ~  - ~VF ~ d , ~  = 9 . 5 5 4 X  1016T8  { 1+ I _ _ 0 1 8 [ ( Z / A ) P 6 3 2 / 3  }1 /2  

X F a ,  ~ s - I  , 91 

2T 2 ¢ dS dS" 2@F 
F a ,  K = $2  j k4  I g f k , 0 )  12  [ 1-  ( ) 2 ]  e - 2 U ( k l l f ( k )  12  

3 

X s E = l r k . ~ s t p ) ] 2 ( e Z S - 1 ) - 2 e Z S g a , g  ( I 0 }  

I n  t h e  a b o v e  t h e  i n t e g r a l  i s  o v e r  t h e  a r e a s  o f  t h e  F e r m i  s u r f a c e ,  k 

i s  t h e  momen tum t r a n s f e r ,  ~ s ( p l  t h e  p o l a r i z a t i o n  u n i t  v e c t o r  o f  a 

p h o n o n  w i t h  momen tum p a n d  p o l a r i z a t i o n  s ,  a n d  

Z p61 /2  061 /6  
T = "h~op = 7 . 8 3 2 X  10 - 2  (AA" 11/2 T8 111 kB T - 0 . 3 4 4 3 A I / 6 ( A  , )1 /2  Z F , 

B =- -15kFC = { 1+ 1 } - 1 / 2  
E F 1 . O I 8 [ ( Z / A ) D 6 3 2 / 3  

12 /  

1 5 ~ s ( p /  
z s ~- kB T 131 

9 a = k 2 , ( 141  

k 2 z s 2  
g ~  = k 2 -  ~ + ~ , 151 

O p  b e i n g  t h e  i o n i c  p l a s m a  f r e q u e n c y .  T h e  m o m e n t u m  c o n s e r v a t i o n  

r e q u i r e s  k = _  + p+K;  w h e r e  K i s  t h e  r e c i p r o c a l - l a t t i c e  v e c t o r  f o r  t h e  

B r i l l o u i n  z o n e  t o  w h i c h  k i s  c o n f i n e d .  I n  e q u a t i o n  (101  we h a v e  i n -  

c l u d e d  t h e  d i e l e c t r i c  s c r e e n i n g  f u n c t i o n  d u e  t o  r e l a t i v i s t i c a l l y  
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d e g e n e r a t e  e l e c t r o n s  ~ ( k , O ) ,  t h e  D e b y e - W a l l e r  f a c t o r  e - 2 W ( k ) ,  a n d  

the a t o m i c  form factor f ( k ) .  Y a k o v l e v  a n d  U r p i n  ( 1 9 8 0 )  a n d  R a i k h  

a n d  Y a k o v l e v  ( 1 9 8 2 )  h a v e  u s e d  t h e  T h o m a s - F e r m i  s c r e e n i n g  a n d  s e t  

e - 2 W t k ) = l ,  f ( k ) = I .  

T h e  p h o n o n  s p e c t r a  a r e  m o d i f i e d  b y  t h e  s c r e e n i n g  d u e  t o  

e l e c t r o n s .  T h e  l o n g i t u d i n a l  o p t i c a l  p h o n o n  t u r n s  i n t o  a n  a c o u s t i c  

p h o n o n  i n  t h e  l o n g - w a v e l e n g t h  l i m i t ,  w h e r e a s  t h e  o r i g i n a l  t r a n s v e r s e  

a c o u s t i c  p h o n o n s  a r e  l i t t l e  a f f e c t e d  b y  t h e  e l e c t r o n  s c r e e n i n g  

( P o l l o c k  a n d  H a n s e n  1 9 7 3 ) .  B e c a u s e  t h e  l o w - f r e q u e n c y  t r a n s v e r s e  

p h o n o n s  p l a y  d o m i n a n t  r o l e s  i n  t h e  r e s i s t i v i t y  o f  d e n s e  s t e l l a r  m a t -  

t e r ,  we  n e g l e c t  t h e  e f f e c t s  o f  t h e  e l e c t r o n  s c r e e n i n g  o n  t h e  p b o n o n  

s p e c t r a  a n d  u s e  t h e  f r e q u e n c y  m o m e n t  s u m  r u l e 5  f o r  t h e  p u r e  C o u l o m b  

l a t t i c e .  

A s  we  c o n s i d e r  t h e  c a s e  i n  w h i c h  t h e  F e r m i  s p h e r e  i s  m u c h  

l a r g e r  t h a n  t h e  D e b y e  s p h e r e ,  (kF/kO)3=Z/2} 1,  U m k l a p p  processes c o n -  

t r i b u t e  t o  t h e  s c a t t e r i n g  d o m i n a n t I y ,  a n d  t h e  v e c t o r  k i n  e q u a t i o n  

( 1 0 )  m o s t  p r o b a b l y  f a i l s  i n  a B r i l l o u i n  z o n e  d i s t a n t  f r o m  t h e  f i r s t  

z o n e .  When  we p e r f o r m  a n  i n t e g r a t i o n  w i t h i n  a s i n g l e  d i s t a n t  z o n e  

c o r r e s p o n d i n g  t o  t h e  r e c i p r o c a l - l a t t i c e  v e c t o r  K, we c a n  m a k e  a n  a p -  

p r o x i m a t i o n  k=K i n  t h e  i n t e g r a n d  a n d  c a r r y  o u t  a n  i n t e g r a t i o n  o v e r  p 

w i t h i n  t h e  f i r s t  z o n e  o n l y .  

H e r e  we f o l l o w  t h e  s e m i a n a l y t i c a l  a p p r o a c h  a d o p t e d  b y  Y a k o w l e v  

a n d  U r p i n  ( 1 9 8 0 )  a n d  a l s o  b y  R a i k h  a n d  Y a k o v i e v  ( 1 9 8 2 ) .  We w r i t e  

3 ~ n k 2  
}~ l [ k - ~ s ( p ) ] 2 z s n ( e Z S - 1 ) - 2 e  z s  ~ G(n)(  T ) 
5 = 7 2  ' 

( 1 6 )  

G (n ) (  r ) - r 2 3 
3 V B n n  

~ = 1  ~ d p  z s n ( e Z s - 1 ) - 2 e  Z s  ( 1 7 )  

w h e r e  n=O o r  2 ,  a n d  i n t e g r a t i o n  i s  c a r r i e d  o u t  o v e r  t h e  f i r s t  B r i i -  

l o u i n  z o n e ,  w h o s e  v o l u m e  i s  V B.  By t h e  u s e  o f  t h i s  a p p r o x i m a t i o n  F a 

a n d  F ~  i n  e q u a t i o n  ( 1 0 )  a r e  e x p r e s s e d  a s  

F a  = I a G ( 0 ) ( ~ -  ) , ( 1 8 )  

F~c : I a 6 ( 0 ) ( T  ) + I • ( 2 ) G ( 2 ) (  T ) , ( 1 9 )  

f e - 2 W ( q )  I f ( q )  I 2 
m a x  d ~  ( 1 - /3  2 q  2 ) 

I a  = -1  I e ( q , O )  I 2 , (20) 
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I g ( 2 ) :  ~ m a x d #  
-1 

e - 2 t ~ ( q  ) I f ( q )  l 2 

q21  s ( q , O )  I 2 
3 

( 1 - g 2 q 2 1  (- q2+--~--)  , ( 2 1 )  

q = (1~-----~) 1/2 , ( 221  

q m i n  = ( 1 - # m a x )  1 / 2  ( 2 3 )  
2 

#max = 1 - 0 . 3 5 7 5 Z - 2 / 3  ( 2 4 )  

H e r e  we h a v e  i n t r o d u c e d  a s m a l l  m o m e n t u m  t r a n s f e r  c u t o f f  q m i n  c o r -  

r e s p o n d i n g  t o  t h e  u n a v a i l a b i l i t y  o f  U m k l a p p  p r o c e s s e s  f o r  q < q m i n .  

T h e  c o n t r i b u t i o n s  o f  t h e  n o r m a l  p r o c e s s e s  a r e  v e r y  much s m a l l e r  t h a n  

t h o s e  o f  t h e  U m k l a p p  p r o c e s s e s .  F o r  t h e  c h o i c e  o f  q m i n  we f o l l o w  

R a i k h  a n d  Y a k o v l e v  ( 1 9 8 2 1 .  Y a k o v l e v  a n d  U r p i n  ( 1 9 8 0 1  d e r i v e d  t h e  

a s y m p t o t i c  e x p r e s s i o n s  o f  G ( O ) t 7  I a n d  G ( 2 ) ( r  ) f o r  r { 1 a n d  T } 1,  

a n d  p r o p o s e d  t h e  f o l l o w i n g  a n a l y t i c  f o r m u l a e  f o r  a r b i t r a r y  T , w h i c h  

f i t  t h e  m a i n  t e r m s  o f  t h e  a s y m p t o t i c  e x p r e s s i o n s :  

3U-2-T) Z 
G(O)(T ) = u -  2 [ 1+ ( ~ 2 - ~ 2  3 - 1 / 2 ~  1 3 . 0 0 ( 1 + 0 . 0 1 7 4 T 2 1 - 1 / 2  ( 2 5 )  

) ,2  4_~c2 ) r 2  f i (2 ) (T  1= ,-7-2 [ 1+ ( 2 / 3 ] - 3 / 2 =  r . , ._r_2_(l+O.Ol18,g21-3/2 ' (261 

where  u _ 2 ~  13.00  ( P o ] l o c k  and Hansen  1973}  and c 2 = 2 9 . 9 8  ( C o l d w e l l -  

H o r s f a l l  and M a r a d u d i n  19601 a r e  t h e  n u m e r i c a l  c o n s t a n t s  t h a t  a r e  

c h a r a c t e r i s t i c  o f  t h e  p h o n o n  s p e c t r u m  o f  t h e  b c c  C o u l o m b  l a t t i c e .  

R a i k h  a n d  Y a k o v l e v  ( 1 9 8 2 1  c a l c u l a t e d  G(O)(T ) a n d  G ( 2 ) ( T  ) n u m e r i c a l l y  

w i t h  t h e  e x a c t  s p e c t r u m  o f  p h o n o n s  f o r  ~r < 1 0 0 .  I t  h a s  b e e n  c o n -  

f i r m e d  t h a t  t h e  f i t t i n g  f o r m u l a e  (251  a n d  ( 2 6 )  h a v e  a n  a c c u r a c y  b e t -  

t e r  t h a n  10% e v e n  a t  "r ~ 1. 

tOe h a v e  c a r r i e d  o u t  t h e  n u m e r i c a l  i n t e g r a t i o n s  o f  e q u a t i o n s  

( 2 0 )  a n d  (211  f o r  4He,  12C,  1 6 0 ,  2ONe, 24Mg, 2 8 S i ,  3 2 S ,  4 0 C a ,  5 6 F e .  

Some o f  t h e  r e s u l t s  a r e  p r e s e n t e d  i n  F i g u r e s  6 - 9 .  F o r  c o m p a r i s o n  ~ e  

h a v e  a l s o  i n c l u d e d  t h e  c a s e  w h e r e  ~ e  h a v e  n e g l e c t e d  t h e  e f f e c t s  o f  

t h e  D e b y e - t o a l l e r  f a c t o r  a n d  s e t  e - 2 t o = l ,  toe a l s o  s h o w  t h e  r e s u l t s  o f  

R a i k h  a n d  Y a k o v l e v  ( 1 9 8 2 1  w h i c h  a r e  

[ I a  ]RY = 2 - ~ 2  , ( 2 7 )  

[ I ~ ( 2 ) ] R y =  I n  Z -  f12 + 1 . 5 8 3  . ( 2 8 )  
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I t  i s  r e a d i l y  s e e n  t h a t  t h e  D e b y e - W a l l e r  f a c t o r  r e d u c e s  t h e  r e s i s -  

t i v i t i e s  ( e n h a n c e s  t h e  c o n d u c t i v i t i e s )  by  a f a c t o r  o f  2 - 4  n e a r  t h e  

melting temperature. This means that the results of Yakovlev and 

Urpin (1980) and those of Raikh and Yacovlev 1982) give too low con- 

d u c t i v i t i e s  b y  t h a t  f a c t o r .  I t  i s  v e r y  i n t e r e s t i n g  t o  o b s e r v e  t h a t  

t h e  p r e s e n t  r e s u l t  i s  f o r t u i t o u s l y  r a t h e r  c l o s e  t o  t h e  o r i g i n a l  

F l o w e r s - l t o h  c o n d u c t i v i t y  i n  t h e  c r y s t a l l i n e  l a t t i c e  p h a s e  n e a r  t h e  

m e l t i n g  t e m p e r a t u r e  ( F l o w e r s  a n d  I t o h  1 9 7 6 , 1 9 8 1  

3 .  NEUTRINO EMISSION PROCESSES 

R e c e n t  p a p e r s  o n  t h e  n e u t r i n o  e n e r g y  l o s s  r a t e s  i n c l u d e  

M u n a k a t a ,  K o h y a m a ,  a n d  I t o h  ( 1 9 8 5 1 ,  K o h y a m a ,  I t o h ,  a n d  M u n a k a t a  

( 1 9 8 6 1 ,  I t o h ,  a n d  K o h y a m a  ( 1 9 8 3 ) ,  I t o h  e t  a l .  ( 1 9 8 4 d ) ,  I t o h  e t  a l .  

(1984a), Itoh et al. (1984b1, Munakata, Kohyama, and Itoh (1987), 

S c h i n d e r  e t  a l .  ( 1 9 8 7 ) ,  a n d  I t o h  e t  a l .  ( 1 9 8 8 ) .  

3.1 Photoneutrino process 

T h e  energy loss ra te  per unit volume per unit time due to the 

photoneutrino process is expressed as (Munakata, Kohyama, and Itoh 

1985) 

i [(Cv2+CA 2) + n(Cv2+CA 2)]  Q+photo Qphoto = 

I [(Cv2_CA2) + n(C~2_C~2) ] Qphoto , 
2 

C V : I/2 +2sin2@ w , C A = i / 2  , 
/ 

(29) 

(30) 

p 

C V = I - C V , CA = I - C A , (31) 

s i n 2 0  w = 0 . 2 3  , ( 3 2 )  

w h e r e  8 w i s  t h e  W e i n b e r g  a n g l e ,  a n d  n i s  t h e  n u m b e r  o f  t h e  n e u t r i n o  

f l a v o r s  o t h e r  t h a n  t h e  e l e c t r o n  n e u t r i n o  w h o s e  m a s s e s  c a n  b e  

n e g l e c t e d  c o m p a r e d  w i t h  kBT.  

As i n  M u n a k a t a ,  K o h y a m a ,  a n d  I t o h  ( 1 9 8 5 )  we h a v e  c a r r i e d  o u t  

M o n t e  C a r l o  c o m p u t a t i o n s ,  u s i n g  t h e  m e t h o d  o f  i m p o r t a n c e  s a m p l i n g ,  t o  

e v a l u a t e  t he  f i v e - d i m e n s i o n a l  i n t e g r a l  which appears  in Q+photo and 

Q-ph0to- In a l l  t h e  c a l c u l a t i o n s  of t h e  p h o t o n e u t r i n o  p r o c e s s  we 

used 50000 random p o i n t s .  Schinder  e t  a l l .  (1987) used 50000 random 

p o i n t s  for  t he  c a l c u l a t i o n s  co r r e spond ing  to t he  t e mpe ra tu r e s  T=IO 8, 

lO 9, 1010 , IO II K, and t hey  u sed  5000 random p o i n t s  f o r  t h e  o t h e r  

t e m p e r a t u r e s .  
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3 . 2  P a i r  n e u t r i n o  p r o c e s s  

T h e  e n e r g y  l o s s  r a t e  d u e  t o  t h e  p a i r  n e u t r i n o  p r o c e s s  i s  

e x p r e s s e d  a s  ( M u n a k a t a ,  Kohyama ,  a n d  I t o h  1985)  

Qpair  : ~ [ (Cv2+CA21 + n tCv2+CA 2 ) ]  Q+pair 

1 
+ - [ ( C v 2 - C A  2)  + n t C v 2 - C ~  2)3 ~ - p a i r  c a 3 )  

2 

At h i g h  t e m p e r a t u r e s  ( T>IO 9 K ) ,  t h e  e n e r g y  l o s s  r a t e  d u e  t o  t h e  

p a i r  n e u t r i n o  p r o c e s s  i s  i n d e p e n d e n t  o f  t h e  d e n s i t y  a n d  d o m i n a t e s  

o v e r  t h e  o t h e r  p r o c e s s e s .  

3 . 3  P l a s m a  n e u t r i n o  p r o c e s s  

K o h y a m a ,  I t o h ,  a n d  M u n a k a t a  ( 1 9 8 6 )  h a v e  s h o w n  t h a t  t h e  a x i a l -  

v e c t o r  c o n t r i b u t i o n  t o  t h e  p l a s m a  n e u t r i n o  e n e r g y  l o s s  r a t e  i s  a t  

m o s t  on t h e  o r d e r  o f  0 .01% o f  t h e  v e c t o r  c o n t r i b u t i o n  f o r  T ~  l o l l  K. 

T h u s  f o r  p r a c t i c a l  p u r p o s e s  t h e  a x i a l - v e c t o r  c o n t r i b u t i o n  c a n  b e  

s a f e l y  n e g l e c t e d .  T h e r e f o r e  t h e  e n e r g y  l o s s  r a t e  d u e  t o  t h e  p l a s m a  

n e u t r i n o  p r o c e s s  i s  w r i t t e n  a s  

Qplasma = (Cv 2 + n C~ 2) QV ( 3 4 )  

The e x p r e s s i o n  f o r  Ov h a s  b e e n  g i v e n  by B e a u d e t ,  P e t r o s i a n ,  a n d  S a l -  

p e t e r  ( 1 9 6 7 )  a n d  a l s o  by Kohyama ,  I t o h ,  and  M u n a k a t a  ( 1 9 8 6 ) .  

a . 3  B r e m s s t r a h l u n g  n e u t r i n o  p r o c e s s  

The  c a l c u l a t i o n  o f  t h e  n e u t r i n o  e n e r g y  l o s s  r a t e  d u e  t o  t h e  

b r e m s s t r a h l u n 9  n e u t r i n o  p r o c e s s  h a s  b e e n  c a r r i e d  o u t  i n  t h e  t w o  d i f -  

f e r e n t  r e g i o n s :  t h e  r e g i o n  i n  w h i c h  e l e c t r o n s  a r e  s t r o n g l y  d e g e n e r a t e  

and  t h e  r e g i o n  i n  w h i c h  e l e c t r o n s  a r e  p a r t i a l l y  d e g e n e r a t e .  

In  t h e  f i r s t  r e g i o n  we c a n  t a k e  i n t o  a c c o u n t  t h e  i o n i c  c o r r e l a -  

t i o n  a c c u r a t e l y .  T h e  c a l c u l a t i o n  o f  t h e  b r e m s s t r a h l u n g  n e u t r i n o  

e n e r g y  l o s s  r a t e  b a s e d  on  t h e  ~ e i n b e r q - S a l a m  t h e o r y  w h i c h  t a k e s  i n t o  

a c c o u n t  t h e  i o n i c  c o r r e l a t i o n  f u l l y  h a s  b e e n  r e p o r t e d  by  I t o h  a n d  

Kohyama ( 1 9 8 3 ) ,  I t o h  e t  a l .  ( 1 9 8 4 d ) ,  I t o h  e t  a l .  ( 1 9 8 4 a ) ,  a n d  I t o h  e t  

a l .  ( 1 9 8 4 b 1 .  

F o r  t h e  d e n s i t y - t e m p e r a t u r e  r e g i o n  i n  w h i c h  e l e c t r o n s  a r e  p a r -  

t i a l l y  d e g e n e r a t e ,  M u n a k a t a ,  K o h y a m a ,  and  I t o h  ( 1 9 8 7 )  h a v e  c a l c u l a t e d  

t h e  e n e r g y  l o s s  r a t e  i n  t h e  f r a m e w o r k  o f  t h e  W e i n b e r g - S a l a m  t h e o r y .  
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3 . 4  C o m p a r i s o n  o f  v a r i o u s  n e u t r i n o  p r o c e s s e s  

I n  F i g u r e s  1 0 - 1 4  we s h o w  t h e  c o n t r i b u t i o n s  o f  t h e  v a r i o u s  

n e u t r i n o  p r o c e s s e s  f o r  t h e  c a s e  o f  s i n 2 0 w = 0 . 2 3 ,  n = 2 ,  and  5 6 F e  m a t t e r  

c o r r e s p o n d i n g  t o  t h e  t e m p e r a t u r e s  T=IO 7 ,  108 , IO 9 ,  1010 ,  10 I I  K. In  

F i g u r e  15 we show t h e  m o s t  d o m i n a n t  n e u t r i n o  p r o c e s s  f o r  a g i v e n  d e n -  

s i t y  a n d  t e m p e r a t u r e  f o r  t h e  c a s e  o f  n=2 a n d  5 6 F e  m a t t e r .  In  F i g u r e  

16 we s h o w  t h e  c o n t o u r s  o f  t h e  c o n s t a n t  t o t a l  n e u t r i n o  e n e r g y  l o s s  

Log Q (erg ~lcm -3) 

10 56Fe Log T(K)=7.0 (n:2) 

Brems 

-10 

-2t 

0 1 2 3 4 5 6 7 8 9 
Log(plp~) (gcm -3) 

FIG.  lO.  

Log Q (erg glcrn-3) 

56Fe 20t Log T(K)=8.0 (n=2) 

ot 

-~ol 

Brems 

1 I I 1 I 1 I 1 I l l ~  I 

2 3 4 5 6 ? • 9 ~0 ]~ ]2 
Log(pica) (gcm -3) 

FIG.  I l . 

F IG.  IO. N e u t r i n o  e n e r g y  l o s s  r a t e s  d u e  t o  p h o t o - , p l a s m a ,  

and  b r e m s s t r a h l u n g  p r o c e s s e s  f o r  n = 2 ,  5 6 F e  m a t t e r ,  T=IO 7 K. 

FIG.  11.  Same a s  F I G . I O .  b u t  i n c l u d i n g  p a i r  n e u t r i n o  

p r o c e s s ,  f o r  T=IO 8 K. 

LOg Q (eFg .~Tcm-3) 
i i i i ~ , " I  i i 

30 S6Fe LogT(K)=90 (n=2) 

10- Photo ~ ~ ~,~ 

Rasma \ \ 0 

0 1 2 3 & 5 6 7 8 9 10 11 12 13 l& 
Log(p/p~) (g cm-3) 

FIG.  12. Same as F I G . 1 1 .  f o r  T = I 0 9  K. 
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Log Q (erg glcrn-3) 

30 56Fe LogT(K)=IO (n=2) 

P,~ir . 
Photo .. 

20 . p . ~  

10 

0 

o i ~ 5 Z ~ ~ 7 8 9 lo . 12 13 ~4 
Log(p/B) (g cm -3) 

FIG.  13.  Same  a s  F I G .  l l .  f o r  T = I 0  10 K. 

Log Q (erg glcm -3) 
i E r w i r I l 

50 56Fe LogT(K):11 (n:2) 

4O 
Pair ,,.y~:~hoto 

30 Plasma 

Brems ~ / ~ /  2O 

o { ~ 5 ~; ~ { ~ { ~ Ib i~ 1'2 ~ ~, 
tog(~/~) (g cm -3) 

FIG .  14.  S a m e  a s  F 1 G . 1 1 .  f o r  T=10 I1 K. 
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FIG.  15.  M o s t  d o m i n a n t  n e u t r i n o  p r o c e s s  f o r  a 9 i v e n  d e n s i t y  

a n d  t e m p e r a t u r e  f o r  t h e  c a s e  o f  n=2  a n d  5 6 F e  m a t t e r .  
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Log T (K) 

, ,  56  n2, L 
,0 

9 .  - -  

Log (P/I~) (gcm -3) 
F I G .  16 .  C o n t o u r s  o f  t h e  c o n s t a n t  t o t a l  n e u t r i n o  e n e r g y  

l o s s  r a t e s  d u e  t o  p a i r ,  p h o t o - ,  p l a s m a ,  a n d  b r e m s s t r a h l u n g  

p r o c e s s e s  f o r  t h e  c a s e  o f  n=2  a n d  5 6 F e  m a t t e r ,  

l o g  Q ( e r o s  - I  c m - a l = c o n s t .  

r a t e s  d u e  t o  p a i r ,  p h o t o - ,  p l a s m a ,  a n d  b r e m s s t r a h l u n g  p r o c e s s e s  f o r  

t h e  c a s e  o f  n=2  a n d  5 6 F e  m a t t e r .  

4 .  CONCLUDING REMARKS 

T h e  t r a n s p o r t  p r o c e s s e s  a n d  t h e  n e u t r i n o  e m i s s i o n  p r o c e s s e s  i n  

t h e  i n t e r i o r  o f  w h i t e  d w a r f s  d e t e r m i n e  t h e  s t r u c t u r e  a n d  e v o l u t i o n  o f  

w h i t e  d w a r f s .  T h e  r e c e n t  d e v e l o p m e n t s  i n  t h i s  f i e l d  r e v i e w e d  i n  

t h i s  a r t i c l e  a r e  e x p e c t e d  t o  e l u c i d a t e  t h e  c o m p a r i s o n  o f  t h e  o b s e r v a -  

t i o n s  o f  w h i t e  d w a r f s  w i t h  t h e  t h e o r e t i c a l  s t u d i e s .  I t  i s  i n t e r e s t -  

i n g  t o  q u o t e  t h e  f o l l o w i n g :  

" O b s e r v e  me w e l l ,  P r i n c e s s ,  b e f o r e  y o u  g i v e  me 

y o u r  w o r d , "  s a i d  t h e  Y e l l o w  D w a r f .  

T h e  c l a s s i c  f a i r y  t a l e s  

I w o u I d  m a k e  a p a r o d y  o f  t h i s  a s  f o l l o w s :  

" O b s e r v e  me w e l l ,  A s t r o n o m e r s ,  b e f o r e  y o u  g i v e  me 

y o u r  word," s a i d  t h e  W h i t e  D w a r f .  

T h e  m o d e r n  f a i r y  t a l e s  
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AB S T R AC T  

Deta i l ed  e v o l u t i o n a r y  ca l cu la t ions  show that  C o u l o m b  ir t teract ions be tween  the 

charged part icles of  a stellar p lasma  reduce the core mass  at which  a low mass  red giant 

unde rgoes  the  he l ium f lash  (contrary  to a recent  claim).  This  has  impl ica t ions  for the 

de terminat ion  of the rate of  mas s  loss  f rom red giants.  

I. I N T R O D U C T I O N  

The fact that Coulomb interactions between the charged particles of  stellar plasmas result in a 

reduction of the pressure, at given density and temperature, has been known for a long time. Formulae 

for the pressure reduction in the case of a cold, dense, plasma were derived by Abrikosov (1960) and by 

Salpeter (1961), and the resulting reduction in the radii of white dwarfs was calculated by Hamada and 

Salpeter (1961). For the case of a finite temperature, several evaluations of the effect of Coulomb 

interactions on the equation of state were obtained in the 1970"s (e.g., Grossman and Graboske, 1971; 

Shaviv and Kovetz, 1972; Hansen, 1973; Fontaine, Graboske and van Horn, 1977). The effect has been 

included in some calculations of stellar evolution, mainly cooling sequences of white dwarfs and low-mass 

main sequence stars (e.g., Lamb and van Horn, 1975; Shaviv and Kovetz, 1976; Iben and Tutukov,  1984; 

Vandenberg, Hartwick and Dawson, 1983). 

Since the Coulomb correction is generally small (for example, Hamada-Salpeter white dwarf radii are 

typically about 7% less than Chandrasekhar's),  its inclusion in stellar evolution calculations is not expected 

to lead to any dramatic effect. But there are some cases, besides white dwarfs and M-dwarfs ,  in which 

the effect is worth considering. One of these is the onset of the helium flash in the cores of red giants, 

which we consider in Section II. Others will be mentioned in the discussion (Section III). 

I I .  T H E  E F F E C T  OF C O U L O M B  C O R R E C T I O N S  ON T H E  H E L I U M  F L A S H  

While a low mass star is ascending the red giant branch (RGB), its growing helium core is continually 

contracting. This leads to higher and higher core temperatures (the so-called gravitational energy source). 
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Neutrino emission, mainly at the center, and radiative heat conduction lead to a temperature profile with 

an off-center maximum. When the core becomes sufficiently massive, the energy production due to 

helium burning exceeds the losses, and since the matter is degenerate, a flash occurs. 

It is easy to determine the effect of the Coulomb correction on the core mass at the onset of the flash. 

If we imagine the Coulomb interaction being turned on at any instant, the pressure reduction will lead to 

sudden core contraction, and hence to higher temperature. It could trigger the flash in a core that would 

otherwise still need to grow somewhat. But since the processes leading to the flash proceed at a finite 

rate, and the Coulomb correction depends on density and temperature at each stage, a precise evaluation 

of the effect requires that it be turned on at an early stage. In order to demonstrate the effect, we have 

therefore carried out two parallel computations, with and without the correction. 

We have evolved two 0.9 M o population II models (X = 0.7, Z = 0.001) through the main sequence 

and the RGB. In the first one (Model A) we used the Shaviv-Kovetz equation of state, which includes 

the Coulomb correction, and allowed for mass loss according to the Reimers formula 

/~1 = -4 10 -13 r/ LR/M M o / y  (1) 

with rl = 1. (For other details regarding the method and the input physics, see Harpaz, Kovetz and 

Shaviv, 1987). When this model formed a core of 0.4 Mo, 7.154 109 years from the ZAMS, its total mass 

was M = 0.769 Mo,  its central temperature was T c = 74.5 106K, but helium burning still provided less 

energy (Lrle) than was carried off by neutrinos (L~). The Coulomb parameter (ratio of (ZZ)e2/(r) to kT) 

was 1~ = 0.62 at the center. 

The second model (B) was evolved, again through the main sequence and the RGI3, with the only 

difference that the Coulomb correction was switched off. Its evolution was somewhat slower than that of 

model A. For example, it took 7.329 109 years (from the ZAMS) to form a helium core of 0.4 M G. Its 

total mass, central temperature and central Coulomb parameter at this stage were M = 0.7743Mo, 

T~ = 73.3 106K and I" c = 0.64. 
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Figure 1 shows the density and temperature profiles in the central regions of models A and B when 

each one had a core of 0.40 M®, and Figure 2 shows the temperature and nuclear production rate when 

each of the models has formed a core of 0.43 M o. At this stage, LHe jUSt exceeded Lv for model A, but 

was still less than L v in model B. In all figures, solid lines apply to model A, and dashed lines to model 

B. 
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F I G U R E  3 

The helium burning in model A became a runaway at M e = 0.435 Mo,  M = 0.693 Mo,  and its RGB 

evolution came to an end. Model B continued its evolution until it reached M e = 0.440 Mo,  with 

M = 0.690 M®. Figure 3 shows the parallel evolution, represented by the total mass, the core mass and 

the luminosity, of the two models. Time for each model has been reset to zero when the core mass 

reached 0.175 M o (although the two models were not of the same age at this point). 

III. DISCUSSION 

The considerations of the preceding section have shown, and the results of two parallel calculations 

have demonstrated, that the Coulomb correction hastens the onset of the helium flash in low mass stars. 

These stars will therefore spend less time on the RGB, will lose a smaller amount of mass, and will leave 

the RGB at a smaller luminosity. They will arrive at the horizontal branch with smaller cores and more 

massive envelopes, and at an earlier time. The differences are all quite small, of the order of a few per 

cent (like the Hamada-Salpeter results for white dwarf  radii), because the equation of state is dominated 

by the degenerate electrons. 

We note that Mazzitelli and D'Antona, who included the Coulomb correction in an evolutionary 

calculation of a 1.0 M o population I model, obtained a higher (by about 0.05 Mo),  rather than lower, core 

mass at the helium flash than did Sweigart and Gross (1978), who did not include the correction. Of 
course, small differences between results obtained with different computer codes, using different methods 

and different input physics, need not necessarily be due to a single correction in the equation of state. 

(Our Model B flash core mass happens to differ from that of Sweigart and Gross by less than 0.03 M o). 

We are certainly not in a position to analyze differences between the results of Mazzitelli and D'Antona 

and those of Sweigart and Gross. But Mazzitelli and D'Antona claim that the correction should indeed 

lead to a higher core mass at helium flash: "At the flash conditions (typically T = 108K and p = 106 

gcm -3, at the ratio F of Coulombian to thermal energy is - 0.5, and the excess internal energy due to 

Coulombian effects can be 15%-20%; Hansen (1973). This means that our models which take into 

account Coulombian corrections need to contract more and thus reach larger total core masses before the 

flash may be ignited". Of course, at given T and p, the "excess internal energy" is negative, and if we 

understand correctly, what Mazzitelli and D'Antona are saying is that Coulomb interactions make the 
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matter colder, and therefore delay the onset of the flash. But the core of  a red giant behaves pretty 

much  like a star, which becomes hotter when it loses energy. This is essentially the argument we have 

used at the beginning of Section II. 

Renzini (1977, 1981) used the results of evolutionary calculations carried out by Rood (1972), Tarbell 

and Rood (1975) and by Sweigart and Gross (1978) to obtain an upper limit on the parameter r~ in the 

mass loss formula (1). As he remarked, the very existence of horizontal and asymptotic giant stars in 

globular clusters proves that mass loss does not completely strip the RGB stars of  their envelopes. This, 

he showed, meant that r/ could not be larger than about 0.6. But a detailed analysis of  globular cluster 

HR-diagrams led him to place more stringent constraints on the envelope masses of  horizontal branch 

stars. In this way he was able to show that r/ should not exceed 0.4 +_ 30%. Since the Coulomb 

correction (which had not been included in the calculations on which Renzini based his analysis) leads to 

higher total masses, and especially to higher envelope masses (0.258 in our Model A vs. 0.250 in our 

Model B), Renzini 's method should lead to a slightly higher upper limit on 7. 

In conclusion, we should perhaps mention that there are other advanced stages in stellar evolution, in 

which the Coulomb correction may be worth considering. One is the onset of carbon burning, where 

changes similar to those we have considered may be expected. Another is the luminosity-core mass 

relation for thermally pulsating asymptotic giant branch stars. 
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The usual approach to the problem of the Equations Of State 
(EOS) for White  Dwarfs and super giant Planets, under the condi- 
tions of high densities and low temperatures,  faces two problems. 

The first has to do with Pressure Ionization : the energy levels 
of the electrons in the case of extreme pressure ionization cannot 
be treated in the same way as the energy levels in a single iso- 
lated atom. The simple treatment of pressure ionization, in which 
the level of the cont inuum is reduced by an amount equal to the 
electrostatic energy, leads to problem because the number  of en- 
ergy levels, entering the Saha equation (partit ion functions), is not 
conserved, also the usual approach may lead to absurd results in 
which ions recombine as the density increases. 

The second problem is the question of the microscopic separa- 
tion of species in a mixture : is the prefered state a mixed crystal 
of two species or two separeted crystals (one of each specy) ? 

The EOS in Astrophysics treats the electrons as a gas of free 
part icles  (1) (plane waves function) obeing the Fermi-Dirac statis- 
tics, where the ionic background forms a crystaline structure. At 
zero temperature the energy of the ions is then given by the Zero 
Point Oscillations (ZPO) (2) energy. At finite temperatures the 
phonons spectrum of the lattice (quasiharmonic approximation) is 
added to it. 

Another approach to the problem of the EOS is by means of 
Solid State methods.  The electrons individual energy levels form 
energy bands which take into account the conservation of the num- 
ber of energy levels, and their wave function is a Bloch sum of a 
linear combinations of atomic orbitals (LCAO). The ions are sup- 
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posed to be fixed in the crystal lattice (Adiabatic approximation). 
Since the astrophysical approach to the EOS cannot answer the 

above two questions, we resort to the solid state approach. In 
this contribution we report mainly on the results for the second 
problem. 

The method we used in this work is the Linear Muffin-Tin Or- 
bitals (LMTO) (3) method in which the wave functions are Bloch 
sums of Linear Orbitals defined by a Muffin-Tin (MT) potential. 
The MT potential is spherically symetric in spheres around the 
ions sites and of constant value in the interstitial regions. Then 
a variational method is used to derive the correct energy bands, 
their width, the density of state, etc... 

It is of great interest to compare the results for the EOS ob- 
tained in the two methods. Such a comparison is shown in figure 
I and 2 for H/Ite. XYe note that the two methods yield the same 
EOS to within the accuracy of the methods (less than one percent). 

We now turn to the second problem posed. 
To answer the question of whether a H/He (or a C/O)  mix- 

ture separates or not, we consider a volume 17, of the star, under 
pressure P, and temperature T,. We suppose that in this volume 
separated crystals of H and He have been formed. Let index 1 
denote Hydrogen and 2 Helium. Then II, = V1 + V2, N = N1 + N~ 
(number of particles in V, ). The most probable state for the coex- 
istence of the two crystals in volume V, is obtained by minimizing 
the free energy. This leads to the condition : 

P I = P ~  ; # l = t t 2 -  
Where Pi is the pressure and #i the chemical potential 0=1,2) .  

Let denote P =/:'1 = P2. 
If P _< P, then the pressure inside the volume II, is not high 

enough to avoid separation of the mixed crystal. If P _> P, then 
the separation process is stopped by the pressure inside 17,. 

The results obtained, within the accuracy of the LMTO calcula- 
tion (one percent), shows that the pressures P, and P were equal. 
This leads us to conclude that there is no prefered state between 
a mixed crystal of two species and two separated crystals on a mi- 
croscopic scale : microscopicseparat ion does not require energy. 
Consequently the separation problem is a macroscopic problem 
that has to be treated within the frame work of the evolution of 
the star. 
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the full EOS (ions + electrons) 
obtained by the two different methods. 
We see that the astrophysical results 
are good within a few percent. 

Fig.3 LMTO pressure for a C-O mix- 
ture, ~ = i00 gm/cc. 
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1. INTRODUCTION 

Massive s t a r  (M ~ i0  M ) co re  c o l l a p s e  i s  t he  s tandard  mechanism 

for neutron star formation (see Brown 1988 for a recent review). It 

has long been realized (see, for instance, van den Heuvel 1988, and 

references therein) that the neutron stars found in different types of 

b i n a r y  systems cannot come f rom such a s tandard  mechanism. Those 

systems i n c l u d e  wide b i n a r y  r a d i o  p u l s a r s ,  m i l l i s e c o n d  p u l s a r s  (no t  i n  

wide b i n a r i e s ) ,  g a l a c t i c  bu lge  X- ray  sources ( i n c l u d i n g  QPO~s), t ype  I 

X - ray  b u r s t  sources  and X- ray  t r a n s i e n t s ,  and v - r a y  sources .  Format ion 

o f  those neu t ron  s t a r s  i s  now w i d e l y  a t t r i b u t e d  t o  the  g r a v i t a t i o n a l  

c o l l a p s e  o f  a w h i t e  dwar f ,  growing above Chandrasekhar ' s  l i m i t  by mass 

a c c r e t i o n  Trom the  c u r r e n t  neu t ron  s t a r ' s  companion in  the  b i n a r y  

system (Canal and Schatzman 1976; Canal and I s e r n  1979; Canal,  I s e r n ,  

and Labay 1980; M i y a j i  e t  a l .  1980). Mass growth up t o  dynamical 

i n s t a b i l i t y  means t h a t  both e x p l o s i v e  e j e c t i o n  o f  t he  acc re ted  l a y e r s  

and e x p l o s i v e  d i s r u p t i o n  o f  t he  whole s t a r  must be avo ided .  The fo rmer  

is associated with the nova phenomenon. The latter~ with the 

occurrence of type I supernovae. 

Concerning nova outbursts, the results as to the ranges of 

different parameters (initial mass and temperature of the star~ mass 

accretion rater chemical composition of both the star and the accreted 

material) allowing mass growth are so divergent~ when the simplest 

hypotheses (spherical symmetry, no kinetic energy nor angular momentum 

deposition) are relaxed (see Sparks and Kutter 1987; Shaviv and 

Starrfield 1987) that those parameters should presently be regarded as 

almost free. Explosive ignition of electron-degenerate C+O cores has 

been studied by Nomoto, Thielemann, and Yokoi (i984)~ and Sutherland 

and Wheeler (1984). Ignition densities were in the range p ~ (2-4)xI0 p 
-9 

gcm and the cores were entirely fluid. Hydrodynamic burning 
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p r o p a g a t i o n  l eads  t o  t h e i r  comple te  d i s r u p t i o n .  I g n i t i o n  a t  h i ghe r  

d e n s i t i e s  happens when t h e  co res  a r e  c o l d  and massive enough a t  t h e  

s t a r t  o f  mass a c c r e t i o n  (Hernanz e t  a l .  1988). The range s t u d i e d  
-9 

1 .5X  I OiOg cm ( f o r  somewh a t  1 owe r  cove rs  6 x 1 0 ~  cm Ptgn i 

initial masses it covers the whole interval 2xlO~g cm -~ ~ Ptgn 

1.5xlOi°g cm -s ) and carbon ignition takes place in solid layers when 

Ptgn ~ 9"5xlO~g cm -a. Ignition would be delayed up to still higher 

d e n s i t i e s  i f  carbon and oxygen were i n m i s c i b l e  i n  s o l i d  phase 

(Stevenson 1980~ Labay e t  a l .  1985). Here we t r y  t o  de te rm ine  t h e  

c r i t i c a l  i g n i t i o n  d e n s i t y  co r respond ing  t o  b i f u r c a t i o n  between s t e l l a r  

e x p l o s i o n  ( e i t h e r  l e a d i n g  t o  comple te  d i s r u p t i o n  o r  l e a v i n g  some w h i t e  

dwar f  remnant)  and g r a v i t a t i o n a l  c o l l a p s e  l e a d i n g  t o  neu t ron  s t a r  

f o r m a t i o n  and we ana l yze  t h e  p h y s i c a l  p rocesses i n v o l v e d .  O+Ne+Mg 

co res  have a l s o  been proposed as p r o g e n i t o r s  o f  neu t ron  s t a r s  ( M i y a j i  

e t  a l .  1980). Here we w i l l  b r i e f l y  o u t l i n e  t h e  u n c e r t a i n t i e s  s t i l l  

i n v o l v e d  as t o  t h e i r  behav iou r  upon mass a c c r e t i o n .  

2. DEGENERATE CARBON IGNITION AT VERY HIGH DENSITIES 

Initially massive (M ~ 1.2 M ) and cold (T ~ 5xlOTK) C+O white 

dwarfs do ignite their thermonuclear fuel at higher densities than 

both less massive and hotter white dwarfs and intermediate mass (4 M 

M ~ 8 M ) red giant cores (see Hernanz et al. 1988, and references 

therein). This is due to the fact that pycnonuclear reaction rates (in 

the solid phase) are much lower than strongly screened thermonuclear 

rates (in the fluid phase) for C+O mixtures at a given density. Higher 

ignition densities also mean higher electron capture rates on the 

incinerated (NSE) material after thermonuclear runaway. When the 

surrounding layers are still solid at central carbon ignition, this 

equally means conductive burning propagation, typically at velocities 

of the order of 0.01 times the local velocity of sound c (it must be 

noted that conduction will dominate anyway close to the star~s center, 

even in fluid layers: see Woosley and Weaver 1986). Both facts do 

favour electron captures (driving contraction and potentially leading 

to gravitational collapse) against thermonuclear burning propagation 

(driving hydrodynamical expansion, with potential disruption of the 

star). Solidification of a central core prior to the mass-accretion 

stage in the white dwarf's evolution would produce still more 

drastical effects if it were to lead to chemical separation of oxygen 

from carbon (Stevenson 1980; Mochkovitch 1983). Recent calculations by 

Barrat, Hansen, and Mochkovitch (1988) do indicate that carbon and 

oxygen are miscible in solid phase (nonetheless, these calculations 
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still involving fairly arbitrary approximations, chemical separation 

is not yet completely ruled out). 

In previous papers (Canal and Isern 1979; Isern, Labay, and Canal 

1984; Isern et al. 1988) we have already addressed the question as to 

the critical ignition density for collapse of a C+O white dwarf into a 

neutron star and its dependence on the still uncertain physics of 

thermonuclear burning propagation. In Table I we summarize the results 

from several calculations based on two deflagrating models taken from 

Hernanz et al. (1988). 

TABLE 1 

Model cm-Pkgns Vburn/C m Outcome t i l  

(g ) (s )  

A 9.50xI0 ~ 0.005 Collapse 1.47 

B 1.09xi0 i° 0.005 Collapse 1.09 

B 1 . 0 9 x l O  i °  0 . 0 1 0  C o l l a p s e  0 . 9 3  

B 1 .09x10  i °  0 . 1 0 0  E x p l o s i o n  - -  

Bu rn i ng  f r o n t  v e l o c i t i e s  i n  t h e  two f i r s t  rows o f  T a b l e  1 a r e  

a v e r a g e  v a l u e s  when u s i n g  Woosley and Weaver ' s  (1986) e x p r e s s i o n  f o r  

c o n d u c t i v e  v e l o c i t i e s .  The o t h e r  two v a l u e s  c o r r e s p o n d  t o  

p a r a m e t r i z a t i o n  o f  b u r n i n g  p r o p a g a t i o n  speed,  t i s  t h e  t i m e  e l a p s e d  
i i  

between e x p l o s i v e  i g n i t i o n  ( a t  t h e  i n d i c a t e d  d e n s i t i e s )  and 

c o n t r a c t i o n  t o  a c e n t r a l  d e n s i t y  o f  lO i lg  cm -m W h e n  " c o l l a p s e "  i s  

i n d i c a t e d  as t h e  outcome~ t h e  s t a r  i s  homo logous l y  c o n t r a c t i n g  on a 

h y d r o d y n a m i c a l  t i m e  s c a l e  and i t s  mass (due t o  e l e c t r o n  c a p t u r e s )  i s  

above Chandrasekha r~s  mass. We see t h a t ~  f o r  i g n i t i o n s  a t  d e n s i t i e s  o f  

t h e  o r d e r  o f  lO i °g  cm-S~ t h e  b i f u r c a t i o n  between c o l l a p s e  and 

e x p l o s i o n  i s  l o c a t e d  between 0 .01 and 0 .1  t i m e s  t h e  l o c a l  sound 

v e l o c i t y .  Conce rn ing  d e n s i t i e s ~  f o r  c o n d u c t i v e  bu rn ing~  t h e  minimum 

v a l u e  f o r  c o l l a p s e  i s  a round  9.5x10~g cm -s. Compar ison o f  T a b l e  i w i t h  

Nomoto 's  (1986, 1987) r e c e n t  r e s u l t s  shows v e r y  b i g  d i s c r e p a n c i e s ,  

These a r e  p r o b a b l y  due t o  some m i s t a k e  i n  t h e  c a l c u l a t i o n  o f  t h e  

burned mass (see ,  f o r  i ns tance~  Nomoto 's  case D) .  

3.  DEGENERATE OXYGEN IGNITION 

O÷Ne+Mg w h i t e  d w a r f s  a r e  a l s o  c a n d i d a t e s  t o  g r a v i t a t i o n a l  

c o l l a p s e  upon mass a c c r e t i o n  ( M i y a j i  e t  a l .  1980).  Oxygen i g n i t i o n  i s  
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ZONe . t r i g g e r e d  by e l e c t r o n  captures on But the exact  d e n s i t y  a t  which 

t h i s  happens depends on the adopted c r i t e r i o n  f o r  convec t i ve  

i n s t a b i l i t y  and on the  t reatment  of semiconvect ion (Mochkovitch 1984; 
- 3  

Miyaji and Nomoto 1987). Ignition at p ~ 9.5xi0 ~ gcm is likely 
tgn 

and the outcome (collapse or explosion) is still uncertain. 
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I. Int roduct ion 

Through the use of accreting binary systems, it is possible to study the effects of the deposition 

of mat te r  and energy on the surface of a white dwarf. The observed atmospheric properties 

of composit ion and tempera ture  obtained from direct observation of the spectral lines and the 

cont inuum flux can be used to compare with those of single white dwarfs to understand the 

consequences of mass accretion on binary evolution. 

Cataclysmic variables provide one of the best targets for this type of study because a) the 

primaries are all white dwarfs b) the level and the timescale of the accretion cover a large range 

from the high rate, relatively steady novalike accretors to the dwarf  novae systems which are 

modula ted  on short timescates in a quasi-periodic manner.  Unfortunately,  due to the mass transfer 

process, an accretion disk builds up to the point where its radiation overwhelms the white dwarf 

light in most cases. Thus,  to study the effects on the stellar primary, systems must be found which 

have low mass transfer rates (generally the short orbital period systems (Patterson 1984)) and /or  

high inclinations (since most of the disk flux emerges perpendicular  to the plane of the disk). The 

best identification of the white dwarf  emerges from IUE spectra which show a broad Lyman a 

absorption profile (in contrast  to the normal  emission lines from a disk at quiescence). The shape 

of this profile provides a sensitive indicator of the tempera ture  and gravity. In some cases, broad 

absorption lines are also evident in the optical Balmer lines, al though the broad emission lines 

from the disk usually make these difficult to detect. The steeply falling flux distribution of a white 

dwarf throughout  the optical region, combined with a fiat disk distr ibution usually means that  

the white dwarf  contributes a minor amount  to the optical flux. However,  in the ultraviolet,  the 

rising energy distribution of the white dwarf  easily dominates the falling energy distribution of a 

low accretion rate disk (Mateo and Szkody 1984). White dwarfs are generally acknowledged to be 

prominent  in the dwarf novae U Gem (Panek and Holm 1984), VW Hyi (Mateo and Szkody 1984) 

and Z Cha (Marsh, Horne and Shipman 1987) and suggested in EK TrA and WZ Sge (Verbunt 

1987). In addition, the  white dwarf  has been seen in some novalike systems which sporadically 

turn off their mass transfer, (resulting in the disappearance of most of the disk and the resulting 

appearance of the white  dwarf). This has been the case in TT  Ari  (Shafter et al. 1985) and 
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some limits have been determined for MV Lyr (Szkody and Downes 1982) and V794 Aql (Szkody, 

Downes and Mateo 1988). Several magnetic white dwarfs have also been seen when the mass 

transfer ceases in the AM Her systems (summarized in Szkody, Downes and Marco 1988). 

The temperatures for the white dwarfs in cataclysmic variables (regarded as upper limits) 

range from 9000K to more than 50000K, with a mean temperature of 25000K compared to 

12000K for single white dwarfs (Sion 1986; 1987). In looking at the temperature as a function 

of the orbital period of the cataclysmic variables (Sion 1986,1987; Szkody, Downes, and Mateo 

1988), it appears that there is a positive correlation in these parameters. If the orbital period is 

related to mass accretion rate as suggested by Patterson (1984), then the implication is that long 

term accretion has a heating effect on the underlying white dwarf. 

To better understand the accretion interaction with the white dwarf, a few studies have been 

undertaken of the white dwarf following an outburst. This includes VW Hyi (Verbunt et al. 

1987) and U Gem (Kiplinger, Sion and Szkody 1988). Both of these investigations have shown a 

decreasing ultraviolet flux after the optical flux has reached quiescence, which could be interpreted 

as a decreasing accretion rate or a cooling of the outer layers of the white dwarf following heating 

by the outburst. The indications from the U Gem study is that the white dwarf cools for several 

months. In both cases, the next outburst interrupted the monitoring sequence (after 14 days in 

VW Hyi and after 108 days in U Gem). Perhaps the best candidate for a long term study is the 

dwarf nova WZ Sge which has an outburst recurrence time of 33 yrs and has a prominent white 

dwarf which is evident in the ultraviolet and optical. Many spectra have been obtained with IUE 

and exist in the archive following the 1978 outburst. Holm (1988) has reported on the results 

up through 1981 and Hassall (1987) reported on the spectrum through 1986. We report on the 

results through May 1988 in section II and discuss the general implications from all 3 systems in 

section III. 

II. WZ Sge 

This dwarf nova has very large amplitude outbursts at long intervals. The last outburst 

occurred on Dec. 1, 1978 when the system reached V=7.8. A light curve compiled by the 

AAVSO (Bortle 1979) shows that optical quiescence (V ~ 15) was reached in April, 1979 (about 

126 days after outburst). Holm (1988) shows IUE spectra from outburst (a fiat disk distribution) 

through Nov. 23, 1981 (distribution similar to DA white dwarfs). He finds that the April 25, 

1980 spectrum matches a 15400K white dwarf, while the Nov. 23, 1981 spectrum matches a 

14500K white dwarf. We obtained additional SWP and LWP exposures on July 5, 1987 and May 

1, 1988 and extracted exposures from the archive obtained on Nov. 3, 1986. We then extracted 

IUE spectra of DA white dwarfs of known temperature from the archive: 40 Eri B (T=16325), 

Wolf 485A (T=14000) and G8-8 (T=13000) for comparison. We then used the flux at 1500A to 

normalize WZ Sge to each of the single white dwarfs and determine the best fit in temperature. 

Our results along with those of Holm (1988) are summarized in Table 1 and Figure 1 shows a 

representative fit of the May, 1988 spectrum of WZ Sge with Wolf 485A. 
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TABLE 1 Temperature fits of SWP Spectra 

1500A Flux 
Date (x E-14) Best W (K) 

April 25, 1980 9.0 15400 
Nov. 23~ 1981 6.5 14500 
Nov. 3, 1986 2.0 13500 
July 5, 1987 3.5 14000 
May 1, 1988 2.2 13500 

~IE-14 _ I ~  S l l e  I t l ay  $ 8  

• .. Wo l f  40GA 

o 
1200 1400 160~ 1800 2OOO 

From these results, it appears that  the UV flux reached some sort of equilibrium value about 

the end of 1986. The small excursions of brightness (as seen in July, 1987) may be fluctuations in 

the accretion rate (they cannot be due to orbital variations since the IUE exposures are all long 

i . e . ,  180 min SWP and 120 rain LWP as compared to the binary orbit of 82 rain). This means 

that  the UV flux continued to decrease for 8 yrs after outburst  (while the optical flux reached 

quiescence in 126 days). If the underlying white dwarf has provided a dominant  amount  of the 

UV flux since the disk reached quiescence (April, 1979), then the outer layers of the white dwarf  

cooled by several thousand degrees. 

The question remains as to whether we are indeed viewing the white dwarf  and what  portion 

of it has been heated. Holm (1988) points out 2 possible problems: 1) if the April  1980 IUE 

flux is fit with a 15400K white dwarf, then the optical flux would imply a V magni tude  of 14,6, 

slightly above the normal quiescent value and 2) the equivalent widths of the absorption features 

do not change much between Jan.  1979 (outburst) and Nov. 1981. Point  1 cannot be proven 

true or false in terms of the observed values, because the AAVSO detection limits are near 14.6. 

To investigate Point  2, we measured the equivalent widths in the spectra after 1981. 

Figure 1 shows that the May, 1988 spectra differ from Wolf 485A primari ly in the spectral 

region from 1250 to 1400A. This is the area of the Si l I  and III absorption lines, although it 

is difficult to measure the equivalent widths accurately due to the correct positioning of the 

cont inuum level in this area. Our measurements  for the absorption lines are summarized along 

with Holm's measurement  in Table 2. The values for U Gem (Kiplinger, Sion and Szkody 1988) 

are also listed for comparison. 

TABLE 2 Equivalent  Widths of Absorption Features 

Date Nov.81 Nov.86 July 87 May 88 U Gem 

SiII  1265 3.0 5.7 - 1 2 . 4  0.6 

Si III 1300 6.3 6.0 7.7 10.6 2 . 7  

C II 1335 3.9 - - - 0.8 

Si IV 1400' 5.4 4.6 hit 6.5 4.4 

Si II 1530 3.5 3.4 3.1 3.5 - 

*This feature may be the broad 1400A feature seen in single white dwarfs (Nelan and Wegner 

1985) 
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The SiII  1265 and Si l I I  1300 values are somewhat uncertain due to the poor signal in the 

cont inuum. These features also appear to be slightly redward of the correct wavelengths (SiII  

is at 1270 and 1535, SiIII  at 1310) in the May 88 spectra (but this is probably an instrumental  

effect). However,  it is apparent that  there is an increase of the equivalent widths in Si II 1265 

and SiIII  1300, consistent with an increasing contribution of a cooling white dwarf. The May 

1988 equivalent  width of SiII  is consistent with a solar composition photospheric feature from 

a 13500K white  dwarf (Henry~ Shipman and Wesemael 1985). The SiII  1530 feature might not 

show this effect due to the difficulties of measuring with some residual disk emission at C IV 1550. 

For T < 20,000K, the expected SiIV equivalent width in white dwarfs is less than  2A, so the 

measured absorption feature at 1400A is most likely the H~ quasi-molecule (Wegner 1984; Nelan 

and Wegner 1985). If photospheric, this feature confirms that  we are dealing with high density 

material  (log g > 6). Despite the fact that  some accretion heating might be occurring, we expect 

this feature to maintain  a similar equivalent width because it is more gravity than  temperature  

sensitive. 

To check the consistency of a T=13500K white dwarf  dominating the quiescent flux of WZ 

Sge, we can compare the UV and optical fluxes from a white dwarf model (H. Shipman,  private 

communicat ion)  with that  of WZ Sge. The model  gives a flux difference of a factor of 5.8 from 

1300 to 5400 A. Using the May 88 observed flux at 1300A (8 x 10 -1~) results in a V mug of 

about  16. This is below the quiescent magni tude  range of 15.2-15.5 and allows for some disk 

contribution,  especially if the white dwarf does not  contribute 100% of the 1300A flux. 

We can also determine the size of our proposed white dwarf via (R 2 = Fdl/4nH) and compare 

with est imates from optical solutions. For a 13500K white dwarf, Shipman's  models give H at 

1300A = 5.5 x 107 ergs/cm2/s/A. Using a distance of 83 pc for WZ Sge and the observed 1300A 

flux, the corresponding radius comes out to be 8.7 x 10 s cm. The radial velocity solution of 

Gilliland, Kemper  and Suntzeff (1986) results in a mass of 0.5 - 1.2 solar masses for the white 

dwarf. Our radius is consistent with the lower masses in this range, although Gilliland, Kemper 

and Suntzeff  find that  the secondary must  be degenerate if the mass is low (for a main sequence 

secondary, the white dwarf  mass must be near 1.1 solar masses, which would be a radius of 

5 x l0 s era). 

In summary,  the indications are that  a 13500K ± 500K white dwarf contr ibuting most of 

the UV flux is consistent with the observed parameters  of WZ Sge. However, the increase in 

tempera ture  of this star to 15500K is not enough to account for the factor of 4 increase in the 

1500A flux between 1988 and 1980 (Table 1). White dwarf models give a flux increase of about  

3 for this tempera ture  difference. Thus, there must  also be some-contribution from the hot disk 

or a larger emit t ing area to account for the April  1980 fluxes. 

IIL Summary  

Table 3 summarizes the basic features of the 3 systems studied after accretion episodes. 
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Table 3 

Orb. P Mass Outburst WD T Opt.Min UV Min WD 

Object (rain) WD Interval (K) Reached Reached Cooling 

VW Hyi 107 (0.6) 28 d 18000 4 d >14 d - 

U Gem 255 0.8 118 d 30000 16 d >103 d 40000-30000 

WZ Sge 82 1.1 33 yrs 13500 126 d 2894 d 15500-13500 

The data on these 3 cataclysmic variables support a dominant contribution from a white 

dwarf to the ultraviolet flux. The temperature of the white dwarf is a rising function of the 

orbital period of the system. After an outburst, presumably originating in increased accretion of 

solar composition material onto the white dwarf, the disk quickly returns to its quiescent emission 

levels (as evidenced by the rapid optical decline) but the UV flux takes a much longer time to 

return to its pre-outburst value. This slowly declining UV emission may represent the cooling 

of a white dwarf whose outer layers have been heated by the outburst. This is supported by 

the continuum distribution and the Lyman a profile fitting of the fluxes to DA white dwarfs. 

However, the total amount of flux change and the metallic absorption line fitting presents some 

difficulties with such a simple picture. In U Gem, a hotter area near the white dwarf must be 

invoked to account for the He II absorption lines seen. In WZ Sge, some disk component or larger 

area must also account for emission during part of the decline. 

We gratefully acknowledge Harry Shipman for providing some fluxes for cool white dwarfs. 

NASA grant NSG 5395 provided support of this project. 
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WHITE DWARF EVOLUTION IN REAL TIME: 

WHAT PULSATING WHITE DWARFS TEACH US ABOUT STELLAR EVOLUTION 
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Center for Solar and Space Research, Yale University 

Carl J. Hansen 
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The variable white dwarfs repeatedly force theory to conform to their observed properties so that 

further progress can be made in understanding the structure and evolution of all white dwarfs. We use the 

term "understanding" in a loose sense here because, as we will show, both observational constraints and 

interpretation of the observations vis-d-vis theory contribute to uncertainties in our understanding at this 

time. In any case, recent progress in this field (sometimes called white dwarf seismology) has provided 

some fascinating insights into the evolutionary and structural properties of white dwarfs and their 

progenitors. This short review is our attempt to describe recent progress made in the interaction of theory 

with observations. 

Because of space limitations, we do not include as many references as we would like. Instead, we 

offer the following list of texts and reviews that we have found useful: Cox (1980), Unno et  al. (1979), 

Winger and Fontaine (1982), Van Horn (1984), Kawaler (1987), Winget (1988) and, finally, the 

forthcoming extensive review by Van Horn et al. (1989). The first two references are texts that contain 

most the material necessary for understanding the theory of nonradial pulsations as applied to stars in 

general, and in particular, the variable white dwarfs 

1. The Observations and Some Matters of Theory 

There are white dwarfs aplenty in this part of the Galaxy - -  some 25% of all stars near the Sun 

consist of these fascinating beasts. Among that plenitude there is a small subset which are obviously 

variable. Although they are usually dim and rather shy, they probably constitute the most populous class 

of variable star in the Universe. So much for those big, fat, yellow and red variables you hear so much 

about! Thus far, thirty-one of these white dwarf variables ("WDVs") have been discovered. We include 

in this total those variables that are well on their way to becoming white dwarfs. There are three major 

subclasses categorized primarily by effective temperature and spectral features. These are: the ZZ Ceti 

variables, or DAVs, (Teff = 12000K, DA hydrogen atmosphere), the DBVs (Teff = 27000K, DB helium 

atmosphere), and the DOV composite class consisting of very hot DO white dwarfs (the "PG 1159" stars) 
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and the nuclei of planetary nebulae (Teff = 105K with considerable uncertainty, HelI, CIV and, perhaps 

OVI spectral features - -  but no Balmer lines). 

All these variables are multiperiodic, with periods ranging between 100s <_I-[<_1000s. Periods less 

than about 100s are not found in any of these stars; it is possible that periods longer than 1000s, currently 

found in the pulsating planetary nebula nuclei ("PNNs"), could exist in the cooler variables. The problem 

of detecting long periods using Earth-based observations stems from the possible confusion of variations 

in sky transparency with those of the star, and the requirement of adequate phase coverage and cycle 

counts to unambiguously determine the periods present. Reliable decoding of the pulsation spectra of for 

these "long period" objects requires multi-site observing techniques such as those to be described by Ed 

Nather at this meeting. 

The following two subsections will briefly review the photometric properties of the variable white 

dwarfs along with some pertinent theory. We shall try to emphasize those properties which must be 

attacked and explained by theory before we all can agree that we understand what is really going on inside 

these stars. 

(a) "Simple" Variables 

The threshold for detectability of a statistically significant amplitude in a power spectrum, that is, a 

pulsation period, for WDVs is now about one millimagnitude in visible light - -  and this requires long, 

clean observing run(s). The maximum amplitude observed in any WDV is close to 500 mmag. Among the 

ZZ Ceti variables, there appears to be a loose correlation between average amplitude, complexity of light 

curve, and effective temperature. The trend is that cooler ZZ Ceti stars near the red edge of the observed 

instability strip tend to have numerous high power peaks in their Fourier power spectra whereas variables 

nearer the blue edge are characterized by spectra showing only a few modest signals (Winget and Fontaine 

1982). For the hotter variables the situation is unclear and we shall return to those after discussing the 

"simple" DAV variables. 

Possibly the best-studied DAVs are ZZ Ceti (a.k.a. R548), G117-B15A, G226-29, and GD385. 

All of these variables pulsate at relatively low amplitude. The power spectrum of ZZ Ceti contains two 

pairs (doublets) of peaks of average amplitude 5 mmag with periods of 213.132605, 212.768427, and 

274.250814, 274.774562s, with uncertainties of around 4/.a" (Stover et al. 1980). The price paid for this 

remarkable precision was 58 observing runs spaced over nine years, and an exacting analysis of the data. 

Another result of that analysis is an upper limit on the secular rate of change of period of one signal of (I< 

2xlO-13ss -1. The significance of such measurements will be discussed shortly. 

Another simple pulsator is GD385 (Kepler 1984). It has only three signals. Two of them make 

up a doublet with periods of 256.127s and 256.332s, while the third (a singlet) is at a frequency twice 

that of the average of the frequencies in the doublet. GD385 is similar in one respect to ZZ Ceti, but why 

isn't the singlet a doublet and what causes the near doubling of frequency? A similar pattern is seen in 

G226-29; Kepler et al. (1983) show that only three signals are present in this star. The triplet has a mean 

frequency (period) of 9.15 mHz (109.3s) and the three signals are spaced evenly in frequency by 
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Af=1.614 xl0-2mHz within observational error. In addition, the amplitudes are symmetric about the 

center signal making GD385 perhaps the "neatest" of the well-studied low amplitude WDVs. 

G117-B15A is an example of organized confusion. Kepler et al. (1982) have reported six well- 

resolved signals whose frequencies are related to each other by various sums and differences and 

mysterious factors of 3/4 (see their Table 4) - -  a theoreticians delight and nightmare. With all this going 

on, the star is remarkably steady in another respect; the strongest signal (at 215.2s period and 44 mmag 

amplitude) is found to be constant, with an upper bound of 9.9xlO-15ss -1 on l~I (Kepler et al. 1988). 

None of the hot pulsators match the simplicity of the above stars except perhaps the DOV PG 

1707+427, discovered by Bond et al. (1984, see also Grauer et al., these proceedings). A first inspection 

of the power spectrum of PG 1707 reveals only two peaks - -  one at 447.9s and a much smaller one at 

334.6s. Grauer et al., however, find that the stronger peak varies in amplitude by as much as a factor of 

three between runs. Their analysis indicates that this peak is possibly composed of two (or more?) signals 

spaced very closely in frequency and these beat against each other to produce variations in the amplitude 

of the light curve. The individual signals are not resolvable in a single run. PG 1707 appears to be unique 

among the hot pulsators - -  the rest of these variables all show much more complex behavior (as do many 

DAVs). 

(b) "Complex" Variables 

There is a prejudice (probably well-founded) among theoreticians in the wDV community that 

associates low amplitude behavior with simplicity and sinusoidality of signal. This prejudice may be 

reinforced by the fact that we theorists can only handle such "linear" signals in our calculations; nonlinear 

calculations of nonradial pulsations of white dwarfs are intractable at present (whereas they have been part 

of the arsenal of tools used for many years in the study of purely radially pulsating Cepheids). But not all 

WDVs are linear pulsators and, in fact, most are probably not. Before discussing those observations 

which clearly indicate nonlinear behavior in WDVs, it is useful to review some results from linear theory 

that may carry over to the nonlinear regime. 

If the dynamic behavior of a WDV is primarily governed by the mechanical response of the star to 

small (linear) perturbations of pressure, density, etc., (however produced) then the system acts like a 

coherent collection of springs or pendulums. And, as in a mechanical system, the star responds by 

pulsating in a ensemble of normal modes, each with a well defined frequency. For a WDV these modes 

are most certainly (we think!) gravity modes [g-modes), where the restoring force for displaced fluid is 

buoyancy. Also, as in a vibrating mechanical system (such as ocean waves), the modes differ in 

wavelength and in the geometry of crests, troughs, and nodal points (in three dimensions). It is a 

characteristic of g-modes that the lower frequency modes are the more complex in structure. In the 

simplest case, a particular mode is conveniently labeled by three indices that describe the nodal structure: 

in the radial direction the index is k, and in the two angular directions (0 and ~0 in spherical coordinates) 

these are I and m (from spherical harmonics.., see, not one equation!). 
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One result from theory is that for nonrotating, nonmagnetic (theorist-style) stars, modes with 

sufficiently large k ,  but fixed I and m ,  are spaced equally in period for successive integer values of k; 

i.e., I-Io~k. Is this kind of period spacing seen in real stars? And what if it is not? Well, first of all, the 

preceding discussion has to do with what modes are possible in a WDV; not all (or any) may be present. 

Some guidance comes from a "nonadiabatic" analysis of pulsations which looks into the linear response 

of a potential variable with respect to thermal effects; i.e., is the star "stable" or "unstable" in certain 

modes? It may be that all, none, or some of a set of modes in a sequence of equally spaced modes are 

actually present. A nonadiabatic analysis may indicate this but, to warn the reader, such analyses are 

difficult and full of pitfalls. We shall review some of the nonadiabatic successes and failures later on. 

The prototype DOV, PG 1159-035 (a.k.a. GW Vir), discovered by McGraw et al. (1979), is a 

multiperiodic, large amplitude, pulsator as seen in the optical (Winget et al. 1985) and X-ray (Barstow et 

al. 1986). One of us (Kawaler 1988a) has examined the power spectra from extensive optical 

observations of this star and concludes that some eight signals spanning periods from 390s to 833s yield a 

statistically significant mean period spacing of either 21.0+0.3s or 8.8+0.1s. A comparison with 

evolutionary models then yields the happy result that the first (second) figure corresponds to a set of l=1 

(l=3) modes in a 0.6Mo white d w a r f -  a mass that is nearly the average for all single white dwarfs 

(Kawaler 1986; and see Weidemann and Koester 1984, and Oke et al. 1984 for traditional determinations 

of WD masses). However, some modes in the succession of k are never seen (missing intermediate 

modes), and some modes are not always present in all runs - -  they come and go. 

Linear theory, at its present stage of development, cannot always adequately explain why some 

modes in a sequence are present and some not. The coming and going of modes is even more sinister. Is 

the star really in the process of stopping in its tracks and then starting again, or, as is the case with some 

of the simple pulsators, do some of these modes consist of finely spaced multiplets that periodically beat 

down the signal? A case can be made for either of these possibilities (and more). Rotation or magnetic 

fields (see below) can split signals into multiplets, but testing this idea requires long observation to 

resolve the splitting. Intrinsic appearance and disappearance of normal modes is not out of the question; 

energy could be transferred in a nonlinear way between widely separated modes, thus extinguishing one 

and reinforcing another. Present-day theory, at the level needed, is of no help here. 

Both rotation and magnetic fields destroy the spherical symmetry of a star and cause a single 

pulsation mode to split in frequency into a multiplet. Slow, uniform, rotation splits a mode evenly in 

frequency. The triplet observed in G226-29 (see above) probably falls into this category. So may the two 

doublets in ZZ Ceti - -  although Jones et al. (1989) make a strong argument that a weak magnetic field of 

around 105 G may be responsible. Direct evidence for splitting is virtually absent in almost all other 

WDVs. However, stars do rotate, and white dwarfs probably rotate slowly for the most part, and there is 

no theoretical reason why they should not have magnetic fields of some sort. Hence, we expectf ine 

splitting of  signals to be present in most WDVs - -  the problem of  detecting that splitting is one of  

resolution. 
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The DBV class of variable white dwarfs was predicted and then discovered by Winget and his 

collaborators (Winget et al. 1982a; Winget et al. 1982b). The class prototype is GD358 whose power 

spectrum shows tightly clumped groups of signals in the period ranges 550-950s, 300-420s, and on to 

higher frequencies, with pulsation amplitudes of as high as 300 mmag. In the discovery runs, Winget et 

al. (1982a) found that the peaks in each clump were spaced evenly in frequency by Af=l .86x lO-4s  -1, 

leading them to suggest that GD358 was rotating with a period of around (Af)- l- l .5  hours. Subsequent 

observations by J.A. Hill (1986) make this interpretation doubtful. He finds that the spacing varies with 

run length (typically 2--6 hours) and that not all signals are reproducible. This sounds familiar; beating is 

probably taking place and run lengths are not long enough to resolve the details. H. Saio, of the 

University of Tokyo, has suggested that perhaps the signals from GD358 are evenly spaced in period 

rather than frequency. As has been discussed here, the two types of spacing arise from different 

underlying causes and tell us quite different things about the star. P.W. Jones and one of us (CJH) have 

examined data kindly provided by Hill and find (unfortunately and paradoxically enough) that equal 

spacing in period or frequency are statistically equally likely. Sigh! 

Other stars that have been extensively observed show problems similar to the above. PG 1159 has 

been discussed previously (and will be brought up again in a different context) and K1-16 (a PNN) is 

another example. The latter, discovered by Grauer and Bond (1984), is a very complex pulsator whose 

pulsation spectrum has not been completely deciphered. Grauer informs us that the best that can be said 

for it is that bands of power are definitely present. Since K1-16 may be the hottest and fastest evolving of 

the WDVs, it is essential that we find out what's going on. At the other end of the temperature and 

evolution scale, much the same might be said for HL Tan 76 - -  which is the first discovered WDV 

(Landolt 1968)! 

Many of the WDVs show evidence for nonlinearities besides just high amplitudes and temporal 

changes in amplitude. A striking feature that is often present are signals whose frequencies are linear 

combinations of the frequencies other signals; i.e., if signals at f l ,  f2, and f3 are seen, then, for example, 

f3 might be equal to f l+f2 to the limits of resolution. At this level we might question what constitutes a 

normal mode for the star. GD358 may fall into this class. Jones and CJH, following a suggestion by Hill, 

have found that the second group of signals in the power spectrum from that star consist exclusively of 

linear combinations of signals in the first group. (This shows up clearly in long runs only.) Could it be 

that the star is excited to initially produce only the first group of modes but, through nonlinear coupling of 

undetermined origin, then goes on to produce all the rest of what is seen? If so, then simple linear 

seismological theory only tells part of the story. 

Other evidence of a striking nature for nonlinearities comes from (at least) four other WDVs. The 

best documented is from GD154 (a DAV; Robinson et al. 1978) and PG 1351+489 (a DBV; Winget et 

al. 1987, Hill 1986). At first glance, the power spectra from most runs of these two stars look 

straightforward. There is one strong peak at low frequency - -  call it fo - -  followed by a dribble of lower 

power peaks at higher frequencies. Closer examination, however, reveals the following: either the higher 

frequency peaks are exact harmonics of fo (2fo, 3fo, etc.), or they are very close to odd half-integer 

multiples of fo ( 3 fo ,  5 ~fo, etc.). The harmonics are probably due to the periodic, but nonsinusoidal, 
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shape of the light curve. The other signals are right out of a textbook on nonlinear dynamics. And, just so 

things don't look too simple, their exact frequencies are: 1.53f o, 2.53f o, etc., for GD154, and 1.47fo, 

2.47fo, etc., for PG 1351. In addition, apparently just for spite, the 1.53f o signal in GD154 occasionally 

is the strongest, and 1.47f o sometimes disappears in PG 1351. What gives? 

PG 1351 is perhaps the best studied of the DBVs - -  and, as was once thought, for good reason. 

Because of the stability of its main peak (at 489.5s), researchers at UT (Austin) and CU (Boulder) have 

attempted to detect a secular change in period of that peak. The data should be sufficient to have done this 

but the analysis has not yet yielded a consistent result - -  for unknown reasons - -  and we blame the star 

(or our imagination). Perhaps the nonlinear behavior introduces effects that defeat the analysis. Goupil et 

aL (1988), for example, have suggested that PG 1351 is on its way to chaos. We have examined some of 

their observational arguments for this conclusion and find that, while tentative, the suggestion has merit 

and deserves further study. 

Well, there you have it. The range of behavior of the WDV pulsations is large indeed, ranging 

from simple "linear" pulsators with pulsation spectra that are well described by linear theory to stars 

which undergo complex light variations that border on non-periodic. In all of these pulsators, however, 

the observed pulsation characteristics do show, to some degree, underlying regularity that can be 

attributed to linear normal mode pulsation. In the remainder of this paper, we will describe how these 

regularities allow us to determine structural and evolutionary properties of white dwarf stars. Clearly, we 

only understand the tip of the iceberg; in working from the fundamental behavior alone we are ignoring 

the rich complexity that one day will provide even more detailed information about the workings of the 

white dwarf stars. 

2. Physical Interpretation of White Dwarf Pulsation Spectra 

As introduced in the previous section, the fundamental nature of the variable white dwarfs is that 

they are nonradial g-mode pulsators. The periods are much longer than the radial pulsation periods one 

expects from white dwarfs (i.e. 1-10 seconds) and they are multi-periodic. These facts, taken together, 

are the sole evidence for g-mode pulsation. Parameters relevant to g-mode pulsation reflect the physical 

conditions of the host star in an averaged sense; it is this line of thought that leads us to the exploitation of 

the pulsations in seismological inquiry. These "solid" seismological results are rooted in simple linear 

adiabatic pulsation theory; other more tentative conclusions can be drawn from the actual existence of 

observable pulsations. Since the pulsation modes are self-excited, there must be some interesting physics 

happening to drive the pulsations. Using techniques for examining nonadiabatic pulsations that have been 

developed over the past 60 years in the study of those yellow and red variables, we can make additional 

claims about the interior conditions that must exist in these stars. 

(a) Mass and Composition from Period Spacings 

Normal modes for g-mode pulsation are, in limiting cases, equally spaced in period for successive 

values of k. In practice, the mode spacing is not uniform for realistic models of stratified white dwarfs. 
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In this case, subsurface zones of rapidly changing composition such as the hydrogen-helium interface can 

"trap" certain modes in the outer layers, so that they are not global modes in a true sense. As shown in 

Kawaler (1987), this trapping effect can, in DOV models, cause the spacing to vary from mode to mode 

by up to 25% for low order modes, with the deviation decreasing as k increases. At the observed periods 

of around 500s, the deviation is less than about 10%, or 2-3s, in the models. In the theorists dream case 

where each mode in a series were present, we could use the departures from uniform spacings to diagnose 

the compositional structure of the outer layers of WDVs. The mean spacing over several modes, 

however, is uniform even in these models. In real stars, where not all modes are present, the spacings 

look even more uniform than we have the right to expect based on the models! 

The period spacing for g-modes in DOVs is very insensitive to the internal composition or exact 

luminosity. In essence, for standard DOV models, the spacing is most sensitive to total stellar mass for 

two orders of magnitude in luminosity surrounding the observed DOV stars. Thus, the identification of 

period spacings in PG 1159 and PG 0122 (Hill, Winget and Nather 1987) have allowed their masses to 

be measured. In the near future, the resolution of the pulsation spectra of additional DOV star promises to 

give us a statistically significant (in the astronomer's sense: 5 objects is a respectable sample in this game) 

sample of white dwarf masses at the hot end of the cooling sequence. 

At the cooler temperatures relevant to the DAV and DBV stars, the period spacings are sensitive to 

the composition of the outer layers as well as to the mass and luminosity of the star. In the DOVs, the 

whole star contributes about equally to setting the pulsation periods; since white dwarfs differ chemically 

only in the outermost layers comprising less than 1% of the mass, the DOV period spacings are very 

insensitive to the precise composition of the outer layers. In cool white dwarfs, the mass motions for 

each normal mode are large only in the outer, non-degenerate regions. These additional dependencies 

could result in correspondingly large differences in the fundamental period spacings from star to star. 

However, the pulsation spectra of some DBVs and DAVs do show surprising systematics (G. Fontaine, 

private communication) that are currently under investigation. 

(b) Rotation Rate and Magnetic Field Strength from Frequency Splittings 

As mentioned above, another property of nonradial oscillations is that pulsation modes with the 

same I and k, but with different values of rn all have the same frequency in the absence of effects which 

remove spherical symmetry. Some processes which can lift this degeneracy include rotation and global 

magnetic fields. Slow rotation and weak magnetic fields both result in uniform frequency spacing of 

modes with successive m. By "slow" we mean that the rotation period is much longer than the pulsation 

periods (i.e. the rotational kinetic energy is smaller than the kinetic energy associated with the pulsation), 

and by "weak" we mean that the field doesn't affect the equilibrium structure of the star. As mentioned 

above, it is often difficult to unambiguously determine frequency spacing; even when successful, it is 

unclear whether rotational effects or magnetic fields are responsible for the splitting. In any case, this 

facet of seismological study has begun to yield measurements of rotation periods (i.e. 17.2 hours for 

G226-29) and magnetic field strengths (Jones et al. 1989) for a variety of white dwarfs. 
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(c) Evolutionary Time Scale from Rates of Period Change 

Since the normal modes of g-mode pulsation depend on the global properties of the star, as the 

star evolves the periods of the normal modes will change. As indicated in the first section, the pulsation 

periods of WDVs can be measured to extraordinary accuracy; thus we can hope to measure the change in 

these periods in a relatively short time. The time scale for white dwarf cooling increases quickly with 

decreasing temperature. The DOV stars cool on time scales of 106 years or less, while the DAVs cool a 

thousand times more slowly. Theoretical computations of the rate of period change for DOV models 

indicate expected period increases of about 10 -llss-1 (Kawaler, Hansen, and Winget 1985) for modes 

with periods of about 500s. Winget, Hansen and Van Horn (1983) show that cooling tends to increase 

WDV periods while contraction leads to period decrease with time. The models show a period increase; 

since they have already reached the constant-radius white dwarf cooling curve, their evolution is 

dominated by cooling effects. 

Using data spanning 5 years, Winget et al. (1985) measured a secular period change for the 

dominant mode of PG 1159 of the same magnitude as expected from theoretical models; however, they 

found the period to be decreasing with time. The negative [I indicates that contraction dominates cooling 

in the evolution of the pulsation properties of PG 1159. While it is possible that the luminosity of PG 

1159 is much higher than we think, and it is still approaching the white dwarf cooling track, the models 

say that it would then be difficult to match the magnitude of 1~I. Rotation may play a role here, though. If 

PG 1159 rotates (and why shouldn't it ... it has never been very obliging to us simple-minded theorists!) 

then conservation of angular momentum requires that it spin up as it contracts. Thus if the 516s mode has 

a non-zero value of rn, then its period will change in response to the spin-up. Computations of this effect 

indicate that it can account for the observations if the rotation period is fairly, but not unreasonably, 

short.., say a few hours. 

While rotation can explain the observed sign discrepancy between the simple models and the 

observations, it is possible that other factors (i.e. nonadiabatic effects, magnetic fields) are also at work. 

In particular, modes that are trapped near the surface by composition transition regions will be more 

sensitive to envelope conditions than the more global untrapped modes. The contraction of a hot white 

dwarf is really a surface effect. Since the degeneracy of the core is much higher than the envelope, it is 

already about as small as it is going to get. Modes with significant amplitude in the degenerate core will 

therefore be affected by cooling only. Those modes with small core amplitudes but large envelope 

amplitudes will be much more sensitive to changes in the envelope; and it is there where most of the 

radius change occurs. Thus trapped modes will show period decreases at cooler effective temperatures 

than the untrapped modes. The fact that trapped modes are also more easily excited suggests that the 516s 

mode of PG 1159 could be one of these modes; the observed secular decrease of its period supports this 

idea. Despite these possible complications, since the effects of cooling, contraction, and spin-up all occur 

on comparable time scales, we can say that the current agreement in the size of (I between PG 1159 and 

the models confirms the evolutionary status and input physics of models of PG 1159 stars. This means 

that we are able to calibrate the neutrino emission rates relevant to hot white dwarfs to about a factor of 

two, since plasmon neutrinos play an important role in the cooling of white dwarf interiors. 
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The expected rate of period change for DBV stars is about lO-13ss -1 (Kawaler et al. 1986a). Since 

DBV stars are much cooler than DOV stars, contraction is unimportant throughout the star. Thus the 

periods of DBV stars must increase with time if evolutionary effects are the only factor. Though smaller 

than the rI for DOVs, the quality of its measurement increases, as often sung by Ed Nather, "as time 

squared  goes by." However, as detailed in the first section, the best candidate for this measurement, PG 

1351, has thwarted attempts to obtain consistent results. The DAV white dwarfs cool on a time scale of a 

few billion years; Winget (1981) computes a rate of period change for these stars as about 2xlO-15ss -1, or 

only a factor of 5 smaller than the upper limit determined by Kepler et al. (1988) for G117-B15A. As 

Winget (1988) points out, this upper limit already has told us that the core composition of G117-B 15A 

cannot be heavier than oxygen; otherwise the models show that it would have a cooling rate, and thus a 

rate of period change, higher than the observed limit. In effect, the two star photometer has been used as 

a mass spectrometer in constraining the interior composition of G 117-B 15A. 

(d) Thermal Structure and Composition from Nonadiabatic Considerations 

The culprit responsible for driving the pulsations we see in DBV and DAV stars is the partial 

ionization zone in their outer layers. The cyclical ionization of the dominant species, when it occurs at the 

proper depth, can cause pulsational instability in modes with the observed periods. We will not go into 

further detail with respect to the driving in these cool white dwarfs here; we refer the reader to the reviews 

by Winget and Fontaine (1982), Winger (1988), and Starrfield (1987, and these proceedings) for further 

discussions. The important facet of all this is that resonances between the thickness of the surface layers 

of different composition and the nodal structure of the pulsation modes leads to an effective mode 

selection mechanism. That is, trapped modes are preferentially excited in the DAV and DBV stars. 

The success of the partial ionization mechanism in explaining the excitation of DAV and DBV 

pulsations led Starrfield, Cox, and their collaborators to suggest that the DOV stars are driven by the same 

process operating in carbon and/or oxygen (Starrfield et al. 1983, 1984, 1985). They find, using static 

C/O envelopes appropriate to PG 1159 and K1-16, that excitation of modes with the correct periods can 

occur. However, further work by Starrfield (1987) shows that the effect disappears when the helium 

content of the surface layers increases beyond only 20% or so. This helium "poisoning" suggest to them 

that not only are the DOV stars hydrogen deficient, but that they are helium deficient as well! 

Unfortunately, avoiding this helium poisoning problem removes one of the desirable features of 

the driving mechanism. Without composition gradients, there is no obvious way for the star to select only 

a few modes in which to pulsate. Indeed Starrfield et al. find that while modes with the correct period are 

unstable, many more modes are unstable in the models than are seen in the DOV stars. The possibility 

remains that nonlinear interactions, or the interaction between pulsation and convection, could select only 

a few modes.., but who knows? 

Another possible mechanism for driving the DOV pulsations is associated with nuclear burning. 

Currently, all standard evolutionary models of PNNs and hot white dwarfs have active nuclear burning 

shells. Sienkiewicz (1980), and Kawaler et  al. (1986b) show that nuclear burning drives low-k g-mode 
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pulsation in models appropriate to planetary nebula nuclei. In models with helium-rich surfaces, the 

unstable periods are a factor of 2-5 shorter than the periods observed in the pulsating PG 1159 stars. It is 

possible that nuclear burning is responsible for the observed pulsations, but only if some additional 

physics left out of Kawaler et  al. 's models is responsible for lengthening the observed periods. For 

example, the inclusion of mass loss in a self-consistent way into the structure of the the models and also 

into the stability analysis could provide a stabilizing influence. On the other hand, it could also lengthen 

the unstable periods to a degree where the pulsations of the DOV stars could be ascribed to modes driven 

by nuclear burning. 

Recently, one of us (SDK) has investigated the pulsation properties of hydrogen-burning PNN 

models, finding that they too are unstable to short period g-mode pulsation. In particular, if the standard 

PNN models are correct, the hottest PNN should be pulsating with periods of about 50 to 200s (Kawaler 

1988b). Extensive ground-based optical surveys of the best PNN candidates have been carried out by 

Hine (1988), and Hine and Nather (1987). Despite detection limits of order 0.5 mrnag, as compared with 

the observed amplitudes of several mmag seen in the DOV stars, Hine and Nather have found no such 

pulsators. It is possible that the observed stars are, in fact, pulsating, but the amplitudes in the optical are 

too small to have been detected. If this is the case, then time series X-ray photometry will provide a much 

more stringent test of the pulsational stability of these objects. 

A likely explanation for the important null result of Hine and Nather (1987) is that the standard 

PNN models used in the vibrational stability analysis are somehow in error. The precise structure of 

PNNs and PWDs depend sensitively on their prior evolutionary history. Models of PNNs based on this 

picture suggest that most PNNs have hydrogen-burning shells; this conclusion is based on the fact that 

models which burn hydrogen show the correct time scales of evolution across the H-R diagram 

(Schrnberner 1987, and references therein). Similar models which burn helium evolve too slowly across 

through the region of the H-R diagram populated by planetary nebulae. 

The null result of Hine and Nather (1987) indicates that current models which contain nuclear- 

burning shells are inadequate for detailed study of the pulsation and evolution of PNN and hot white 

dwarfs. For example, if nuclear burning were extinguished in a prior evolutionary stage, then the PNN 

would remain vibrationally stable. Models which do not contain burning shells but which evolve through 

the H-R diagram with acceptable time scales can, in principle, be constructed (D'Antona et  al. 1987). 

Models of PNN evolution that satisfy the observational constraint that they are pulsationally stable result 

in white dwarfs with thin surface hydrogen layers. Such hot white dwarfs would be formed with total 

hydrogen masses less than 10-5Mo. However, because the tail of the hydrogen distribution reaches deep 

into the interior, a small fraction of hydrogen remains even if a large amount of mass is lost from the 

surface. This scenario for PNN evolution satisfies the pulsation constraint, and results in very few hot 

hydrogen rich white dwarfs; the surface hydrogen mass fraction falls below 0.1 when mass loss has 

reduced the total amount of hydrogen remaining to below 10-6Mo. The appearance of a hydrogen-rich 

spectrum in hot white dwarfs would occur only after gravitational settling of heavy elements has floated 

sufficient hydrogen to the surface, by which time the white dwarf would have cooled to a lower 

temperature. It is perhaps significant that the luminosity function of hot hydrogen-rich white dwarfs 
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shows a sharp drop above 70,000K (Fleming, Liebert, and Green 1987). This temperature may provide 

a clue to total amount of hydrogen that remains at the surface of a cooling PNN. Clearly, the chemical 

evolution of white dwarf surfaces depends strongly on the initial thickness of the surface hydrogen layer 

(Fontaine and Wesemael 1987); the lack of observed pulsations in hot PNNs is an important clue to how 

much hydrogen hot white dwarfs have when they are born. 

3. Conclusions 

The frontier of stellar evolution represented by the white dwarfs is being pushed back thanks to 

observational mapping of the pulsation properties of the WDVs over the past 20 years; it is worthwhile to 

note that the most important tools in all this work have been modest 1-meter class telescopes. Using the 

observed pulsation spectra of the WDVs, pulsation theory has been able to determine some important 

quantities describing white dwarfs, such as rotation velocities and total masses. The evolutionary time 

scale for hot white dwarfs has been measured; it is just a matter of time before the more gradual changes 

in cooler white dwarfs are also detected. With a little additional work on both observational and 

theoretical sides, we may soon measure moderate magnetic fields in WDVs. We will also soon be able to 

quantitatively determine the compositional structure of their outer layers as modelling progresses. Even 

the lack of observed pulsations in the hottest white dwarfs is leading to re-evaluation of models of their 

structure. All of this success is rooted in the analysis of the basic pulsation spectra; the rich observed 

variations on this "linear" theme promise to provide additional detailed information on white dwarf 

structure and evolution. The WDVs are garden variety white dwarfs that have simply been caught in the 

act of pulsation; they are currently in one of the relatively brief phases of their evolution in which they are 

vibrationally unstable. By studying the properties of the pulsators, then, one is sampling the properties of 

all white dwarfs. 
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T H E  W H O L E  E A R T H  T E L E S C O P E  

R. Edward Nather  
The  University of Texas at  Aust in 

ABSTRACT 

The history of our galaxy and the detailed history of star  formation in the early universe is wri t ten 
in the  white dwarf stars. Recently we have learned how to reach benea th  thei r  exposed surfaces by 
observing white dwarfs tha t  are intrinsic variables. We use the stellar equivalent of seismology to 
probe their  interiors, and thus to unravel the  history they hold inside. We have designed and placed 
into operat ion an  observational technique tha t  uses the whole ear th  as a telescope platform, defeating 
the effects of daylight which, unt i l  now, had  seriously limited the length of a single light curve, and 
therefore the amount  of information we could hope to extract  from it. This  paper  describes our new 
telescope and  presents preliminary results from our first observing run  in March,  1988. 

TELESCOPE DESCRIPTION 

The Multi-Mirror telescope at the University of Arizona, and other  mult i -mirror  designs in various 
stages of development,  collect their  mirrors closely in space so they can cooperate to increase the 
brightness of thei r  optical images. Our new telescope, in contrast,  has its several mirrors distributed 
in longitude around the earth,  so they can cooperate in t ime ra ther  t han  in space, to increase the 
resolution ( ra ther  than  the  intensity) of the  spectra they obtain.  Ra ther  t han  the  tradit ional  spectra 
in wavelength, we obta in  spectra in frequency - -  power spectra or ampli tude spectra  - -  from the time- 
series da ta  recorded for a single object.  We study the regular changes in light level of close binaries 
and the intrinsic periodic oscillations of white dwarf stars. 

The resolution in frequency is determined primarily by the length of the light curve. We use existing 
telescopes equipped with high speed photometers  to obta in  light curves of our target  objects with as 
few gaps as possible: as the  object is sett ing for one observer it is rising for another  located farther 
west. The dis tr ibuted na ture  of our telescope allows it to remain in darkness as the ear th  turns on its 
axis, and thus to keep a single object under  continuous study for days, ra ther  t h a n  hours. 

Figure 1 shows the locations of the  different existing optical telescopes we used in March, 1988, 
for our first observing run  using this technique, and Figure 2 lists the  observers involved. The overall 
operation was coordinated in real t ime from our command post in Austin, Texas, using telex machines 
and long distance telephone calls for communication.  We operate the process as if we were operating 
a single telescope, so we have come to th ink  of it t ha t  way. It may not have the  largest l ight-gathering 

power  in the  world - -  it had  the  equivalent of a single 3.8m mirror on its first run  - -  but  it certainly has 
the largest telescope mount ing (hence its name).  And unlike some other  telescope designs, additional 
mirrors can be  added quite easily. 

In a curious way this is an  invisible telescope: it was there all the time, unnoticed,  and it disappears 
again in between scheduled operations. I t ' s  very hard  to run because adminis t ra t ive  overhead is large 
- -  planning and coordination of observations and  observing techniques, as well as da ta  reduction and 
analysis. Uniformity of ins t rumenta t ion  is difficult to arrange. The telescope is also difficult to fund 
because no single monument  exists tha t  can be named after a donor; almost all the cost lies in the 
ins t rumenta t ion  and  in operat ing expenses. But  its power to gather  scientific data  of unprecedented 
value makes it unlikely tha t  it will re turn  permanent ly  to its earlier, invisible state. 

FIRST LIGHT 

Figure 3 shows a graph of the  time-series photometr ic  coverge during our first operation of the 
Whole Ea r th  Telescope in March,  1988. Addit ional  spectroscopic coverage of the primary target, 
PG1346+082,  was obtained at the  the  M.M.T. telescope in Arizona, the 1.8m telescope in Sutherland, 
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Figure 1: The Whole Ea r th  Telescope. The observatories involved are denoted by the , .  

South Africa and the I.U.E. satellite in space. The s tar  rose about  three hours after twilight and the 
early part  of the run  had  more moonlight  than  was desirable, but  these disadvantages were more than 
offset by unprecedented luck with the  weather: most of the sites were photometr ic  most of the time. 
We give priority to targets which can be seen from observatories in ei ther  hemisphere,  bo th  to increase 
coverage and to minimize da ta  loss from atmospheric opacity (clouds). We are unlikely to be this lucky 
with the weather again and  do not require it, but  we will not complain if it happens.  

Our primary target  object,  PG1346+082,  was one we had  studied extensively from a single obser- 
vatory (Wood eL al. 1987) but  were not  satisfied we understood it. Our working model for the system 
describes it as a close pair of interact ing stars, bo th  of which are degenerate. Mass is being stripped 
from the less massive of the pair by Roche lobe overflow, forms an accretion disk around its orbital 
companion, and accretes in episodic fashion much like a dwarf nova. The material  is pure helium: 
hydrogen is notable by its total  absence. We believe we are seeing revealed the  inner  core of a star  that  
was once much more massive, burned  hydrogen to helium on the main sequence but  never init iated 
helium burning, and later  collapsed to form a helium-core white dwarf when hydrogen burning could no 
longer be  sustained. The  average ra te  of mass transfer in the system is set by the  effects of gravitational 
radiation, which removes orbital  momen tum and  forces the two objects to interact.  

The episodic nature  of the accretion process causes the system to vary from magnitude 17.2, when 
accretion flow is minimal, to magni tude  13 when it is at a maximum. It behaves much like a yo-yo 
(or a computer):  it 's sometimes up but  mostly down. We had  hoped it would stay near maximum 
brightness most of the time, because we were convinced our smallest telescope - -  the 0.6m on Mauna 
Kea in Hawaii - -  would be unable to gather  useful da ta  should the object stay near minimum. We were 
wrong. Our observer there got accurate offset measurements  from a bright  guide s tar  when PG1346 
was at magni tude 14, and  set on it "blind" for the subsequent nights of the run  when it was much 
fainter. To our as tonishment  the da ta  were quite usable, if somewhat noisy, a t r ibute  to the dark sky 
and excellent seeing tha t  permit ted  use of a very small isolating aperture.  

THE SPECTRAL W I N D O W  

If a s tar  exhibits a single, pure sine wave modulat ion in brightness,  then the Fourier t ransform of 
its light curve will show a single delta function at  its frequency of modulat ion - -  if we can watch it for 
an infinite amount  of time. We can' t ,  of course, so all real light curves have some finite length, and 
their Fourier transforms show a spike with some finite width for each periodicity present. The shorter 
the run, the poorer  is our ability to resolve two periodicities close together in frequency. 
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Figure 2: Part icipants  in XCOV-1. 
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I fa  long light curve is sampled - -  tha t  is, if it extends over several successive nights but  is interrupted 
by daylight - -  then each single periodicity present becomes a forest of spikes in the power spectrum, 
each one representing a difference of one oscillation cycle from its nearest  neighbor. We call this the 
"alias forest" and it is inevitable if da ta  are obtained only from a single observatory. We can easily 
calculate the pa t t e rn  of spikes we can expect for a single, noise-free sine wave by sampling it in just  the 
way our data  run  was sampled, and then obtaining the Fourier t ransform of this artifical data. The 
result is not a p re t ty  sight. 

OBSERVATIONAL RESULTS 

Figure 4 shows the product  of such an exercise for the McDonald data  on PG1346, sampled in 
just  the way the original da ta  were taken (Figure 3 shows the da ta  intervals and the dayt ime gaps 
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Figure 4: Power spectrum of a sine wave (Texas da ta  only). 

between them).  Each separate periodicity present in the da ta  will generate this ugly pat tern ,  centered 
on its own frequency, and piled on top of all the others. While we might  be able to identify two 
or three such pa t te rns  jumbled together, separating the  multiple periodicities generated by g-mode 
pulsations is hopeless, particularly in the presence of the inevitable noise of measurment .  Figure 5 
shows a small port ion of the  time-series spectrum of PG1346, obtained by using only the da ta  from the 
Texas observations. The  small arrow indicates a periodicity of 1471s, the n in th  largest of the group. 

Figure 6 shows the  spectral window for the complete da ta  set. Ideally, it should contain only a single 
spike, and it would were our coverage complete. The  flanking alias peaks arise because of a periodic gap 
in coverage at about  - 6 h  in longitude - -  we had  not yet established collaboration with astronomers 
in India. We now have, and hope to reduce this effect on our next run, planned for November 1988. 
While flanking peaks can arise if one or another  observatory is cloudy for par t  of the run, the most 
damaging gaps are those which appear  regularly throughout  the whole da ta  set. 

Figure 7 shows the same port ion of the time-series spectrum, this t ime using the combined data 
from all of the observing sites. Note tha t  the 1471s periodicity is now clearly the most prominent  and 
other periodicities - -  marked with arrows - -  can be identified from the simpler pa t te rns  they generate 
in the spectrum. The  large number  of periodicities which are clearly well above the noise level was 
a real surprise. Unmarked peaks arise from combinations of the flanking alias peak patterns,  so the 

112 



in terpre ta t ion is still a bit  tentative.  Wha t  is clear, though,  is tha t  far more than  three periods axe 
present in the  system in this narrow range of frequencies. 

Rotat ional  effects in a binary system can be invoked to explain observed periodicities, but  only a 
few of them. They might  arise as rota t ion of one or bo th  objects on their  own axes, if they present 
non-uniform surfaces to our view, or they might arise from the orbital  motion of the pair. Distortions 
from obscurat ion or o ther  effects can produce harmonics but  will not introduce new, incommensurate 
periods. The  large number  of observed peaks in this prel iminary da ta  suggest immediately tha t  we are 
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Figure 5: Power spectrum of PG1346+082 (Texas data  only). 
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Figure 7: Power spectrum of PG1346+082 (all sites) 

seeing g-mode pulsations from the surface of the more massive white dwarf. 
This conclusion is quite plausible. The surface temperature of the accreting object lies comfortably 

within the instability strip for white dwarfs with atmospheres of helium (the DBV stars), and PG1346 
spends most of its time in the low state, where light from a bright accretion disk would not drown out 
the modulation from g-mode oscillations. This wealth of oscillations was not seen by Wood et aI. in 
PG1346 during its high state. The "flickering" they reported at minimum will need to be re-examined, 
however: beating among many periodicities might mimic the flickering seen in mass transfer binaries. 
It's just possible that mass transfer shuts off completely when PG1346 is at minimum light. 

If this picture is correct, then PG1346+082 is the first known object to combine both g-mode 
pulsations in the accreting object and mass transfer from a degenerate donor - -  the two mechanisms 
we have identified that allow us to probe the internal structure of white dwarfs, and attempt to extract 
from them details about the early history of our galaxy, back when the universe was young. 

CONCLUSIONS 

Our results presented here are preliminary; a great deal more information can be extracted from 
the data in hand. We removed all of the slow excursions in brightness so we could better examine 
the rapid periodicities, and we have not examined all regions of the spectrum where signal power 
is evident. We have found that the harmonic structure is unexpectedly rich in detail (Provencal et 
aL, these proceedings) and may offer opportunities for exploring the structure of the (pure helium) 
accretion disk from modulations induced in it. 

The development of instruments or techniques that can reveal new things, or can measure known 
things in a new way, has historically been the path to astronomical discovery and new astrophysical 
insight. We believe the Whole Earth Telescope is such a development. 
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ABSTRACT 

We have investigated the effects of relaxing the normal assumption of frozen in convection 

on studies of radial instabilities in 0.6M o carbon-oxygen white dwarfs with either pure hydrogen 

layers overlying pure helium layers or 0.6M o carbon-oxygen white dwarfs with pure helium surface 

layers. In this paper we assume that convection can adjust to the pulsation at a rate determined 

by the time scale of a convective eddy. Using this assumption in our analysis stabilizes most of 

the modes in both the DA and DB radial instability strips. We also find that the blue edge of 

the DA radial instability strip, assuming frozen in convection, is between 12,000K and 13,000K. 

The blue edge for the DB radial instability strip (frozen in convection) is between 32,000K and 

33,000K. 

I. I N T R O D U C T I O N  

The first member of the ZZ Ceti class of nonradially pulsating white dwarfs, HL Tau 78, 
was discovered by Arlo Landolt in 1964. Since its periods and those of other members of the 

class, discovered later, were much longer than the radial pulsation periods of white dwarfs, it was 
proposed by both Chanmugam (1972) and Warner and Robinson (1972) that these stars were 

pulsating in nonradial g+ modes. 

However, the first discovery of an excitation mechanism in DA dwarfs was found for the radial 

modes of very short period (Cox, Hodson, and Starrfield 1980). In this case the driving was the 

normal ~; and "7 effects that are well known from studies of Cepheids and RR Lyrae variables. 

At that time we did not have a nonradial analysis code available to us and were unable to test 

our stellar models for nonradial instabilities. This problem was solved by Winger, Van Horn, and 

Hansen (1981) who used the Saio and Cox (1980) method to analyze both DA and DB dwarfs 

for instability and found that they were unstable in the same Te range that we had found radial 

instabilities. 
After that time much of the theoretical work on the DA and DB instability strips was done 

in order to understand the cause of the driving in the nonradial g+ modes which are observed in 

these stars (recent reviews can be found in Starrfield 1987; Winger 1988). 
Further work on the radial instability was done by Saio, Winget, and Robinson (1983), 

Starrfield et a1.(1983), and Cox et al.(1987; hereafter CSKP). In all cases they found that low 
order radial modes were unstable both in the DA and the DB nonradial instability strips. However, 

none of the observational studies of either these variables or stars close, in Te, to these variables 

found any sign of a radial instability (Robinson 1984; and references therein). 
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This is an important confrontation between theory and observations since the same white 

dwarf models are used both in the radial and nonradial studies and, in addition, the same radial 

analysis methods are used in studies of Cepheids and RR Lyr variables where they have proved to 

be very successful. Therefore, we have continued to search for a physical mechanism that could 

damp out the radial instability but would not completely stabilize the nonradial modes. 

II.  M E T H O D  OF A N A L Y S I S  A N D  I M P O R T A N C E  OF C O N V E C T I O N  

One such mechanism is the interaction between pulsation and convection. In our nonradial 

analyses of the DAV (ZZ Ceti) and DBV classes of variable stars (CSKP), we identified and 

described the importance of a new driving mechanism for stellar pulsations: convection blocking. 

This mechanism depends upon the fact that a surface convective region cannot react instanta- 

neously to a change in the energy flow from pulsation and when it carries most of the energy 

it can block the changing flow of radiation from below and drive pulsations analogous to the 

~-effect. This pulsation-convection interaction must be occurring since the pulsational motion 

of the zones changes the temperature gradient within the convective region so that the flow of 

energy (through the region) will vary in a very complex fashion. Time dependant convection 

(TDC) will actually drive pulsations if the period of pulsation is shorter than the convective eddy 

time scale. If the pulsation period is of the same order or longer than the convective eddy time 

scale, then convection should damp pulsations. 

In an attempt to simulate TDC, we have now added the method of Cox, Brownlee, and Eilers 

(1966; see also Cox and Giuli 1968) to the Los Alamos linear, nonadiabatic, analysis (LNA) code 

(CSKP). Their technique removes the assumption of frozen-in convection (the normal assumption 

in both the radial and nonradial studies of white dwarfs) but also assumes that convection cannot 

adjust instantaneously to a perturbation. There will be some lag in the adjustment which depends 

on the ratio of the convective eddy time scale to the pulsation period. They write the perturbation 

in the convective flux in terms of a constant part plus a time varying part which is assumed to 

exhibit sinusoidal variations. When this technique is included, it is found that if the pulsation 

period is much shorter than the convective eddy time scale (the mixing length divided by the 

convective velocity in the B6hm-Vitense 1958 theory), it becomes difficult for the convective 

region to adjust to the pulsation and the flow of energy allowed by convection lags the pulsation. 

In the most extreme case we again find convection blocking and the lag is sufficient to drive rather 

than damp the instability. Here, we are concerned mostly with a lag that is almost 90 degrees 

out of phase with the pulsation. Finally, we note that we cannot add the procedure as described 

by Cox, Brownlee, and Eilers (1966) directly into our nonradial analysis code because it is unable 

to specify the amount of horizontal energy flow. 

In the analysis reported in this paper we use the above LNA code with both TDC and 

non-TDC (NTDC). We have described this program and our models in some detail elsewhere 

(CSKP) and will not include that discussion here. We searched in Te from 9000K to 14,000K for 

the DA radial instability strip and from 24,000K to 35,000K for the DB radial instability strip. 

We use various values of 1/Hp and find that, as expected, our hottest blue edges require efficient 

convection (Fontaine, Tassoul, and Wesemael 1984). 

I I I .  R E S U L T S  A N D  D I S C U S S I O N  

Our principle result is that for most of the unstable modes found in studies with NTDC, the 

assumption of TDC stabilizes the modes. There are a few fundamental or very high order modes 
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Figure la .  This  is the work plot for the ninth overtone in a DA dwarf wi th  Te = 12,000K, 1/Hp 
= 2.5, and frozen-in convection (NTDC)  assumed. Peak driving occurs at the bot tom of the 

convective region which has a temperature of 33,000K. The period of this mode  is 1.43s and it is 

unstable.  

Figure lb .  This  is the work plot for the same model  in which t ime dependant convection (TDC) 

is assumed. All  of the driving has disappeared and this mode  is stable. Note  the difference in 

scales of the abscissae between the two plots. 

' o  db 24000 L lhp  3 . 0  nLdc . 
2O.O 

IO.O 

12.o 

8.0 

4.0 

0.0 

-4.0 -- 
O.O 

db  24000 L l h p  3 ,0  Lda . 

t.0 6.0 8.0 io.o 12,0 I%0 16.0 ib.o 
-I r~ql 1~o} 

% 

0.00 

-I .2S 

-2.50 

-3.75 

~ -5.1111 

6.25 

-7.5O 

- 8 . 7 ~  I 
O.O 2.U 2.0 t . 0  6.0 I~.O I0.0 

- L e q l l - q )  

/ 
12 O 14 U lu u I*~ u 

Figure 2a. This  is the work plot for the ninth overtone in a DB dwarf with  Te = 24,000K, 1/Hp 
= 3.0, and frozen-in convection (NTDC) assumed. The sharp spikes occur at tabular points and 

the work sums to zero. The period of this mode is 1.345, peak driving occurs at a depth where 

the temperature is 270,000K, and it is unstable. 

Figure 2b. The work plot for the same model  in which t ime dependant convection (TDC) is 

assumed. Again, note the difference in scales of the two abscissae. The masses of the zones 

increase inwards so that there is more damping than driving in this model  and it is stable. 
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where TDC causes an instability but this is because the deepest zone of the convective region has 

a large convective time scale. This driving may disappear when we include more zones. 
We found that  the analyses done with NTDC produced a DA radial instability strip that 

extended from below 9000K (we did not search any cooler in Te) to 12,000K. The models at 

13,000K and 14,000K were stable except for 3 very high order modes at 13,000 (TDC) that were 
probably driven by only one zone. The models with 1/Hp = 2.5 were, in general, more unstable 
than the models with smaller values of 1/hp. Figure 1 shows two work plots for the 9th overtone 

in a 12,000K model. The differences are obvious. 

For the DB instability strip, we found that  models with frozen in convection (NTDC) were 
unstable for Te's from 24,000 (we did not go cooler) to 32,000K (1/Hp = 3.0). Models hotter than 

this were stable. We were surprised to find that  the instability strip extends to this high an Te 

since the blue edge for the nonradial instability strip is at ~27,000K. Figure 2 shows two work 

plots for the 9th overtone in a 24,000K model and it is clear that  TDC has stabilized this mode. 

Some modes at 33,000K and 35,000K were unstable when we analyzed the envelopes assuming 

TDC. As in the DA's, they seemed to be driven by the deepest convective zone layers. 

We gratefully acknowledge discussions with W.D. Pesnell and E. M. Sion. S. Starrfield thanks 
G. Bell, S. Colgate, M. Henderson, and J. Norman for the hospitality of the Los Alamos National 
Laboratory and a generous allotment of computer time. This work was partially supported by 

NSF grant AST85-16173 to Arizona State University and by the DOE. 
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PG 1707+427 was identified in the Palomar-Green survey (Green 

Schmidt and Liebert, 1986) as an object with a significant ultraviolet 

excess. Observations by Bond and Grauer in 1982 showed it to be a 

pulsating variable (Bond, Grauer, Green and Liebert, 1984). Fourier 

transforms of the discovery time-series photometric runs revealed 

power in PG 1707+427's light curves in two bands with periods near 

450-s and 333-s. The longer period peak was observed to have a 

variable amplitude while the other one appeared relatively constant in 

strength. Wesemael, Green and Liebert (1985) placed PG 1707+427 in 

the spectroscopic class of PG 1159-035 (DOV) pulsating variables. 

McGraw, Starrfield, Liebert and Green (1979) found that PG 1159-035 

pulsates. It is the prototype of the DOV class of variable stars. 

These authors and others (Winget, Hansen and Van Horn, 1983) suggested 

that the internal structural evolution of such a star can be measured 

through careful observation of its pulsational periods. Winget, 

Kepler, Robinson, Nather and O'Donoghue (1985) have been able to 

measure an evolutionary rate of period change for PG 1159-035. 

In 1987 the authors began to gather time-series photometric data on 

PG 1707+427 to determine if any stable periods suitable for the 

measurement of dP/dt exist in its power spectrum. The 1.3-m telescope 

at Kitt Peak National Observatory and Steward Observatory's 1.5-m 

telescope on Mt. Bigelow and 1.5-m telescope on Mt. Lemmon were used. 

The two-star photometer of the University of Arkansas at Little Rock 

was used for all of the observations. An Apple II microcomputer 
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recorded the 1987 data. It was replaced in 1988 by an IBM PC clone 

type computer with an interface board designed by Chris Clemens 

(1988). PG 1707+427 and a nearby comparison star were observed 

simultaneously with two separate photomultipliers. No filters were 

used with the blue-sensitive (3200-6500 A) bialkali photocathodes to 

increase the count rates. The effective wavelength of the 

photomultiplier-tube-atmosphere combination is slightly bluer than 

Johnson B with a peak response occuring between 3700 and 4000 A. To 

date more than 114 hours of observations on 30 nights have been 

recorded. The purpose of this paper is to report on the preliminary 

results of this effort. 

A 3.l-h run on 23 May 1987 coupled with a 6.4-h time-series data 

set obtained on the following night revealed several important facts 

concerning PG 1707+427. The Fourier transform (Deeming, 1975) 

calculated from each night's data contained only two peaks with 

periods near 448-s and 335-s. The amplitude of the shorter period 

component was approximately the same on both nights while that of the 

longer period one was significantly different for these two data sets. 

When the transform of both nights data combined was calculated the 

main (448-s) peak appeared to be unresolved. However CLEAN (Roberts, 

Lehar and Dreher 1987) found this peak to have a 447.107-s and a 

449.026-s component whose beat period is 1.2 days. Future 

observations showed a remarkable similarity between this calculation 

and what is actually happening in PG 1707+427's light curves. 

Thirty time-series data sets were obtained for PG 1707+427 in May, 

June and October of 1987 and May and June of 1988. The Fourier 

transforms of every one of the individual nights show only two peaks 

near 448-s and 335-s. The amplitude of the 448-s period peak varies 

by more than a factor of three while that of the shorter period one is 

similar from night-to-night. For example, semi-amplitudes of the 448- 

s peak on 9 May and ii May of 1988 were 29.2 and 9.2 millimagnitudes 

respectively. 

The amplitude of the 448-s period peak was calculated for each of 

the nineteen nights obtained in May and June of 1988. For those data 

sets longer than 6-hr in duration, transforms of both the first and 

second half of the data set were also calculated. A total of 29 

Fourier transform amplitudes for the 448-s peak were fitted to a sine 

wave using a least squares technique. The beat period so obtained is 

1.30218-d. The same sine wave fits both the May and June 1988 data. 
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For the May 1988 data set, simple inspection of the multi-night 

transform and CLEAN show the main peak to have a 447.163-s and a 

448.942-s component whose beat period is 1.306-d. 

The light curves have been analyzed individually and in blocks of 

nights by using a non-linear least squares fit to a sine wave. The 

two components constituting the main peak in the power spectrum have 

been found to have phase coherence for over one year. These 

components have periods of 447.163854-s and 448.947344-s. It appears 

that it will be possible to have a sufficient time base to measure 

dP/dt for this star in the near future. 
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OBSERVATIONS OF COLD DEGENERATE STARS 

Maria Teresa Ruiz 1'2 Claudio Anguita I and Jose Maza 5 
Departamento de Astronomia, Universidad de Chile 

1 Abstract. 

Spectrophotometry, BVRI CCD photometry and CCD trigonometric paral- 

laxes of the southern DC stars vB3, ER8 and ESO 439-26 are presented. 

These stars should be considered among the lowest luminosity degener- 

ates known, with absolute visual magnitudes of 15.4, 16.2 and 17.2 res- 

pectively. 

2 Introduction. 

Recently the study of cold DC type white dwarfs has received consi- 

derable attention. These old stars can provide crucial information 

about the star formation history of the Galaxy, the age of the galactic 

disk (Winget et al. 1987) and also give observational constraints 

necessary to the formulation of cooling theories of white dwarfs. 

One of the controversial issues related to these very low luminosity 

degenerates is their number density, that is the trend of the White 

Dwarf's Luminosity Function at its faint end. There is also the ques- 

tion of their bolometric magnitudes, which provides information about 

sizes and masses of WDs. In both cases it is important to obtain 

their distances and apparent magnitudes with accuracy. 

Motivated by the importance of cold DC stars, we included a few of 

them in a CCD parallax program of faint southern nearby stars presently 

under way at our institution (Anguita and Ruiz, 1988). 

3 Observations. 

Good signal-to-noise spectrophotometry of vB3, ER8 and ESO439-26 was 

obtained in March 1988 at La Silla (ESO) using the 3.6m telescope and 

EFOSC (ESO Faint Objects Spectrograph andoCamera) witho the B300 grism 

covering the spectral range between 3800 A and 6900 A with about 20 A 

resolution. The spectra thus obtained are shown in Figures I, 2 and 3. 

I Visiting Astronomer, Cerro Tololo Interamerican Observatory (NOAO). 
2 Visiting Astronomer, La Silla Observatory (ESO). 
3 Visiting Astronomer, Las Campanas Observatory, (Carnegie). 
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TABLE 1 

vB3 ER8 ESO439- 26 

V 16.59  17.05 20 .34  

B-V +1 .20  +1 .40  +1 .3  

V-R +0 ,63  +0 ,73  +0.37 

R-I +0.57 +0.60 +0.44 

Parallax (") 0.0575+0.0031 0.0676+0.0033 0.0240-+0.0090 

Distance (pc) 17.4-+I 14.8+0.8 41 ,7+~ 

+.7 
M V 15.4+_0.1 16.2+_0.1 1 7 . 2 _ i  

( " / y e a r )  1.7015_+0.0063 2 . 1 8 1 2 + 0 . 0 0 2 0  0 . 3 9 7 2 2 0 . 0 1 4 0  

~a cos6  ( " / y e a r )  - 0 , 2 7 9 6  - 2 . 1 8 0 5  - 0 . 3 9 6 0  

~ ("/year) +1.6784 -0.0542 +0.0307 

v t (km/s) 140+_8 153+8 v~+45 
"~-25  

8.00E-16 

o< 

% 
c~E 4.00E+16 

o 

2.OOE-T6 

O 

I I I I ) I 

I I l I I I 
+mo <m+ sooo +sm +mo +soo 

LAMBDA (A) 

Figure I. Spectrum of vB3 taken 
with the ESO 3.6m telescope. The 
integration time was I hour. 

CCD photometry of vB3 has been 

published by Kunkel et al. 

(1984) their results together 

with our CCD photometry for ER8 

and ESO439-26 obtained in March 

1988 at Las Campanas Im teles- 

cope equipped with a TI chip, 

is summarized in Table I. 

The CCD parallaxes and proper 

motions obtained by Anguita and 

Ruiz (1988) using the CTIO 1.5m 

telescope and an RCA chip are 

also given in Table 3. 

Figure 4 is a finding chart 

for ESO439-26, its 1986.1 coor- 

dinates for the equinox 1950.0 

a r e :  ~=11 h 36 m 33~4 and 

5=-28 ° 35 '  39" T h i s  s t a r  was 

f o u n d  d u r i n g  a s e a r c h  f o r  f a i n t  

n e a r b y  s t a r s  (Ru iz  e t  a l .  1988) .  

3. R e s u l t s .  

The s p e c t r a  i n  F i g u r e s  1,  2 and 3 l o o k  v e r y  s i m i l a r  w i t h  a smooth  
o 

c o n t i n u u m  s h o w i n g  a b r o a d  s h a l l o w  a b s o r p t i o n  n e a r  6600 A, t h i s  f e a t u r e  
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Figure 2. Spectrum of ER8 taken with 
I hour of integration. 
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Figure 3. Spectrum of ESO439-26 taken 
with 3 hours of integration. 

was also observed in the DC star 

ESO439-163 (see Ruiz and Maza 

this volume). Other faint non 

DC stars observed during the 

same run did not show the broad 

shallow feature, suggesting that 

it might be real and not an ar- 

tifact of the observing or re- 

duction procedures. The identi- 

fication of the 6600 A feature 

with Ha is tempting; however a 

definite ID should await the 

fitting of an appropriate model 

atmosphere to the observed 

spectra. 

The CCD photometry given in 

Table I show that the spectral 

distribution of these cold de- 

generates differ from one 

another. It is clear that even 

when their B-V colors are si- 

milar (like ES0439-26 and ER8) 

their V-R and R-I colors are 

different and so are their bo- 

lometric corrections, which do 

not correspond to that of a 

black body at a given tempera- 

ture. The bolometric corrections 

for these stars are probably 

close to 0.0 (Liebert et al. 

1988), therefore an estimate of 

their luminosities can be ob- 

tained from the visual absolute 

magnitudes in Table I, taking 

BC=0.0. They turn out to be: 

L (vB3) = 5.5 * 10 -5 L 
® 

-S 
L (ER8) = 2.6 * 10 L 

® 

L (439-26) = 1.0 * ]0 -5 L ® 
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Figure 4. Finding chart for the star 
ESO439-20. 

The large differences observed 

in the luminosities are partly 

due to differences in their BC 

and partly the consequence of a 

different evolutionary history 

suggesting that isolated white 

dwarfs like ER8 and ESO439-26 

are more massive than those 

members of a binary like vB3, 

giving some weight to the bi- 

modal star formation hypothesis 

(Larson, 1986). 

This research received partial supw~rt from FONDECYT, grant #359/87- 

88. 
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TWO NEW FAINT COMMON PROPER MOTION PAIRS 

Maria Teresa Ruiz I and Jos~ Maza 2 
Departamento de Astronomia, Universidad de Chile 

1 Abstract 

Spectrophotometry of the common proper motion pairs ES0439-162/163 

and ESO440-SSa/SSb shows that the first is formed by an mv=18.8 mag- 

netic DQ white dwarf and an mv=19.8 DC9 white dwarf separated by 23". 

ESO440-55a/5Sb has an my=20.2 red dwarf (ST=MS.I) component and a BZ7 

white dwarf with mv=19.3, their angular separation being 5?4. The pro- 

per motion of the pairs is ~=0.38~0.03"/year and ~=0.22~0.04"/year 

respectively. 

2 @bservations 

As a result of a search program for faint nearby stars, done using 

glass copies of the ESO R Survey plates,(Ruiz et al, 1988) we have 

found several common proper motion pairs not previously catalogued. 

Figure I and 2 are finding charts for ESO439-162/163 and ESO44O-S5a/SSb. 

Spectrophotometry of the above pairs revealed that both contained WD 

components. The spectra were obtained at La Silla (ESO) in March 1988 

using the 5.6m telescope equipped with EFOSC (Faint Objects Spectrograph 

and Camera) and a CCD RCA detector. With a 2" slit the resolution was 
O 

about 20 A, the night was photometric with a seeing of I75. Three flux 

standards and He-Ar lamps were observed during the night for flux and 

wavelength calibrations. The spectrograph was rotated in order to 

obtain the spectra of both components of each pair at the same time. 

The spectra are shown in Figures 3a, 3b, 4a and 4b. Integration times 

were 3 hours for ESO439-162/163 and 2 hours in the case of ESO440-SSa/ 

SSb. 

CCD photometry for ESO439-162/163 was obtained in March 1988 at Las 

Campanas (Carnegie) with the Im telescope and a TI chip. The results 

are given in Table I, where B, V are in the Johnson system and R, I in 

the Kron-Cousins system. 

1 Visiting Astronomer, European Southern Observatory (La Silla). 
2 Visiting Astronomer, Las Campanas Observatory (Carnegie). 
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TABLE I 

CCD Photometry of ESO439-162/163 

V B-V V-R R-I 

ESO439-162 18.77 0.82 0.53 0.31 

ESO439- 163 19.84 I .14 0.80 0.13 

No CCD photometry is yet available for ESO440-55a/55b therefore the 

apparent magnitudes have been estimated from the spectra in Figures 4a 

and 4b. For gSO440-55a we get an apparent visual magnitude mv~19.3 and 

for ESO440 J3b and mv~20.2. 

Figure I. Finding chart for 
E50439-162/163. The 1986.] coor- 
dinates (equinox 1950.0) of ESO 
439-162 are; ~=11h27m24@0 and 
~=-31°06,19 -. 

Figure 2. Finding chart for ESO 
440-55a/55b. The 1979.2 coordinates 
(equinox 1950.0) of ESO440-5~a are: 
~=12n04m03~2 and 6=-31°20'30 

3 Results 

a)ESO439-162/163: This pair formed by a magnetic DQ white dwarf 

(439-162) and a cold DC white dwarf (439-163) has a proper motion 

~=0.38~0.03("/year) in the direction 3=233 °, the separation between 

the stars is 23". If we assume that the absolute visual magnitude of 

the cold DC star ESO439-163 is Mv%17 then its distance would be 35 pc, 

at such distance their separation would be 1.2xi016 cm. 

The star ESO439-162 has a remarkable spectrum showing broad absorp- 

tion troughs, similar only to those observed in LP790-29 whose spectral 

features have been identified by Liebert et al. (1978) as due to C 2 

Swan bands distorted by a strong o (B~108G)omagneti~ field. In ESO439-162 

the absorptions observed at 4590 A, 4992 A, 5411A and 5912 A correspond 
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Figure 3a. Spectrum of ESO439-162. 
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Figure 3b. Spectrum of ESO439-163 
taken with an integration time of 
3 hours. 

to those normally (B%0) at 

4700 ~, 5160 ~, 5585 ~ and 

6100 A respectively due to the 

Swan band of C 2. The observed 

displacement in wavelength of 

the absorptions are produced 

by a magnetic field B~I08G. 

The companion star ESO439-163, 

has a smooth spectrum typical 

of DC white dwarfs with a spec- 

tral distribution that can be 

fitted by a 4000K black body, 

while that of ES0439-162 corres- 

ponds (with some imagination) to 

a black body at 6300K. This 

difference in temperature and 

magnitude reflects a large 

difference in their cooling 

ages (of 109 years or more), 

which would suggest that the 

mass of the progenitor of 

ES0439-162 must have been sig- 

nificantly less than that of 

its cold DC companion, contra- 

dicting the idea that the pro- 

genitors of magnetic white 

dwarfs are Ap stars, which have 

masses > 2M e (Angel et al. 1981). 

b) ~S0440-55a/55b: This pair, 

formed by a DZ7 white dwarf and 

an M5.1 red dwarf, share a com- 

mon proper motion p=0.22±0.04 

("/year) in the direction @=273 ° . 

The components have an angular 

separation of 5'.'4. 

The absolute visual magni- 

tude of an M5.1 dwarf is M ~14.8 
V 

(Wing and Dean, 1983) which sug- 

ggests a distance to ~S0440-55b, 

given its m v % 20.2, of 120 pc. 
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Figures 4a and 4b, Spectra of ESO440- 
5Sa and ESO440-SSb respectively, 
taken with an integration time of 
2 hours. 

The star ESO440-5Sa has a 

DC type spectrum with lines of 

CalI (H and K), CaI (4227 A), 

Mgi (3839 k, s173 k + s184 ~) 
and FeI (4384 ~, 5270 A and 

5456 ~) no H or He lines are 

present, The spectrum can be 

fitted by a BB at T%7000 K, at 

a distance of 120 pc its abso- 

lute visual magnitude would be 

Mv%13.9. 

The mechanism most commonly 

invoked for the presence of 

metals in the atmospheres of 

DZ stars is that of accretion 

from interstellar clouds, how- 

ever in order to explain the 

peculiar abundances in their 

atmospheres a selective mecha- 

nism which inhibits the accre- 

tion of H has to exist, up to 

now all of those proposed work 

efficiently for T>11000~I000K 

(Liebert et al. 1987) and for 

DZ stars as cold as ESO440-S5a 

there is no satisfactory ex- 

planation for the presence of 

metals in their atmospheres. 

We would like to thank Dr. James Liebert for very helpful comments. 

This research received partial support from FONDECYT grant #359-87/88. 
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C l u s t e r  a n a l y s i s  o f  t h e  h o t  8 u b d w a r f s  in  t h e  P C  s u r v e y .  

by Peter Thejll 1, Darryl Charache, Harry L. Shipman 

Department of Physics and Astronomy, University of Delaware, 
Newark, DE 19716. 

I n t r o d u c t i o n  

The Palornar Green survey (Green et al., 1986) of faint blue, high galactic-latitude objects, turned up several 

interesting new classes of objects, such as gravitational lenses (Weyman et al., 1980), the ultra hot star H1504÷65 

(Nousek et al., 1986), and the PG 1159~035 variables (McGraw et al., 1979). The PG survey forms a mainstay in 

the investigations of late stages of stellar evolution. Work (Flemming et al, 1986) has already cast light on the 

important question of the space density jof DA~s and continuing work is seeking values for similar population 

parameters for the subdwaffs: Evolutionary links between the subdwacf stage and white dwarfs will thereby be 

illuminated. 

Astrophysics shares certain traits with botany and zoology - the collection and counting of different types of 

objects. The reason is straightforward; it is hoped that different types of stars represent different evolutionary 

stages or that the relative distribution over the classes of objects will give insight into evolutionary rates etc. In 

biology it has happened that nearly identical specimens from the same species were 'classified' as representing a 

new species - only to turn out to be the male or the female of the species. The same might happen in the 

astrophysical beastiary if too fine distinctions are made between objects - notably if the distinctions are based on 

data of low quality. 

I f  the subdivisions are objectively defined and if the data is of such a quality that the categories are significantly 

different from each other then one may be able to use the characteristics of these classes to study evolution. The 

key is to choose objective criteria for subdividing the spectra. No matter how important the chosen criteria for 

subdivision are, nothing will be learned if the data is of such low quality that the groupings are sensitive to noise in 

the data. Cluster analysis, carried out properly, offers the means for such a robust subdivision. 

Using cluster analysis 

Cluster analysis consists of certain arithmetic steps carried out on numerical data. The clusters are found as 

algorithms look for similarity between data points based on a 'distance' between the objects. The rules for 

calculating the distance and the rules for deciding on the degree of similarity are chosen from a large set of possible 

methods. One problem with using cluster analysis is that the results can depend on the method used. The best 

1This resecLrch was supported by the Danish Research Academy~ grant no. 880070, the NSF grants AST-8720, AST-8515747 and 
NASA grant NAG 5-972. 
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choice is one that gives results that are similar to those of other methods. You should not choose a method that 

gives results different from most other methods - the information would be artefacts of the method and not 

consequences of the data. 

There is furthermore the question of how many clusters to subdivide the data into. Most clustering programs will 

give a dendrogram, or a tree, showing the interrelations of the data points. On a dendrogram (Figure I) you can see 

how closely related any two classes are by how far up the tree they are joined by a horizontal branch - the higher, 

the less related are the two groups. At one end of the tree all objects fall into two groups and at the other end they 

fall into individual groups with one member in each. Where should one 'cut' the dendrogram? If the data was noise 

free one could choose the cut anywhere one wished purely from considerations of the ultimate needs of the user; 

any degree of smoothing or enhancement of details could be furnished. When the data is noisy, however, it becomes 

meaningless to cut the tree at a level so low that, given typical noise, many of the objects might as well be in other 

clusters. Usually the user wants as much detail as possible so the cutoff point is defined by the level at which noise 

does not significantly alter the memberships of the clusters. 

The D a t a  

We used values for the equivalent widths of the lines H at 4340 A, HeI at 4387 A, HeI at 4471 A, HeII at 4542 A, 

HeII at 4686 A and HeI at 4713 A. These values were obtained from spectra taken of the suhdwaffs with the 90 

inch telescope at Kitt  Peak by Dr. Richard Green (Kitt Peak) and Dr. James Liebert (Steward Observatory) 

during several years. Between the spectra quality varies: The best are few and have very little noise, there are 

about as many of low quality with barely visible lines while the majority have medium quality and often allow the 

determination of the weakest lines' equivalent width to within 50% or so. The equivalent widths were obtained 

partly at Kitt Peak and at Steward Observatory using software that  did the calculations from files of the spectra on 

I 

Figure I: A dendrograra of the average equivalent widths of the Hydrogen, Helium I and Helium II lines in the 
spectra of 106 hot, helium rich spectra. If the tree is cut  at the level shown 5 groups appear. This is the 
lowest level at which the tree can be cut, given the typical noise in the data. The tree should not be 
cut  lower so tha t  group II breaks into two classes. The dendrogram was produced using l~uclldean 
distances between the da ta  points and clustered by Wards method. 
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magnetic tapes and partly at University of Delaware, using a hand digitizer and photocopies of plots of the spectra. 

Although distortions are introduced by this procedure the errors are in no cases as large as the noise inherent to the 

observational data. 

The spectra we have form a subset of the complete survey of subdwarfs in the PG catalog. Some of the spectra 

were clearly from high gravity objects with line widths of a hundred Angstroms, some were of medium gravity and 

some were from objects originally classified as white dwarfs in the PG survey before higher quality spectra were 

obtained. We choose to apply cluster analysis to all Helium rich objects of medium gravity. This is 106 stars out of 

121. Liebert and Green have taken pains to obtain spectra of good quality from as many of the 'adO-like' stars in 

the PG survey as possible; there should be no selection effects in the subset we have. There are about 220 sdO's in 

the PG catalog: Applying a correction for the white dwarfs reclassified as sdO's, we see that our subset of 106 sd's is 

about 50% of all the subdwarfs in the volume of stars surveyed. As has been pointed out (Green et al., 1986) the 

survey is complete for subdwarfs - the observed cone stretches outside the galaxy and has not missed any 

subdwarfs. 

It became clear that we should average all lines from similar ionic species to avoid dominance of line types that 

appear often - like HeI lines. Therefore we averaged all Hydrogen lines, all HeI lines and all HeII lines and used 

these averages for the cluster analysis. 

T h e  R e s u l t s  

We applied cluster analysis, using the CLUSTAN program (Wishart, 1982), to the above data. Distances were 

calculated using the Euclidean formula and clustering was done by Wards method. Based on our experience with 

the methods available in CLUSTAN we feel confident in stating that, given spectra of the available quality, the 

following 5 groups represent natural divisions of the subdwarf stars in the PG survey. 

GROUP 
I 
II 
III 
IV 
V 

ABUNDANCE FEATURES 
(26%) H>HeI and Hell. H = 5 +/- 1 A, HeI and HeII = 1 +/- 1A. 
(36 %) HeII=3+/-1A, H : 2 + / - 1 A ,  H e I : I + / - 1 A .  
(22 %) H : 3 +/- 1 A, HeII: 1 +/- 1 A, HeI nearly absent. 
(10 %) HeI > > H and Hell. HeI = 4 ÷/- 1 A~ H and HeII nearly absent. 
(7%) H >> HeI > Hell. H : 9 +/- 1 A, HeI : 2 +/- 1 A, HeII nearly absent. 

Here H represents the average of visible Balmer lines, often the ]9,S lines and always the "7 line. HeI is the average of 

4387 and 4471 and sometimes 4026 and 4713. HeII is the average of 4686 and 4542. The given deviations are ÷ / -  1 

standard deviation of the mean and do not define upper and lower limits. 

We used our scheme to classify sdO's for which NLTE analysis has been published (Hunger et al., 1981) and 

found preliminary group characteristics for groups I and I~  Group I has Teff ~ 38 000K ÷ / -  1500K, log(g) ~ 5.9 

+ / -  0.5 and composition y ~ 0.1 + / -  0.05. Group H h a s  Teff~ 48 000K + / -  5000K, log(g) ~ 5.6 t / -  0.5 and y 

0.4 +/- 0.15. 

D i s c u s s i o n  

The above groups only coincide with the PG classes to some extent. Notably group V is like the sdOA's and group 

I V  is like the sdOD's. The stars in these two groups have spectra that all are very similar. The stars in the three 
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other groups all show evidence of temperature differences. Group I is dominated by Hydrogen lines but shows a 

sequence of additional He lines: HeII only~ HeH÷HeI and HeI only. Since the H lines are similar between these 

three subgroups composition must be fairly constant and Teff varies. Groups H and ~ show the same pattern. 

Figure 2: 
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EFFECTIVE TEbiPERATURE 

Td~ vs. Helium abundance for the five clusters found in the cluster analysis of the subdwarfs. Groups 

IV  and V are well defined while groups I~H and HI  show a range of temperatures at roughly constant 
composition. 
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AN UNSUCCESSFUL SEARCH FOR WHITE DWARF COMPANIONS 

TO NEARBY MAIN SEQUENCE STARS 

Harry L. Shipman and Jeanne Geczi 
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Newark, Delaware 19716 

ABSTRACT 

Many o f  t h e  n e a r e s t  w h i t e  dwarf  s t a r s  ( e . g . ,  S i r i u s  B and Procyon B) a r e  i n  

s uch  b i n a r i e s  and would have  remained  u n d i s c o v e r e d  i f  t h e y  were even a l i t t l e  b i t  

f u r t h e r  away. White  dwarfs  which a r e  s u f f i c i e n t l y  ho t  ( T ( e f f )  > 10,000 K) would,  

i f  p r e s e n t  in  b i n a r y  s y s t e m s  w i t h  a r e l a t i v e l y  cool  (F, 6, K, o r  M) m a i n - s e q u e n c e  

s e c o n d a r y ,  be v i s i b l e  in  IUE images  a s  a ho t  companion t o  t h e  main s e que nc e  s t a r .  

We s y s t e m a t i c a l l y  examined 318 IUE images  o f  280 d i f f e r e n t  G, K, and M s t a r s  which 

had been o b s e r v e d  f o r  o t h e r  p u r p o s e s .  No p r e v i o u s l y  u n d i s c o v e r e d  w h i t e  dwarf  

s t a r s  were found.  

U n d e r s t a n d i n g  t h e  e v o l u t i o n  o f  t h e  s t e l l a r  p o p u l a t i o n  o f  t h e  Milky Way Galaxy  

r e q u i r e s  t h a t  we have  a r e a s o n a b l y  good knowledge o f  t h e  spa c e  d e n s i t y  o f  i t s  

s t e l l a r  c o n s t i t u e n t s .  However, c u r s o r y  e x a m i n a t i o n  o f  t h e  s t a r s  w i t h i n  a few 

p a r s e c s  i n d i c a t e s  t h a t  t h e r e  i s  a p o t e n t i a l ,  ma jor  u n c e r t a i n t y  in  t h a t  we do no t  

know how many w h i t e  dwarf  s t a r s  remain  u n d i s c o v e r e d  b e c a u s e  t h e y  a r e  b i n a r y  

companions to  main s equence  s t a r s  and would be h idden  in  t h e  same way t h a t  S i r i u s  

B and Procyon B would be even i f  t h e y  were a t  m o d e s t l y  g r e a t e r  d i s t a n c e s .  To be 

more s p e c i f i c ,  t h e  f o u r  wh i t e  dwarf  s t a r s  w i t h i n  f i v e  p a r s e c s  o f  t he  sun  a r e  

S i r i u s  B (d=2.7 p a r s e c s ) ,  Procyon B ( 3 . 5 ) ,  van Maanen 2 ( 4 . 2 ) ,  and 40 Er i  B 

( 4 . 9 ) .  The n e a r e s t  two o f  t h e s e  o b j e c t s  ( S i r i u s  B and Procyon B) would 

u n d o u b t e d l y  be m i s s e d  by a p h o t o m e t r i c  o r  p r o p e r - m o t i o n  s u r v e y  r e l y i n g  on 

wide-field images like Schmidt plates. It is these surveys which discover most 

white dwarfs and which are the basis for statistical arguments. Even 40 Eri B, ] 

arc min from 40 Eri A, might well be overlooked in such a survey were it 50 pc 

away rather than 5. The potential presence of such white dwarf companions to main 

sequence stars was illustrated clearly when a CCD search for brown dwarf 

companions to nearby stars accidentally uncovered a previously unknown white dwarf 
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c o m p o n e n t  i n  a b i n a r y  s y s t e m  ( S k r u t s k i e ,  F o r r e s t ,  a n d  S h u r e  1985 ) .  

An e a s y  way t o  s e a r c h  f o r  b i n a r y  w h i t e  d w a r f s  i s  t o  r e s t r i c t  o n e ' s  a t t e n t i o n  

t o  t h o s e  w h i c h  a r e  h o t  e n o u g h  t o  show a c o n t i n u u m  i n  t h e  IUE s p e c t r a l  r e g i o n .  I n  

f a c t ,  s e v e r a l  s u c h  c o m p a n i o n s  h a v e  b e e n  d i s c o v e r e d  ( B o h m - V i t e n s e  1980,  S c h i n d l e r  

e t  a l  1982,  S t e n c e l  e t  a l .  1984) t h o u g h  i n  a few c a s e s  t h e  r e a l i t y  o f  t h e  

c o m p a n i o n  i s  i n  d i s p u t e  ( I m h o f f  1 9 8 5 ) .  S i n c e  we d i d  n o t  d i s c o v e r  a n y  u n d i s c o v e r e d  

c o m p a n i o n s  we d o n ' t  n e e d  t o  w o r r y  a b o u t  w h e t h e r  some o f  o u r  d i s c o v e r i e s  a r e  

s c a t t e r e d  l i g h t  m a s q u e r a d i n g  a s  an  u l t r a v i o l e t  c o n t i n u u m .  

B a s e d  i n  t h e  IUE o b s e r v i n g  l o g ,  we s e l e c t e d  a number  o f  s p e c t r a  o f  G, K, and  

M - t y p e  m a i n  s e q u e n c e  s t a r s  w h i c h  w e r e  s u f f i c i e n t l y  w e l l  e x p o s e d  ( e x p o s u r e  t i m e  > 

15 min)  s o  t h a t  a w h i t e  d w a r f  w i t h  T ( e f f )  > 1 0 , 0 0 0  K wou ld  i n  f a c t  be  v i s i b l e .  

E x a m i n a t i o n  c o n s i s t e d  o f  v i s u a l  i n s p e c t i o n  o f  t h e  p h o t o w r i t e s .  T e s t s  i n d i c a t e d  

t h a t  v i s u a l  i n s p e c t i o n  i s  s u f f i c i e n t  t o  d e t e c t  a c o n t i n u u m  a t  DN = 20 o r  s o ,  

d e p e n d i n g  on t h e  q u a l i t y  o f  t h e  i m a g e .  

We d i d  n o t  d i s c o v e r  a n y  new w h i t e  d w a r f  s t a r s .  We e x a m i n e d  108 G s t a r s ,  118 K 

s t a r s ,  and  54 M s t a r s .  For  t h e  G s t a r s ,  we e x a m i n e d  SWP i m a g e s  o n l y  s i n c e  a 

s i g n i f i c a n t  c o n t i n u u m  i s  p r e s e n t  i n  t h e  LWP s p e c t r a l  r e g i o n .  For  t h e  K and  M 

s t a r s  we e x a m i n e d  b o t h  SWP a n d  LWP i m a g e s ,  i f  t h e y  were  a v a i l a b l e .  A t o t a l  o f  318 

IUE i m a g e s  we re  e x a m i n e d .  

We d i d  f i n d  two c a s e s  i n  w h i c h  an  u l t r a v i o l e t  c o n t i n u u m  was p r e s e n t ,  b u t  i n  

b o t h  c a s e s  t h e  e x p l a n a t i o n s  were  s t r a i g h t f o r w a r d .  As i t  t u r n e d  o u t ,  t h e  w e l l - k n o w n  

i n t e r a c t i n g  b i n a r y  V 4 7 1 T a u r i  was n o t  d e l e c t e d  f rom t h e  l i s t  o f  s t a r s  t o  be  

s e a r c h e d  b e f o r e  t h e  s e a r c h  was u n d e r t a k e n .  The h o t  w h i t e  d w a r f  c o m p a n i o n  i n  t h i s  

c l o s e  b i n a r y  s y s t e m  was ,  i n  f a c t ,  r e c o g n i z e d .  A n o t h e r  " f a l s e  a l a r m "  was W a l k e r  92 

(SWP 11044)  a p r e - m a i n  s e q u e n c e  s t a r  i n  t h e  open  c l u s t e r  NGC 2264 i n v e s t i g a t e d  by  

Simon,  C a s h ,  and  Snow ( 1 9 8 5 ) .  We e x a m i n e d  t h i s  s t a r  on t h e  P a l o m a r  Sky S u r v e y  a n d  

f o u n d  t h a t  t h e  s t a r  i s  s u p e r p o s e d  on an  H I I  r e g i o n .  We t h u s  c o n f i r m  Simon,  C a s h ,  

and  S n o w ' s  c o n c u l s i o n  t h a t  t h e  u l t r a v i o l e t  c o n t i n u u m  comes f r o m  n e b u l a r  e m i s s i o n .  

We a n a l y z e d  a number  o f  t e s t  c a s e s  t o  d e t e r m i n e  j u s t  how h o t  a w h i t e  d w a r f  wou ld  

h a v e  t o  be  i n  o r d e r  t o  b e  d e t e c t a b l e  b y  o u r  s e a r c h  t e c h n i q u e .  We a s s u m e d  t h a t  a 

white dwarf would have a typical radius of 0.012 solar radii, estimated the 

distance to the target by whatever information was available, and used unpublished 

models by Shipman to determine the minimum temperature of a detectable white dwarf 

star. Temperatures of 9,000 to I0,000 K were typical; for the remainer of this 

paper a white dwarf with T(eff) > I0,000 K is called a "hot" white dwarf. 

The minimum temperature of white dwarfs detectable in our search is 

fortuitously close to the minimum temperature of white dwarfs detectable in the 

Palomar-Green survey for high latitude blue objects (Fleming, Liebert, and Green, 

1986, hereafter FLG). As a result, the cleanest way of determining what our 

negative result means is to compare our results with FLG. Counting statistics 
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dictate that if we found zero stars, a 3 sigma upper limit to the average number 

of hot white dwarf companions in a similar sized sample of G,K, and M stars is 5. 

Thus the space density of hot white dwarf companions to G,K, and M stars is 

constrained to be (a 3 sigma upper limit) 

ncomp < ( 5 / 2 8 0 )  nGXM l / r a p e r  (1)  

w h e r e  nG,~ i s  t h e  s p a c e  d e n s i t y  o f  G, K, and  M s t a r s  o f  s p e c t r a l  t y p e s  s i m i l a r  t o  

t h o s e  i n  o u r  s a m p l e  and  t a p e r  i s  t h e  f r a c t i o n  o f  t h e  t o t a l  number  o f  b i n a r y  

c o m p a n i o n s  w h i c h  f a l l  w i t h i n  t h e  IUE a p e r t u r e .  

E v a l u a t i n g  t h e  r i g h t  h a n d  s i d e  o f  (1)  i s  r e a s o n a b l y  s t r a i g h t f o r w a r d .  We 

a d o p t  nGzM = 0 . 1 0 3  s t a r s  pc  -3  f r o m  W i e l e n ' s  l u m i n o s i t y  f u n c t i o n  ( P h i l i p  a n d  

Upgren  1 9 8 3 ) .  The e v a l u a t i o n  o f  r a p e r  i s  a b i t  more  i n d i r e c t  b u t  u n d e r  t h e  

c i r c u m s t a n c e s  i t s  u n c e r t a i n t y  i s  i m m a t e r i a l  t o  o u r  r e s u l t s .  Mos t  o f  t h e  s t a r s  i n  

o u r  s a m p l e  a r e  r e a s o n a b l y  b r i g h t ,  n e a r  6 t h  m a g n i t u d e ,  and  a r e  a p p r o x i m a t e l y  10 pc  

away.  The IUE l a r g e  a p e r t u r e  a t  a d i s t a n c e  o f  10 pc  i s  10 AU x 20 AU, s o  we c o u l d  

d e t e c t  a l l  w h i t e  d w a r f s  w i t h i n  150 AU o f  t h e  p r i m a r y .  A l t h o u g h  we do n o t  know t h e  

d i s t r i b u t i o n  o f  t h e  s e m i m a j o r  a x e s  o f  w h i t e  d w a r f s  i n  b i n a r y  s y s t e m s ,  t h e r e  i s  

r e a s o n  t o  b e l i e v e  t h a t  ma i n  s e q u e n c e - w h i t e  d w a r f  p a i r s  s h o u l d  h a v e  s e p a r a t i o n s  

w h i c h  e x c e e d  t h e i r  i n i t i a l  s e p a r a t i o n  by  a r a t i o  N m s / ~ d  (Sh ipman ,  MacDonald ,  and  

S i o n  1988 ) ,  and  s o  we a r e  c a t c h i n g  a l l  w h i t e  d w a r f  c o m p a n i o n s  w h i c h  i n i t i a l l y  h a d  

s e m i m a j o r  a x e s  < 100 AU. B a s e d  on c u r r e n t  s t a t i s t i c s  o f  b i n a r y  s e p a r a t i o n s  ( e . g . ,  

G r e e n s t e i n  1 9 8 6 a , b ) ,  o u r  s e a r c h  s t r a t e g y  i s  s e n s i t i v e  t o  t h e  v a s t  m a j o r i t y  o f  

c o n c e i v a b l e  c o m p a n i o n s ,  a s  was e x p e c t e d  b e f o r e  t h e  s e a r c h  was u n d e r t a k e n .  

I n s p e c t i o n  o f  t h e  f i g u r e s  i n  G r e e n s t e i n ' s  p a p e r  s u g g e s t s  t h a t  

0 .8  ( r ape r  < 0 .95 .  

The n u m b e r s  worked  o u t  i n  t h e  p r e v i o u s  p a r a g r a p h  s u g g e s t ,  u s i n g  a 

c o n s e r v a t i v e  v a l u e  o f  t a p e r  = 0 . 8 ,  t h a t  a 3 s i g m a  u p p e r  l i m i t  t o  t h e  s p a c e  d e n s i t y  

o f  h o t  w h i t e  d w a r f  c o m p a n i o n s  t o  m a i n  s e q u e n c e  s t a r s  i s  

ncomp < 2 . 2  X 10 -3 s t a r s  pc  - 3 .  (2)  

When t h i s  p r o j e c t  was d e s i g n e d ,  t h e  a c c e p t e d  v a l u e  o f  t h e  s p a c e  d e n s i t y  o f  w h i t e  

d w a r f s  was t h e  h i g h e r  v a l u e  o f  Green  ( 1 9 8 0 ) ,  a b o u t  t w i c e  t h e  v a l u e  i n  FLG o f  0 . 6  

s t a r s  pc  -3  ( t h i s  number  a l l o w s  f o r  b o t h  DA and  non-DA s t a r s ,  a s s u m i n g  a r a t i o  o f  

DA/non-DA o f  4 : 1 ) .  B e c a u s e  o f  t h i s  r e v i s i o n  i n  t h e  s p a c e  d e n s i t y  o f  w h i t e  d w a r f s ,  

t h e  r e s u l t s  o f  o u r  s u r v e y  a r e  l e s s  m e a n i n g f u l  t h a n  t h e y  m i g h t  be ;  a l l  we c a n  s a y  

i s  t h a t  t h e  d e n s i t y  o f  u n d i s c o v e r e d  w h i t e  d w a r f s  i n  b i n a r i e s  i s  l e s s  t h a n  3 . 5  

t i m e s  t h e  d e n s i t y  o f  s i n g l e  w h i t e  d w a r f s .  The u p p e r  l i m i t  i s  i n v e r s e l y  

p r o p o r t i o n a l  t o  t h e  number  o f  s t a r s  e x a m i n e d ,  and  a s e a r c h  w i t h  a b o u t  4 t i m e s  t h e  
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scope  which  we pe r fo rmed  cou ld  d i s c o v e r  or  r u l e  ou t  t h e  p r o p o s i t i o n  t h a t  t h e  

number o f  u n d i s c o v e r e d  w h i t e  dwarfs  in  b i n a r i e s  e q u a l s  t h e  number o f  s i n g l e  w h i t e  

dwar f s .  

Based on a t o t a l  mass d e n s i t y  i n  s i n g l e  w h i t e  dwarfs  o f  5 . 7  X 10 -3 s o l a r  

masses pc -3 (FLG), we can use our results to demonstrate that the total space 

density of white dwarf stars, including those which are binary co~rpanions of main 

sequence stars, is less than 3.5 times the density in single white dwarfs, or less 

than 0.025 solar masses pc -3. While this is not a very tight upper limit, it 

confirms results cited by earlier authors (Liebert, Dahn, and Sion 1983) that 

white dwarfs cannot be sought as  a possible constituent of the missing mass in the 

galactic disk, if the missing mass exists. 

We thank the National Science Foundation (grant AST 87-20530) and NASA (NAG 

5-972) for financial support. This research was conducted under the auspices of 

the Science and Engineering Scholars Program of the University of Delaware Honors 

Program. 
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THE B O L O G N A / E S O  SEARCH FOR DOUBLE D E G E N E R A T E S  

Angela Bragaglia, Laura Greggio, and Alvio Renzini 
Dipartlmento di Astronomia, Universlt£ di Bologna, CP 596, 1-40100 Bologna 

and 
Sandro D'Odorico 

European Southern Observatory, D-8046 Garching b. M~nchen 

In 1984 a program has been set up for a systematic search of double degenerates (DD) among 
spectroscopically confirmed white dwarfs. For each WD at least two CCD spectra are obtained, 
which are then cross-correlated in order to get a radial velocity difference, if any. For this purpose 
we have used the ESO Faint Object Spectrograph and Camera (EFOSC) attached at the ESO 3.6m 
telescope. Exposure times are typically in the range 5-15 rain, and the typical error in the radial 
velocity difference (Avr) is ~ 20 km s -1. 

Until now we had two observing runs, respectively in September 1985 and January 1988, for a 
total of 5 usable nights. For 20 WDs we have obtained more than one spectrum. Among them we 
have singled out two DD candidates. The first object (WD0957-666) has shown Av, values up to 

220 km s -1 and three other spectra were kindly taken for us in April 1988 by Stefano Cristiani. 
These also showed Art 's  up to .- 140 km s -1. Another object (WD0954-710) exhibits a Avr 
70 km s -1. The two DD candidates will be observed again in the next observing run in order to 
confirm their binarity and in case determine the periods. 

Two other objects turned out to be WD+red dwarf pairs whose binary nature was already 
known from multicolor photometry. One of them (WD0034-211) shows an emission core in all 
the Balmer lines. For the other (WD0419-487) we have been able to obtain the Avr's separately 
for the WD and the RD components. From them, and from the spectroscopic mass of the WD 
(0.29M®) we then estimate the RD to be ~ 0.15M O. Subject to the decision of the time allocation 
committee, we plan to keep searching for DDs and to obtain periods for every candidate pair. More 
information can be obtained in Bragaglia et al. (The Messenger, 52, 35, 1988). 

138 



Far Ultraviolet Observations of Hot DA White Dwarfs 

David Finley, Gibor Basri, t and Stuart Bowyer $ 
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~" Astronomy Department, University of California, Berkeley 

~; Astronomy Department and Space Sciences Laboratory, 
University of California, Berkeley 

ABSTRACT 

Far ultraviolet (FUV) fluxes have been used for determining the effective temperatures 
of a number of DA white dwarfs hotter than 20,000 K. The spectra were obtained with the 
International Ultraviolet Explorer (IUE). The analysis consisted of comparing the observed 
FUV fluxes with model fluxes scaled to the V-band flux. After suitable corrections were 
performed for the time-dependent sensitivity degradation of the IUE, it was found that the 
available flux calibrations for the IUE were insufficiently accurate for precise temperature 
determinations. Accordingly, we used seven white dwarfs for which accurate, independent 
temperature determinations have been made from line profile analyses to improve the accu- 
racy of the IUE flux calibration. The correction to the original calibration was as great as 
20% in individual 5-/~ wavelength bins, while the average over the IUE wavelength range 
was 5%. We present both our IUE flux correction and the temperatures obtained for the hot 
white dwarfs. 

Introduction 
Accurate temperature determinations for hot DA white dwarfs are necessary for several reasons. Tem- 

peratures are needed for deriving the luminosity function of DA's; the luminosity function then serves to check 
calculations of cooling rates for these stars. Trace element abundances in DA's result from temperature- 
dependent processes. Successful confrontation of observational abundance determinations with theory requires 
that the effective temperatures be known with sufficient accuracy. Also, the upper temperature limit for DA's 
needs to be determined with reasonable precision, because this limit will help constrain post main sequence 
evolutionary calculations. Additionally, upcoming extreme ultraviolet (EUV) photometric survey missions 
(Bowyer 1983, Pye and Page 1987) are likely to discover hundreds of very hot DA white dwarfs (Finley 
1988). Non-EUV measurements will be required to make the accurate temperature determinations necessary 
for interpretation of the EUV photometric data for these stars (Finley 1988). 

Three basic types of measurements are available for determining temperatures of hot white dwarfs: opti- 
cal continua (from photometry), FUV continua, and line profiles. Optical photometry is insufficiently accurate 
for the hotter (>25,000 K) white dwarfs. Line profiles and FUV continua give results of comparable accuracy. 
We present here our temperature determinations based on FUV continuum measurements. 

Observations and Data Reduction 

We conducted a program of observations of hot DA white dwarfs with the International Ultraviolet 
Explorer satellite (IUE). A description of the IUE instrumentation is presented in Boggess et aL (1978a,b). 
Our observations consisted primarily of low dispersion exposures using the SWP and LWR cameras. Addi- 
tionally, a number of spectra obtained from the IUE data archives are included in the results presented here. In 
processing the data, the SWP spectra were truncated shortward of 1320 ~ to avoid the wing of the L~ line. 
An extended wavelength baseline was obtained by including the V-band flux, which was calculated per the 
relationf(5490/~) = 3.61×10-9/10 °'4my erg/cm 2 see/~. 

Data Analysis Technique 

The IUE data were analyzed by comparing observed fluxes with model fluxes that were calculated with 
Basri's white dwarf model atmosphere code (Malina, Bowyer, and Basri 1982). Based on Auer's complete 
linearization method, this is an LTE, hydrogen line-blanketed atmosphere code, which omits convective energy 
transport. The atmosphere code was used to generate a grid of models at different effective temperatures 
between 20,000 K and 100,000 K, while log g and n(He)/n(H) were held fixed at 8 and 1 × 10 -6. The 
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variation of log g within the white dwarf range was found to have an insignificant effect on the FUV flux. 
Inferred temperatures based on FUV fluxes vary by only +3 K at 30,000 K if log g is allowed to vary from 7 
to 9, for the ease of n(He)/n(H) = 1 x 10 -6. Over the allowable range of n(He)/n(H) for DA white dwarfs, 0 
to < 10 -2, the variation of the helium fraction has a relatively small effect on the continuum flux. Variations in 
this range change the average FUV flux (relative to the visible) by at most -3%. Furthermore, it is not possi- 
ble to solve separately for both Te( f and n(He)/n(H), because variations in n(He)/n(H) produce effects on the 
continuum flux which are indistinguishable from the effects of temperature variations. The shape of the con- 
tinuum does vary with n(He)/n(H), but only at the level of <0.1%. Consequently, there was no advantage to 
performing the analysis with n(He)/n(H) as a free parameter. 

The effective temperatures were obtained by comparing the stellar FUV/visible flux ratios to the model 
FUV/visible flux ratios. The calculated stellar-to-model ratio at each wavelength is defined as 

[. f(~j)/f(~,V) ] 
~(~j) ---- --2:5 log H(Teff,~./)/H(Teff,~.V ) , (1) 

where f i s  the measured stellar flux, while H is the Eddington flux. The )~j are the IUE data wavelength points, 
and ~v = 5490/~.. The stellar effective temperatures were found by calculating the model effective tempera- 
tures which gave 

S = ZS(Xj )  = O. (2) 

Temperature Determinations 

The nominal IUE fluxes were corrected for the time-dependent sensitivity variations of the IUE cameras 
per the prescription of Bohlin (Bohlin and Grillmair 1988a,b), giving fluxes corresponding to the "May 1980" 
IUE flux calibration (Bohlin and Holm 1980). If desired, the fluxes may be transformed to the 1986 IUE cali- 
bration (Bohlin 1986) or the proposed 1988 IUE calibration (Bohlin 1988). However, none of those calibra- 
tions give fluxes for white dwarfs which are in reasonable agreement with model atmosphere predictions based 
on effective temperatures determined from hydrogen line profile measurements. At 60,000 K, for example, the 
1980 calibration would give an inferred temperature of only 52,500 K based on the IUE continuum flux. 
Correspondingly, the 1986 and 1988 calibrations would give temperatures of 53,500 K and 46,900 K, respec- 
tively. These inferred temperatures are inconsistent with the line profile temperatures at the 2 to 4 c level. 

The inconsistency between line profile and FUV continuum flux temperatures was removed thus: we 
used spectra from seven hot white dwarfs for which accurate temperatures were available to derive flux correc- 
tions for the IUE calibration. The temperatures for those stars, based on 1UE Lee profiles, were obtained by 
Holberg, Wesemael, and Basile (1986, hereafter referred to as HWB). Given their quoted uncertainties, these 
are the most accurate hot DA white dwarf temperature measurements presented to date. The errors quoted by 
HWB are +3,500 K at 60,000 K; 5:1,500 K at 40,000 K; and +300 K at 20,000 K. 

Time-corrected fluxes (SWP + LWR) for WD0050-332, 0501+527, 0549+158, 1254+223, 1620-391, 
2111+498, and 2309+105 were used to obtain the flux correction. For each star, a model was calculated at the 
temperature presented by HWB. Next, the Ri(~j) values were calculated for the individual stars per 

f(~j)/f(~v) 
Ri(~j) = H(Teff,~,j)/H(Teff,~.v ) • (3) 

Then the flux correction was calculated per 

COR(~Lj) = Z [R i (Z j )  1Oi(~Lj)]/a~_JDi(~,j). (4) 
i i 

ID i is the data quality flag for each spectrum (1 ~ good data, 0 --- bad data). 

The resulting flux correction to the 1980 IUE photometric calibration, binned over 5-~ intervals, is plot- 
ted in Figure 1. The correction factor at each wavelength is the value by which a nominal flux must be 
divided to produce the correct flax. The 1980 IUE flux calibration (relative to the predicted white dwarf 
fluxes) is seen to give fluxes as much as 15% high and as much as 20% low. Averaged over wavelength, the 
IUE fluxes per the 1980 calibration are low by 5%, which is within the stated overall accuracy for the IUE 
flux calibration of 5:10%. The uncertainty in the correction is dominated by the uncertainties in the V magni- 
tude and line profile temperature determinations for the stars used to calculate the correction. The resulting 
overall uncertainty in the flux correction, averaged over the IUE wavelength range, was 1.3%. 

After applying the flux corrections to the spectra, the effective temperatures were then calculated for all 
the stars. The temperatures derived from the IUE fluxes are presented in Table 1, along with the temperatures 
given in HWB, and the temperatures which we have calculated from optical colors. The optical photometric 
temperatures were based on the multichannel (u-v) color, or on Johnson (U-V) or Stromgren (u-y) colors 
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Figure  I .  Correc t ion  to IUE ini t ia l  epoch  calibration. The  correct ion is based  on  seven  observat ions  of  
different  D A  whi te  dwarfs ,  and is b inned  into 5 ~ intervals.  The  spectra used  were  f rom W D  0050-332, 
0501+527,  0549+158,  1254+223, 1620-391, 2111+498,  and 2309+105 (1982/142 observat ion).  

temperatures  were  based  on  the mul t ichannel  (u-v) color,  or on Johnson (U-V) or St romgren (u-y) colors 
wh ich  were  t ransformed to the equiva len t  (u-v)Mc value.  It  was  necessary to adjust  the (u-v)M c or (u-v)M c- 
equ iva len t  colors  b lueward  by  0.m044 to achieve consis tency wi th  the l ine profi le and FUV cont inuum tempera-  
t u r e s .  

Table  1: Tempera tures  of  stars der ived from different  measures .  

WD Name IUE Continua Line Profiles Optical 
Photometry 

T e f f  a Error b T~fr Error Ref. Terf Error 
0004+330 (GD2) 46.33 +3.44 . . . . . .  54.8 +18.2 

-2,94 -10.0 

0050-432 (GD659) 34,15 +t.64 36.85 +1.39 HWB 33.21 +1.49 -1.37 -1.21 

39.66 +6.34 
0346-011 (GD50) 39.10 +2.21 47.5 -+2.5 K -4,07 -1.9o 31.23 +1.96 

-1.48 

0501+527 (G191-B2B) 66.37 +8.76 62.25 +3.52 HWB 68.7 +15.3 
-7.13 -10.4 

0549+158 (GD71) 34.03 +1.62 33.30 -+0.83 HWB 37.26 +3.31 
-1.35 -2.43 

0644+375 (EG50) 21.76 +0.29 . . . . . .  22.61 +0.34 
-0.29 -0.33 

0651-020 (GD80) 35.50 +2.47 . . . . . .  36.27 +4.48 
-1.96 -2.90 

1031-114 (EG70) 25.67 +o.36 . . . . . .  24.91 0.49 
-0.34 -0.48 

1033+464 (GD123) 28,38 +4,81 . . . . . .  "27.2" 
-2.30 

1254+223 (GD153) 40.67 +2.65 42.375 -+1.48 HWB 41.14 +3.23 
-2.22 42 +-2 K -2,s9 

1403-077 (PG) 45.98 +8.18 -- 40.89 +7.28 
-5.78 . . . .  -4.53 

1615-154 (EGl lS)  31.76 +0.85 -- 30.63 +0.65 
-0.76 . . . .  -0.58 

1620-391 (CD-38°10980) 24.83 +0.39 24.50 +0.14 HWB 24.26 +0.47 
-0.39 -- -0.46 

2111+498 (GD394) 37.36 +2.32 36.125 +0.94 HWB 36.66 +2.43 
-1.91 -- -1,91 

50.30 c +4.25 
-3.57 5 3 . 6 0  +2.94 HWB 62.8 +9.3 2309+105 (GD246) 52,69 a +4.74 -- -7.1 
-3,98 

~Temperatures are given in 103 K. bEn-ors are l a  uncertainties. CBased on 1982/142 observations, abased on 1979/355 observations. 
References: HWB = Holberg, Wesemael, and Basile (1986). K = Kahn et aL 1984. 
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The line profile and FUV continuum temperatures are consistent for all the objects analyzed, with the 
exception of WD0346-011, as can be seen in Figure 2a. The optical photometric and IUE temperatures are 
also consistent, as shown in Figure 2b, except for WD0346-011. (The lower of the two optical temperatures is 
based on Greenstein's photometry [Greenstein 1974], which may be more accurate than the measurements 
which give the higher optical temperature [Kondo et  al. 1982]. The WD photometry of Kondo et  aL appears 
to have a somewhat higher dispersion than is generally seen in WD work). The absence of systematic trends 
in the correlation between the FUV continuum temperatures and the other measurements confirms that any pos- 
sible errors in the models which affect the continuum differently from the lines are not present at more than 
the -1% level. 
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Figure 2. (a) Temperatures derived from IUE fluxes vs. published temperatures calculated from line profile 
fitting of HI3 (open triangles) or Lcx (open squares). 
(b) Temperatures derived from IUE fluxes vs. temperatures based on optical photometry. 

Results 
G l P l - B 2 B .  At 66,400 K (+8,800/-7,100), G191-B2B is among the hottest known DA white dwarfs. It 

has a well-determined parallax of 0.021 +0.002 (Routly 1972). This places it at a distance of 47.6 pc +5 pc. 
Taking Tel f = 66,380 K and m v = 11.79, we have fv/H v = 858x10 -22. The derived radius is then 0.0170 Re. 
This value is the same as that predicted by the evolutionary models of Koester and Schfnberner (1986) for a 
0.6 Mo white dwarf with a hydrogen envelope of 10 -4 Mo. Therefore, G191-B2B may provide an example of 
a DA white dwarf with a relatively massive remnant hydrogen envelope. 

This possible large hydrogen envelope mass would rule out the interpretation offered by Vennes et  al. 
(1987) for the E X O S A T  photometric observations of DA white dwarfs. The E X O S A T  data indicate that the 
short wavelength flux is strongly cut off by some absorber within the stellar atmosphere. Vennes et  al. suggest 
that the observed EUV fluxes may result from very thin hydrogen layers overlying the helium. Under their 
interpretation, the observational results for G191-B2B could be satisfied if the mass of the hydrogen envelope 

146 were -10-  ' of the stellar mass, which is inconsistent with the observed radius and the evolutionary models. 

WD0346-011 .  T h e  inconsistent temperatures for this star may be due to the presence of a faint compan- 
ion; the presence of such a companion is consistent with the optical colors. However, the apparent temperature 
discrepancies may occur because the star is not a normal DA. WD0346-011 may be a member of a class of 
white dwarfs currently comprising one object: WD1302+597 (GD323). GD323 has Balmer line profiles con- 
sistent with a Teff of 40,000 K, but the optical and FUV continua are better fit with a Teff of only 30,000 K 
(Liebert et  al. 1984). Liebert, Fontaine, and Wesemael (1987) point out that the predominantly helium channel 
of the white dwarf sequence is totally depopulated between 30,000 K and 45,000 K, and they suggest that 
GD323 is in transition between DA and DB at the cool end of the helium gap. Perhaps WD0346-011 is 
undergoing a similar transition at the hot end of the gap. 

WD1033+464 .  This star is composite; hence the optical temperature included in Table 1 is only nominal. 
The companion, which contributes <15% of the light at 5490 )~, is probably an M dwarf. The contribution of 
the companion to the combined light of the system is <1% at 3571 A. Therefore, the flux at that wavelength 
was used as the visible flux point for the IUE temperature analysis. 
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Non-DA Objects. Two of the stars in our observing program are currently classified as DA but were 
shown on the basis of the IUE spectra to belong to other spectral classes. The two stars in question are WD 
(or PG) 1247+553 (GD319), and WD 1544+008 (EGll3, BD+01 3129B). 1247+553 is evidently an sdB, 
while 1544+008 appears to be a helium-rich subdwarf. Of the stars whose spectra were obtained from the 
archive, 0109-264 (GD691) is also an sdB, while 0823+316 appears to be a very hot hydrogen-poor object. 
(Analysis of 0823+316 using pure H models yields Tel r >100,000 K.) 

Conclusions 
Line profile measurements and IUE FUV fluxes (when the latter are suitably corrected) provide very 

accurate temperatures for hot DA white dwarfs. In most instances, the FUV continuum measurements are 
equivalent to line profile measurements for the purpose of temperature determinations. When the optical pho- 
tometry is suitably adjusted, the optical photometric temperatures are consistent with the corrected IUE tem- 
peratures and the line profile temperatures. The presence of significant variations between the three measure- 
ments in one of the instances discussed demonstrates the value of correlating the information available in many 
wavelength bands to identify abnormal stars. FUV spectra are also useful for discriminating between DA 
white dwarfs and other stellar types. 
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FAR-ULTRRVIOLET SPECTROPHOTOMETRY OF TWO DO WHITE DVFIRFS FROM VOYAGER 

E. Poulin and F. Vesemael 
D6partement de Physique, Universit6 de Montr6al 

J~ .  Holberg 
Lunar and Planetar~j Laboratoq.j, University of Arizona 

G. Fontaine 
D6partement de Physique, Universit6 de Montr6al 

'While the observed number of hot, helium-rich degenerates is noticeably larger 
than that of their hydrogen-rich counterparts, the calibration of their effective tem- 
peratures has been comparatively much less trustworthy. The spectroscopic classi f i -  
cation scheme introduced three years ago by Vesemael, Green, and Liebert (1985, 
hereafter VGL), and the crude temperature domains associated with each class 
remain, to this date, the only comprehensive effort at defining a temperature scale 
for DO stars. The current uncertainty in this is perhaps best epitomized by two 
objects, HD14949gB and PG1034+001. The former belongs to a binar!.j system which 

also contains a KO V primary, 2" away. The temperature determined for the degene- 
rate secondary ranges from 05,000:~15,000 K [Vray, Parsons, and Henize 197g I to 
55,000+I~000 K (Sion, Guinan, and Vesemael 1982, hereafter SGV I. PG10;54+001, on 
the other hand, is the prototype of the so-cal led hot DO spectroscopic class; VGL 
assign an uncertain temperature of 80,000±20,000 K to this object. 

The large uncertainty associated with these temperature determinations is per-  
haps not overly surprising. For these hot stars, measured energy 
distributions -- even from the /t.~- -- sample only the Rayleigh-Jeans tail, and thus 
cannot constrain effectively the temperature. Furthermore, the optical spectrum of 
hot, high-gravi ty helium-rich stars tends to be rather sparse, with apparently Hell 
Xd886 the only transition not broadened out of existence. Of course, the case of 
HD149499B is not helped by the presence of its companion, which tends to outshine 
the degenerate star at optical wavelengths (~/egner 1978 I. The situation is not des- 
perate, however, al~ the ultraviolet spectrometerg on board the I / o ~ e r  probes 
have recently made it possible to sample the energy distribution of both these 
bright objects nearer its peak by extending observations to regions shortward of 
Lya. Ve report here on a preliminary analysis of far-ul traviolet data (900--1200 i~ll 
on both objects obtained with V o ~ ' ~ r  .~ which should, eventually, provide tighter 
constraints on the atmospheric parameters of these stars. 
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HD149499B and PG10;34+001 were observed with the ultraviolet spectrometers on 
board the Voya~;~et" ~ spacecraft. Coverage extends from ~.950 I~ to 1200 I~1 at a 
resolution of 25 A. Additional details of these observations will be provided 
elsewhere. The calibrated Voyager 2 spectra, augmented with archival iLL ¢" low- 
dispersion observations Iongword of 1150 A are shown in Figure 1. The normalization 
at 1950 A reveals that the energy distribution of PG1034+001 is clearly steeper than 
that of HD149499B. This is already an important result, which suggests that 
HD149499B and PG1034+001 cannot L~o~h have effective temperatures near 80,000 K 
(see above]: either HDt4949gB is cooler or PG1034+001 is hotter than that value, or 
both. 

The issue of an absolute temperature calibration is somewhat more delicate as it 
requires input from suitable model atmosphere calculations. We use here a improved 
grid of LTE, pure-helium models at log g -8 .0  based on earlier work [Vesemael 
1981). However, rather than to present preliminary fits to the complete energy distr i-  
bution of both stars, we first consider here the consistency of previous temperature 
determinations with the new Vouager data. 
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Figure 2 shows the composite energy distribution of HD149499B. The Voyjager 2 
and //.~c- data ore now augmented with the brood-bond data discussed by Vegner 
{19"/8]. The large error bar at V reflects the fact that the visual magnitude differen- 
ce between the primary and white dwarf remains uncertain. We adopt here AV-2.95 
based on Rossiter's (1955] estimates, but take into account in the error the inde- 
pendent estimate of Holden [19"/7; AV-3.5]. Fit B, the error is dominated by the 
uncertain spectral type of the primary, which we take here to be KO :!: one sub- 
class. Furthermore, the contribution of the primary to the light Iongward of ~.2800 A 
has been subtracted as well from the //-L ¢" data, following the procedure of SGV. The 
bottom panel shows the preliminary fit we obtain by normalizing at U, as was done 
by SGV. Ha reddening is included in our fits to this nearby object [d~.34 pc; 
lanna, Rhode, and Hewell 1982]. Our fit to the /{.E is comparable to that achieved 
by SGV, although the model fluxes appear somewhat low in the Vec_jt~r range. The 
effective temperature is 54,200 K, in agreement with that determined by SG~#. The 
top panel shows on alternate fit to the data, obtained by normalizing at 1900 I~1 
and by t ~ o ~  the LVR and broad-band optical data. This fit, at 80,;500 K, pro- 
vides better agreement with the far-ultraviolet data. but appears inconsistent both 
with the long-wavelength /LE-data and with the U magnitude, presumabl 9 the most 
accurate among the derived colors of the secondary, 
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Figure ;5 shows similar data for P01034+001. The optical photometry, from Green, 
Schmidt, and Liebert (1986}, is again shown together with low-dispersion /L4L ¢" data 
and Vo~as/e/" flux points. Superposed on this is a model at 80,000 K, normalized at 
V, and reddened by a color excess of E(B-V)-O;02. These are the values derived 
by VOL on the basis of /(-L c" and optical data onl~l. Hot unexpectedly, the agree- 
ment is quite good above 1200 A, but the fit becomes marginal in the Vo~,qger 
range. The suggested temperature appears hotter than this nominal value, but the 
competing influences of effective temperature and small amounts of reddening must 
be fully understood before a value of the effective temperature can be derived. 
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A S p e c t r o p h o t o m e t r i c  Atlas of White  Dwarfs  
Compiled from the IUE Archives  

S t e v e n  R. S w a n s o n  ( D a r t m o u t h  C o l l e g e ,  U.S.A.)  

G a r y  W e g n e r  ( D a r t m o u t h  C o l l e g e ,  U.S .A. )  

I N T R O D U C T I O N  

In the  pas t  t en  yea r s ,  more  t h a n  775 low reso lu t ion  s p e c t r a  of  w h i t e  dwar f s  ha ve  b e e n  
t a k e n  w i t h  t h e  I n t e r n a t i o n a l  Ul t rav io le t  Explorer  s a t e l l i t e  (IUE).  This  w e a l t h  of  
i n f o r m a t i o n  has  y i e l d e d  m a n y  n e w  discover ies  in the  f ield of w h i t e  dw a r f  research ;  a f ew 
of  w h i c h  include:  t h e k 1 4 0 0  and k1600  q u a s i - m o l e c u l a r  f e a t u r e s  d i s c ove re d  in h y d r o g e n  
r ich DA w h i t e  d war f s  (Greens te in  1980; W e g n e r  1982, 1984; Nelan and  W e g n e r  1985; and 
Koester  et. al. 1985), s t rong  C I l ines in some  DQ w h i t e  dwar f s  (Koester,  W e i d e m a n n ,  and 
Vaucla i r  1980; W e g n e r  1981a,b) ,  and  the  absence  of t h e s e  s a m e  l ines  in ho t t e r  DB w h i t e  
dwar f s  b y  W e g n e r  and  Nelan (1987)  w h i c h  m a y  indicate  convec t ive  mixing (Pellet ier  et  al. 

1986). 
In  th is  s tudy ,  spec t r a  f r om the  IUE a r ch ive s  will  be  r e - p r o c e s s e d  and  co r rec ted  for 

c h a n g e s  w h i c h  h a v e  occu red  in da t a  r e d u c t i o n  p r o c e d u r e s  over  the  pas t  t en  ye a r s .  For 
example ,  all SWP (shor t  w a v e l e n g t h  p r i m a r y )  spec t ra  p rocessed  before  N o v e m b e r  4, 1980 at 
Goddard Space Flight Center (GSFC) and March I0, 1981 at VILSPA, used  an i n t e ns i t y  t r ans fe r  
f unc t i o n  (ITF) w h i c h  w a s  in error .  This r e su l t ed  in r e duc e d  absolu te  f luxes .  Ano the r  major 
co r r ec t i on  is d u e  to the  g r a d u a l  d e g r a d a t i o n  of t he  LWR (long w a v e l e n g t h  r e d u n d a n t )  
c a m e r a  ove r  t ime,  b u t  w h i c h  w a s  no t  no t iced  unt i l  a f te r  m a n y  s p e c t r a  w e r e  af fec ted ,  
The re fo re ,  in order  to c rea te  a r e l a t i ve ly  h o m o g e n e o u s  se t  of data,  r e p r o c e s s i n g  of most  of 
the  spec t r a  is n ece s sa ry .  Of the  775 spec t ra  w h i c h  will be used  in this  s tudy ,  t he r e  are 528 
spec t ra  of DA wh i t e  dwar f s  (354 of t h o s e  a r e  SWP), 195 spec t ra  of DB w h i t e  dwar f s  (I 17 of 
those  are SWP), and 51 spec t ra  of o ther  t ypes  of wh i t e  dwar f s  wh ich  include DZ and DQ types .  
These  spec t r a  compr i se  a p p r o x i m a t e l y  200 d i f f e r en t  s ta rs .  One of the  r e su l t s  of this  s t u d y  
will be  the  de tec t ion  of the  spec t r a  w h i c h  h a v e  b e e n  misc lass i f ied  in the  IUE me rge d  log. 
Once t h e s e  s p e c t r a  h a v e  b e e n  r e p r o c e s s e d ,  an  a t las  wil l  be p u b l i s h e d  of the  r e s u l t a n t  
me rged  spec t ra  as wel l  as t ab les  of the  flux va lues .  

This large da t abase  will t h e n  be used  to do a s tat is t ical  s t u d y  on the  mass  d i s t r ibu t ion  of 
the  wh i t e  d war f s  and also the i r  l u m i n o s i t y  func t ion .  Severa l  s tud ie s  on t he se  topics ha ve  
b e e n  done us ing  v i su a l  da ta  on ly  (Koester, Schulz, and W e i d e m a n n  1979; S h i p m a n  1979; and 
Fl.eming, Green,  and L iebe r t  1986). The mass  d i s t r ibu t ion  and the  l u m i n o s i t y  func t ion  of 
w h i t e  d war f s  are v e r y  s t rong ly  t ied to t heo r i e s  concern ing  the  origin and  cooling of w h i t e  
dwarfs ,  and m a n y  detai led calcula t ions  have  b e e n  done to predic t  t he se  p rope r t i e s  (e.g. Iben  
and T u t u k o v  1986). By us ing a model  a t m o s p h e r e  p rog ram to s t u d y  the  UV spect ra l  e n e r g y  
d i s t r i b u t i o n ,  t h e  e f f e c t i v e  t e m p e r a t u r e  (Tel  f) and t he  su r f a c e  g r a v i t y  (log(g)) can  be 

ob ta ined .  W h e n  t h e s e  p a r a m e t e r s  a re  c o m b i n e d  w i th  t r i g o n o m e t r i c  pa ra l l axes ,  v a l u e s  of 
the  radi i  can be ob ta ined .  Curren t ly ,  a p r o x i m a t e l y  57 of the  w h i t e  dw a r f s  in the  a rch ives  

h a v e  t r i g o n o m e t r i c  pa ra l l axes .  

D A T A  A N A L Y S I S  

The f i r s t  s tep  in the  r ep roce s s ing  of the  a rch ived  data  is to e x a m i n e  the  qua l i ty  of the  
data,  and reject  v e r y  no i sy  spectra .  Then  the  r e m a i n i n g  data  are r e - e x t r a c t e d  f rom the two- 
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d i m e n s i o n a l  d a t a  f i les .  T h e  r e - e x t r a c t i o n  is n e c e s s a r y  in  o r d e r  to a p p l y  t h e  ITF c o r r e c t i o n  
fo r  e a r l y  S W P  s p e c t r a  a n d  t h e  LWR c a m e r a  d e g r a d a t i o n  c o r r e c t i o n .  I n  t h i s  w a y ,  t h e  
f i n i s h e d  s p e c t r a  wi l l  be  a h o m o g e n e o u s l y  r e d u c e d  d a t a b a s e .  T h e  e x t r a c t i o n  of t h e  o n e -  
d i m e n s i o n a l  s p e c t r a  wi l l  be  d o n e  u s i n g  o n e  of t w o  t e c h n i q u e s .  The  f i r s t  u s e s  a r e c t a n g u l a r  
e x t r a c t i o n  slit,  w h i c h  is m o s t  a c c u r a t e  for  t h e  h i g h  s i g n a l  to n o i s e  s p e c t r a ,  T h e  r e c t a n g u l a r  
m e t h o d  is t h e  s t a n d a r d  e x t r a c t i o n  t e c h n i q u e  for  IUE s p e c t r a ,  a n d  is t h e  f a s t e s t  m e t h o d  to 
u se .  The  s e c o n d  m e t h o d  is a g a u s s i a n  s l i t  e x t r a c t i o n ,  Th i s  is m o r e  t i m e  c o n s u m i n g ,  b u t  
r e s u l t s  in  m o r e  a c c u r a t e  f l u x e s  for  for  l ower  q u a l i t y  da ta .  

T h e  o n e - d i m e n s i o n a l  s p e c t r a  a r e  t h e n  c o r r e c t e d  fo r  c o s m i c  r a y  h i t s ,  b l e m i s h e s ,  a n d  
r e s e a u  c a l i b r a t i o n  po in t s ,  F i g u r e s  I a n d  2 s h o w  t y p i c a l  SWP a n d  LWR s p e c t r a  r e s p e c t i v e l y ,  
b e f o r e  t h e  n o i s y  e n d s  h a v e  b e e n  t r i m m e d  off.  Nex t  all  e x p o s u r e s  of  t h e  s a m e  s t a r  a r e  
s u m m e d  for  e a c h  w a v e l e n g t h  r e g i o n  a n d  t h e  r e s u l t a n t  SW a n d  LW s p e c t r a  a r e  m e r g e d ,  
g i v i n g  a n  e f f e c t i v e  s p e c t r a l  r a n g e  of a b o u t  1200  A to 3 4 0 0  A (see  Fig. 3). The  f i na l  s t ep  in 
t h e  r e - r e d u c t i o n  wi l l  be  to b i n  t h e s e  s p e c t r a  in 5 0 A  b i n s  for  t h e  f i na l  a t l a s  (Fig, 4 s h o w s  a n  
e x a m p l e  of a f i na l  a t l a s  s p e c t r u m ) .  

W h e n  t h e  a b o v e  s t u d y  h a s  b e e n  f i n i s h e d ,  t h e  m o d e l  a t m o s p h e r e  p r o g r a m  LUCIFER 
(Ne l an  1985,  M c M a h a n  1986)  wil l  be  u s e d  to a n a l y s e  t h e  UV s p e c t r a  ( a n d  c o m b i n e d  op t ica l  
s p e c t r a  w h e r e  a v a i l a b l e ) ,  W i t h  t h i s  p r o g r a m  T e l  f a n d  log(g)  wi l l  b e  d e t e r m i n e d  for  e a c h  

s t a r .  

CONCLUSION 

T h i s  s t u d y  w i l l  r e s u l t  in  a h o m o g e n e o u s  p h o t o m e t r i c  s e t  of  u l t r a v i o l e t  e n e r g y  
d i s t r i b u t i o n s  for  a l a r g e  n u m b e r  of  w h i t e  d w a r f s .  T h e  r e s u l t i n g  a t l a s  s h o u l d  p r o v e  to be  
v e r y  u s e f u l  to t h e  a s t r o n o m i c a l  c o m m u n i t y .  A l s o  t h e  s t a t i s t i c a l  s t u d y  of  t h e  m a s s  
d i s t r i b u t i o n  a n d  t h e  l u m i n o s i t y  f u n c t i o n  of w h i t e  d w a r f s  u s i n g  t h i s  u l t r a v i o l e t  d a t a  wi l l  be  

a v a l u a b l e  c o m p l i m e n t  to  t h e  s i m i l a r  s t u d i e s  w h i c h  h a v e  b e e n  d o n e  in  t h e  o p t i c a l  
w a v e l e n g t h s .  
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SCALEHEIGHTS OF LOW MASS STARS FROM THE 
LUMINOSITY FUNCTION OF THE LOCAL WHITE 
DWARFS 

N.C. Rana 
Tata Institute of Fundamental Research 
Homi Bhabha Road, Bombay 400005, India 

It is shown that a combination of the observed luminosity function of the local 

white dwarfs and the theoretical cooling rates of a typical white dwarf suggests an 

approximately constant rate of formation of the white dwarfs. This rate is found to 

be about a factor of three lower than the observed birthrate of their i~mediate 

progenitors. This discrepancy is here interpreted as a three-fold increase in the 

scaleheight of the ~hite dwarfs due to dynamical interaction with stars, molecular 

clouds; an average white dwarf being much more aged than an average progenitor. Since 

the low mass stars on an average are even slightly more long-lived than these white 

dwarfs, one can place a lower bound on the scaleheights of the low mass stars to be 

given by the required scaleheights of the white dwarfs, which is, according to the 

present work, 660 pc in the solar neighbourhood. 

The Figure 1 shows the cooling curves for 0.6 M@ white dwarfs with surface compo- 

sition ranging from DA (with hydrogen envelope) to DB (helium rich envelope) t~es. 
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Figure 1. Theoretical cooling curves for white dwarfs of mass 0.6M@. 
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In Table I, the observed luminosity function of the local white dwarfs has been taken 

from Winget et al (1987). Combining this data with the cooling rates derived from 

Figure I, the past history of the rate of formation of white dwarfs per unit volume 

of space in the solar neighbourhood (expressed in units of pc -3 Gy -I) is determined 

and shown in the last column of Table I. The average rate seems to have remained 

Table i 

Luminosity function and birthrates of the white dwarfs in the solar neighbourhood 

log (L/Lo) MBo I log [¢(MBoI,Td)]; d log (L/Lo) Look back time Birthrate of white 
dwarfs log 

in pc-3MBo; 1 dt (T d - t) in [C(t)]; C(t) 
Gy -3 

in pc Gy -I 

-0.50 6.00 -5.81 +0,13 79(52)* 0.0044(0.0084)* -3.51 +0"15 
- -  -0.30 

. . + 0 , i 0  
- 0 . 9 3  7 . 0 7  - 4 . 9 6 ~ 0 . 0 7  25(20) 0.015(0.022) - 3 . 1 6  0 .15  

+0.08 7 1(7.6) 0.059(0.068) -3.541~ "12 - 1 . 4 6  8 . 3 9  - 4 . 7 9 _ 0 . 0 9  . .10 

.25 +0.09 2,6(3.7) 0.180(0.164) -3.29+~.i 0 -1.95 9.62 -4.10_0.06 

.25 
+0.15 1.6(2.1) 0 . 3 9 ( 0 . 2 8 )  - 3 . 1 9 1 ~ . 1 0  - 2 . 3 6  10 ,64  -3.79_0.08 

: 13 +0.I0 i 0(I.i) 0.65(0.52) -3.33 .I0 -2.70 11.49 -3.73_0.09 

51 +0.09 0.57(0.63) 1.10(0.90) -3.36+0.13 -3.04 12.34 -3. -0.13 

.13 
+o.13 0 25(0.27) 2.50(2.35) -3 .29~ .~  0 -3.58 13.69 -3.140.30 

+0,25  0 . 0 7 5 ( 0 . 1 4 )  5 . 9 5 ( 5 . 0 0 )  - 4 . 0 0 ! 0 . 6 0  -4.04 14.84 -3.270.60 

+0.14 0.125(0.135) 9.55(7.92) -3.42 +0.20 -4.40 15.74 -2.92_0.18 

+0.45 0 125(0 125) 11.6(10.05) -4.70 +0.50 -4.66 16.39 -4.20_0.50 . . 

*The quantities in the parenthesis are for He/C 0.6M@ Wbs. 

fairly constant over the life-span of the disc with the value given by 

l o g  < C > = - 3 . 2 8  ~ 0 .15  
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This can readily be compared with the observed rate of formation of the immediate 

progenitors (Cp) of the white dwarfs, such as planetary nebulae, stars on the AGB or 

HB of the HR diagram. Various authors have estimated this number to be roughly 

agreeing within a factor of 5 or so, with the lowest of the values given by Drilling 

and Sch~nberner (1985): 

log C = -2.78. 
P 

Even though it is the lowest of the estimates, it matches exactly with the predicted 

value, provided Rana (1987)'s IMF is taken. So I consider the above one to be a 

reasonable estimate. 

Now obviously, there is a discrepancy between <C > and Cp, at least by a factor 

of 3. The observed average rate of formation of the white dwarfs per unit volume is 

at least a factor of three less than that of their immediate progenitors. 

We interpret this discrepancy to be arising due to longer life as well as stay of 

an average white dwarf than an average progenitor star. Accordin~ to Wielen (1977), 

a longer stay of any object, be it a star or a cloud in the disc, makes the object 

increase its velocity dispersion with time, which means that the vertical amplitude 

of oscillation or its so-called scaleheight also increases with time. If we take 

the population average of the lifetime of the possible progenitors of the observed 

white dwarfs to be a measure of the average lifetime of the progenitors, then this 

lifetime is much shorter than the average age of the white dwarfs in the disc. So 

one could naturally expect that the white dwarfs would have a larger scaleheight than 

their progenitors. In fact, the ratio between < C > and C may be interpreted as the 
P 

inverse of the ratio between the respective scaleheights of their distributions. 

In Table 2, the data on the mass function of the stars in the solar neighbourhood 

are taken from Rana (1987). The population average of the scaleheights of the 

progenitor stars of the white dwarfs is estimated to be 

m2 ~m2 
=I  = < H >,pg H(m) n(m) dm / n(m) dm 220 pc, 

m I m I 

where m I = 0.95 M~ and m 2 = 8 M@ . Hence, we claim that the scaleheight of the 

vertical distribution of the local white dwarfs is at least 660 pc, that is, three 

times that of their immediate progenitors. 

Now since on an average a low mass star lives slightly longer than an average 

white dwarf, the scaleheight distribution of the former should in general be somewhat 

larger than that of the white dwarfs. Therefore, we expect that the average scale- 

height of the low mass stars that can outlive the disc would be given by 

154 



> 660 pc. < H >low mass* 

T a b l e  2 

B a s i c  d a t a  on t h e  m a s s  f u n c t i o n s ,  l i f e t i m e s  and  t h e  s c a l e h e i g h t s  d i s t r i b u t i o n  o f  ma in  
s e q u e n c e  s t a r s  i n  t h e  s o l a r  n e i g h b o u r h o o d .  

Stellar Present day Total life- Main Scaleheight Initial Volume 
mass mass time T t sequence (in pc) mass density mass 

function ~, lifetime function ^ function 
(in M@) (in M@ pc -2) (in Gy) (in Gy) (in M@ pc -z ) (in pc -3) 

log m log ~ms(log m) log T t log T log(2H) log ~(log m) log n(log m) 
ms 

1.08 -2.91 -1.63 -1.70 2.27 -0.13 

0.92 -2.40 -1.40 -.1.50 2.30 0.18 

0.73 -1.89 -0.98 -I.I0 2.33 0.29 

0.54 -1.28 -0.42 -0.61 2,38 0.41 

0.39 -0.43 -0.07 -0.27 2.46 0.92 

0.26 +0.15 0.35 0.15 2.59 1.08 

0.16 0.78 0.68 0.48 2.76 1.38 

0.06 1.32 1.05 0.85 2.97 1.55 

-0.02 1.62 1.35 1.15 3.01 1.62 

-2.40 

-2.12 

-2 04 

-i 97 

-i 54 

-I 51 

-I 38 

-1.42 

-1.39 

Both these conclusions about the scaleheight distributions can be tested once 

the more deep sky surveys of the low mass stars and the white dwarfs become available. 

It may be mentioned that Van der Kruit (1986)'s model of the galaxy and the IRAS 

image of the local disc suggest the scaleheight of the local disc stars to be in the 

range of 500-600 pc. With such a large scaleheight for the low mass stars and the 

white dwarfs, the problem of the local dark matter can also be satisfactorily 

resolved. 
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R O S A T  - A N  A L L - S K Y  X - R A Y  A N D  E U V  S U R V E Y  O F  W H I T E  D W A R F S  

M.A.Barstow 

X-ray Astronomy Group, Physics Department, University of Leicester 

University Road,Leicester, LE1 7RIt, UK 

A B S T R A C T  

The West German astronomy satellite ROSATcomprises two imaging telescopes - an X-ray instrument covering the 

energy band 0.15-2keV and an EUV instrument (provided by the UK) covering the range O.02-0.21keV. A primary 

aim of the mission is to perform a sensitive all-sky survey with both telescopes (two %olours' in the EUV) in the first 

6 months. This will be followed by a least one year of pointed observations at specific targets. This paper briefly 

describes the ROSA T instrumentation and discusses the likely impact of the survey on white dwarf studies. 

1. I N T R O D U C T I O N  

ROSAT is a West German X-ray astronomy mission led by the Max Planck Institut ffir Extraterrestriche Physik. 

The satellite comprises two instruments, a large Wolter I imaging X-ray telescope (XRT) covering an energy range 

O.15-2keV (80-6-~) and a wide field EUV telescope spanning the band ~0.02-O.21keV (620-60/~). The latter instrument, 

the Wide Field Camera (WFC), is being provided by the UK. The US will provide a high resolution imaging detector 

(HRI) for the XRT focal plane (in addition to the German imaging proportional counter - PSPC) and the launch, on 

a Delta rocket in early 1999. The major objective of the mission is to perform the first imaging all-sky surveys in 

both X-ray and EUV bands during the initial six months of operation. After this a minimum of one year of pointed 

observations are planned, with possible extensions for up to two years depending on the lifetime of the satellite. 

During the survey the XRT will employ the energy sensitive PSPC at its focus and the WFC will image the sky in 

two wavebands by use of selected filters. Two more filters will be available to extend the WFC spectral coverage to 

lower energies during the pointed observations. Experience with the Einstein and EXOSAT  satellites has shown how 

important soft X-ray observations are in the study of hot white dwarfs (WDs) (eg. Paerels et al., 1987; Petre et al., 

1986) particularly in determining the concentrations of trace elements such as He and CNO (eg. Paerels et al., 1987; 

Barstow, 1988). A sensitive all-sky survey in soft X-ray and EUV bands will provide an unprecedented database with 

which to pursue these studies. This paper gives brief descriptions of the XRT and WFC instruments and discusses 

their sensitivities in the context of white dwarf observations. 

2. D E S C R I P T I O N  OF T H E  X R T  AND W F C  

Both these instruments have been described in detail in a number of papers (eg. Trmnper, 1984: XRT; Barstow and 

Pounds, 1988: WFC). Consequently, this discussion is restricted to the inlportant details and scientific performance. 

The XRT consists of a nest of four Wolter I grazing incidence telescopes having an intrinsic resolution of a few t~, 

with a focal plane assembly of two PSPCs and one ttRI which are mounted on a carousel. The PSPC (Pfefferman et 

al, 1986) has a relatively large 20 field of view with an on-axis resolution of 30 " FWHM and an average over the field 

of view of 2 i. Its nominal energy range is 0.1-2keV (6-80~) and the spectral resolution of < 45% FWHM at lkeV 

allows four distinguishable 'colour' bands. The HRI (Pfefferman et al, 1986) is a microchannel plate (MCP) detector, 
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similar to that  flown on Einstein but with a CsI photoeathode to enhance the quantum efficiency. It has a resolution 

of 1.7" FWHM but poor energy resolution. A filter of aluminised Parylene N protects the detector from geocoronal 

radiation and ions. 

The WFC has a nest of three Wolter-Schwarzchild type I mirrors with two identical MCP detectors mounted 

on a turret mechanism in the focal plane. The mirror grazing angles chosen (~ 7.5 °) allow the collecting area to be 

optimised while retaining a wide (5.0°diam.) field of view and a low energy refleetivity cutoff at 0.21keV (60/~). An on- 

axis resolution of 2.3" HEW is expected degrading to 4.4" HEW at the edge of the field as a result of inherent optical 

aberrations. Hence, the average survey resolution will be 3.5" HEW. The MCP detector has a CsI photocathode to 

enhance its quantum efficiency but has no intrinsic energy resolution. A filter wheel assembly mounted near the focal 

plane contains a number of filters which can be selected to define wavelength pass bands, suppress geocoronal radiation 

and prevent detection of UV radiation from hot O/B0 stars. 

The XRT and WFC spectral bands and respective sensitivities are summarised in table I. In the context of WD 

studies the PSPC can be taken to have a single energy band (44-80-~) since in general no significant flux is observed 

below 44~ and the PSPC energy resolution is poorest in this region. 

3. O B S E R V I N G  H O T  W H I T E  D W A R F S  

Our current understanding of the formation and evolution of WDs has recently been reviewed by Sion (1986). It is 

clear that  many problems concerning the relationships between different groups of objects remain to be understood, 

in particular between H-rich and He-rich WDs and their progenitors. There is evidence that He-rich WDs contain 

significant quantities of CNO but their abundances are not well determined. The combination of ROSAT XRT and 

WFC is an ideal tool for such studies. Figure 1 illustrates this, comparing the instrument bands (3 in the survey and 

up to 5 in pointed mode) with some typical WD spectral models. This indicates that the instruments are much more 

sensitive to H dominated stars than He-rich ones, as might be expected given the relatively high opacity of He at soft 

X-ray energies. The ability of RO SATto  observe WDs has been quantified by convolving model WD spectra with the 

instrument response for each bandpass. A minimmn detectable temperature limit can be estimated for each bandpass, 

as a function of absorbing column density, as illustrated in figure 2 for pure H and pure He atmospheres. 

To assess the potential of the sky survey requires an estimate of the number of WDs that we might expect to 

see. Fleming, Liebert and Green (1986; hereafter FLG) present a summary of space densities for DA and DO/DB 

WDs subdivided by temperature. Their estimated scale height is 250pc. If the volume accessible to ROSATis  known 

for each band, calculating the number of stars is simple. However, this depends on assumptions made about the ISM 

and WD radii. A good indication of the effect of the ISM can be obtained by assuming that it is uniform with a 

mean density of 0.07 atoms cm -3, Mthough in reality there are large line of sight variations with viewing direction (eg. 

Paresce, 1984). Based on this assumption the maximum distances at which WDs could be detected were determined 

for each bandpass as a function of temperature. WD radii were assumed to be 0.0125Ro. These distances and the 

respective column densities are summarised in table II for the temperatures corresponding to the centre of the ranges 

for which FLG tabulate space densities. To account for WDs in binary systems their densities are multiplied by a 

factor of 2 in this calculation. The expected numbers of DA WDs in the volumes defined are also listed in table II. It 

is not possible to perform a similar calculation for DO/DB WDs. The temperatures to which ROSATis  sensitive a~e 
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TABLE I. ROSATXRT+PSPC & WFC Filters - Wavebands and Sensitivity 

Instrument Detector Survey (S) FOV 'Mean' Bandpass (.~) Point-source 

or or Diam. Wavelength (at 10% of peak Sensitivity[b] 
Filter Type [a] Pointed (P) (deg.) (/~) efficiency) (#3y) (HZ43 -1) 

XRT PSPC S + P 2.0 60 44-80 0.47 6000 

WFC C/Lexan/B (x2) S + P 5 100 60-140 1.0 2400 

Be/Lexan (x2) S + P 5 140 112-200 1.4 4800 

A1/Lexan P 2.5 180 150-220 7.3 1300 

Sn/A1 P 2.5 600 530-720 220 160 

[a] Provisional. [b] For 5~ significance, exposure time of 2000s (a typical value for each filter for the survey and for 

pointed observations) and 'typical' background. The right hand column expresses the sensitivity in terms of the flux 
from the white dwarf HZ43, the brightest known EUV source. 

Figure 1. White dwarf model atmospheres for a 60000K star 
comprising [1] pure H, [2] He/H=10 -4 and [3] pure He. The 

solid vertical lines indicate the mean wavelengths of each band. 
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Figure 2. The minimum WD temperature to which 
each ROSAT band is sensitive as a function of 

photon energy and wavelength 
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TABLE II. Numbers of DA WDs detected in each .ROSATband with maximum distances and values of ~j[a] " ' H '  
XRT WFC 

PSPC C/Lexan/B Be/Lexan Al/Lexan A1/Sn 

30000K d(pc) 175 78 104 55 < 30 
Nii(cm -2) 3.6 × 1019 1.6 x 1019 2,2 x 1019 1.0 x 1019 < 1018 

60000K d(pc) 1240 554 350 175 40 
NH(Cm -2) 2.6 x 1020 1.0 x 10 ~° 7.4 x 1019 3.7 x 1019 8.0 x 10 TM 

No of DA WDs 5500 2200 1400 200 < 10 

[a] For ISM with constant volume number density of neutral hydrogen of 0.07 cm -3 (Paresce 1984). 
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generally in the upper range considered by FLG, where the space density is very low. Within the volumes accessible 

very few stars would be seen. However, it is known that hot DO stars exist with temperatures substantially in excess of 

80000K (FLG's upper limit). ROSATeould see such objects up to distances of lkpc and NH values of 2.0 x 102°cm -2. 

4. C O N C L U S I O N  

The survey bands of ROSAT are capable of detecting hot WDs at distances of more than lkpc and column densities 

above 1 - 2  × 102°cm -2. It is expected that ..~ 5500, ~ 2200 and ~ 1400 DA WDs will be detected in PSPC, C/Lexan/B 

and Be/Lexan bands (the survey bands) respectively, but large uncertainties are present in these estimates. However, 

resolving problems like these is an important reason for performing the survey. Approximately 1500 WDs are known 

to exist of which ~ 30% (about 450) have temperatures > 20000K. Clearly most of those WDs detected by ROSAT 

will be unidentified and a considerable follow-up programme of optical observations will be needed. Realistic estimates 

of the numbers of detectable He-rich WDs cannot be made with current data. An all-sky survey will be of particular 

importance in population studies of these objects as ROSAT is very sensitive to those temperature ranges not easily 

studied by optical or UV observations. 

Observations of a few WDs with Einstein and EXOSAT has shown what information can be obtained (eg. 

Tee, Nit and H/He ratio) from soft X-ray photometry. The ROSAT sky survey will represent a huge increase in 

the statistical sample available for population studies, yielding an accurate luminosity function and the relationship 

between He abundances and Teff. 
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RESULTS OF A SPECTROPHOTOMETRIC SURVEY OF WHITE DWARF SUSPECTS IN THE 

SOLAR NEIGHBOURHOOD 

l.Bues 

Dr.Remeis-Sternwarte Bamberg,Astron.lnstitute 

Universitit Erlangen-N~rnberg,D-8600 Bamberg,FRG 

R-] 

OBSERVATION 

320 blue stars of the Giclas and Luyten catalogues with positions 130~ 

~ 15 ° and magnitudes 12m(m ~15 m have been observed photometrically 
Pg 

in UBVRI and Str~mgren colours with the ESO im telescope at La Silla 

in order to increase the number of close-by white dwarfs. From their 

Str~mgren colburs more than 120 stars belong to the white dwarf rezion. 

But, as outlined by Ruppreeht and Bues (1983), a combination of the 

photometric systems and the combined two-colour diagrams (R-I)/(U-V) 

and (R-~)/(u-b) provide additional information on binary components. 

Fig.l sho~s a sample in the (R-l)/(u-b)diagram. For (u-b) ~ .2 and (R-I) 

> .2 a second component is present. 

X X X 

X 0 
X X XX X X ~ 

Fig.l : combined two-colour x x Xx 
x x diagram of observations 

~x X 

:x x xX x K 
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x xx 

xX x 
x 
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With these criteria in mind,we took 82 objects for further investigation. 

At the ESO 1.52m-telescope spectra (114 ~/mm,IDS+CCD) have been obtained 

for all white dwarfs and an analysis by model atmosphere technique has 

started to determine the distance of ~e objects. For three stars (GD 

(GD 1401,GD 1555,GD 1072) we did polarimetric measurements with the 

PISCO at the ESO 2.2m telescope,where GD 1072 yielded a positive result 

of 2% slightly variable linear polarization,the others did not show any 

polarization. 
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Here we would like to present our results for those stars of spectral 

type DA indicated by heavy colour in Fig.l and with photometric data 

summarized in Table i. 

Table i: WHITE DWARFS OF TYPE DA FROM COLOURS 

NAME V B-V U-B U-V R-I y b-y m I u-b d (pc) 
............................................................................................... 

L 550-52 14.20 .14 -.51 -.37 .04 14.33 .01 .47 .74 25 

LP 611-52 15.24 .12 -.62 -.50 .08 15.53 .05 .31 .41 47 

LP 906-28 15.05 .19 -.62 -.43 .11 15.03 .07 .33 .50 36 

LP 734-74 15.53 .24 -.69 -,45 -.06 15.49 .ii .26 .59 39 

LP 615-46 14.97 .23 -.60 -.37 .26 14.98 .14 .19 .56 30 

LP 736-4 14.75 .27 -.96 -.69 .17 14.71 .22 .i0 .41 49 

LTT 4893 14.66 .12 -.59 -.47 -.13 14.54 .16 .20 .62 28 

L 905-20 14.10 .04 -.89 -.85 .24 14.16 .03 .08 .01 34 

LHS 2712 14.81 -.03 -.67 -.70 -.i0 14.80 -.07 .30 .47 58 

LTT 5410 14.61 .21 -.57 -.36 .06 - 25 

LTT 5453 14.93 .32 -.61 -,29 .04 15.00 .16 .20 ,54 25 

LP 739-61 15.77 .15 -,66 -.51 15.77 -.06 .41 .53 54 

LTT 6451 15.20 .20 -.59 -.39 -.07 15.16 .03 .30 .63 34 

GD 1295 14.17 -.13 -.68 -.81 -.01 14.16 -.03 .15 .36 47 

GD 1192 13.37 .i0 -.61 -.51 -.04 13.37 .03 .41 .61 22 

GD 1212 13.26 .18 -.57 -.39 .04 13.25 .08 .27 .67 16 

ANALYSIS 

Hydrogen line-blanketed LTE model atmospheres have been used to compute 

colours as well as fluxes in the range 16000 ° ~ Teff~.llOOO°K , log g:7 

and 8. For a detailed comparison of the Balmer line region, we developed 

a new code of Stark profile calculation for H A to H[.Fig.2 shows the 

region of H~ to H~for one of the cooler objects of our DA sample in 

direct comparison with flux and line profiles of a model atmosphere. 

The profile 
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of each Stark component is computed in steps of .15 ~ and 
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Fig.2:Direct comparison 
between the flux of a 
model atmosphere and an 
observed best fitting 
spectrum 
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then folded with other broadening mechanisms. The agreement with obser- 

ved profiles is improved as compared to tabulated and interpolated 

values. 

With Teff, log g and the bolometric correction taken from a fit of a 

model atmosphere with white dwarfs of known distance we calculated 

photometric parallaxes of the stars in Table i. The last column of the 

Table contains the results. The accuracy of the distance determination 

should be better than 15pc. 

If compared to the total number of this most common type of white dwarfs 

in the intermediate range of temperature,our survey increases the number 

within 50 pc by 5 %. Our investigations of cooler objects,however,do 

not show a further increase of objects by number,as we had expected 

when we started the programme. 

For 4 cool very blue subdwarfs (GD 806,GD 1439,~82-44,G152-67) with an 

abundance analysis by model atmospheres with 7000°~,Teff~ 5500°K, 5.5z~ 

log g -~ 6.5 and photometric parallaxes a distance of ~i00 pc for the 

G-stars and 500 pc for the GD stars has been determined. GD 806 is the 

most interesting object of this group with a reduction of heavy metals 

by a factor of at least 103 and e reduced by a factor of i0 only. Fig.3 

shows an important part of the blue spectrum,where the Balmer lines 

are the strongest features by far and the weakness of CaII at 6500°K 

is evident. 

, , I  '1,', I I 

3700 /.000 4200 4500 ~t ~ ] 

Fig.3: Blue spectrum of GD 806 (114 ~/mm) 

The survey will be continued for another year to obtain a detailed 

analysis for white dwarfs and various kinds of subdwarfs. 
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Three D o u b l e  Degenerate  Candidates 

Diana Foss 

Steward Observatory, University of Arizona 

Tucson, AZ, 85721 USA 

This poster reports the results of a search for variable radial velocities in 29 DA white 

dwarfs. The survey was sensitive to periods between I h and 66 d, although non-ideal sampling 

limited the longest practically detectable period to 2 d. Three stars were discovered to have radial 

velocity shifts at above the 3~ level. The discovery of these stars, along with that of Saffer, 

et al. (1988) can put only a lower limit on the space density of close binary white dwarfs, as this 

survey was less than 100% efficient in detecting radial velocity variations, and its efficiency 

depended strongly on period. 

Introduction 

Several authors (Paczynski 1985, Webbink 1984, Iben and Tutukov 1984) have proposed 

close pairs of degenerate stars as the progenitors of Type Ia supernovae (SNeIa), and subsequent 

calculations of the merger of such systems by Iben and Tutukov (1984, 1987), Arnett, Branch and 

Wheeler (1985), and Tornamb6 and Matteuchi (1987), among many others, have produced model 

spectra and light curves in good agreement with observations of real SNela. This theoretical 

framework has motivated workers to search for duplicity in supposedly single white dwarfs. 

Greenstein (1986) has found a handful of wide pairs of white dwarfs, but the only major 

systematic search until now, that of Robinson and Shafter (1987), failed to find any binaries. They 

concluded that the fraction of all supposedly single white dwarfs that are really double with 

periods between 30 s and 3 h is less than I /20  with 90% probability. Nevertheless, Saffer, et al. 

(1988) have discovered that WD 0135-052 (EG 11, L 870-2), a popular spectrophotometric standard, 

is in fact a close, detached pair of DA white dwarfs. The present search was motivated by the lack 

of systematic observations sensitive to periods longer than three hours. 

Observations 

The observations were carried out using the 1.5 m telescope at Palomar Observatory on the 

nights of 19-21 June and 30 October-2 November 1985 and 23-27 February 1986. The instrument 

used was the 1.5 m's CCD spectrograph, using a 800 x 816 pixel TI CCD, and a 1200 line grating in 

first order. The observations covered a wavelength range between 4200 to 5100 ./~ and had a 

resolution of 240 km/sec.  Forty-two bright white dwarfs were observed, 29 of which had spectra 

good enough to fit. All but 11 of these were subsequently observed by Robinson and Shafter, but 

the observations reported here were spaced such that much longer periods were sampled. The 

stars, listed in Table 1, were chosen, on the basis of their brightness, from the McCook and Sion 

(1984) catalog of spectroscopically identified white dwarfs. Each observation was bracketed by 
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Star 

WD 0004+330 

WD0109-052 

WD0135-052 

WD0148+467 

WD0205+250 

WD0227+050 

WD 0232+035 

WD 0410+117 

WD0644+375 

WD 0612+177 

WDl105-048 

WD 1134+300 

WD 1143+321 

WD1254+223 

WD1314+293 

<Ov> 
(km/sec) 

76.42 

23.56 

27.33 

21.92 

18.92 

21 A6 

79.67 

33.66 

58.34 

70.47 

62.71 

76.47 

93.71 

81.93 

310.89 

At 
(hr) 

45.92 

24.57 

1.87 

1.95 

23.63 

47.40 

47.45 

23.17 

19.77 

3.46 

25.22 

22.33 

20.59 

2.66 

22.95 

2.27 

19.93 

23.75 

23.14 

20.76 

3.79 

21,28 

3.85 

22.53 

25.10 

21.40 

3.55 

26.18 

22.63 

21.62 

22.18 

23.12 

45.90 

T a b l e  I 

Star 

WD 1327-083 

WD 1527+091 

WD 1538+269 

WD 1615-154 

WD 1647+591 

WD 1919+145 

WD 2032+248 

WD 2039-202 

WD 2117+539 

WD 2126+734 

WD 2149+021 

WD 2256+249 

WD 2309+105 

WD 2326+734 

<(~v > 
(km/sec) 

64.46 

88.86 

44.37 

175.50 

71.24 

134.98 

74.76 

140.60 

18.62 

22.66 

25.79 

39.27 

88.76 

22.76 

At 
(hr) 

22.90 

24.98 

48.40 

24.01 

24.97 

3.67 

21.95 

23.47 

25.62 

45.42 

49.09 

3.77 

46.48 

50.25 

2.25 

1.67 

47.20 

48.87 

47.22 

1.80 

49.02 

22.63 

22.38 

2.70 

45.64 

48.34 

21.03 

23.53 

44.56 

20.73 

22.48 

23.07 

45.55 
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spectra of a helium comparison arc lamp. Each star was observed at least twice, many three or 
four times, with observations separated by roughly either 3, 24, 48, or 72 hours. 

The data were reduced using NOAO's Image Reduction and Analysis Facility (IRAF). The 
spectra were flat-fielded, sky-subtracted, summed down to one dimension and wavelength 

calibrated using the He arc spectra. They were not flux calibrated. The spectra were fit with a non- 

linear least-squares "pseudo" Lorentzian line profile, as described in Saffer, et al. (1988). A 
velocity shift of at least three times the 1~ errors from the fit and the wavelength calibration was 
considered the minimum believable difference. Three stars, WD 0612+177, WD 1143+321, and 

WD1538+239 met this criterion, as shown in Figures 1 through 3. 

Discussion 

Although three stars in the sample showed sufficient radial velocity variations to be 

counted as binaries in the analysis, one cannot therefore immediately calculate a space density of 
binary white dwarfs. Due to the non-ideal sampling of periods imposed by the intervals between 

observations, the probability of detecting a binary depends upon its period, dropping to zero 
when the period is equal to the observation interval. This is shown in Figure 4. Since radial 

velocity variations could not be detected with 100% efficiency, any  space density calculated 
directly from these stars plus WD 0135-152 can only be a lower limit, as non-detections in this 
survey do not necessarily imply single stars. I plan to observe the three stars reported here as 
candidates, to confirm their radial velocity variability, and to determine their orbits. 
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T H E  C C D / T R A N S I T  I N S T R U M E N T  (CTI)  
B L U E  O B J E C T  S U R V E Y  

J. Davy Kirkpatrick and John T. McGraw 
Steward Observatory, University of Arizona 

Tucson, Arizona 857~1, U.S.A. 

In troduct ion:  

The CCD/Transit  Instrument (CTI) is a 1.8 m, f/2.2 meridian-pointing telescope located on 

Kitt Peak. It has no moving parts, but utilizes two RCA charge-coupled devices (CCDs) aligned 

with columns in the east-west direction and operated in the "time-delay and integrate" (TDI) mode 

at the apparent sidereal rate to form an image of the sky as it transits (McGraw et al. 1986). The 

strip is 8.25 arcminutes wide north-south with length determined by the length of the night. Thus, 

each night the CTI surveys about 15 square degrees of the sky, or about 45 square degrees per 

year, to a nightly limiting magnitude of mv >_ 20. One of the two CCDs in the focal plane always 

observes through a V filter while the other utilizes one of (U), B, R, or I, depending upon the sky 

brightness. These data are searched to find every detectable object and photometric parameters 

are calculated for each. These data become part of a Master List which contains the best estimate 

for each parameter and a History List which maintains a light curve for every detected object. The 

vital statistics of the project are listed in Table 1. 

This paper describes our preliminary efforts at investigating the blue stellar component of 

these data bases. The CTI survey yields high-precision, homogeneous multl-color photometry to 

faint limiting magnitudes, thus allowing a statistically complete sample of objects which can be 

used for a wide variety of scientific programs. The photometric precision derives principally from 

utilization of the TDI technique which effectively averages all spatial instrumental corrections (bias 

and fiat-field) into more stable linear functions. 

In particular, we wish to spectroscopically identify white dwarf and subdwarf stars to faint 

limiting magnitude both in the galactic halo and in the disk. These stars can be used as probes 

of galactic structure in the solar vicinity. Thus far we have spectroscopically identified 110 objects 

which have been determined to be "very blue" on the basis of colors derived from B, V, tt and 

I measurements. We use the spectroscopic identifications to refine the loci of white dwarfs, sub- 

dwarfs, etc. in our N-dimensional color space to fainter limiting magnitudes. Additionally, we 

begin an investigation of the motions and velocities of the white dwarfs we have discovered. 

The Survey:  

The blue candidates were selected from their outlying positions in color-magnitude or color- 

color diagrams. Each blue candidate is visually inspected in the CTI pixel data to ensure it is not 

contaminated by the halo of a nearby very bright star or merged with one or more stars. We also 
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reject candidates contaminated by CCD artifacts such as charge "bleeding" from bright stars. The 

objects which survive our visual test are promoted to our observing list. 

T A B L E  1 :  S u r v e y  V i t a l  S ta t i s t i c s  

1.8 m, f/2.2 Automated Telescope 
Two RCA CCDs - -  320 × 512 Pixels, 30 Microns in Size 

Field Scale of 52 Arcsec mm -1 - -  Pixel Subtends 1.55 Arcsec 
Declination of Strip - -  +28 Degrees 

Width of Surveyed Strip - -  8.26 Arcmin 
Total Area Surveyed - -  43.7 Square Degrees 

Time History Recorded in V Bandpass 
Time-averaged (U), B, V, R, I Colors Obtained 

DETECTORS: 
CCDs Have No Cosmetic Blemishes 

"V" CCD - -  40 Electron Readout Noise 
- -  10.78 Electrons/ADU 

- -  Nightly Limiting Magnitude V = 21 
"Color" CCD - -  72 Electron Readout Noise 

- -  9.18 Electrons/ADU 

CONTROL AND ACQUISITION COMPUTER SYSTEM: 
- -  16-bit Minicomputer 

- -  Real-time Program "Herschel" Requires Minimal Human Response 
- -  Data Stored on Disk During Acquisition 

- -  Data Written to Magnetic Tape  for Transport to Tucson 

Thus far we have had 1.5 clear nights of spectroscopic observing time on the 4.5 m Multiple 

Mirror Telescope (MMT) and 6.5 nights on Steward Observatory's 2.3 m telescope on Kitt Peak. 

Preliminary statistical results are presented in Table 2. At the 2.3 m, we identify those objects 

with mv < 18.0 in about 60 minutes; at the MMT we easily reach my = 19.5 in the same amount 

of time. Because the CTI photometric system must be "bootstrapped" internally to realize the 

full photometric precision of which the instrument is capable, the accuracy of our calibration has 

increased during the past year. Thus, Table 2 contains columns for objects observed during 1988 

January - March and June - July. The photometry, though still preliminary, is much better for 

the latter observing period - -  this is reflected in the increased percentage of truly blue objects 

identified during this period. We anticipate calibration to about 0.01 mag at my = 18 as the 

ultimate goal towards which we are working. At this level, the percentage of correctly identified 

candidates will again increase dramatically. Additionally, because of uncharacteristically poor luck 

with weather, we have yet to observe the majority of our candidates with my >_ 18. Despite this, 

we have been able to identify brighter white dwarfs, subdwarfs, quasars, etc. 

In Table 2 we have included subdwarfs in the basic stellar groups. Cataclysmic and related 

systems are included as "composite." No spatial information other than visual inspection was used 

to discriminate against galaxies, hence the inclusion of a few faint galaxies with bright nuclei. The 

two M stars were included from CTI colors which were very red; one of these is a dMe star. 
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T A B L E  2: P r e l i m i n a r y  Results  

Type of Object Total January - March June - July 

my < 17.0 my >. 17.0 my < 17.0 mv > 17.0 

DA's 8 1 4 0 3 

Quasars 3 0 2 0 1 

Seyferts 2 1 0 0 1 

Other Galaxies 3 0 2 0 1 

B stars 21 13 1 5 2 

A stars 21 14 1 4 2 

F stars 35 13 12 4 6 

G stars 10 2 5 3 0 

M stars 2 0 0 1 1 

Composites 4 3 0 1 0 

Planetary Nebulae 1 0 0 1 0 

Totals  110 47 27 19 17 

In the selection of candidates, we have utilized a technique for inspecting color N-space by 

making linear combinations of color, which correspond to arbitrary projections into a plane. Figure 

1 shows such a diagram utilizing the B, V, R, I filter data in which blackbody colors are very nearly 

degenerate. This corresponds to a projection perpendicular to the main sequence. The objects we 

have observed thus far are marked. Now that we have confidence that our colors reliably indicate 

the types of objects we anticipate, we shall concentrate efforts on spectroscopically identifying the 

bluer objects in this diagram. 

Spectroscopical ly Identified White  Dwarfs: 

Of the 110 objects thus far observed, eight are DA white dwarfs. Table 3 lists these stars 

along with preliminary V magnitude. The positions are encoded into the object name following 

the "CTI" designation. The positions are based on the J2000 equinox and are for epoch 1987.5. 

The number of characters per name is forced upon us in order to ensure uniqueness for each object 

in the CTI survey. CTI 104847.9+275823, also known as WD 1046+281, is the only white dwarf 

in the strip which has previously been spectroscopically identified (McCook and Sion 1987). 

We have compared the positions of these eight white dwarfs with positions derived from the 

Palomar Sky Survey plates. The positions of the white dwarfs and a network of about 10 stars per 

object within a radius of four arcmin were measured using the two-axis Grant measuring engine 

at the National Optical Astronomy Observatory. Additional SAO stars across each POSS plate 

were also measured. Limits to the motion were derived from comparing positions on the POSS 

to positions derived from CTI data. POSS positions have estimated uncertainties of =E0.1 arcsec 
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while CTI positional uncertainties are about +0.2 arcsec. Within these limits, seven of the eight 

DA dwarfs showed no detectable motions, but the eighth, CTI 195027.4+275957, shows a motion 

of 0.20 aresec yr -1. Its galactic coordinates are l -- 64~4 and b • 0?48, with a motion vector 

derived over the period 1951.5 to 1987.5 of Al = Ab = +0.14 arcsec yr -1. Another object with 

galactic coordinates l = +51~2 and b ~- 45~6 which is not yet spectroscopically identified, has a 

proper motion of 0.57 arcsec yr -1 moving principally north, perpendicular to the galactic plane. 

Clearly, comparing positions of CTI objects to those derived from the POSS will yield a number of 

interesting high motion objects. We plan to accomplish this comparison by simply digitizing the 

CTI strip on the POSS and utilizing the CTI software pipeline to accomplish the astrometry. 

TABLE 3: Spect roscopica l ly  

Object m y  

Ident i f ied W h i t e  Dwarfs  

Da te  Observed  Telescope  

CTI 035037.2+280044 18.0 15 Jan 1988 MMT 
CTI 045934.1+280335 17.2 15 Jan 1988 MMT 
CTI 054438.5+280224 17.9 15 Jan 1988 MMT 
CTI 104847.9+275823 15.6 15 Jan 1988 MMT 
CTI 135700.6+280448 17.1 13 Mar 1988 2.3 m 
CTI 143808.4+275934 17.9 22 Jun 1988 2.3 m 
CTI 163440.3+280306 17.1 11 Jul 1988 2.3 m 
CTI 195027.4+275957 17.9 11 Jul 1988 2.3 m 

Conclusions: 

The CTI survey will be a valuable resource for discovering statistically complete samples of 

white dwarf (and other) stars utilizing an accurate, homogeneous photometric data set spanning 

colors from the ultraviolet to the red. The statistics of a complete sample grow in importance as we 

attempt to define the number of evolutionary "channels" capable of producing white dwarfs (e.g., 

Shipman 1987, Fontaine and Wesemael 1987). We have thus far done spectroscopic observations 

intended to explore the validity of our colors, which are still undergoing calibration improvements. 

Our selection of white dwarf candidates will improve as this calibration progresses. 

We have discovered seven new spectroscopically identified white dwarfs and this number will 

increase with available observing time. These objects will be made known to the community as 

they are discovered. 

The positions derived from CTI data are of sufficient precision to discover high motion objects 

when compared to POSS-derived positions. The CTI pipeline is capable of directly discovering 

motion objects by comparing digitized POSS data to the CTI data bases. 
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F i g u r e  1: A special plot whose axes are linear color combinations chosen because they are nearly 
blackbody degenerate; the main sequence stars occupy a minimal area of the plot. This figure 
shows some 33000 objects, 28 of which are objects spectroscopically identified. The symbols are 
given in the legend above. It should be noted that there are a fair number of obvious outliers 
which have not yet been spectroscopically identified. There are three possible reasons why any one 
of these has not yet been observed: (1) The object has colors which are unreliable because of a 
crowded field, charge "bleeding", etc. (i.e., this plot contains all of the CTI images, not just the 
good ones). (2) The object is at some right ascension which has so far been unobservable. (3) The 
object has a magnitude which is fainter than about 18.00 - -  we just have not had sufficient time 
on the MMT to adequately observe many of the fainter candidates yet. This last reason is by far 
the most probable explanation for the number of unidentified outliers. 
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LOW MASS HYDROGI~ ~%~ELOPES AND q[4E DB GAP 

James MacDonald 

Department of Physics and Astronomy, 

University of Delaware, Newark, DE 19716 

INTRODUCTION 

The existence of a gap in the distribution of helium atmosphere white dwarfs at the 

effective ~rature interval 30,000 K < T e <_ 45,000 K is well documented (Wesemael, 

Green and Liebert 1985; Liebert et al 1986; Green and Liebert 1987). 

To explain the presence of this gap and other variations of the non-DA to DA ratio, it 

has been proposed (Fontaine and Wesemael 1987; Liebert, Fontaine and WesEa~ael 1987) 

that the helium-rich PG 1159 stars are the progenitors of essentially all white 

dwarfs. Some minute quantity of hydrogen of total mass, MH, is assumed to be mixed in 

the outer helium envelope, and settle upward as the star cools from the PG 1159 stage. 

Eventually enough hydrogen is at the surface to make the star appear a DA. The star 

has to become DA before it cools down to ~ 45,000 K and oools to ~ 30,000 K as a DA. 

At this temperature, depending on MH, the underlying helium convection zone may break 

into the hydrogen layer, diluting it and making the star a DB. 

In order to test this hypothesis, envelope models for a 0.6 solar mass white dwarf 

have been computed for Te'S between 15,000 K and 80,000 K. The envelopes are mixtures 

of hydrogen and helium in diffusive equilibrium. 

THE PHYSICAL MODEL 

To calculate the envelope structure, the stellar radius and effective tem~_rature are 

taken from the evolutionary models of Koester and Sch~nberner (1986) for a 0.6 solar 
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mass helium envelope white dwarf. The He/H ratio is specified at optical depth 10 -3 

and the stellar structure equations integrated inwards. The co~position structure is 

determined by assuming tb~t each species is in diffusive equilibrium due to balance 

between gravity, partial pressure gradients, radiative forces, and induced electric 

fields. Thermal diffusion has been not been included as it has been shown to be 

negligible in white dwarfs by Paquette et al (1987). Convective mixing is treated as a 

diffusive mixing process for which the diffusion coefficient is obtained from mixing 

length theory. Radiation forces on separate species are included by assuming a gray 

opacity law. The equation of state is based on Eggleton et al (1973) and Los Alamos 

radiative opacities for H/He mixtures are used. Full details of the calculations will 

be given elsewhere. However, because the results are sensitive to the treatment of 

convection, the mixing length theory employed is briefly discussed below. 

In a convection zone, the structural gradient, ~, is given in terms of the adiabatic 

gradient, Va, and radiative gradient, Vr, by 

v = ( V r + O V a ) / ( l + a )  

o is a dimensionless quantity equal to the growth rate of small perturbations 

multiplied by tth , the thermal time scale of a convective element of size equal to the 

mixing length, i, which is proportional to the pressure scale height. In radiative 

zones, a = 0. The convective mixing diffusion coefficient is ~ 12 / tth. 

o is the largest solution of 

s2+s +A=0 

where 

2 ~in 0 
A = ~ (tth/tdyn)2 ~-~ ~ p (V - Va) 

and tdy n is the dynamical time scale. Tnis equation can be derived from equations in 

MacDonald (1983). Convection occurs if A < 0. 

RESULTS AND CONCLUSIONS 

~ne He/H ratio by mass at the photosphere (optical depth 2/3) is used to characterize 

whether a white dwarf is a non-DA or a DA. ~nis quantity is plotted against T e for 

three values of M H in figures i and 2. The headir~ of each figure gives the mixing 

length ratio used. The lines are labelled by the logarit~ of M H in solar masses. 
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It is readily apparent that for M H ~ 10 -15 solar masses, the photospheric He/H ratio 

undergoes significant changes as the star evolves. Levitation of helium by radiation 

forces, important at high effective temperatures, decreases as the star cools 

resulting in an increase in photospheric hydrogen. A small surface helium convection 

zone sets in at an effective temperature that is dependent on M H. Since the presence 

of hydrogen tends to suppress the helium convection zone, the larger the amount of 

hydrogen, the cooler the star has to be before convectionsets in. Convective mixing 

dredges up helium and the He/H ratio increases slightly before decreasing again. A 

deep helium convection zone develops when T e = 30,000 K, rapidly transforming 

hydrogen-dcmdnated atmospheres into helium-dominated atmospheres. 

So far it has been assumed that the envelopes have had sufficient time to come into 

diffusive equilibrium as the star cools. To check this assumption, gravitational 

settling time scales for trace hydrogen have been computed as a function of depth for 

pure helium envelope models. By equating age with the gravitational settling time 

scale, the depth from which hydrogen will have floated to the surface can be found. If 

hydrogen is initially mixed no deeper than ~ 10 -6 solar masses frc~ the surface, the 

envelope will be in diffusive equilibrium before the star has oooled to 80,000 K. 

Otherwise, not all the hydrogen has had time to float to the surface and the 

equilibrium models will underestimate the photospheric helium ~ces. The results 

of an attempt to quantify this effect are shown in figures 3 and 4 for hydrogen 

initially mixed in the outer 10 -5 solar masses of the envelope. 

Given the uncertainties in convection theory, it can be seen from the figures that it 

is possible to construct evolutionary sequences that give the gap. The best model has 

mixing length ~ 2, and a minimum allowed value of M H ~ 2 10 -15 initially mixed in the 

outer 10 -5 to 10 -4 solar masses of the envelope. 
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DIFFUSION AND METAL ABUNDANCES IN HOT WHITE DWARFS 

G~rard Vauclair 
Observatoire Midi-Pyr~n~es 

14 av. E. Belin, 31400 TOULOUSE, France 

1. I n t r o d u c t i o n  

While the efficiency of gravitational settling to produce chemically pure atmospheres in white 

dwarf stars was outlined for the first time 30 years ago (Schatzman 1958), the competing role 

of the radiation flux in the hot white dwarfs was considered only 10 years ago (Fontaine and 

Michaud 1979; Vauclair, Vauclair and Greenstein 1979). At that  time, there was more motivation 

to understand how metals could reappear in the long lived cool non DA white dwarfs, where 

diffusion time scales are shorter by orders of magnitude than evolutionary time scales. Various 

processes were invoked to help restore some metal content in the white dwarf atmospheres: 

convection mixing and dredge up, accretion of interstellar matter.  In cool white dwarfs, the 

radiative acceleration is negligeable in the diffusion process; this is not the case at the hot end of 

the sequence where radiation may balance gravity. The short lived hot white dwarfs just  started 

to become exciting with the contemporary discoveries that i) some show metallic lines in their 

spectra, both hydrogen rich and hydrogen poor; ii) some of these are pulsating. In the following 

years, the number of hot white dwarfs revealing trace abundance of metals has increased, mainly 

owing to IUE observations. 

I do not intend here to make an exhaustive presentation of the observations. Such discussions 

may be found in recent reviews (Vauclair and Liebert 1987; Shipman 1987) and are also presented 

at this colloquium. In this paper, I prefer to stay on the theoretical side and present the results of 

the diffusion theory as they have been obtained, either to predict metal abundances to be expected 

in hot white dwarfs or to interpret observations of particular stars. Of course, the discovery of 

metallic lines in high dispersion IUE spectra of hot white dwarfs, as predicted by theory, was 

somewhat encouraging. However, now that so many hot white dwarfs show metallic lines, the 

theory has to be refined. Proper comparison of the observations with the theory should tell us 

about important mechanisms acting at this evolutionary phase. Important  questions are still to 

be solved: i) what are the various channels conducting a dying star to the white dwarf final stage 

of evolution? ii) what is the link between the presence of metals in the atmosphere of the PGl159 

stars and their instability? iii) what is the role of mass loss, selective or not, in that part  of the 

HR diagram? The chemical composition observed in the atmosphere is affected by both the prior 
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evolution of the stars and the presently acting physical mechanisms. A detailed description of the 

physical mechanisms in action at this evolutionary phase should lead to a better understanding 

of the questions quoted above. IUE has opened a new and rich area of research but is limited 

in size. With the Hubble Space Telescope we hope to get of a statistically significant sample of 

hot white dwarf high resolution spectra. This is one of the strong motivations to pursue detailed 

diffusion computations. 

In the presence of pressure, temperature, concentration gradients and radiation flux, an ion 

of a trace element is submitted to forces induced by the various gradients, and by the absorption 

of selective parts of the radiation flux through lines. It is well known (see for instance Vanclair 

1983) that as long as the abundance of the diffusing particles is small, i.e. that the opacity due to 

these particles is much smaller than the total opacity of the gas, the radiative acceleration on the 

diffusing particles does not depend on their abundance. In the reverse case, when the absorption 

of radiation due to the diffusing particles cannot be neglected compared to the total opacity, 

the radiative acceleration is affected by saturation and becomes dependent upon the abundance. 

It is for this reason that equilibrium abundances may be reached. A large abundance of a given 

element will not be generally supported by the radiation flux as there are too many ions willing to 

absorb a limited number of photons at the ions absorption line wavelengths. As a consequence the 

upward radiative acceleration is not able to compensate the downward acceleration due to pressure 

and temperature gradients. The ions diffuse downwards. Doing so, their abundance decreases, 

their absorption lines progressively desaturate and the radiative acceleration increases. When the 

radiative acceleration may just balance the downward acceleration, the ions reach an equilibrium 

state where their diffusion velocity cancels exactly. This occurs for a value of the abundance that 

we call the equilibrium abundance. As a consequence of the dependence of the various forces 

with depth the equilibrium abundances must also vary with depth. In this paper, C, N, O and Si 

equilibrium abundances achieved by diffusion in two series of white dwarf models will be discussed 

and compared to observations. The two series cover a range in effective temperature of 50 000-150 

000K for He rich envelopes, and of 30 000-100 000K for H rich envelopes. In one case the surface 

gravity is maintained constant (log g = 8.) while in the other case, the surface gravity is allowed 

to change with effective temperature, according to realistic evolutionary sequence for a 0,6 M® 

white dwarfs (Koester and Sch6nberner 1986). 

2. Meta l s  in ho t  n o n - D A  whi t e  dwarfs  

In helium dominated envelopes, the low opacity is responsible for producing a high pressure 

in the atmosphere. This favors the radiative acceleration by increasing the coUisional width of the 

absorption lines. On the other hand, the mass ratio of the diffusing particles in a helium dominated 
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env i ronment  is less t h a n  the  equivalent  mass  ra t io  in a hydrogen domina ted  envi ronment .  Bo th  

effects act in the  same direct ion in reducing the  downward diffusion velocity,  or, a l ternat ively,  in 

producing  larger equi l ibr ium abundances ,  in he l ium a tmospheres .  

Typical  equi l ib r ium abundances  of C, N, O and  Si in a ho t  He envelope whi te  dwarf  are shown 

in figure 1. In this  Te = 100000K, log g=8  model,  carbon,  n i t rogen  and  oxygen are d i s t r ibu ted  

wi th  dep th  in two shells. The  m i n i m a  between the  two shells cor respond to the  region in the  s ta r  

where the  e lements  are in the  noble  gas s t a t e  (CV, NVI, OVII) .  As is well known (Michaud et al. 

1976; Vauclair ,  Vauclair  and  Greens te in  1979) resonance lines in the  noble  gas s t a t e  are at  much  

shor te r  wavelengths  t h a n  the  range  where  mos t  of the  con t inuum rad ia t ion  flux is emi t ted .  The  

resul t ing rad ia t ive  accelerat ion experienced by the  ions in th i s  s tage of ionizat ion is too  smal l  to  

suppor t  the  elements.  The  case of  Si is somewha t  more  compl ica ted  due to the  a tomic  s t ruc ture .  

One general ly finds an  abundance  d is t r ibu t ion  wi th  two minima.  The  ou te rmos t  m i n i m u m  is due 

to the  SiV noble  gas. 
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FZGURE 1 . -  C, N, O and Si diffusion equilibrium abundances in a 100 000K, 
log g = 8.0 He envelope. The abundances are given on logarithmic scale, in units of 
the solar abundance ratios. The lower scale is the gas pressure, while the upper scale is 
the temperature, both on logarithmic scale. The arrows show where the optical depth 
r is 10 -2, 10 -1 and 1 respectively. C, N and O are distributed in two clouds with 
the minimum of the equilibrium abundance correcponding to the region where they 
are predominantly in the noble gas {CV, NVI, OVII. Si distribution reflects the more 
complex atomic structure and show three maxima. In this model, the maxima of the 
upper metallic clouds occur at r -~ 10 - t ,  well inside the line forming region. 
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How do the equilibrium atmospheric abundances vary with the effective temperature is 

illustrated in Figure 2. The Rosseland optical depth r = O.1 has been choosen as a representative 

value of the line forming region. Figure 2 shows the equilibrium abundances of C, N, O and 

Si predicted by diffusion at that particular optical depth. The abundance supported in the 

atmosphere depends heavily on the temperature: on one hand, increasing Te makes a larger 

radiation flux available for absorption; on the other hand, increasing Te favors a larger fraction of 

the noble gas ion into the line forming region. The interplay of these two effects is responsible for 

the behavior of the equilibrium abundances in Figure 2. Carbon is mainly CIV (at 70%) at 50 

000K with a small (2%) fraction of CV. CV increases to 20% at 60 000K. This is not enough to 

balance the increased radiation flux. At higher temperature however, the increasing flux cannot 

balance the effect of the increasing fraction of CV (81% at 80 000K, 100% at 150 000 K) in reducing 

the radiative acceleration. This explains the decrease of the carbon equilibrium abundance with 

increasing temperature. The situation is similar for nitrogen and oxygen except that it takes 

higher an effective temperature to get the noble gas in noticeable amount at r = 0.1. For silicon, 

the fraction of SiV in the 50 000K model is already of 75% and increases regularly up to 100 000K 

where it reaches almost 100%. This is responsible for the dramatic decrease of the equilibrium 

abundance with increasing Te. At temperature higher than 120 000K, the fraction of S W I  starts 

to be large enough to make the radiative acceleration and the equilibrium abundance increasing 

with effective temperature. Negligeable at 50 000 and 60 000K, the effect on the equilibrium 

abundances of changing the surface gravity from the Hamada-Salpeter mass-radius relation to 

a more realistic evolutionary sequence (Koester and SchSnberner 1986) cannot be neglected at 

higher effective temperature. 

At this stage, how do the observations compare with the theory? At the very hot end of 

the white dwarf sequence, we even do not know the atmospheric chemical composition. The H 

and He poor object H 1504+65 (Nousek et al. 1986) is presently the hottest known degenerate 

star at Te -~ 160 000K. While the absence of He lines at that temperature does not necessarily 

imply an helium poor atmosphere, ground based spectra definitely show O V I  and CIV  feature; 

O V I  absorption at 1032 ~ was also seen in a Voyager spectrum. If we believe for the time being, 

i.e. until we are able to modelize H 1504+65 atmosphere and derive relevant abundances, that 

this object could be a hot progenitor of the helium rich sequence, it is tempting to compare the 

predictions of diffusion theory with what is observed in that object. In the 150 000K model, carbon 

is almost entirely in the noble gas configuration, only a tiny fraction of - 10 -3 still survives as 

CIV.  CV would not be detectable: its resonance lines are too far in the EUV and the only line 

to fall in the long wavelength range of IUE (A2273~) originates from the first excited level which 

has negligeable population. With a total C/He -- 2.5 -4.0 10 -s ,  the fraction C/V/He which could 
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form the )~1550~ resonance line is ~- 2. - 5. x 10 -s .  Nitrogen is also mainly (at 98%) in the noble 

gas stage of ionization. The resonance lines are far in the EUV. The IUE long wavelength range 

could not detect the 1901.5 .~ line which originates from the first excited level, not populated at 

that temperature. NV )~1240.~ should be present but only 2% of the total nitrogen is in the NV 

stage of ionization, mostly in excited states, a situation not favorable to the absorption from the 

ground state from which the line originate. Oxygen is approximately half OVI, half OVII  (46% 

and 53% respectively). This makes highly favorable the detection of OVI lines, as observed in H 

1504+65, especially through the line at )~1033.8}1 which originates from the ground state. The 

OVI/He ratio in equilibrium at r = 0.1 is - 8 x 10 -6 - 3 x 10 -5. Silicon is mainly SiV and SiVI 

none of which does have line in the IUE domain. Silicon, if it is there with the high abundance 

predicted by theory (from 3 times less than solar to solar) would remain undetected. 

The range of effective temperatures 100 000K -120 000K is the domain of the PG 1159 

stars. Inspection of figure 2 reveals that in this temperature range the equilibrium abundances 

of N and O reach their maximum value. Is that a pure coincidence? At 100 000K, carbon is still 

dominantly in the CV state but CIV accounts for almost 4%. Carbon is depleted by only a factor 

2 compared to the sun. CIV resonance lines should be strong at these temperatures, which is 

observed in many PG 1159 stars (Bond et al. 1984; Sion, Liebert and Starrfield 1985; Wesemael, 

Green and Liebert 1985) and in the related pulsating central star of the planetary nebula Kl-16 

(Grauer and Bond 1984). It is more difficult to understand why NV A1240.~ is not stronger in 

all stars of that temperature range. The predicted total nitrogen abundance at equilibrium is 

5 to 7 times the solar value and 75% should be in the form of NV. NV is detected in some 

PG 1159 stars (Bond et al. 84; Sion, Liebert and Starrfield 1985; Wesemael, Green and Liebert 

1985) but it is generally a weak line. The star KPD 0005+5106 also shows carbon lines but no 

nitrogen from low resolution IUE spectrum (Downes, Liebert and Margon 1985). Does this mean 

that nitrogen, which is always found more efficiently pushed upward by the radiative acceleration 

in our theoretical computations, has already been largely expulsed out of the star during the 

pre-PG 1159 phase, or depleted during previous nuclear burning episodes? Oxygen is only at 3% 

in the OVI stage but the dominant OIV and OV stages do not have strong lines in the IUE or 

visible wavelength range. With O/He -~ 1. -2. 10 -4 (a deficiency of 6. -3. compared to the Sun) 

the oxygen equilibrium abundance reaches its maximum at that temperature. As a consequence, 

oxygen absorption lines (OVI) are expected at this temperature. They are effectively observed 

in a number of PG 1159 stars (Sion, Liebert and Starrfield 1985). As far as silicon is concerned, 

it is hardly detectable being in the SiV ionization stage. A tiny fraction of surviving Si/V (a 

few 10 -s)  could be responsible for the weak SiIV barely seen in a few PG 1159. We still do not 
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have, at the time of writing, an abundance determination for PG 1159 stars. The present analysis, 

based on the assumption of an helium dominated envelope could become irrelevant to PG 1159 

stars if the chemical composition is C/O dominated, as suggested by Starrfield et al. (1984) to 

trigger the instability. I have suggested elsewhere (Vauclair 1987) that the diffusion mechanism 

which naturally produces equilibrium clouds of C, N, O and Si in the supposedly helium rich 

outer layers of these stars could be responsible for both the presence of absorption lines of these 

species in the stellar spectra and of the instability observed in some of the PG 1159 stars. 

At lower effective temperature (80 000K) our computations may be relevant to the hot DO. 

For these stars, whose prototype is PG1034+001, one knowns  that they are helium dominated. 

In our 80 000K models, carbon is still dominantly in the CV configuration but CIV  reaches 

almost 20%. Carbon is efficiently supported by the radiation field to approximately half the solar 

abundance (C/He -~ 2 x 10-4). This equilibrium value at r = 0.1 is in good agreement with 

independent diffusion computation by Chayer et al. (1987) who find C/He "~ 4.10 -4 at r = 1. But 

it is significantly in disagreement with the value derived from the observation (Sion, Liebert and 

Wesemael 1985) which is smaller by a factor 100. Nitrogen is found to be overabundant compared 

to the solar abundance (by a factor 3) which is in good agreement with the overabundance observed 

(Sion, Liebert and Wesemael 1985) and with the theoretical study of Chayer et al. (1987). Oxygen 

is found deficient by a factor 6 -8 compared to the Sun, which is a factor 10 smaller than the value 

predicted at r = 1 by Chayer et al. (1987). However the uncertainty on the observed abundance 

is large enough to accomodate the two independently derived theoretical values! 

At the temperature of 60 000K -50 000K, the lower limit we have considered here for hot 

non -DA, in order to avoid helium convection zones, we are in the domain of the cool DO as HD 

149199B (Bruhweiler and Kondo 1983; Sion and Guinan 1983). Unfortunately we do not have 

abundance determinations to compare with theory for that star. CIV dominates at r = 0.1 (74% 

at 60 000K, 70% at 50 000K). Carbon is supported by the radiation flux at a value close to the 

solar abundance (80% of the solar abundance at 60 000K, 60% at 50 000K). As a consequence 

strong CIV lines are expected and are observed. Nitrogen is predicted to be slightly overabundant 

compared to the Sun (by a factor 2 at 60 000K and 1.25 at 50 000K). However it is in the form 

of N I I I  and N I V  which do not have strong lines in the visible or in the IUE range. Weaker N I I I  

lines should be present but have not been detected. Oxygen is predicted to be deficient by larger 

factors (from 20 at 60 000K to 60 at 50 000K). The dominant ionization stages are O I I I  and 

O I V  which do not show lines neither in the visible nor in the UV accessible to IUE. While SiV is 

still dominant at this temperature, SiIV should be abundant enough (6% at 60 000K and 24% at 

50 000K) to lead to absorption lines, especially at these temperatures where the theory predicts 
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detected in HD 149499B (Bruhweiler and Kondo 1983; Sion and Guinan 1983). 

3. Me ta l s  in  ho t  DA wh i t e  dwarfs  

For hot hydrogen envelope white dwarfs we consider the effective temperature range 30 000K 

-100 000K, as there is no DA hotter than 100 000K, or even hotter than 80 000K (Fleming, 

Liebert and Green 1986). The distribution of the equilibrium abundances are quite similar 

to the ease discussed in figurel. The somewhat reduced radiative acceleration and enhanced 

downward acceleration make the amount of metals which may be supported smaller in hydrogen 

envelopes than in helium envelopes. Figure 3 shows the variations with effective temperature of the 

equilibrium abundances for C, N, O and Si computed at Rosseland optical depth r = 0.1 in pure 

hydrogen atmospheres, with log g = 8.0 and along the 0.6 M® evolutionary sequence of Koester 

and SchSnberner (1986). A comparison with the similar figure 2 for helium envelopes illustrates 

the differences. In the considered temperature range, radiative levitation cannot support more 

than the solar abundances, in contrast with the helium case with the only exception of N at the 

very hot end of the Koester and SchSnberner sequence. 

In many hot DA, IUE observations have revealed the presence of metallic absorption. In some 

cases, velocity differences between metallic lines and Balmer lines point to the existence of a wind, 

or of circumstellar material. In such cases, the predictions of the pure diffusion may be irrelevant 

and mass loss should be introduced in some way as one additional physical mechanism competing 

with diffusion (Michaud 1987). We are faced then to the difficulty that we do not know how to 

introduce mass-loss in a physically consistent way. The diffusion computations which are presented 

here may apply to those cases where the observed metallic lines form in the stellar photosphere. 

It is the case in the well discussed Feige 24 star, in which resonance lines of CIV, NV and 

SilV have been discovered in high resolution IUE spectra (Dupree and Raymond 1982}. Diffusion 

equilibrium abundances have been computed for that star (Morvan, Vauclair and Vauclair 1986; 

Chayer et al. 1987). Nitrogen and silicon abundances predicted by the diffusion theory are in good 

agreement with the value deduced from the observations (Wesemael, Henry and Shipman 1984). 

Carbon is predicted too strong, as in the case of the hot DO FG 1034+001 discussed earlier. It 

is also the case in cooler DA stars as W 1346 (Bruhweiler and Kondo, 1983) or CD -38 ° 10980 

(Holberg et al., 1985) which do show only Si lines in their IUE spectra. Inspection of figure 3 

shows that the radiatively supported abundances of C, N, O dramatically decrease with decreasing 

effective temperature. These elements are no more supported at the W 1346 and CD -38 ° 10980 

effective temperatures, while Si remains radiatively supported to approximately 1/10 of the solar 

abundance. Diffusion predictions seem to be in qualitative agreement with the observations, but 

the Si abundance observed in W 1346, while uncertain by large a factor (Wesemael, Henry and 

a maximum for the Si abundance (at about twice the solar abundance). But SiIV has not been 
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Shipman 1984), in still less than the one predicted by the diffusion theory (Morvan, Vauclair and 

Vauclair, 1986; Chayer et al. 1987). 

There are at least two puzzling questions related to the hot DA white dwarfs: i) at the 

same effective temperature, some DAs with metallic lines show evidence of ongoing mass-loss, 

some other do not; for instance at about 62 00OK, G 191-B2B shows evidence of mass loss 

(Bruhweiler and Kondo 1981) while Feige 24 does not; ii) at the same effective temperature, 

some DAs do show metallic lines, some other do not: while Feige 24 shows metallic lines, HZ 

43 and PG 1210+533 at similar temperature do not. One may argue that  the balance between 

the upward radiative acceleration and the downward acceleration due to pressure and thermal 

gradients strongly depends on the gravity (i.e. the mass) of the white dwarf. It has been found 

indeed that  both HZ 43 (Holberg et al. 1986) and PG 1210+533 (Holberg et al. 1988) have 

higher than average log g. A test of the equilibrium abundances dependence on gravity as been 

performed in models of PG 1210+533 (Te ~ 56 000K). Figure 4 shows C, N, O and Si clouds in 

equilibrium for three values of the surface gravity log g = 8.0; 8.5; 9.0. In spite of the decrease of 

the abundances with increasing gravity, there is still sufficient amount of C, N and Si in the line 

forming region to produce lines which have not been observed in a high resolution IUE spectrum. 

The sensitivity of diffusion equilibrium on gravity does not seem to be large enough to explain 

the absence of metals in high gravity hot hydrogen white dwarfs like HZ 43 or PG 1210+533. 

Consequently, interpreting the coexistence at the same effective temperature of DA stars with 

and without metals in their atmosphere remains a puzzle. 

4. C o n c l u s i o n  

In the hot white dwarf stars, the radiative acceleration through absorption lines may be 

efficient enough to balance the gravitational field. An equilibrium state results where the elements 

are inhomogeneously distributed with depth. The theoretical computations have shown that  C, 

N, O and Si may be supported in both hydrogen and helium rich white dwarf outer layers. A 

comparison with observations however is only qualitatively satisfactory at the present time. Some 

problems remain unsolved: i) nitrogen is observed to be weak in the PG 1159 stars while the theory 

predicts an overabundance of N/He compared to the solar N/tt ratio, for helium rich envelopes in 

the relevant effective temperature range; ii) similarly, in the DO white dwarfs, carbon is predicted 

too strong compared to observations of hot DO, and Si, predicted also to be abundant in cool 

DO is not observed; iii) in hot hydrogen white dwarfs, we are faced to the unsolved problems of 

the coexistence, at the same temperature, of stars with ongoing mass flows, and of stars without 

observable mass flow where the absorption lines form in the photosphere; and the coexistence at 

the same temperature of white dwarfs with and without metallic absorption lines. The suspected 
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role of the surface gravity in solving this difference seems to have been overestimated. 

In the theoretical computations summarized here, the assumption was implicitly made that 

there were enough diffusing particles in the stellar outer layers to fill in the cloud and reach the 

equilibrium abundance predicted by diffusion. However, one must keep in mind that one does 

not know the original metal abundances to start  with the diffusion computation. What  would 

happen if one of the considered species is missing or is present with such a low abundance that the 

corresponding equilibrium cloud could not be filled? One may expect that,  because the equilibrium 

is not reached as a consequence of the abundance being too low the radiative acceleration should 

exceed the downward acceleration in that part  of the atmosphere where the elements are not in 

the noble gas state. These elements could consequently be pushed out and leave the star in the 

form of a selective wind, as suggested by Vauclair, Vauclair and Greenstein (1979). In this case, 

the cloud predicted by the diffusion theory could not materialize. 

The above mentionned difficulties point to the need for further theoretical progresses in the 

diffusion theory and in the stellar atmosphere modeling. Among other sources of uncertainty it 

should be outlined that the computations of the radiative acceleration at small optical depths 

should be improved, especially in the very hot white dwarfs where recent high dispersion IUE 

spectra reveal the importance of NLTE. Furthermore, if the observed elements are distributed 

inhomogeneously in the stellar outer layers, as predicted by diffusion, a number of other incon- 

sistancies should be considered: i) the abundances derived from homogeneous model atmospheres 

cannot be directly compared to the diffusion predictions; synthetic spectra should include the 

inhomogeneous metal abundance distribution; ii) the flux distribution in model atmospheres it- 

self may be affected by the presence of the metallic clouds; the differences with pure H or He 

atmosphere has to be evaluated. It should be larger in the atmospheres dominated by He, which 

has a low opacity compared to I-I. Would metal clouds in the atmosphere solve the difficulty of 

fitting the energy distribution in t t  1504 + 65 with any existing model atmosphere? Last but not 

least, the question of the stability of such clouds should be addressed. 
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A B S T R A C T  

We have used optical and UV spectroscopy to determine He abundances and upper limits to He 

abundances in the photospheres of  a selected sample of very hot hydrogen-r ich white dwarfs. He 

abundances in the range log(He/H) -3 to -1.5 are observed in several of  these DAs and upper limits of  -3 

determined for the remainder. In apparent contradiction to the relatively large He abundances inferred 

from soft X- ray  observations for the hot DA G191 B2B, we find no evidence of He in the optical and UV. 

I N T R O D U C T I O N  

The issue of He abundance in the hottest H-r ich degenerates is of  interest for several reasons. First, in 

terms of the earliest stages of  white dwarf evolution the observed pattern of H and He abundance with 

effective temperature is striking. The hottest degenerates all appear to be He-rich objects. Below 

80,000 K,  however, H-r ich  white dwarfs predominate with the white dwarf population becoming 

exclusively DA in the 45,000 K to 30,000 K region. He-r ich stars reappear again as DBs below 30,000 K. 

This situation has prompted questions as to whether the composition of white dwarf photospheres change as 

these stars cool. 

Second, soft X-ray observations of many DAs are currently interpreted as implying He abundances in 

the range log(He/H) -5 to -2. Is the observed opacity source due to He, or possibly other ions? If He is 

actually present, is it intrinsic to the photosphere of the DA, or is it the result of ongoing accretion from 

the interstellar medium? If it is intrinsic to the photosphere, how is He supported against the short 

gravitational settling times? Most of these questions lead directly to the issue of the thickness or the 

characteristic mass of  the outer H envelope. Are DA envelopes predominantly thick (Mn ~ 10 -4 M®) as 

evolutionary calculations suggest? Or are they perhaps thin (M H < 10 -s  M®) as implied by the existence of 

non-radial pulsations in the ZZ Ceti stars? These issues and questions have been the subject of numerous 

discussions in the literature (e.g. Fontaine and Wesemael, 1987; Koester, 1987; Liebert, Fontaine and 

Wesemael, 1986). 

One approach to the question of He in the envelopes of DAs is to investigate the hottest such stars 

where He abundances are expected to be highest. A simple extrapolation of the empirical relation between 

soft X- ray  inferred He abundance and effective temperature (Petre, Shipman and Canizares 1986) to 

temperatures above 60,000 K yields expected log(He/H) abundances of -3 to -2. At these levels He 

becomes spectroscopically detectible in the optical and UV (Wesemael, Liebert and Green 1984). In this 

188 



paper we present U V  and optical spectroscopy of  six very hot DAs, selected from the the sample of 

Palomar-Green (PG) DAs studied by Fleming, Liebert and Green (FLG, 1986). These stars were assigned 

to the highest luminosity bin (8.75 < M v < 7.25) by FLG. All show blue colors and narrow H Balmer 

profiles. Initial results for these objects are presented in Holberg 0987).  Here we present preliminary 

results f rom the determination of the He abundances of these objects. A more detailed discussion of these 

data will be provided elsewhere (Holberg et al. 1988, in preparation). 

O B S E R V A T I O N S  A N D  ANALYSIS  

We have obtained optical and UV spectra for all the stars in our sample of six hot DAs. The optical 

spectra, covering the 3850 to 4950 /k range are shown in Fig. 2 of  Holberg (1987). Spectral resolution is 

approximately 2.5 /k , sufficient to provide both H Balmer profiles suitable for detailed modeling and to 

seek evidence for the presence of  He features such as He II M686 and He I M471. The low dispersion UV 

spectra obtained with the IUE SWP camera are shown In Fig. 1. In addition to the six hot DAs from the 

PG sample we also obtained similar observations for PG1210÷533, a hot DAO white dwarf,  and G191 B2B, 

a well-studied hot DA (Teff -62,500 K). 

We take the following approach to the determination of He abundances. First we estimate Tel f and 

log g from detailed fits to the H Balmer profiles using a two dimensional grid of  pure H model 

atmospheres. These temperatures and gravities are in turn used to estimate He abundance from a related 

grid of  models having fixed gravity (log g = 8.0) but  covering a range of  He abundance. Due to the 

weakness of  the He lines, our He abundance estimates are obtained from equivalent widths rather than 

detailed line fits. 

We employ two related sets of  model atmospheres. For the H Balmer profiles, we use an extensive grid 

of  pure H model atmospheres which are the optical counter parts of  the UV grid employed by Holberg, 

Wesemael and Basile (1986). For the determination of He abundances we employ a grid of  models having 

H- to -He  ratios covering the range log(He/H) = -4.0(0.5)-1.5 and Tel f = 50,000(10,000)I00,000 K; all of  

which assume a f ixed log g of 8.0. For this grid, detailed profiles of  He II M640 and )`4686 and 

He I ~4471 are computed. Both sets of  models are line blanketed, assume local thermodynamic equilibrium 

(LTE), plane parallel geometry, and hydrostatic equilibrium. The He /H models assume an unstratified 

homogeneous mixture of  He and H. For the H Balmer profiles the unified stark broadening theory of 

Vidal, Cooper and Smith (1973) is used, while for the He line profiles the calculations follow Wesemael 

(1981) and employ the results of  Griem (1974). 

The equivalent widths presented in Table 1 were all obtained in the same fashion using the wavelength 

windows indicated in the column heading of each line. In an effort to minimize bias, similar equivalent 

widths were measured for the He I and He II lines in the He/H model grid using the same wavelength 

windows and techniques. Where only an upper limit is given in Table 1, the measurement corresponds to a 

2a upper limit. 

The equivalent width of the He II M686 line was used to estimate He abundances. At Ta t  above 

60,000 K the equivalent width of  the line becomes relatively insensitive to the temperature. In contrast the 

He I M471 line rapidly disappears for temperatures in excess of  50,000 K or 60,000 K. The He II ),1640 

line is also insensitive to temperature, however, the relatively low S/N of our IUE data makes this line a 
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poor primary indicator. The He II ),1640 and He I ),4471 lines serve mainly as consistency checks for the 

He abundances determined using He II ),4686. 

The Paradox  o f  G191 B2B 

The relatively high S/N optical and UV spectra of  G191 B2B can be used to place some rather 

restrictive upper limits on the He abundance in the photosphere of this star. The He II A4686 (2a) upper 

limit implies a corresponding upper limit of  log(He/H) < -3.58. A similar but weaker upper limit of  

< -3.0 is obtained from the ),1640 line. Both results are in apparent conflict with the interpretation of the 

soft X-ray  fluxes from GI91 B2B obtained from E X O S A T .  Assuming that the soft X- ray  opacity of  

GI91 B2B is due to He mixed homogeneously throughout the photosphere, Paerels et al. (1988) and Jordan 

et al. (1987), analyzing the same E X O S A T  data, f ind consistent results, namely: log(He/H) > -2.49 and 

log(He/H) = -2.31 (+0.15 -0.27), respectively. These lower l imits on He abundance are more than a factor 

of ten higher then our optical upper limit. In Fig. 2 we compare the observed G191 B2B optical and UV 

spectra in the vicinity of  the He II ),4686 and )`1640 lines with synthetic profiles of  these lines 

corresponding to a He abundance of log(He/H) = -2.5, the lowest value consistent with the soft X- ray  data. 

It remains to be seen if  model atmosphere calculations employing a chemically stratified photosphere are 

capable of  explaining both the soft X- ray  results and the optical and UV spectra. 

DISCUSSION 

In Table 2 we present results f rom the determination of He abundances for the stars in our sample of 

hot DAs. Three of these stars (PG0823+317, PG0846+249 and PG1305-017) exhibit detectible features due 

to He. For these stars we obtain He abundances in the range log(He/H) ~-2.5. The presence of He in the 

optical and the UV classifies these stars as DAOs (see Wesemael, Liebert and Green, 1985) and effectively 

doubles the number  of known examples of  stars in this class. In terms of effective temperature and He 

abundance, these stars would most closely resemble the central star of  the low-surface brightness planetary 

nebula Abell 7. Wesemael, Liebert and Green (1985), in agreement with others, find T~ft = 65,000 

+ 15,000 K and log(He/H) = -2.2 +_ 0.15 for AbeU 7. For the other stars which exhibit no detectible He 

features (PG1034+181, PG0950+139 and PG1108+325), we determine upper limits on He abundances of 

log(He/H) < -3. 

This result can be contrasted with the results of  Paerels et al. (1988), who find five out of  the six stars 

observed in the soft X- ray  with Tef f greater than 50,000 K exhibit inferred He abundances of a few times 

10 -3. If our results are considered together with those for previously known DAOs and the soft X-ray  

results of  Paerels et al., a somewhat different more complex pattern of He abundance emerges. It would 

appear that hot (>50,000 K)  H-r ich degenerates exhibit a wide range of He abundance, extending from 

values below 10 -5 for the well studied case of HZ 43 (Paerels et al. 1987) to values of -10  -1.s for obvious 

DAOs such as PG1210+533. The frequency with which high He abundance (>10 -s) is observed in such 

stars is clearly large, perhaps above 50%. Our results for G191 B2B, however, cast some doubt of  the 

relevance of "He abundance" estimates obtained from homogeneously mixed He-H atmospheres. This would 

include optical /UV determinations as well as soft X-ray.  
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TABLE 1 

EQUIVALENT WIDTHS (/~) 

Name He II ),1640 He II ),4686 He I ),4471 H/3 H-/ H6 

EW Window 15/~ 30A 30 A 100 A 120 /k 100 A 

PG0134+181 2,1+0.4 <0.3 <0.3 2.8"+0.2 4.2"+0.3 3.2"+0.3 
PG0823+317 1.2"+0.1 0.8"+0.1 <0.2 3.6+0.1 4.8+_0.2 2.9+_0.2 
PG0846+249 3.1 "+0.3 0.8+_0.1 <0,2 2.7+_0.2 4.8+_0.2 2.5+_0.2 
PG0950+139 <0.5 0.8 a <0.2 a 3.0-+0.2 b 3.2-+0.2 b 1.1+-0.2 b 
PG1108+325 <0.7 <0.2 <0.3 2.8+-0.2 5.1+-0.2 2.7+-0.2 
PG 1305 -017 3.4+_0.2 1.9+_0.1 1.0+_0.1 2.4+_0.2 5.5+_0.2 1.9+_0.2 
PG1210+533 2.4_+0.1 1.9-+0.1 0.9-+0.1 4.8-+0.1 9.0"+0.2 5.0"+0.1 
G191 B2B <0.8 <0.16 <0.16 3.4"+0.1 6.4+_0.2 2.7+_0.2 

a) Nebular contamination 
b) Nebular emission components subtracted 

Notes: all upper limits 2a 

TABLE 2 

TEMPERATURES, GRAVITIES AND HELIUM ABUNDANCES 

Name Tel f (K) log g log (He/H) 

PG0134+181 72,500 _+ 5000 7.0 + 0.5 < -3.3 
PG0823+317 62,700 + 4200 7.25 4- 0.25 -2.5 +- 0.25 
PG0846+249 63,700 +_ 5500 7.0 -+ 0.35 -2.6 _+ 0.25 
PG0950+139 70,500 -+ 5000 7.15 + 0.5 < -2.2 
PG1108+325 64,300 _+ 5000 7.75 + 0.35 < -3.5 
PG1305-017 53,300 + 3500 7.25 -+ 0.35 ~-1.0 
PG1210+533 50,000 ~ 8.0 a ~- 1.0 
GI91 B2B 62,250 + 3520 b 7.6 +- 0.4 b < -3.58 

a) Wesemael, Liebert, and Green (1985) 
b) Holberg, Wesemael, and Basile (1986) 
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Considerable theoretical doubt has already been cast on the validity of  a stable homogeneous He/H 

photosphere with the elimination of  radiative forces as a possible support mechanism for He in DA 

atmospheres. Vennes el al. (1988) have shown that radiative forces fail by several orders of  magnitude to 

account for observed abundances of  He. An alternative model suggested by these authors which may be 

capable of explaining both the observed pattern of He abundance as well as cases such as GI91 B2B is a 

thinly stratified envelope. In this picture the observed He abundance is due to the equilibrium diffusion 

tail from an underlying He-rich layer which extends into the thin hydrogen photosphere at the surface. 

The apparent dependence of  He on Tdf is primarily an optical depth effect, due to the dependence of the 

r = 1 level on Teff and wavelength. One important aspect of this mechanism is the requirement of a very 

thin (10 -14 M®) hydrogen envelope. 
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FIGURE CAPTIONS 

Fig. 1 A comparison of the IUE SWP spectra of  the six hot DAs with those of PG1210+533 and GI91 
B2B. These spectra have been normalized to 1.0 at 1550 A and off  set vertically from each other. The 
flux scale is ergs cm -2 s -1 HZ-k  Regions containing gross geocoronal Lyman c~ contamination and 
charged particle events have been deleted. 

Fig. 2 UV (upper) and optical (lower) spectra of GI91 B2B. These data indicate the lack of any features 
corresponding to He 1I M640 and )~4686. For comparison we show predicted He II features corresponding 
to log (He/H) = -3.6, our upper limit and -2.5, the lower limit found from soft X-ray  observations. 
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NON-LTE SPECTRAL ANALYSIS OF PG 1159-035 

K. Werner, U. Heber, K. Hunger 

Institut fHr Theoretische Physik und Sternwarte der Universit~t Kiel 

Summary We present first preliminary results from an exploratory spectral analysis 

of PGI159-035. An effective temperature of 120000 K (~20000 K) and a surface gravity 

of about log g=7 are derived from optical and ultraviolet profiles of carbon and 

helium lines. NLTE model atmospheres are used which are composed of H (1%), He (19%), 

C (40%) and O (40%, mass fractions). The abundances adopted are in accordance with 

predictions of stellar pulsation theory. A direct spectroscopic determination is under 

way. The analysis of optical CIV lines is rendered difficult due to the lack of a 

reliable line broadening theory which would have to account for a gradual change to 

broadening by linear Stark effect. Due to the complexity of the spectral analysis, 

reliable abundance ratios can only be derived from a systematic investigation 

employing a large grid of models. 

PGI159-035 is the prototype of a new class of extremely hot hydrogen-deficient pre 

white dwarfs. The spectra of these stars are characterized by a broad absorption 

trough at 4670A, probably caused by HelI and CIV. Some members of this group 

(~ncluding PGI159-035) are known to be non-radial pulsators. The pulsation driving 

mechanism is probably cyclic ionisation of C and O. Theoretical calculations (Start- 

field, 1987) predict that C (and O) must be more abundant than He (by mass), otherwise 

the stars were stable. In order to determine their atmospheric parameters and chemical 

composition, spectroscopic analyses are needed. However, due to the lack of adequate 

model atmospheres no reliable spectral analyses were available yet. 

Since the spectral features are weak and broad, spectroscopic observations of high S/N 

ratios are required. We have obtained optical CCD-spectra of PGI159-035 using the 

EFOSC (transmission-echelle) spectrograph at the ESO 3.6m telescope, covering the 

wavelength range from 3900A to 7600A at about 3A spectral resolution. PGI159-035 was 

also observed at the DSAZ (Calar Alto, Spain) using the B&C spectrograph attached to 

the 3.5m telescope. These spectra cover the wavelength range from 4000A to 6000A at a 

spectral resolution of 2.5A. S/N ratios near I00 were achieved for the spectra from 

both sites. Ultraviolet spectra of low resolution (5A) were obtained from the IUE data 

bank. 
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These spectra allow the detection of following lines: HeII (1640A,5412A,4859A,4686A), 

CIV (15501,58121,5802A,50221,4789A,4659A,46461,44411) and OVI (52901). HeII (46861), 

CIV (4659A) and OVI (5290A) display central emission reversals, while 

CIV (5802A,5812A) are purely in emission. The spectra were analyzed using non-LTE 

model atmospheres adapted to the peculiar composition of the PG 1159 stars. 

Non-LTE model atmospheres are indispensable for spectral analyses of PG 1159 stars, 

because large departures from LTE occur at the very high temperatures encountered. The 

effort to compute non-LTE models for the present analysis is far beyond the limits of 

the complete linearization technique (Auer and Mihalas, 1969). We therefore use a 

newly developed code, which is capable of handling many more non-LTE levels and 

opacities. It is based on operator perturbation techniques which gave way to a new 

generation of highly sophisticated non-LTE model atmospheres (Werner, 1987, 1988). 

with this non-LTE code, a grid of plane parallel, static model atmospheres in the 

parameter range 75000 K ~ Tef f ~ 140000 K and 5 ~ log g & 8 (cgs units) has been 

computed. Guided by the results of pulsation theory, we have chosen the following 

chemical composition for the initial models: H 1%, He 19%, C 40%, 0 40% (by mass). We 

take into account line blanketing effects self-consistently. Altogether, the model 

atoms consist of 169 levels, 54 of which are explicitly treated in the statistical 

equilibrium equations. They all contribute to continuous opacities. 88 radiative 

bound-bound transitions are included into the model atmosphere computations as well. 

Table I shows in detail the number of non-LTE levels and lines in each ionization 

stage. 

Table I 

Non-LTE levels and 
line transitions in 
the adopted model atoms 

ion NLTE-levels lines 

hydrogen I 5 6 
II 1 - 

helium I 1 - 
II i0 36 
III 1 - 

carbon III 1 - 
IV 21 46 

V 1 - 
oxygen IV 1 - 

V 6 - 
VI 5 - 
VII 1 - 

A restricted model atom for hydrogen is sufficient, because this species is under- 

abundant and does not determine the atmospheric structure significantly. On the other 

hand, the HeII atom has to include many levels, since it is known that the line 

transitions are responsible for considerable heating of the outer atmospheric layers. 

Like HeI, CIII is only weakly occupied. CIV is designed as the most detailed model 

atom, because our present analysis is essentially based on the lines of this ion. 

Oxygen (represented by 4 ionization stages) has been implemented into our model 

atmospheres. At the present state, no oxygen lines have been included. We 
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expect that the strong OV and OVI resonance lines influence only the outermost layers. 

The construction of a model atmosphere is as usual done with pure Doppler broadened 

line profiles. The emergent line profiles are calculated using fully broadened 

absorption coefficients. For HeII lines a reliable broadening theory exists (Griem, 

1968). For CIV, however, considerable uncertainties in line broadening theory affect 

our analysis. The resonance doublet at 1550A is the only observable CIV transition for 

which reliable line broadening data are available (Sahal-Br~chot and Segre, 1971). The 

optical transitions arise from highly excited energy levels (n=5-6) which are close to 

degeneracy, and for which a gradual transition from quadratic to linear Stark 

broadening occurs. An appropriate theory is still pending. We therefore assume as a 

first approximation broadening by linear Stark effect. The absorption coefficients are 

calculated after Uns~id (1968, p.320). The electrical microfield takes into account 

the mixture of the differently charged ions. As expected, the assumption of the linear 

Stark effect overestimates the broadening. This becomes evident when the line profiles 

are compared to those of the central star of NGC 246, whose carbon abundance is known 

(Husfeld, 1987). In order to reproduce the wings, the broadening parameter has to be 

reduced by a factor of 3. With this empirical reduction factor, our final CIV line 

profiles are calculated. The blue part of the characteristic absorption trough is 

calculated as a blend of 3 lines of CIV, namely 4646A (transition 5d-6f), 4658A(5f- 

6g), 4660A(5g-6h). The red part is mainly due to HeII 4686A. The calculations show, 

that if Tef f exceeds some critical value (e.g. 90000 K at log g=7), the line cores of 

CIV 4658A and 4660A develop central emission reversals. At an even higher Tef f 

(I00000 K, log g=7) the core of the third CIV component (4647A) also turns into 

emission. CIV 4441A(5p-6d) appears in pure absorption, unless Tef f exceeds 120000 K 

(at log g=7). Varying the atmospheric parameters along a line parallel to the 

Eddington limit, the wings of these lines hardly change, which means that the cores 

are sensitive temperature indicators. The same applies to the CIV doublet 58024/58124 

(3s-3p), which turns into emission at Teff=100000 K (log g=7). The CIV 15504 resonance 

doublet may also he used to constrain Teff, since its equivalent width rapidly 

decreases with increasing temperature. 

.From the computed spectra we derive for PGI159-035 as a preliminary result 

Teff=]20000 K and log g=7, but with considerable uncertainty. In Fig.l we compare the 

observed absorption trough at 4670A (EFOSC-spectrum, right panel) and the CIV doublet 

(5802, 5812A, DSAZ-spectrum, left panel) to model predictions for Tef f = i00000 K, 

120000 K and 140000 K at log g=7. As can be seen, the CIV lines in the trough fit best 

at about II0000 K. In contrary, the HeII 4686A emission is strong enough only if Tef f 

is as high as 140000 K, in which case the CIV emissions appear too strong. Similarly, 

the CIV 5802A,5812A doublet is reproduced only if Tef f exceeds 120000 K. The best fit 

is obtained for 140000 K (at log g=7). In the UV, HeII 1640A is reproduced well, but 

appears to be rather insensitive against variations of Tef f. From CIV 15504 it follows 

that Tef f has to exceed 120000 K, otherwise this line would be too strong. 
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In order to check how the line profiles depend on the assumed abundances, we computed 

atmospheres with different compositions. All CIV lines turn out to vary only marginal- 

ly from model to model, even if the abundance of any given species is decreased by one 

order of magnitude. It is found, that the atmospheric temperature structure changes 

the CIV/CV ionization balance in such a way, that the CIV population numbers are 

hardly changed, when the carbon abundance is varied. The discrepancy between the 

computed CIV and HeII lines in the absorption trough is milder when the He abundance 

is decreased, but at present we dare not to give any statement about abundance ratios. 

Also, on account of the uncertainty in Tef f it is premature to give an upper limit for 

the H abundance. Since we have 5 parameters that determine the structure of the 

atmosphere (Teff, g, H/He, C/He, O/He), a much larger grid of models is required in 

order to reach a unique solution. 
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X-ray  E m i s s i o n  f rom Hot  D A  W h i t e  Dwarfs;  E X O S A T  

R e s u l t s ,  and  I m p l i c a t i o n s  for A t m o s p h e r i c  M o d e l s  

Frits Paerels and  John  Heise 

Laboratory  for Space Research 

Beneluxlaan 21, 3527 HS Utrecht ,  the Nether lands  

Abstract 

We present the observations of the photospheric X-ray spectra of hot DA white dwarfs, obtained with 
the 500 lines mm -1 Transmission Grating Spectrometer on EXOSAT. These spectra cover the full soft 
X-ray band, at high wavelength resolution and statistical quality. They allow us to do an accurate mea- 
surement of the photospheric parameters, particularly of effective temperature and chemical composition 
of the atmosphere. 

We consider the case of HZ 43 in some detail. Model atmospheric spectra that satisfy all measured 
absolute optical, UV and X-ray fluxes turn out not to fit the shape of the measured X-ray spectrum. 
However, from a comparison of model spectra calculated with different model atmospheres codes we infer 
the existence of a 15% systematic uncertainty in the model fluxes at the shortest wavelengths (A < 100 
./t) in current model calculations. This can explain the fitting problem. Since the systematic uncertainty 
in the models is larger than the statistical uncertainty in the shape of.the measured X-ray spectrum of 
HZ 43, we cannot at present use this measured shape to derive the effective temperature and gravity. We 
revert to broad band photometry, using the measured integrated soft X-ray flux and the optical flux, to 
determine T~ = 45,000- 54,000K, R / R  0 :- 0.0140- 0.0165. From the absence of the He IILy edge at 
227 ~. in the measured spectrum, we set a upper limit on the photospheric helium abundance of He/It = 
1.0 x 10-s; this upper limit is independent of the uncertainties in the model calculations mentioned above. 

1 X-rays from Hot DA White Dwar f s  

The shape of the  photospher ic  soft X-ray spectrum, and the  to ta l  soft X-ray flux of hot  DA white 
dwarfs are very sensit ive to the  photospher ic  parameters .  The  to ta l  X-ray flux is a steep funct ion 
of effective t empera tu re ,  and t race amounts  of elements other  than  hydrogen will produce strong 
absorpt ion edges in the  X - r a y / E U V  spect rum (at high tempera tures ,  these elements will be highly 
ionized, and the  s t rong ground s ta te  absorpt ion edges and the  resonance lines will be in the  extreme 
shor t -wavelength  range).  In contrast ,  the  optical  and UV spect rum becomes increasingly insensit ive 
to the  photospher ic  parameters  with  increasing effective tempera ture .  

Soft X-ray observat ions arc therefore obviously of great  value to the  observat ional  invest igat ion of 
a number  of fundamen ta l  questions concerning the  physics of hot  white dwarfs. Improved est imates  

of Te, stellar radius,  and  surface gravity from combined X - r a y / U V / o p t i c a l  spectroscopy should pro- 
vide the  informat ion  to construct  luminosity functions and  evolut ionary sequences. Mass es t imates  

ob ta ined  from the  measured gravi ty  and radius can be used to exper imental ly  verify theoret ical  

mass-radius relations.  
X-ray spectroscopy and  pho tomet ry  can reveal t race amounts  of hel ium and  metals  in a hot,  

hydrogen domina ted  white  dwarf  a tmosphere  t ha t  are a factor 100 below the  present  optical  spec- 
troscopic detect ion limit,  and  so provide us with the  means to s tudy the  chemical  composi t ion of 
the a tmosphere  in detail.  In principle, the  shape of the  short-wavelength tail of the  stellar spec t rum 
is even sensit ive to a possible s trat if icat ion of elements in the  outer  envelope of the star.  This is 
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Figure 1. X-ray spectrum of IIZ 43, measured with 
the 500 l mm -x TGS, with the 3000LX and AI/P filters 
(background subtracted, positive and negative order spec- 
tra summed; error bars are la photon counting errors). 
Location of the He IILy edge has been indicated. 

important information, because the atmosphere acts as a thermal blanket to the degenerate core, 
and hence influences the cooling rate of a white dwarf. 

2 X-ray Observations of Hot Whi te  Dwarfs wi th  E X O S A T  

With the launch of the European X-ray Observatory EXOSAT, the Low Energy Imaging Telescopes 
and Transmission Grating Spectrometers (TGS) of which had a higher sensitivity and a larger 
dynamic range in the soft X-ray/EUV band than previous experiments (see Taylor [1985], de Korte 
et al. [1981]), it became possible to measure the X-ray spectrum with high sensitivity between 44 
and 400/~, with typical spectral resolution 6/~. Comparison with model atmospheres spectra shows 
that we are thus able to observe the full X-ray spectrum of a hot white dwarf, between the intrinsic 
cutoff at short wavelengths, to the interstellar absorption cutoff in the EUV band. 

We wanted to verify explicitly the conformity of the shape of the X-ray spectrum of hot DA 
white dwarfs to model atmospheres calculations, and to use the sensitivity of the X-ray spectrum 
to the stellar parameters to obtain improved estimates of these. We obtained X-ray spectroscopy of 
three hot DA's, HZ 43, Sirius B, and Feige 24. These are very bright X-ray/EUV sources, and they 
have been studied extensively in all wavelength bands. This made them the natural 'first choice' for 
observation with the EXOSAT Transmission Grating Spectrometers. 

3 High Resolut ion Soft X-ray Spectroscopy of HZ 43 

In the following, we will concentrate on the interpretation of the HZ 43 data. Apart from the fact 
that HZ 43 has an intrinsic interest as a typical hot DA and a bright X-ray/EUV source, its measured 
X-ray spectrum has an important implication for current model atmospheres cMculations for hot, 
hydrogen-rich atmospheres. The reader interested in the Sirius B and Feige 24 data is directed to 
Paerels et al. (1988), and Paerels et al. (1986a), respectively. 

HZ 43 was observed with the 500 lines mm -1 TGS on 28 june, 1983, for a total of 18,500 sec, 
with two different beam filters, the 3000LX and A1/P filters. The measured spectra are shown in 
Figure 1 as they appear in the spectrometer (counts s -1 ~-1 vs. wavelength). 

The position of the He I I L y  edge at 227 A has been indicated; no edge is detected in the A1/P 
spectrum (which has the highest statistical quality at the longer wavelengths). This absence can 
be converted into a sensitive upper limit on the fractional abundance of helium, He/H. We fitted 
model atmospheres spectra (which included the He I I L y  series and edge) for varying He/H to 
the measured A1/P spectrum. T, was fixed at 60,000 K, log 9 at 8.5; these values were chosen 
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Figure 2. A1/P spectrum of HZ 43 between 170 and 
380/~, together with model atmospheres spectra at Te = 
60,000 K, log g = 8.5, n H =  1.4 X 1018cm -2, He/H = 0 
and 2 x 10 -5, convolved with the spectrometer response. 
Best fit is for He/H = 0 (X2/26 = 1.25), 99% confidence 
upper limit is at He/H = 1.0 x 10 -5. 

Figure 3. 99% Confidence constraints imposed on Te 
and R/R e of HZ 43 by the measured total X-ray flux (in 
the 3000LX and A1/P spectra, and in photometric obser- 
vation with the Boron filter), and by the visual magni- 
tude. Intersection of X-ray and 'optical' constraint areas 
indicates parameter range for which consistent solution to 
all measured absolute fluxes is found, in terms of a single 
DA model spectrum. Horizontal bars at the top indicate 
99% confidence estimates of Te from EINSTEIN OGS and 
Voyager 2 spectra at R/R e = 0.015. 
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to represent conservative upper limits on these parameters, yielding an equally conservative upper 
limit on H e / H  (the size of the He II edge decreases with increasing T~ and log g ). The best fit is 
at H e / H  = 0 (X2/26 = 1.25), the 99% confidence upper limit is at H e / H  = 1.0 x 10 .5 (by number), 
as derived from standard X 2 analysis. Figure 2 shows the A1/P spectrum in the region around the 
edge, together with a model spectrum at He /H  = 0, and at He /H  = 2 x 10 -5, both convolved with 
the spectrometer response. This last model was chosen to demonstrate that  such a value for He /H 
is already emphatically excluded by the measured shape of the spectrum of HZ 43. The column 
density of absorbing neutral interstellar gas was determined likewise from the A1/P spectrum, and 
was found to be in the range n H =  6 -- 16 X 101%m -2, dependent on effective temperature,  with a 
typical uncertainty of 0.4 in log nH (99%). 

Allowing for the ranges in He /H  and nH given above, and taking values of log g between 8 and 9, 
we determined the constraints imposed on T~ and stellar radius R / R  e by the integrated X-ray flux as 
measured in the two spectra, and in a photometric exposure with the Boron filter on the Low Energy 
telescopes (through the ratio of measured X-ray flux to model flux at the stellar surface, using the 
distance, 63.3 pc, determined by Dahn et al. [1982]). Figure 3 shows these (99%) constraints, as well 
as the constraints imposed by the visual magnitude estimate V = 12.99 4- 0.03, taken from Holberg 
et al. (1986). The intersection of the EXOSAT constraints and the 'optical '  constraint gives the 
range of T~ and R / I ~  that yields models consistent with both the X-ray and optical absolute flux 

from HZ 43; we derive T~ = 45,000-54,000 K, R / I ~  = 0.0140-0.0165. At R / P ~  = 0.015, the spectra 
measured with the EINSTEIN OGS and the Voyager 2 EUV spectrometer (Holberg et aI. [1980]) 
yield effective temperatures that  agree well with this solution (indicated at the top of Figure 3). 
Thus we determine the luminosity of HZ 43 to be L / L  e = 1.0 - 1.5 . 
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Figure 4. EXOSAT 500 1 mm -1 TGS (300OLX) spec- 
trum of ttZ 43, fitted with a model spectrum at Te = 
50,000 K, R / R  0 = 0.014, log g = 8.5, He/H = 0, n~r = 2x 
10XScm -~, that is consistent with measured optical/UV 
fluxes with respect to total X-ray flux. The spectral shape 
of the model is seen to exhibit a systematic difference with 
the measured shape of 15% in monochromatic flux short- 
ward of 90/It, indicative of a systematic uncertainty in the 
model spectra (see text). 

When we fit model  atmospheres spectra with parameters in the above ranges, however, we find 
that  the shape of the model spectra does not match the shape of the measured spectrum at the 
shortest wavelengths ()~ < 90/~); X 2 indicates that  the models do not yield a statistically acceptable 
description of the shape of the 3000LX spectrum. At T~ = 50,000 K we have to assume a 15% 
systematic error in the model fluxes shortward of 90 ~. This is shown in detail in Figure 4 (3000LX 
data, and a model  at T~ = 50,000 K, log g = 8.5, H e / H  = 0, nH = 2 x 101Scm -2, R / P ~  = 0.014; 
reduced X ~ = 5.70; the lower panel shows the post-fit residuals). This systematic error cannot be 
traced to a systematic error in the calibration of the spectrometer, and must be ascribed to the 
model  atmospheres calculations. This conclusion is confirmed by the fact that  corresponding model 
atmospheres spectra, calculated with different codes based on the same input physics show 15% 
differences in monochromatic  flux at the shortest wavelengths (these are the models published by 
Petre  et al. [1986] and Wesemael et al. [1980], and our own calculations). Having verified the 
numerical accuracy of our own code, we tentatively identify a different t reatment  of the ionization 
balance as the origin of the observed differences in output  of the three codes, the short-wavelength 
tail of the spectrum being extemely sensitive to the ionization balance. 

At present the exact source of the differences remains unresolved, nor can any of the three codes 
be identified a priori as the one being free of the systematic uncertainties mentioned. However, 
the three codes agree in monochromatic flux loagward of 100 A, so that  the A1/P spectrum can be 
used to measure H e / H  and •H independent of the specific code used to generate the models. In 
addition, the codes agree to within a few percent in integrated X-ray flux, so that  our multicolor 
photometr ic  determination of effective temperature  and radius is valid, regardless of the systematic 
error diagnosed above. Improved accuracy in the estimate of T~ for HZ 43, and an est imate of log g , 
using the shape of the measured X-ray spectrum has to wait until model atmospheres calculations 
appropriate to hot DA atmospheres are available, that  are free of systematic uncertainties to the 
level of a few percent in monochromatic  flux at the shortest wavelengths. 

A full discussion of the HZ 43 data and their analysis can be found in Paerels et al. (1986b) and 
Heise et al. (1988). 
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T H E  E F F E C T  O F  C N O  M E T A L  A B U N D A N C E S  O N  T H E  S O F T  X - R A Y  

E M I S S I O N  F R O M  H E  R I C H  W H I T E  D W A R F S  

M.A.Barstow 

X-ray Astronomy Group, Physics Department, University of Leicester 

University Road,Leicester, LE1 7RH, UK 

A B S T R A C T  

Predicted soft X-ray fluxes for model atmospheres containing varying concentrations of CNO metals are compared 

with those observed by E X O S A T  for the planetary nebula nucleus Kl-16. An effective temperature in the range 

125000 - 180000K is determined for K1-16 and a limit on the concentration of CliO in the atmosphere (between 

0.02 and 20×solar relative to He) obtained. Some comments on the application of the models to the apparently metal 

rich star H1504+65 are included. 

1. I N T R O D U C T I O N  

In recent years, soft X-ray emission has been detected from a number (~ 30) of hot white dwarfs (WDs) by the Einstein 

and EXOSATsatellites. In general only photometric data from one or two bands are available. However, considerable 

success has been achieved in determining the interstellar HI columns and He abundances in DA WDs from such data 

with simple chemically homogeneous model atmospheres (eg. Petreet al, 1986; Paerels et ai, 1987). Homogeneous 

atmospheres may not be physically realistic (see Vennes et al, 1988) but the indication of atmospheric composition 

obtained from the soft X-ray fluxes is not available from data in other wavebands. Modelling of hot He rich WDs 

has met with less success. Although the pure He models of Wesemael (1981) initially seemed to be able to explain 

observed EXOSAT count rates (Barstow, 1988), subsequent modelling (Holberg and Barstow, 1988) has revealed an 

unexpected enhancement in the flux distribution at wavelengths shortward of those covered by the Wesemael models 

and falling within the EXOSAT spectral range. Several He rich models with H:He abundances ranging from 0-1 were 

compared with the data but none were able to explain the relative intensities in thin lexan (3LX, ~ 44 - 150/~) and 

aluminium/parylene (A1/P, ~ 44 - 240_~) filters. For a given flux in the 3LX filter predicted A1/P fluxes were always 

higher than observed. Reduction of the A1/P flux relative to that in the 3LX band requires a steeper fall-off in the 

spectrum at energies above the HeII edge at 228~. This can only be produced by the presence of additional opacity 

sources. Models containing CNO (Hummer & Mihalas, 1970) are available at appropriate temperatures and gravities 

(log g:> 6, T> 5 × 104K) but have only been computed for solar abundances and do not consider OVI transitions, which 

have been observed in the very hottest DO WDs. A self-consistent model atmosphere code (Williams et al, 1987) has 

been modified to consider all ionisation states of CNO and determine the effect of these metals on the predicted soft 

X-ray fluxes. The results of comparing model predictions with observed soft X-ray fluxes for the stars K1-16, allowing 

limits to its effective temperature (T) and CNO abundances to be estimated, and H1504+65 are presented in this 

paper. 
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2. K 1 - 1 6  S O F T  X - R A Y  D A T A  A N D  M O D E L S  

Eight  hot  DO WDs and related objects were observed by EXOSAT (Holberg and Barstow, 1988). The best photometric 

da t a  were obta ined for the planetary  nebula  nucleus Kl-16 (in 4 filters). Observed count rates were 0.019 =t= 0.0006, 

0.0019-t- 0.0006, 0.0184 :t: 0.0023 and 0.00084 d= 0.00050 count s -1 in 3LX, A1/P, 4LX (thick lexan~ ~ 44 - 149.~) and 

B (boron, ~ 67 - 120A) filters respectively. Furthermore,  a firm upper  l imi t  on the line of sight interstel lar  absorbing 

column (Nit = 2.36 x 102°cm - s )  has been obtained from observations of a nearby QSO (Warwick et al, 1988) and 

i ts  distance is known (1660pc; Kaler, 1983). K1-16 is chosen here to i l lustrate the results obtained with the model 

atmospheres.  Temperatures  for Kl-16 are expected to be in excess of 80000K but  it has not yet been possible to 

provide reliable estimates.  The presence of CNO in He rich atmospheres is demonstra ted by observations of CIV, 

CIII,  NIII  and OVI t ransi t ions in the optical  and UV but  their  abundances remain undetermined.  

The code used to compute the atmospheric models assumes LTE and a homgeneous composition. All ionisation 

species and excited s ta tes  of CNO are included. Only cont inuum opacities are considered. Eddington fluxes have been 

calculated for models  containing varying concentrations of H:He and He:CNO wi th  the relative fractions of C:N:O 

held constant  a t  solar values. The models cover frequencies from infra-red to soft X-ray, temperatures  in the range 

50000-200000K and log g values of 7 or 8 (Table I). 

3. K 1 - 1 6  R E S U L T S  A N D  D I S C U S S I O N  

For a given T, NH and model composit ion i t  is possible to calculate a predicted count rate for K1-16 in each EXOSAT 

filter by folding the model  spectrum, normalised to the V magni tude  (15.09), through the ins t rument  response and an 

interstel lar  medium model. Count rates were predicted in each filter for each model temperature  and a finely spaced 

grid of NH values in the range 10 is - 10SScm -2.  The resulting tables were interpolated to determine the values of T 

and NH corresponding to the observed K1-16 count rates. A family of constant  count rate curves can then be displayed 

in the (T,NH) plane as depicted in figure 1 for the model I I H E C N O l l l .  The 3 curves shown for each filter correspond 

to tile observed count rate and =t=l(r s ta t is t ical  errors. A model can be said to be consistent wi th  the da ta  if there is at  

least one region on the plot  where all four sets of contours overlap. Table I summarises the results of these analyses 

on each model  atmosphere,  indicat ing the allowed ranges of temperature.  

There is a band of models tha t  are consistent with the observed K1-16 data.  This  implies tha t  the concentration 

of CNO in the atmosphere of Kl-16 lies between 0.02 x solar and 20 x solar (relative to He). However, constant  relative 

proportions of C:N:O and a homogeneous dis tr ibut ion have been assumed. Adjust ing the C:N:O ratios may alter this 

l imit .  If the atmosphere is non-homogeneous or layered the 'measured '  CNO abundance reflects the opacity of the 

overlying mater ia l  (probably nearly fully ionised H and He, cf. Vennes et al, 1988). The results are not very sensitive 

to either the concentrat ion of t t  or the value of log g and al tering these jus t  modifies the allowed range of T. Imposing 

the known upper l imi t  to NH (2.36 x 10S°cra - s )  allows the m a x i m u m  values of T to be reduced but  does not further 

constrain the acceptable range of models. 
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TABLE I. Details of the atmospheric models studied and the temperature ranges allowed by each model for the 
observed K1-16 filter count rates. 

Model Abundances[q log g T range (K) T limits for K1-16 (K) T upper limit for 

H:He CNO:He of model NH = 2.36 × 102°cm -2 

HHECNO100 S S 7.0 5 0 0 0 0 - 2 0 0 0 0 0  145000-181000 155000 
HECNO100 0 S 7.0 5 0 0 0 0 - 2 0 0 0 0 0  160000-181000 168000 

HHECNO101 1 S 7.0 (8.0) 50000-200000 157000(150000)-185000(177000) 164000(167000) 
HHECNOlll  1 0.15 7.0 5 0 0 0 0 - 2 0 0 0 0 0  138000-169000 147000 

HHECNO121 1 0.01S 7.0 50000-200000 NONE NONE 

HHECNO131 1 0.02S 7.0 50000-200000 NONE NONE 

HHECNO141 1 0.05S 7.0 5 0 0 0 0 - 2 0 0 0 0 0  125000-164000 144000 

HHECNO151 1 I0.0S 7.0 50000-177000[ 2] 158000-177000 NONE[q 

HHECNO161 1 20.0S 7.0 50000-168000[ 2] NONE NONE 

HItECNO161 1 20.0S 8.0 50000-200000 NONE NONE 

[1] S=Solar abundance; He:H=0.063, He:C=4.17 x 10-4~ He:N=8.71 x 10 -~, He:O=6.92 x 10 -4. 

r 2] Static model unstable above this temp. [31 No consistent model with this NH 

Figure 1. Curves of constant count rate, calculated for model HHECNOlll,  corresponding to the observed K1-16 

fluxes and 4-1~r errors. The filter designations are as noted in the text. 
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4. H1504+65 

H1504+65 has been found to be an extraordinarily hot compact star that is apparently devoid of H and He (Nousek 

et al, 1986). Such estimates as can be made indicate that T is ~ 160000K and 7 < log g < 8. Nousek et al were 

unable to match the observed EXOSAT count rates (6.97 =t= 0.04-3LX, 0.47 ± 0.02-A1/P, 0.017 =t= 0.002-B) to existing 

model atmospheres. The 3LX and A1/P count rates of H1504+65 can be predicted by the HHECNO101 (solar CNO) 

model, yielding 172000 < T < 200000K and 4.4 x 1019 < NH < 102°. This is consistent with the estimates of Nousek 

et al, including their determination of NH (6.0 =E 2.0 x 1019cm-2) from HI lyman alpha absorption. However, the 

corresponding B rate is a factor 2-3 lower than observed. Increasing the abundance of CNO appears to reduce this 

discrepancy but a high gravity (log g~ 8) is needed if a static atmosphere is to exist at the correspondingly higher 

temperatures required to generate the observed soft X-ray fluxes. Given the similarity between filter pass bands, it is 

difficult to see how any model might be modified to lower the B count rate sufficiently relative to the rates in the 3LX 

and A1/P filters. 

Analysis of the structure of the HHECNO101 model indicates that for T~ 200000K He is almost completely 

ionised throughout the atmosphere. Consequently, the apparent lack of He may merely be due to the absence of 

observable transitions, as is the case for H in PGl159-035 and similar objects. Although further study of H1504+65 

with these model atmospheres is necessary, these initial results suggest that it is not perhaps as anomalous as first 

supposed. It seems likely that it is closely related to the PGl159 group of objects (which includes K1-16) and that its 

observed peculiarities are a consequence of its high temperature. 
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CHEMICAL STRATIFICATION IN WHITE DWARF ATMOSPHERES 

AND ENVELOPES 

D.Koester 

Department of Physics and Astronomy 

Louisiana State University 

I. Introduction 

The theory of gravitational separation of elements under the combined influence of gravity 

and electric fields (Schatzman 1958) has been very successful in explaining the general mono- 

elemental composition observed in most hot white dwarf atmospheres. Today the exceptions 

to the rule - DO and DAO with mixed compositions (Wesemaefet al.1985), DA with traces of 

helium (Kahn et al. 1984, Petre et al. 1986, Jordan et a1.1987, Paerels 1987), DAB (Liebert 

et al. 1984), and DBA (Shipman et al. 1987) - pose a problem, because they seem to demand 

a mechanism that counteracts gravitational separation. Such a mechanism that satisfies the 

observational constraints is very hard to find, and this has led in recent years to the growing 

conviction that we indeed observe the equilibrium state of diffusion, but in white dwarfs with 

extremely thin hydrogen layers that remain transparent (at least in the EUV) in many objects 

(Jordan and Koester 1986, Liebert et al.1987, Vennes et al. 1987, Fontaine et a1.1988, Vennes 

et al.1988). 

In this paper I will briefly review the mechanism that might compete with diffusion and 

maintain a homogenously mixed composition in the atmosphere - with an overall negative 

result that has been found by others before. Theoretically we clearly expect layered envelopes, 

with hydrogen on top of helium and an abundance profile in the transition layer determined 

by diffusion equilibrium (including in general the effects of radiation pressure). In cases with 

observed He and H in the atmospheres this automatically means that the total H mass must 

be very small. 

In section III  I will then discuss the empirical evidence for such atmospheres, using a new grid 

of model atmospheres with stratified element abundances and applying it to typical mixed 

abundance cases at the hot end of the white dwarf temperature sequence. 

II. Theoretical arguments 

II.1. Diffusion time scales 

It has been known for a long time that the time scales for diffusion are extremely short in the 

atmospheres of hot white dwarfs. However, they increase strongly with depth in the envelope, 
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and if we are interested in the time it takes to reach the complete equilibrium distribution for 

a given total hydrogen mass~ the time scales evaluated at the final transition layer between H 

and He are more appropriate. As long as we consider only thin hydrogen layers, they remain 

small compared to the cooling age (see Table 1). 

Table 1: H/He diffusion time scales (years) evaluated at the transition layer of the 
equilibrium distribution 

Te// 

l o g  MH/~® 60000 50000 40000 30000 20000 

-10 1387 1457 1538 1635 1798 

-11 298 316 336 362 393 

-12 63 68 73 79 87 

-13 13 14 15 17 19 

-14 2 .8  3 .0  3 .3  3 .6  4 .1  

-15 0 .6  0 .6  0 .7  0 .8  0 .9  

-16 0 .1  0 .1  0 .1  0 .2  0 .2  

-17 0.02 0 .03 0 .03  0 .03 0 .04  

c o o l i n g  age 1.6 106 2 .7  106 5 .3  106 1.5 107 7 .9  107 

The numbers in Table 1 have been calculated with the most recent diffusion coefficients of Pa- 

quette et a1.(1986). Detailed time dependent calculations for a H layer mass of approximately 

10 -1° M®(Vennes et a1.1988) have confirmed the values in the first row. 

Which physical mechanisms might prevent this rapid separation of H and He? 

II.2 Meridional circulation 

The effect of rotation on large scale internal motions (Eddington- Vogt meridional circulation) 

seems still not to be completely understood. Tassoul and Tassoul (1983) found a stationary so- 

lution for a cooling white dwarf with the assumption that viscous stresses exactly balance the 

transport of angular momentum in the surface boundary layer. They discuss a 0.8 Mowhite 

dwarf with L = 10 -2 Loand find tile result that the flow velocities are negligible everywhere 

(vr ~ 10 -13, vt ~ 10 -9 cm/s near the surface). In his discussion of mechanisms competing 

with diffusion Michaud(1987) used estimates derived from this solution to arrive at tile same 

conclusion. It is not clear to me, whether this result can really be generalized. Besides the 

basic assmnption about the viscosity there are additional problems 

i. Tassoul and Tassoul(1983) show in their paper that the time scale for the development 

of the stationary solution is larger than 10 l° years, much longer than the ages of hot white 

dwarfs. 

ii, Their solution was obtained for L = 10 -2 L®and M = 0.8 M®. Circulation velocities 

increase with luminosity and decrease with mass, they could therefore be substantially larger 

for a 60000 K (,~ L®) white dwarf of 0.6 M® 
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log MH/M® 

In order to get another estimate for the expected magnitude I have therefore used an expres- 

sion for the mass flow derived from a paper by Kippenhahn and M611enhoff(1974) 

Lw ~ 
p v -  4~rGM96 

where aJ is the angular vel0city, g the local gravitational acceleration, and 5 = -(Olnp/OInT)p. 
This expression is strictly valid only for the interior. One might argue, however, that conser- 

vation of mass demands that pvr~ must be of the same order of magnitude near the surface. 

Pavlov and Yakovlev (1978) derive a very similar expression for the outer layers of a white 

dwarf; the values derived from their formula are about a factor of 2 larger. The velocities 

obtained in this way are compared to the diffusion velocities in Table 2. As is evident from 

the formula, the effect depends on the square of the angular velocity (or rotational velocity 

at the equator). White dwarfs are generally found to be extremely slow rotators (Greenstein 

and Peterson 1973, Pilachowski and Milkey 1984,1987, Koester and Herrero 1988); I have 

therefore conservatively assumed a rotational velocity of 50 km/s. 
Table 2: Comparison of diffusion velocities (upper line) with velocity of meridional 
circulation at the transition layer for a rotational velocity of 50 km/s. Velocities 
are in era/s; numbers in brackets are powers of 10. 

Teff 

60000 5 0 0 0 0  40000 30000 20000 

-10 1.6 (-5)  1.4 (-5)  1.2 ( - s )  9.8 (-6)  7.3 (-6) 
3.2 (-7)  1.4 (-7)  5.2 ( - a )  1.4 ( -8)  2.4 (-9)  

-11 4.9 (-5)  4.2 (-5)  3.6 (-5)  2.9 (-5)  2.2 (-5) 
2.1 (-6) 9.3 (-7) 3.4 (-7) 9.5 (-8) 1.5 (-8) 

-12 1.5 (-4) 1.3 (-4) 1.1 (-4) 8.7 (-5) 6.5 (-5) 

1.5 (-5) 6.1 (-6) 2.3 (-6) 6.2 @7) 1.0 @7) 

-13 4.7 (-4i  4.0 (-4) 3.4 (-4) 2.7 (-4) 2.0 (-4) 

9.1 (-5) 4.0 (-5) 1.5 (-5) 4.1 (-6) 6.7" @7) 

-14 1.5 (-3) 1.3 (-3) 1.0 (-3) 8.2 @4) 5.9 (-4) 

6.0 (-4) 2.6 (-4) 9.8 (-5) 2.7 @5) 4.4 (-6) 

-15 4,7 (-3) 4.0 @3) 3.3 (-3) 2.6 (-3) 1.8 (-3) 

3.9 (-3) 1.7 (-3) 6,4 (-4) 1.8 (-4) 2.9 (-5) 

-16 1.5 (-2) 1.3 (-2) 1.0 (-2) 8.1 (-3) 5.7 (-3) 

2.6 (-2) 1.1 (-2) 4.2 (-3) 1.2 (-3) 1.9 (-4) 

-17 4.9 (-2) 4.1 (-2) 3.3 (-2) 2.6 (-2) 1.8 (-2) 

1.7 (-1) 7.5 (-2) 2.8 (-2) 7.6 (-3) 1.2 (-3) 

For the deeper layers in cool models the results are about the same as the velocity (along 

the surface) in the solution of Tassoul and Tassoul(1983) and circulation is indeed negligible. 
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This is, however, not true for more luminous white dwarfs with very thin H layers: in the 

models below the dashed lines in the table circulation velocities are larger than diffusion 

velocities! The numbers are of course very approximate estimates. They ignore completely 

the stabilizing influence of the composition gradient near the surface, and are very probably 

overestimates in view of the work of Tassoul and Tassoul (1983). Nevertheless, the fact that 

circulation could be much more important in the hot objects is intriguing in View of the 

observed pattern of He abundances vs. effective temperature. 

11.3 Mass loss 

The possibility of mass loss in hot DA has been inferred from the presence of shortward- 

shifted absorption components of highly ionized species (Bruhweiler and Kondo 1983) and 

mass loss rates of up to 10 -s  M®/year (Hamann et al. 1984) are known to occur in central 

starsof planetary nebulae (at much higher luminosities). The interaction of diffusion with 

mass loss has been discussed in detail by Michaud (1987). For continuity reasons of the flow, 

mass loss leads to a systematic velocity in the transition region which is superposed on the 

diffusion velocity. It is easy to estimate with the numbers in Table 2 that these velocities 

are comparable if the mass loss is of the order of 10 -15 M®/year. With somewhat different 

assumptions about the original abundance distribution Michaud(1987) derived 10 -14 as the 

critical rate at which diffusion becomes ineffective. 

While this seems at first sight a relatively small number any mass loss of this size must 

certainly be excluded in the present context. As is obvious fl'om the range covered by the 

tables and for reasons than will become clear below, I am especially interested in the range of 

total hydrogen masses below 10 -la M o. Such a thin layer would be lost almost immediately 

if mass loss of the critical size existed. It might well be, however, that mass loss in previous 

evolutionary phases has led to these thin H layers and stopped when it came close to the 

H/He transition zone, although at the moment this is pure speculation. For the remainder 

therefore let us simply assume that mass loss, if present, is small enough not to interfere with 

diffusion. 

II.4 Accretion of interstellar matter 

Accretion has been studied and dismissed as possible explanation for the He seen in hot DA 

and DAO most recently by Fontaine et al. (1988). The main arguments are 

i. there is evidence in favor of a weak wind or static halo in hot DA (see above) 

ii. the accretion rate necessary to compete with diffusion (~ 10 -16 M®/year) is much higher 

than expected for an isolated hot white dwarf in the tenuous interstellar medium. The typical 

time between cloud encounters, where accretion rates could be higher, is ~ 5 107 years, larger 

than the lifetime of the hottest DA. 

II.5 Radiative levitation 

Selective radiation pressure on helium has been invoked for some time (Petre et M. 1986, 

Shipman 1987,1988) as an explanation for the helium seen in DAO and in the  EINSTEIN 

and EXOSAT observations of a number of DA. 
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However, Vennes et al. (1988) have recently calculated the time dependence of the element 

stratification for two sequences of models, with approximately 10 .7 and 10 - l °  Mo total 

hydrogen content, including radiative forces on helium. Radiation pressure indeed increases 

the equilibrium surface abundance of He, but these abundances fail by at least two orders of 

magnitude to explain the observations. They conclude that the H layers must be even thinner 

than they had assumed in their calculations. Estimating the He abundance at an (EUV) 

optical depth of one from an equilibrium abundance profile and comparing with observations 

they arrive at H layer masses in the range 10 -13 to 10 -]5 MQ. 

While this should give the right order of magnitude to be expected, there are some obvious 

problems associated with this procedure. The emerging stellar flux, especially in the EUV, 

originates from a wide range in geometrical depth with greatly varying He abundance. On 

the other hand, the observational abundances they use for comparison have been determined 

assuming homogenous model atmospheres. 

Whether thin stratified atmospheres can really explain e.g. the accurate EXOSAT broad 

band fluxes can only be demonstrated using theoretical models that take this stratification 

into account. In section III  I will report the results of such an attempt. 

I1.6 Convection 

The main conclusion of the discussion above is that there are strong theoretical reasons to 

expect simple gravitational separation of He and H to work in hot white dwarfs. If this is 

to explain the observed He abundance in DA/DAO the transition zone of the equilibrium 

profile must reach into the photosphere - if we interpret this in a broader sense, including the 

"EUV photosphere". The hydrogen layer must then obviously be very thin, of the order of 

10 -1~ M® or less, and the depth dependence of the H/He ratio has to be taken into account 

consistently in atmospheric models and synthetic spectra calculations. 

Inhomogenous atmosphere models - assuming a pure H layer on top of a pure He envelope with 

an infinitely thin transition zone - have been considered previously by Heise and Huizenga 

(1980), Muchmore(1982, 1984), and Price and Shipman(1985). The first systematic study 

using realistic transition zones was performed by Jordan and Koester(1986). I have since then 

extended the available model grid and will report in section III  some preliminary applications. 

Before doing so, we must, however, consider another effect that might compete with diffusion, 

that is convection. Because the presence of an abundance gradient in the atmosphere can 

considerably change the temperature gradient, this can only be done by studying convective 

instability in consistent flux constant atmospheres. The results of this study are given in 

Table 3. 
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Table 3: Convective instability in stratified H/He atmospheres 
- stable 
+ convectively unstable in transition zone 

(+)  unstable outside transition zone 

- -  models above this line would optically appear as a "pure" DA 

T~H/1000 K 

log MH/M® 60 50 40 35 30 25 20 

- 1 3 . 3  - 

- 1 4 . 3  - 

- 1 5 . 3  - 

- 1 6 . 3  - + 

- 16 .9  

- 17 .1  

- 1 7 . 3  - (+) 

- 1 8 . 3  - (+) 

+ 

(+) 
( ,)  

- + 

+ (+) 

(+) ( ,)  
(+) (+) 
(+) • 

(+) ( ,)  

The first point  to note in this table  is the  dashed line, which separates  models  showing only 

H lines (above) from those showing in addi t ion  HeI or HeII line. The  effect of increasing H 

opaci ty  wi th  decreasing t empera tu re  as ment ioned by Vennes et a1.(1988) does not p lay a 

m a j o r  role. Only for a to ta l  H mass very close to 10 -16 M®could a s tar  show H and He above 

40000 K and tu rn  into a pure  DA somewhere between 40000 and 30000 K. But even this 

would never happen  in reality, because it would be masked by the effects of convection. The 

plus signs in the  table  mark  models  with convectively unstable  regions within the t ransi t ion 

layer. The  He mass  in this uns table  region is always at  least an order  of magni tude  larger 

than  the to ta l  hydrogen mass - these models  are certainly not  realistic.  This  is not tha t  

clear wi th  the  models  with (+) ,  which s tands  for conveetively uns table  regions outside the 

direct  t rans i t ion  zone ("contaminat ion"  less than  1% ). Whether  the thin hydrogen layer 

could remain  s table  in such a case is not clear (Arcoragi  and  Fontaine 1980). The  above table  

casts some doubt  on Liebert  et al. 's(1987) explanat ion for the missing DB between 40000 and 

30000 K. I have found no models  tha t  would look like a DA and tu rn  into a DB at 30000 K. 

The  grid is coarse, and  there might  be a H mass for which this happens .  But this H layer 

would have to be ext remely  fine tuned  on some value near  10 -16 M®and it seems to me quite 

unlike tha t  tha t  can be t rue for all DB. 

III. Appl ica t ion  of s t rat i f ied a tmospheres  to observations 

III.1. Cool DO and DAO stars  

The  cool DO stars  - with the p ro to type  HZ21 - are defined by Wesemael  et al.(1985) as showing 

HeI features together  with H e I I +  H blends,  whereas the DAO show broad  H and sharp 
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HeII 4686 (Prototype HZ34). The He/H abundance ratios - as determined from homogenous 

atmospheres - are typically 1 (DO) resp. 10 -2. 

A detailed analysis using stratified atmospheres has not been done yet. Figure 1 shows that 

at least qualitatively the observed optical characteristics can be reproduced, although the He 

lines (especially HeI) tend to be quite broad because they originate in higher pressure regions 

than in a homogenous atmosphere. For a final decision of course the wealth of UV data has 

to be used as well. 

i I i I ' I i I ' J 

I 

N 

I 

t i I i i i I i I i 
,a,200.o '1340.0 ~eO.O le2o.o t76o.o 1900.0 

Lambda ( A ) 

N 
2 

t1200.0 

i I i I i I i I ' J 
- 5 E--19 4 

I I I I t I l I I 

: ~ :~o .o  , ~ e o . o  4 e ~ . o  4 7 ~ o . o  4 9 o o . o  

Lambda ( A ) 

Fig 1: Optical spectra for stratified atmospheres of 50000 K (left) and 60000 K 
(right), showing H, HeI, and HeII lines. 

111.2 EUV observations of DA 

Observations in the soft X-ray and EUV regions, covering the 228 ~ absorption edge of HeII, 

have so far provided the only opportunity to study the He/H abundance ratio in hot DA white 

dwarfs that show no trace of helium at optical wavelengths. After the pioneering discoveries 

of EUV radiation from Sirius B, HZ43, Feige24, and G191-B2B (Mewe et al. 1975a,b; Hearn 

et al. 1976; Margon et al. 1976a,b; Lampton et al. 1976; Holberg et al. 1980) a more 

systematic study has been made possible in recent years with the EINSTEIN and EXOSAT 

satellites. A surprising result of these studies was that a small but finite (_> 10 -5) amount 

of helium was necessary in almost all cases to explain the observations (Kahn et al. 1984, 

Petre et al. 1986, Jordan et al. 1987, Paerels et al. 1987, Paerels 1987, Paerels and Heise 

1988). Even less expected was a trend of increasing He abundance with increasing effective 

temperature of the white dwarf found originally by Petre et ai.(1986) from their analysis of 

EINSTEIN data and confirmed by Jordan et a1.(1987) from EXOSAT observations of 9 DA. 
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The only clear exception to that trend in both samples was HZ43, which seems to have a low 

He abundance compared to other objects in the same temperature range. 

Kahn et al. 1984 proposed two possible mechanisms as explanation for the finite observed 

He abundances: accretion from interstellar matter and selective radiative acceleration on He 

ions, supporting them against gravity in the atmospheres. In view of the observed relation 

between He/H and T , f f ,  Petre et a1.(1986) favored the second process, because only this 

can naturally lead to such a correlation. However, Vennes et M.(1988) demonstrated that 

the the amount of helium that can be supported by radiative forces is too small by at least 

two orders of magnitude to account for the observations. All abundance determinations in 

the above mentioned studies were based on the assumption of a homogeneous, mixed He/I-I 

atmosphere, although as discussed in section II one would theoretically expect an abundance 

stratification. 

Can such atmospheres provide an alternative, satisfactory explanation? 

I have studied this question using the sample of 9 DA white dwarfs from our first paper 

(Jordan et M. 1987), which have been observed in at least two filters of the LE experiment 

(A1/P and Lexan 3000). In addition the observations of CD-38°10980 and PG1658+440 as 

given by Paerels and Heise (1988) were included. The analysis was very similar to that of 

Jordan et a1.(1987) with the exception that the parameter He/H abundance is now replaced 

by the total hydrogen layer mass (in M®). It is indeed possible to find solutions for MH and 

the interstellar column density (the only free parameters) that reproduce the observations, 

and a sample of the results for MH is given in Table 4. 

Table 4: Hydrogen layer thickness determined from EXOSAT broad band EUV 
observations 

object Teff MH 

G191-B2B 60000 4.74 10 -16 

HZ43 57000 1.21 10 -14 

GD246 55000 5.75 10 -15 

GD257 55000 5.11 10 -15 

GD153 42000 1.21 10 -14 

LB1663 37000 8 .80 10 -15 

GD659 37000 2.29 10-14.  

GD394 36000 3 .25 10-14.  

PG1658+440 31000 2 .63 10-14.  

GD391 27500 1.08 10-14.  

CD-38°10980 24950 3 .80 10-14.  

In all cool objects marked with an asterisk there is a well defined solution corresponding to 

the temperature value given in the table, which is the assumed temperature for that object. 

However, if I use the lowest temperature allowed by optical and UV observations, a solution 

with a much thicker H layer (corresponding to a pure hydrogen atmosphere) is also possible, 
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consistent with the results of Paerels and Heise (1988). The values for MH nicely fall into 

the range est imated by Vennes et a1.(1988). Although there is no single-valued relation to 

T , f f ,  a tendency for thinner H layers at the hot and thicker at the cool end of the sequence is 

apparent,  again with the notable exception of HZ43. This is very reminiscent of the relation 

between He abundances and effective temperature obtained from homogenous atmospheres. 

If both explanations - homogeneous vs. layered atmospheres - are possible, we are left with the 

difficult question, which is the correct one. I cannot answer tha t  question at the moment,  but 

want to mention two arguments,  one slightly in favor of stratified atmospheres, one against 

them: 

i. A major  problem with the EXOSAT observations has been the discrepancy between the 

EUV spectrum and the broad band filter observations of HZ43. In their table of the results 

from EUV photometry  Paerels and Heise(1988) give for HZ43 the He abundance derived from 

the non-visibility of the HeII  A228 edge without mentioning the very accurate observations for 

5 different filters. These are in fact completely incompatible with the low He abundance they 

obtain as long as the temperature is confined to the interval obtained from opticM and UV 

observations, as was demonstrated by Jordan et a1.(1987). If the temperature is lowered to 

50000 K, the value favored by Heise et a1.(1988) in their second paper on the EUV spectrum 

of HZ43, we obtain a He abundance of 3 10 -6 from Fig. 1 in Jordan  et a1.(1987) and the 

discrepancy between spectra and broad band filters disappears. 

1,50.0 

i I i I i I i I 

S 4 0 0 0  K ~ = 1.Sl - 1 4  

"----2 
i I i I l I l I t 

190.0 2~0.0 270.0 310.0 ~:~0.0 

Lambda ( A ) 

J I i I l I ' I 

~ ~801~  K 

i I i I i I I J I 

tO00.0 2'~00, 0 3800. O 5200.0 6600.0 801}0.0 

Lambda ( A ) 

Fig. 2 (left): Theoretical EUV spectra of two models for HZ43 that reproduce the 
EUV filter data. 
Fig. 3 (right): Energy distribution in GD323 compared with two theoretical models, 
shifted vertically to avoid confusion. 
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There is a chance that an interpretation in terms of stratified atmospheres can remove this 

discrepancy at somewhat higher temperatures, more in accord with the other observations. 

Fig. 2 shows two theoretical EUV spectra at the high and low end of the temperature 

range for HZ43 I assumed( 57000-t- 3000 K), which both reproduce the observed EUV filter 

fluxes. They have been smoothed to the resolution of the grating spectrum of 6 ~ . In the 

hot model the absorption edge remains clearly visible, whereas in the cool one, which has 

a slightly higher H mass, it has disappeared, in part due to the strong overlapping of the 

high series members of the HeII Lyman series. The lines are broader than in a homogeneous 

model because He is present only in regions of the atmosphere with higher pressures. At this 

resolution only the absorption lines near 250 and 300 * remain visible and an indication for 

such features can indeed be seen in the LEXAN3000 spectrum in Fig. 2 in Heise et al. 1988. 

ii. Another problem with the EXOSAT data has been that the derived interstellar column 

densities for some objects (e.g. HZ43 and G191B2B) contradict the results from Voyager 

observations of the range shortward of the Lyman edge (Jordan et al. 1987, Heise et al. 1988, 

Holberg 1987). The required column densities are even larger for the solutions obtained with 

stratified atmospheres. Heise et al. (1988) propose the solution that the interstellar hydrogen 

along these lines of sight is strongly ionized, leading to low HI densities, whereas the opacity 

observed in the EUV is due to neutral He. 

111.3 The DAB star GD323 

This unique object, which has an energy distribution from the UV to the red characteristic 

of a helium-dominated atmosphere around 30000 K, but lines of H and He much too weak for 

this temperature has been analyzed in great detail by Liebert et a1.(1984) using homogenous 

model atmospheres. They were not able to find a consistent fit, and after a discussion of all 

alternatives the only hypothesis that survives - as they put it - is the assumption of a stratified 

atmosphere, which could not be tested at that time due to the lack of detailed models. In 

our paper (Jordan and Koester 1986) we did not attempt an analysis but suggested that the 

spectrum looks more like a homogenous, He-rich atmosphere around 40000 K. As was pointed 

out by Liebert et a1.(1987), however, the He lines in such a model would be too strong. I 

have therefore calculated an additional model grid with much finer parameter spacing and 

tried to fit all observed data. 

Although it is not possible to find a single model that perfectly matches all observations, the 

remaining discrepancies are indeed much smaller than for homogeneous atmospheres and the 

range of parameters necessary to fit all data is confined to T~I/ = 27000 4- 1000 K, M H  = 

(7.5 4- 2.5) 10 - i s  Mo. Fig.3 shows the overall energy distributions, Fig.4 three representative 

optical spectra, while Table 5 gives a detailed comparison of observed and theoretical colors 

and equivalent widths. The observed data are from Liebert et a1.(1984). From colors and He 

lines the 26000 K model is favored, whereas the weakness of the H lines demands a slightly 

higher temperature. As can be seen from Fig. 3, models in this range also reproduce the 

overall energy distribution fairly well, though not perfectly. 
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Fig. 4 (left): 3 theoretical optical spectra for GD323 with parameters near the 
optimum solution. 
Fig. 5 (right): Theoretical calculation for lines produced in "metallic clouds" in 
Feige 24. 

Table 5: Observed and theoretical colors and equivalent widths for GD323 

observed 

TeII[K] / MH [M®] 

28000 27000 26000 

6 10 -18 8 10 -18 1 10 -17 

15.0 

Johnson B-V 

Johnson U-B 

Stroemgren b-y 

Stroemgren u-b 

MC u-v 

MC g-r 

H beta 

H gmmma 

H delta 

He 4471 

He 4718 

-0 13 

-1 08 

-0 10 

-0 24 

-0 47 

-0 56 

7 . 0 - 1 0 . 0  

5 . 6 - 1 0 . 0  

3 . 0 - 4 . 0  

1 . 7 - 2 . 5  

1 . 0 - 1 . 7  

-0 17 

-1 13 

-0 07 

-0 28 

-0 58 

-0 64 

3 .9  

4 .6  

2 .4  

1.0 

0 .8  

-0 

-1 

-0 

-0 

-O 

-0 

15 

12 

08 

25 

55 

65 

7 .3  

7.1 

5.1 

1.6 

1.0 

-0 13 

-1 08 

-0 09 

-0 18 

-0 49 

-0 69 

12.9 

11.3 

10.5 

2.1 

1.0 

Very shallow convection zones appear  in all models  in the under lying helium, but  do not 

reach into the  t rans i t ion  zone (defined by " impuri t ies"  larger than  1% ). The mass in these 

216 



convective regions is typically 10 -15 to 10 -la M®; even a small contamination with H of the 

order of 1 %  should be mixed homogenously and could significantly change the abundance 

profile. Such a calculation might provide the final answer to the GD323 puzzle. GD323 is 

thus the only clear case, where homogenous models fail and stratified models provide a much 

more consistent fit as was originally suggested by Liebert et al.(1984). 

III.4 Highly ionized metals in Feige 24 

Although this is not related to the problem of He/H ratios it is nevertheless an interesting 

test case for the action of diffusion in hot DA. The two models proposed so far to explain 

the presence of metals are accretion from the close binary companion and radiative levitation 

(see Vauelalr(1987) and Shipman(1987) for recent reviews). 

Morvan et al.(1986) and Vauclalr(1987) have calculated the radiation pressure on the observed 

elements and found that in equilibrium they are accumulated in the form of clouds in the 

photosphere. I have taken the abundance distribution with optical depth from Vauclair (1987) 

and calculated a theoretical spectrum for a 60000 K model, which is shown in Fig. 5. The 

equivalent widths for these lines are given in Table 6 and compared to the observed values, 

taken from Wesemael et a1.(1984), who analysed the observations with homogeneous model 

atmospheres. 

Table 6: Observed equivalent widths (in m_~) in Feige 24 and comparison with 
theoretical "cloud" models 

observed theoretical 

SiIV 1394 97.7 170 

1402 75.6 126 

NV 1238 63.6 187 

1242 60.9 136 

CIV 1548 104.0 1920 

1551 108.0 

In view of the preliminary nature of these calculations and the large uncertainties involved 

in the computation of radiative acceleration the results for Si and N are encouraging. On 

the other hand, the result for C is far outside the acceptable range. In regard to the main 

question of this paper, whether diffusion (including radiative levitation) alone can explain 

the trace elements in hot DA, the Feige 24 data remain inconclusive at this time. 

IV. Conclusions 

For theoretical reasons as well as from the observation that in almost all white dwarfs one 

element is dominating we expect diffusion to be the most important mechanism. In this 

picture, however, it is very difficult to explain the traces of He found in many hot DA, 

because diffusion time scales are too short and radiation pressure too small. A possible 

solution could be to assume that the totM amount of hydrogen is very small (< 10 -14 M®, 

much smaller than predicted by evolutionary calculations) and that the He or metals are part 
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of an equilibrium abundance profile reaching into the visible or EUV photosphere. For the 

DAO a detailed analysis of the feasibility of such models has still to be performed, but it 

seems possible. The EUV observations of He can at least as well be explained by stratified 

models as by homogenous, but neither of the possibilities can be excluded. 

The DAB GD323 provides the strongest evidence that homogenous models are insufficient to 

explain the observations, and the calculations discussed above favor stratified models. The 

hydrogen layers necessary to explain the observations have masses around 10 -17 M® , about 

the same as would be necessary for the DAO. GD323 could then be regarded as descending 

from that hotter class, but what happens in the intermediate range (30000 to 40000 K), where 

no objects with He lines are known? 

The preliminary results for the metals in Feige 24 are inconclusive. The visibility of these 

lines is predicted by theory, but at least the carbon lines are much stronger than observed. It 

is possible that an improved understanding of the effects of radiation pressure might remove 

the remaining discrepancies. 

In summary: No clear contradictions to the assumptions of very thin stratified H/He layers 

have been found, but convincing evidence for it is also scarce. The strongest argument remains 

the lack of any other acceptable theory for the He traces in DA. 

Acknowledgement: This work was supported in part under NASA grant NAG5-990. 
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ORIGIN OF THE DA AND NON-DA WHITE DWARF STARS 
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I. INTRODUCTION 

U n d e r s t a n d i n g  t h e  o r i g i n  o f  DA and non-DA s t a r s  - -  t h e  b i f u r c a t i o n  o f  t h e  

w h i t e  dwar f  c o o l i n g  s e q u e n c e  - -  i s  one o f  o l d e s t  and p e r n i c i o u s l y  d i f f i c u l t  

p rob l ems  in  t h e  w h i t e  dwar f  r e s e a r c h  f i e l d .  P r o c e s s e s  which  c o u l d  p l a y  a r o l e  

have been  d i s c u s s e d  f o r  y e a r s .  For  example ,  t h e  i d e a  o f  d i f f u s i v e  e l emen t  

s e p a r a t i o n  was s u g g e s t e d  by  Schatzman (1958) .  The s u g g e s t i o n  o f  c o n v e c t i v e  m i x i n g  

goes  back a t  l e a s t  as  f a r  as  S t r i t t m a t t e r  and Wickramas inghe  (1971) and Shipman 

(1972) ,  and t h i s  p r o c e s s  was a c t i v e l y  d i s c u s s e d  by a number o f  a u t h o r s  in  t h e  

1970s ( s e e  t h e  e x c e l l e n t  resume by D 'An tona  and M a z z i t e l l i  1979) .  

R e c e n t l y ,  two d e v e l o p m e n t s  have s h a r p e n e d  t h e  d e b a t e  and b r o u g h t  t h i s  

q u e s t i o n  back t o  c e n t e r  s t a g e .  F i r s t  has  been the  a p p e a r a n c e  o f  two r e a s o n a b l y  

d e t a i l e d  t h e o r e t i c a l  p r o p o s a l s  f o r  t h e  o r i g i n s  o f  t h e  b i f u r c a t i o n  o f  w h i t e  d w a r f s  

i n t o  DA and non-DA s t a r s .  A s econd  deve lopmen t  has  been  a c o n s i d e r a b l e  

improvement  in  ou r  u n d e r s t a n d i n g  o f  t h e  c o m p o s i t i o n  o f  t h e  c e n t r a l  s t a r s  o f  

p l a n e t a r y  n e b u l a e ,  o f  t h e  n e b u l a e  t h e m s e l v e s ,  and o f  t h e  c o n d i t i o n s  unde r  which  

t h e y  a r e  formed.  An e x c e l l e n t  r e v i e w  o f  t h e  p l a n e t a r y  n e b u l a  e v i d e n c e  w i l l  soon  

be a v a i l a b l e  ( T o r r e s - P e i m b e r t  1988) .  

My purpose in this paper is to review various proposals for the bifurcation 

of the white dwarf cooling sequence. There is only a small overlap with two 

reviews on the chemical composition of white dwarfs presented in the past year 

(Shipman 1987, 1988). This review complements Sion (1986), in that I focus more 

on particular mechanisms and scenarios while Sion focuses primarily on the 

phenomenology. I begin (section If) with a discussion of the evidence in favor of 

"primordial" theories, theories in which the basic bifurcation of the white dwarf 

sequence is rooted in events which predate the white dwarf stage of stellar 

evolution. Section Ill discusses a competing type of theory, the "mixing" 

theories ill which processes occurring during the white dwarf stage are responsible 

for the existence of DA or non-DA stars, and the evidence in favor of them. In 

section IV, tile difficulties faced by each class of theory are discussed. Section 

VI presents a "modest proposal" .... a scenario which seems to me to be most 

consistent with the current evidence. 
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II. PRIMORDIAL THEORIES 

General Description: This class of theory is one where the distinction 

between DA and non-DA is hypothesized to lie in the pre-white dwarf stage of 

stellar evolution (see Figure 1 on the next page). Most recently, the recognition 

of the thermal pulse phenomenon in the evolution of AGB stars (see, e.g., Nenzini 

1983, Iben and Renzini 1983, Iben 1984, Iben and MacDonald 1985~ 1986, Renzini 

1988) has led to a specific proposal that the phase of the onset of the superwind 

phase determines whether or not the superwind will carry off all of the H 

envelope. If the H envelope is carried off, a bare He core remains which will 

turn into a non-DA; if some of the H envelope remains, the remnant will be a DA 

star with a H shell of order i0 -~ solar masses. 

Primordial 

DA, DAO--DA . . . . . . . . . . . . . . . . . . . . . .  >DA . . . . .  ~ DC 

P r e - w h i t e  d w a r f s  ,, 

2_ 
P G l 1 5 9 - - > D O  . . . . . . . . . .  >DB-->DQ . . . . .  >DZ . . . . . . . . . .  >DC 

Mixing 
DE . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .  P >105oh Jets T i with a little 

H,mostly He ....... 
( P G l 1 5 9 ? )  

DO . . . . . . .  DB-->DO-->DZ . . . . . . . . . . .  >DC 

T ( e f f ) / l O  3 150 80  45 30 10 8 6 

Figure I: Two extreme explanations for the chemical evolution of white dwarf 

stars. 

S e v e r a l  a u t h o r s  h a v e  c o m p o s e d  v a r i a t i o n s  on t h i s  t h e o r e t i c a l  t h e m e .  F o r  

e x a m p l e ,  S e h o n b e r n e r  s u g g e s t e d  s o m e  y e a r s  a g o  ( S c h o n b e r n e r  1 9 7 7 )  an  e v o l u t i o n a r y  

connection between the well-known set of H-deficient red giants (e.g., R Cot Bor 

stars) and the non-DA stars. Most discussion about H-deficient stars seems to 

presume that they contribute only a few percent of the remnants of low-mass stars; 

Schonberner pointed out that, at the time, the deathrate of H-deficient stars was 

quite uncertain and could be considerably higher. A more modern estimate would be 

useful. 

The Nature of Central Stars of Planetary Nebulae: One strong reason for 

believing in primordial scenarios for the origin of the white dwarf bifurcation, 

is that signs of this bifurcation are seen in the central stars of planetary 

nebulae (CSPN). In the standard classification system for CSPN, two of five 
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c l a s s e s  o f  c e n t r a l  s t a r  s p e c t r a  a r e  o s t e n s i b l y  h y d r o g e n - p o o r .  The O VI s t a r s  a r e  

d e f i n e d  by t h e  p r e s e n c e  o f  t h e  O VI d o u b l e t  a t  3811-3834 A, and t h e  WC s t a r s  a r e  

a n a l o g o u s  t o  t h e  main s e q u e n c e  Wol f -Raye t  s t a r s .  S ion ,  L i e b e r t ,  and S t a r r f i e l d  

(1986) m e n t i o n e d  t h e  p o s s i b i l i t y  o f  a c o n n e c t i o n  be tween  t h e  O YI s t a r s  and t h e  

PGl159 g roup  o f  w h i t e  dwar f  s t a r s .  

Because  o f  t h e  d i f f i c u l t i e s  in  d e t e r m i n i n g  w h e t h e r  a s p e c t r u m  w i t h  weak H 

l i n e s  in  f a c t  i n d i c a t e s  a d e f i c i e n c y  o f  H, a mos t  i m p o r t a n t  r e c e n t  deve lopment  has  

been  t h e  a n a l y s i s  o f  t h e  s p e c t r a  o f  a number  o f  CSPN by K u d r i t z k i  and 

c o l l a b o r a t o r s  ( s e e  Mendez e t  a l .  1986, 1988; Mendez 1987, K u d r i t z k i  1988).  A 

s i g n i f i c a n t  number o f  CSPN show a H d e f i c i e n c y ,  w i t h  an e x t r eme  b e i n g  NGC 2 4 6 ' s  

c e n t r a l  s t a r  w i t h  T ( e f f )  = 130,000 K, H / t o t a l  < 0 .1 ,  H e / t o t a l  = 0 . 5 - 0 . 9 ,  and 

C / t o t a l  = 0 . 1 - 0 . 5 .  6 o f  t h e  22 CSPN w i t h  He abundances  in  Mendez e t  a l .  (1988) 

have  y (= N ( H e / [ N ( H ) / N ( H e ) ] )  > 0 .15;  t h i s  i s  27% o f  t h e  t o t a l .  At t h e  o t h e r  end o f  

t h e  d i s t r i b u t i o n  a r e  some CSPN which  a r e  d i s t i n c t l y  He-poor  s u c h  as  t h e  c e n t r a l  

s t a r  o f  NGC 7293 w i t h  y = 0 :009 .  

Were a l l  o f  t h e  CSPN as  ex t r em e  as  t h e  two s t a r s  d e s c r i b e d  above ,  t h e  

c o n n e c t i o n  be tween  t h e s e  o b j e c t s  and t h e  two c o m p o s i t i o n a l  c l a s s e s  o f  w h i t e  dwar f  

s t a r s  would be q u i t e  c l e a r ,  e s p e c i a l l y  c o n s i d e r i n g  t h a t  t h e  p r o p o r t i o n  o f  H- 

d e f i c i e n t  o b j e c t s  among t h e  CSPN and among t h e  w h i t e  dwar f  s t a r s  a r e  q u i t e  

similar. In fact, the situation is somewhat more complicated. Most H-deficient 

CSPN show much more modest enhancements, and among the others a "normal" (i.e., 

solar) He/H ratio seems more common than a genuine He deficiency. Nevertheless, 

the idea of a connection between the H-deficient central stars and at least the 

hottest non-DA white dwarf stars has been discussed rather extensively within the 

planetary nebula community, if not within the white dwarf community. 

There has been considerable debate in the planetary nebula literature as to 

whether the H'deficient CSPN have any other distinguishing features. Renzini 

(1988) argues on theoretical grounds that Pop II stars and massive white dwarfs 

(descended from massive progenitors) should have a greater propensity to produce 

more massive remnants. There is some observational support for this hypothesis, 

in that there is some evidence that higher mass CSPN tend to have higher He/H 

ratios. However, the data (and the theory) are sufficiently uncertain to make all 

authors rather tentative. The existence of Sirius B as a massive (1.06 solar 

masses) DA white dwarf is a conspicuous counterexample to any putative trend, if a 

trend exists. 

Nature of the E,iecta from the Superwind Phas_e=: The simple existence of 

planetary nebulae requires that an evolutionary phase characterized by fast mass 

loss rates (> roughly 10 -6 solar masses/yr) must exist (e.g., Renzini 1983). 

Observations of OH/IR stars confirm that a "superwind" phase exists, with slow 

velocities (15 km/sec) and with mass loss rates of 10 -5 to 10 -4 solar masses/yr. 

Following this phase, CSPN continue to lose mass, with higher velocities (2000 

km/s) but lower mass loss rates (lO -I° to 10 -7 solar masses per year; see, e.g., 
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Habing 1988). We can see the nature of the matter which is pushed off the star in 

these evolutionary phases by observing and analyzing the most spectacular 

manifestation of the planetary nebula phenomenon, namely the nebula itself. Two 

important objects which may be telling us something important about the origins of 

the DA and non-DA white dwarfs are the planetary nebulae Abell 30 and Abell 78, 

objects sufficiently unusual that Mendez has put them in a class by themselves in 

classifying CSFN (Mendez et al. 1988). The nebulae in these objects contain 

regions which are almost pure He (Hazard et al. 1980, Jacoby and Ford 1983). I 

find that this is clear evidence that in some cases at least the superwind phase 

has reached down below the hydrogen envelope and ]aid bare the He layer, 

surrounding a degenerate C/O core. 

As is the case with photospheric compositions, the extreme cases of Abell 30 

and Abell 78 represent the bitter end of a distribution of nebular chemical 

compositions which shows, in many cases, evidence that the mass loss process has 

reached down into stellar layers which have been affected by nucleosynthetic 

processes. Peimbert and Torres-Peimbert <1983) review work in which they have 

identified a class of nebulae enriched in He and N. C enrichments are also 

observed in many objects. Correlations between these enrichments and various 

stellar evo]utionary hypotheses tend to fit general trends in both theory and 

observation, though details remain to be worked out (Kaler 1985). While the we 

are a long way away from a clear model which can be tested definitively~ there is 

a (:lear indication that in many cases the mass loss process which leads to the 

formation of planetary nebulae digs down to the He layer of the AGB star and 

exposes processed material. 

Generalities and Sugge~st:igns_[or]NtpreW!{k: Whether' or not there is a 

direct connection between the H deficient CSPN and/or the H-deficient planetary 

nebulae and the non-DA white dwarfs, clearly stars which are about to become white 

dwarfs can scarcely be regarded as a homogeneous class of objects which are then 

divided into DA's and non-DA's by pro(:esses occuring within the white dwarf phase 

of stellar evolution. The phenomeno]ogy strongly suggests a causal connection. 

A number of future lines of t'esearch are suggested on the basis of the above 

discussion: 

Continued studz_gf_th~com2oz.~.[i!~of!he_gen%!qg~!_~_@_£@!~: Many of the 

conclusions cited above depend on the analysis of the spectra of CSPN by Mendez et 

al. (1988). The numbers are small, and it's not clear that the sample is net 

contaminated by selection effects which lead to the preferential discovery of 

nebulae of, for example, high surface brightness -- which may be related in some 

unknown way to various properties of the central star'. Unfortunately the 

planetary nebula field has no equivalent of the PG survey, and selection effects 

may enter in unknown ways. Perhaps the only hope is to continue to study 

abundances of progressively fainter stars and to hope that selection effects, 

should they exist, will either become obvious, oF that the sample will become 
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s u f f i c i e n t l y  w e l l - c h a r a c t e r i z e d  t h a t  t h e y  become r e d u c e d  t o  an a c c e p t a b l e  l e v e l .  

P a r t i c u l a r  open q u e s t i o n s  t h a t  s u g g e s t  t h e m s e l v e s  a r e  t h e  f o l l o w i n g :  

* What i s  t h e  r a n g e  o f  He/H in  t h e  c e n t r a l  s t a r s ?  

* I s  t h e r e  any c o r r e l a t i o n  be tween  He/H and o t h e r  e l e m e n t a l  abundances  

( p a r t i c u l a r l y  t h e  abundance  o f  t h e  CNO e l e m e n t s ) ?  

* How do c e n t r a l  s t a r  abundance  a n o m a l i e s  c o r r e l a t e  w i t h  n e b u l a r  abundance  

a n o m a l i e s ?  

* What i s  t h e  f r e q u e n c y  o f  H - d e f e c i e n t  c e n t r a l  s t a r s ?  

* I s  t h e r e  any c o r r e l a t i o n  be tween  H - d e f i c i e n c y  and and T ( e f f )  o r  t h e  mass  o f  

t h e  c e n t r a l  s t a r ?  

* What i s  t h e  d e a t h r a t e  o f  t h e  c l a s s i c a l  H - d e f i c i e n t  s t a r s ?  

Winds in C e n t r a l  S t a r s  o f  P l a n e t a r y  Nebulae :  IUE o b s e r v a t i o n s  in  p a r t i c u l a r  

have  d e m o n s t r a t e d  t h a t  t h e  v e r y  h i g h  l u m i n o s i t y  p l a n e t a r y  n e b u l a e ,  s t a r s  w i t h  

l u m i n o s i t i e s  e x c e e d i n g  500-1000 s o l a r  l u m i n o s i t i e s ,  a r e  l o s i n g  m a t t e r  c o n t i n u o u s l y  

as  shown by t h e  e x i s t e n c e  o f  P Cygni l i n e  p r o f i l e s .  For  r e v i e w s  s e e  Heap (1983) 

and P e r i n o t t o  (1983) .  While t h e  wind v e l o c i t i e s  a r e  h i g h  (up t o  4000 kin s -~1 in  

t h e  c a s e  o f  Abe l l  30 and 78; K a l e r ,  No, and P o t t a s c h  1985) t h e  i n f e r r e d  mass  l o s s  

r a t e s  a r e  no t  t oo  h i g h  and r a t h e r  u n c e r t a i n .  Adopted r a t e s  r a n g e  from 10 -1°  t o  

10 -v s o l a r  m a s s e s  p e r  y e a r ,  t hough  e s t i m a t e s  e x i s t  f o r  o n l y  a h a n d f u l  o f  s t a r s .  

Over a p l a n e t a r y  n e b u l a  l i f e t i m e  o f  o r d e r  103 y r ,  t h e  most  r a p i d  mass l o s s  

r a t e s  c o u l d  have a s i g n i f i c a n t  e f f e c t  on t h e  s t r u c t u r e  o f  t h e  c e n t r a l  s t a r s .  The 

H l a y e r s  l e f t  o v e r  f rom AGB e v o l u t i o n  c o n t a i n  abou t  10 -4 s o l a r  m a s s e s  o f  m a t e r i a l ;  

c e n t r a l  s t a r s  l o s i n g  mass  a t  t h e  h i g h e s t  r a t e s  wh ich  were  q u o t e d  c o u l d  c o m p l e t e l y  

d e p l e t e  such  a l a y e r  d u r i n g  the  p l a n e t a r y  n e b u l a  p h a s e  and g r e a t l y  change t h e  

p h o t o s p h e r i c  c o m p o s i t i o n  o f  t h e  c e n t r a l  s t a r .  I t  i s  an open q u e s t i o n  as  t o  

w h e t h e r  t h i s  o c c u r s  in  any s t a r ,  no t  t o  men t ion  w h e t h e r  t h e  phenomenon i s  

s u f f i c i e n t l y  w i d e s p r e a d  as  t o  be i n t e r e s t i n g  in  an o v e r a l l  e v o l u t i o n a r y  c o n t e x t .  

Winds in  CSPN a r e  a s u f f i c i e n t l y  new phenomenon t h a t  t h e r e  a r e  many o b v i o u s  

q u e s t i o n s  which  s t i l l  need  a n s w e r s .  Mass l o s s  r a t e s  need  to  be p l a c e d  on a f i r m e r  

f o o t i n g ;  t he  t y p e s  o f  s t a r s  which  do have  winds need  to  be d e l i n e a t e d  more 

p r e c i s e l y ;  and t h e  d u r a t i o n  o f  t h e  wind p h a s e  needs  t o  be e s t i m a t e d .  

The PGl159 S t a r s :  An a d d i t i o n a l  p u z z l e  r e g a r d i n g  t h e  n a t u r e  o f  p r e - w h i t e  

d w a r f s  i s  s u g g e s t e d  by the  e x i s t e n c e  o f  t h e  PGl159 s t a r s ,  which,  c o n s i d e r e d  

t o g e t h e r  w i t h  tile u n u s u a l  o b j e c t  H1504+65, occupy t h e  same r e g i o n  o f  t he  H~ 

d iagram which  c o n t a i n s  t h e  CSPN. The s p a c e  d e n s i t y  o f  t h e  PGl159 s t a r s  d e r i v e d  by 

Green and L i e b e r t  (19871) o f  3 X 10 -~ pc - s  , combined w i t h  a l i f e t i m e  o f  lO e yr' 

s u g g e s t e d  by e m p i r i c a l  d e t e r m i n a t i o n s  o f  dP /d t  (Winget e t a l .  1985),  s u g g e s t s  a 

b i r t h r a t e  o f  3 X lO -14 pc -3 y r  - I  , abou t  0.1 t imes  t h e  b i r t h r a t e  o f  s i n g l e  w h i t e  

dwar f  s t a r s  a c c o r d i n g  t o  t h e  s t a t i s t i c s  o f  F leming ,  L i e b e r t ,  and Green (1988) .  A 

more p r e c i s e  d e l i n e a t i o n  o f  t h e  d u r a t i o n  o f  t he  "PGl159" p h a s e  w i l l  be r e q u i r e d  t~: 
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determine whether I0 s yr is really the correct time to use in this calculation, 

since it refers to the e-folding time for a structural change in a PGII59 star 

rather than the time it takes for the star to cool through the PGII59 phase. 

Considering that this birthrate could be a factor of 3 or even 10 too low, it's 

possible that the PGII59 stars represent a significant feeder channel into the 

white dwarf part of the fIR diagram. A more precise determination of the space 

density and birthrate of PGII59 stars, which is in principle possible with better 

interpretation of their spectra and with discovery of additional objects from the 

southern hemisphere surveys, is another important open question. 

My principal point in calling attention to the existence of the PG 1159 stars 

is that, considering them and the CSPN together (which one certainly should since 

they occupy the same part of the HR diagramO, there are a number of different 

types of stars feeding into the upper end of the white dwarf cooling sequence. We 

don't know the He/H ratios of the PG stars precisely but suspect they are 

certainly > i (Wesemael, Green, and Liebert 1985), corresponding to y > 0.5. This 

strengthens the conclusion that white dwarf precursors have a wide range of He/H 

ratios. The analysis of 0 subdwarfs by Kudritzki and collaborators (see Kudritzki 

1988; see also The~ll, Charache, and Shipman, in this volume) indicate a similar 

range of He abundances. 

Additional Evidence for Particular Primordial Scenarios: The evidence 

d i s c u s s e d  above  r e g a r d i n g  t i le n a t u r e  o f  t h e  CSPN t e n d s  to  s u p p o r t  p r i m o r d i a l  

models  in  g e n e r a l ,  e n t i r e l y  a p a r t  f rom t h e  p a r t i c u l a r  mechanism which  i s  invoked  

t o  e x p l a i n  t h e  o r i g i n  o f  DA's  and n o n - D A ' s .  The p a r t i c u l a r  s c e n a r i o  p r o p o s e d  most  

r e c e n t l y  i s  t h e  i d e a  d e v e l o p e d  by  I b e n ,  R e n z i n i ,  and c o - w o r k e r s  t h a t  t h e  p h a s i n g  

o f  t h e  o n s e t  o f  t h e  s u p e r w i n d ,  r e l a t i v e  t o  t i le c y c l e  o f  He s h e l l  f l a s h e s ,  

determines whether a star will evolve into a DA or a non--DA. This particular' 

scenario has the advmltage of predicting roughly the right relative abundance of 

DA's and non-DA's (the predicted ratio is about 4:1, which broadly speaking 

reflects the actual distribution). In addition, the differences between the 

parent masses and total ages (not just cooling times) of the two types of white 

dwarfs are expected to be subtle at most. (Subtle differences might be important 

in  e x p l a i n i n g  t h e  c h a n g i n g  r a t i o  o f  OA:non-DA as a f u n c t i o n  o f  T ( e f f ) ;  s e e  s e c t i o n  

[V b e l o w ] .  While  we c a n ' t  o b s e r v e  p a r e n t  m a s s e s  and ages  o f  w h i t e  d w a r f s  

d i r e c t l y ,  we can o b s e r v e  r ~ n n a n t  m a s s e s  and k i n e m a t i c  p r o p e r t i e s ,  which  a r e  

c o r r e l a t e d  w i t h  t o t a l  ages  and p a r e n t  m a s s e s .  The d i f f e r e n c e s  be tween  DA's and 

non.--Da's a r e ,  a t  t h e  p r e s e n t  t ime ,  u n d e t e c t a b l e .  

I l l .  MIXING SCENARIOS 

One r e a s o n  t h a t  d e b a t e  abou l  t h e  o r i g i n  of' DA's and non-BA ' s  has  become 

r e f r e s h i n g l y  a c t i v e  has  been  a p r o p o s a l ,  a r t i c u l a t e d  in i n c r e a s i n g  d e t a i l  in  
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r e c e n t  y e a r s ,  t h a t  d u r i n g  t h e  w h i t e  dwar f  c o o l i n g  s e q u e n c e  DA's change  i n t o  non- 

DA's and v i c e  v e r s a .  The i n i t i a l  p r e s e n t a t i o n  o f  t h i s  i d e a  was a t  t h e  8 th  

European  Workshop on White Dwarf  S t a r s  ( L i e b e r t ,  F o n t a i n e ,  and Wesemael 1987);  f o r  

s u b s e q u e n t  a r t i c u l a t i o n s  o f  i t  s e e  L i e b e r t  1986; F o n t a i n e  and Wesemael ]9~7: 

Yennes,  P e l l e t i e r ,  F o n t a i n e ,  and Wesemael 1988) .  Because  o f  t h e s e  r e c e n t  r e v i e w s  

o f  t h e  " c a s e  f o r  t h i n  l a y e r s , "  my d i s c u s s i o n  w i l l  be  b r i e f  and w i l l  t end  t o  

d i s t i n g u i s h  from e v i d e n c e  which  a r g u e s  f o r  m i x i n g  and a c c r e t i o n  in  g e n e r a l  as  

opposed  t o  e v i d e n c e  f o r  t h i s  p r o p o s a l  t h a t  e s s e n t i a l l y  a l l  w h i t e  dwar f  s t a r s  have 

hydrogen  l a y e r s  o f  10 -z3  s o l a r  m a s s e s .  

In  g e n e r a l ,  I d e f i n e  "m i x i ng"  s c e n a r i o s  as  ones  in which  p r o c e s s e s  which  

t r a n s f o r m  non-DA s t a r s  i n t o  DA s t a r s ,  o r  v i c e  v e r s a ,  a c c o u n t  f o r  t h e  s i m u l t a n e o u s  

e x i s t e n c e  o f  b o t h  c l a s s e s  o f  o b j e c t s .  I r e f e r  to  t h e s e  a s  m i x i n g  s c e n a r i o s  s i n c e  

c o n v e c t i v e  mix ing ,  in c o n t r a s t  t o  a c c r e t i o n ,  seems t o  be t h e  p r e d o m i n a n t  p r o c e s s  , 

e s p e c i a l l y  so  in  t h e  t h i n  l a y e r  s c e n a r i o .  There  a r e  r e a s o n s  ( s e c t i o n  V be low)  to  

s u s p e c t  t h a t  t he  r o l e  o f  a c c r e t i o n  in  t h e  DA/non-DA b i f u r c a t i o n  i s  min ima l .  

Number S t a t i s t i c s  o f  DA and Non-DA S t a r s :  The s i n g l e  most  p o w e r f u l  a rgument  

in favor of the role of mixing processes in the chemical evolution of white dwarf 

stars is that the number ratio of DA's to non-DA's changes dramatically with 

effective temperature (Liehert 1986 and references therein). Figure '2 below, 

similar to a diagram in iiebert's review, summarizes the situation: 

T ( e f f ) / 1 0 3 - - >  150 75 50 30 15 10 8 8 
Type: 
H / / / / / / , / / / /  DA V471 ZZ C e t i  DC 
Hybr id  H/He DAO DBA DZA 
He PGl159 DO /I//DB DQ DZ 

DA/non-DA r a t i o :  0 ( ! )  7:1 i n f i n i t e ( t )  4 :1  l : ]  

F i g u r e  2: The m a j o r  s p e c t r o s c o p i c  c l a s s e s  o f  w h i t e  dwar f  s t a r s ,  and t h e  r a t i o  o f  

t h e  two m a j o r  t y p e s ,  as  a f u n c t i o n  o f  T ( e f f ) .  D iagona l  s l a s h e s  ( / / / )  r e p r e s e n t  

r e g i o n s  o f  T ( e f f )  where  examples  o f  t h a t  p a r t i c u l a r  c o m p o s i t i o n a l  c l a s s  d o n ' t  

e x i s t .  

S e v e r a l  m a j o r  t r a n s i t i o n s  a r e  i n d i c a t e d  in  F i g u r e  2. S t a r t i n g  a t  t he  h igh  

t e m p e r a t u r e  end o f  t h e  w h i t e  dwar f  s e q u e n c e ,  i t  i s  now w e l l  e s t a b l i s h e d  ( s e e ,  

e . g . ,  F laming ,  L i e b e r t ,  and Green 1986, H o l b e r g  1987) t h a t  t h e  h o t t e s t  DA s t a r s  

have  t e m p e r a t u r e s  o f  80 ,000 K and t h a t  t he  h o t t e s t  non-DA s t a r s  hove c o n s i d e r a b l y  

h i g h e r  t e m p e r a t u r e s ,  w i t h  t h e  ex t r em e  b e i n g  H1504+65 w i t h  T ( e f f )  = 160,000 K. At 

a b o u t  T ( e f f )  = 45 ,000  K, t h e  non-DA s t a r s  d i s a p p e a r  from s i g h t  ( o r  a t  l e a s t  f rom 

t h e  PG s u r v e y ) ,  t o  r e a p p e a r  a t  T ( e f f )  = 30,000 K. From 30,000 K to  12,000 K, t h e  

DA/non-DA number r a t i o  a s sum es  i t s  " c a n o n i c a l "  v a l u e  o f  4 :1 .  At v e r y  coo l  

t e m p e r a t u r e s ,  t h e  r a t i o  i n c r e a s e s  t o  l : l .  

P r o p o n e n t s  o f  t h e  m i x i n g  s c e n a r i o  i n t e r p r e t  t h e s e  c h a n g i n g  number r a t i o s  a s  

e v i d e n c e  t h a t  D A ' s  a r e  c h a n g i n g  i n t o  non-DA's  and v i c e  v e r s a .  The s p e c i f i c  
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mechanism, as  outlined by Fontaine and Wesemael (1987), is based on the 

proposition that the hydrogen layers in the DA stars are quite thin, 10 -13 solar 

masses according to the latest numbers of Vennes et al. (1988). The scenario then 

works something like the following, as sketched by Fontaine and Wesemael (1987): 

At very high temperatures, all white dwarf stars appear as PG 1159 stars. The 

hydrogen is uniformly mixed through their outer layers and so these objects have 

He-dominated atmospheres, as observed. By the time a star cools to a temperature 

of 80,000 K, hydrogen diffusing upward through the atmosphere makes some white 

dwarfs begin to appear as DA stars. By the time white dwarfs cool to a 

temperature of 45,000 K, diffusion will have separated the mixtures in all white 

dwarfs, so that all white dwarfs appear as DA stars (explaining the "gap" in the 

DB sequence). At the lower end of the gap, at T(eff) = 30,000 K, the helium 

convection zone will break through the thin H surface layer, and transform those 

stars with thin H surface layers into DB stars again. Several b~llion years 

later, when temperatures between 5,000 and 10,000 K are reached, a deep convection 

zone in the DA's will turn most of the stars into non-DA stars, as was suggested 

many years ago (Strittmatter and Wickrumasinghe 1971, Koester 1976, Vauclair and 

Reisse 1977, D'Antona and Mazzitelli ]979). 

The Montreal group has pointed out that this scenario has the advantage of 

explaining the observed pattern of photospheric X-ray emission in DA white dwarf 

stars. Observations of white dwarfs in the x-ray spectral region with the EINSTEIN 

satellite (Petre, Shipman, and Canizares 1986) have suggested that some opacity 

source, widely interpreted as helium, increases in its relative abundance with 

increasing T(eff) in the DA stars. Subsequent observations with EXOSAT (Jordan et 

al. 1987, Paerels and Heise 1988, ApJ submitted) have clouded the picture 

somewhat; my own reading of the data is that the correlation is still there, 

though there are stars which do not appear to follow the abundance pattern (as the 

original white dwarf X-ray source, HZ 43, stands out as a conspicuous exception to 

the correlation). Vennes et al. (1988) contend that interpreting the X-ray 

absorber as He, and interpreting the correlation as due to radiation pressure, 

requires the existence of very thin H layers on the surfaces of hot DA white 

dwarfs. It is this analysis which produces the figure of I0 -13 solar masses which 

is referred to so frequently in this paper. Another suggestion that the H layer 

mass is thinner than 10 -4 solar masses comes from the interpretation of ZZ Ceti 

pulsations, discussed extensively in other papers at this conference (Brassard, 

Wesemael, and Fontaine, this volume). 

Since the Montreal group is actively exploring this particular scenario, I 

won't suggest any open questions here. It is true that, at the moment, the only 

aspect of it where published papers explore it in quantitative detail is the use 

of thin layers and stratified atmospheres to explain the behavior of X-ray 

emission from DA white dwarfs. The major problem, as will be discussed in some 

detail below, is to find whether a consistent definition of what constitutes a 
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"thin layer" can account for each of the major transitions outlined above, in a 

way that is consistent with the observations. 

IV. DIFFICULTIES WITH EACH SCENARIO 

Each of the scenarios sketched above faces some solid pieces of evidence 

which must be reconciled with it. The changing number statistics illustrated in 

Fig. 2 present a serious challenge to someone who finds the simplicity of the 

primordial scenarios to be quite appealing. How can one explain the changing 

abundances of DA's and non-DA's if this fundamental characteristic is, like sex in 

human beings, set at the birth of a star as a white dwarf? Advocates of the 

mixing scenario must face, in general terms, the fact that the separation between 

He--rich and He-poor stars seems to be established prior to the entry of stars onto 

the white dwarf cooling sequence, In addition, the thickness of the H layer left 

after AGB evolution is sufficiently large that general evolutionary Considerations 

would suggest "DA or non-DA forever:" Either the entire H layer is stripped off 

and the star remains as a non--DA, or that most of' it: remains (~I0 -4 solar masses) 

and it is forever a DA. 

Primordial Scenarios: Here the principal problem appears to be the changing 

number ratios illustrated in Figure 2; some changes can be explained readily, and 

some cannot. The absence of DA's at T(eff) > 80~000 K seems to be one of the more 

tractable problems, The extension of H shell burning just prior to entry into the 

white dwarf cooling track can prevent a pre-white dwarf with a significant layer 

of H from contractin@ too much and becoming too hot. If there were more hot DA 

stars discovered (as the:ir will be when the southern hemisphere surveys for faint 

blue stars, and the necessary follow-up spectroscopy, have been completed), the 

high temperature bounda~'y of the DA stars can be established more precisely. It 

also may be possible that additional calculations of the evolution of hot pre- 

white dwarfs with hydrogen layers of various thicknesses would enliKhi;en matters. 

Can the primordial scenario explain the DA X-ray data? The Montreal group has 

shown that [he naive interpretation of the data ........ that radiation pressure pushes 

He up to the surface -- won't work. An interesting question for the future, which 

EIJV spectroscopy can illuminate, is whether the X-ray opacity source is indeed He. 

The few spectra which do exist don't show any promise (so far') of resolving this 

guestion unambiKuously. When the Extreme Ultraviolet Explorer provides additional 

spectra in the early 1990s, we may be able to make significant progress. 

The existence of the DB gap between 30,000 and 45,000 K may prove to be one 

of the most difficult problems to solve, in the context of the primordial 

scenario. While there are some uncertainties in the DB t~,perature scale, a 

sufficient number of different models were used by Liebert et al. (]986) that i~ 
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would seem difficult to change the temperature of the hottest DB (or the coolest 

DO) by ~ 30%, especially considering that model uncertainties generally affect 

lines more than continua, and the continua were used to establish the existence of 

the gap. Is it possible that DB's cool much faster than DA's in this temperature 

range? Differential cooling rates which were sufficiently large could solve the 

problem. 

At the cool end, it seems reasonably clear that mixing does occur, as has 

been known for some time (see D'Antona and Mazzitelli 1979). As D'Antona (1986) 

emphasized, one can directly use the thicknesses of H convection zones established 

by various modelers in the 1970s to determine %he range of H convective zone 

thicknesses. Greenstein's (1986) data show that the relative abundance of DA 

stars seems to start dropping by 9,000 K (though the numbers are small) and is 

definitely established by 7,000 K. The models published in D'Antona and 

Mazzitelli indicate that for at least some DA stars the H shell has thinned out to 

10 -g solar masses. The persistence of DA compositions at very low temperatures 

(around 5,000 K) indicate that some DA stars have H layers as thick as roughly 

10 -6 solar masses. 

Because most expectations are that the hydrogen shells left on red giant 

stars will have masses of ]0 -4 solar masses, Greenstein's data, interpreted at 

face value, may present a real problem to the primordial scenario. While there are 

difficulties in observing the very coolest stars, and even more serious 

difficulties around the interpretation of the observations, the diminution of the 

DA/non-DA value from its canonical value of 4:1 is clearly established at 

temperatures (>7,000 E) where the interpretation of the spectra is reasonably 

secure. One way around this problem is diffusion induced hydrogen burning 

(Michaud, Fontaine, and Charland 1984), though Iben and MacDonald (1985, 1986) 

suggest that only a factor of 2 reduction in envelope thickness can be obtained. 

Other possibilities are that winds in CSPN, or possible in the white dwarf phase 

itself (such as the shortward-shifted features detected by Bruhweiler in IUE 

observations) may play a role. Still another possibility is that there is some 

physics missing (convective overshoot? rotation? convection in partially 

degenerate layers?) in the models of the envelopes of" cool DA stars which produces 

mixing with layers of 10 -4 solar masses, though D'Antona (1986) believes that the 

stability of such thick layers seems well determined. Another possibility (Iben 

and MacDonald 1985, 1986) is that the very coolest white dwarfs are the 

descendants of a different stellar population than the hotter ones, and that 

characteristics of this population are more favorable for the formation of non-DA 

stars. 

Outstanding problems suggested by the foregoing discussion are: 

What i s  t h e  t e m p e r a t u r e  o f  t h e  h o t t e s t  DA s t a r ?  

* Is He opacity the real interpretation of tile X--ray observations of hot DA 
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w h i t e  d w a r f s ?  

* I s  t h e r e  any way o f  e x p l a i n i n g  t h e  "DB gap"?  

* J u s t  when does  t h e  DA/non-DA r a t i o  change  f rom 4:1  t o  1 :1?  ( T h i s  w i l l  

r e q u i r e  b e t t e r  model a t m o s p h e r e s  as  w e l l  a s  a d d i t i o n a l  o b s e r v a t i o n s . )  

* Can d i f f u s i o n  i nduced  hydrogen  b u r n i n g  work? 

* Do CSPN winds  a f f e c t  t h e  t h i c k n e s s  o f  t h e  H l a y e r  in  DA s t a r s ?  

* I s  t h e r e  any way t o  mix 10 -4 s o l a r  m a s s e s  o f  hyd r oge n  i n t o  t h e  i n t e r i o r s  o f  

coo l  DA s t a r s ?  

Mix ing  S c e n a r i o s :  These s c e n a r i o s  a l s o  f a c e  a number  o f  d i f f i c u l t i e s .  Some 

o f  t h e  d i f f i c u l t i e s  a r e  p a r t i c u i a r  to  t h e  t h i n - l a y e r  p r o p o s a l  r e c e n t l y  d i s c u s s e d  

by  t h e  M o n t r e a l  g roup ,  b u t  some seem endemic  t o  any s c e n a r i o  which  a p p e a l s  m a i n l y  

t o  p r o c e s s e s  o c c u r r i n g  w i t h i n  t h e  w h i t e  dwar f  e v o l u t i o n a r y  s t a g e  t o  a c c o u n t  f o r  

t h e  e x i s t e n c e  o f  DA's and n o n - D A ' s .  The two most  f u n d a m e n t a l  d i f f i c u l t i e s  in  t h e  

l a t t e r  c a t e g o r y  have  been  r e c o g n i z e d  f o r  some t ime:  

ttow does  10 -4 s o / a r  m a s s e s  o f  H t h i n  ou t  t o  10 -1~ s o l a r  m a s s e s  d u r i n g  t h e  

p l a n e t a r y  n e b u l a  e j e c t i o n  s t a g e ?  I t  i s  t r u e  t h a t  even in  t h e  p r i m o r d i a l  s c e n a r i o s  

a l s o ,  a p p a r e n t l y ,  r e q u i r e  a r e d u c t i o n  in  t he  t h i c k n e s s  o f  t h e  hyd r oge n  l a y e r  in  

o r d e r  t o  p r o d u c e  m i x i n g  a t  c o o l  t e m p e r a t u r e s .  However, i n  t h e  p r i m o r d i a l  

s c e n a r i o ,  t h e r e  i s  10 9 y e a r s  o f  w h i t e  d w a r f  e v o l u t i o n  t o  do t h e  j o b .  In a d d i t i o n ,  

d i f f u s i o n  w i l l  t end  to  c o n c e n t r a t e  H l a y e r s  a t  t h e  s u r f a c e  o f  t h e  s t a r ,  so  i f  

w h a t e v e r  i s  d e s t r o y i n g  t h e  H o p e r a t e s  a t  t h e  i n t e r i o r  o f  t h e  s t a r ,  there:  i s  a 

n a t u r a l  mechanism which  can t h i n  out  t h e  H l a y e r  and s t i l l  l e ave  a l i t t l e  

r e m a i n i n g  a t  t h e  s u r f a c e .  

The m i x i n g  s c e n a r i o  r e q u i r e s  a much s h o r t e r  t ime s c a l e  f o r  t h i n n i n g  ou t  t he  tt 

l a y e r .  I f  one i n t e r p r e t s  tile s c e n a r i o  in  i t s  s i m p l e  form,  where  the  a n c e s t o r s  o f  

a l l  white dwarf s t a r s  are "PG]I59" s ta rs ,  then only 10 ~ to I0 ~ years separates a 

DA s t a r ' s  departure from the AGB from i t s  entry onto the white dwarf cooling 

sequence where, apparently, all stars have I{ layer ~,ass~s very close to 10 -13 

solar masses. To be fair, however, the observations only require that the thin 

layer' be estabilshed by temperatures of order 45,000 K, giving one a (little) more 

time. There is the difficulty that to account for" the absence of DB stars, the X- 

r a y  o b s e r v a t i o n s ,  and t h e  p r e s e n c e  o f  DB s t a r s  w i t h  T ( e f f )  j u s t  be low 30,000 K, 

v i r t u a l l y  a l l  w h i t e  d w a r f s  have  a t h i n  H l a y e r  on t h e  top  o f  p r e c i s e l y  the  same 

t h i c k n e s s .  Th i s  t h i c k n e s s  i s  of o r d e r  1 p a r t  o f  109 o f  t h e  o r i g i n a l  H l a y e r .  I t  

i s  ha rd  to  imag ine  a mechanism f o r  t h i n n i n g  t h e  tt l a y e r  which i s  t h i s  f i n e l y  

tuned ,  M~ieh w i l l  a lways  remove a l l  bu t  10 9 o f  t he  H (and no t  l e a v e  more o r  

remove i t  c o m p l e t e l y " .  

Ilow can the  mixiaK_scej3_atiiAL.be=_rb~!Z?p.qije~! wi_th t t3~=;_gan~of .He/t! r a t i o s  found  

in  w h i t e  dwar f  p r e c u r s o r s ?  C h a r a c t e r i s t i c s  o f  w h i t e  dwar f  p r e c u r s o r s  s u g g e s t  

s t r o n g l y ,  t h o u g h  do not  compel ,  t h a t  t he  d i s t i n c t i o n  be tween  I)A and non--DA s l a r s  

has  beet~ e s t a b l i s h e d  aunong t h e  c e n t r a l  s t a r s  o f  p l a n e t a r y  n e b u t a e  ( s e e  a b o v e ) .  As 
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t h e  m i x i n g  s c e n a r i o  h a s  been  p r e s e n t e d  so  f a r ,  t h e  PG 1159 s t a r s  have  been s e e n  at: 

t h e  a n c e s t o r s  o f  a l l  w h i t e  d w a r f s .  T h i s  i s  i n c o r r e c t .  The t e m p e r a t u r e s  and t h e  

b i r t h r a t e s  o f  PGl159 s t a r s  i n d i c a t e  t h a t  t h e y  e v o l v e  in  p a r a l l e l  w i t h  t h e  

p l a n e t a r y  n e b u l a  c e n t r a l  s t a r s ,  n o t  a s  t h e i r  e v o l u t i o n a r y  d e s c e n d a n t s .  The 

d e a t h r a t e s  o f  PGl159 s t a r s  a r e  o n l y  1 / lO o f  t h e  b i r t h r a t e  o f  w h i t e  d w a r f s ,  b u t  

c o u l d  be  a s  h i g h  as  t h e  b i r t h r a t e  o f  non-DA w h i t e  d w a r f s  (which i s  1/4 t h e  

b i r t h r a t e  o f  DA w h i t e  d w a r f s  in  t h e  p r i m o r d i a l  s c e n a r i o ,  and a g r e e s  w i t h i n  

u n c e r t a i n t i e s  w i t h  t h e  d e a t h r a t e s  o f  PG1159 s t a r s ) .  Wi th in  t h e  u n c e r t a i n t i e s ,  i t  

i s  e a s i l y  p o s s i b l e  t h a t  all non-DA w h i t e  d w a r f s  a r e  made f rom P G l 1 5 9 ' s .  The 

r o l e  o f  t h e  sdO s t a r s  i s  y e t  t o  be  d e t e r m i n e d .  

I n  any c a s e ,  i f  t h e  m i x i n g  s c e n a r i o  i s  %o rema in  v i a b l e ,  :it ha s  t o  a c c o u n t  

f o r  a v a r i e t y  o f  c o m p o s i t i o n s  among w h i t e  dwar f  p r e c u r s o r s .  

The n e x t  i n d i c a t i o n  o f  c o m p o s i t i o n a l  change  i s  a t  t h e  r ed  end o f  t h e  DB gap,  

where  s t a r s  a r e  p u r p o r t e d  t o  change  f rom a l l  DA's t o  a m i x t u r e  o f  DA's and DB's .  

Some o f  t h e  h o t t e s t  DB s t a r s  a r e  t h e  DB v a r i a b l e s ,  j u s t  be low t h i s  gap,  w i t h  on ly  

PG 0112+104 b e i n g  a n o n v a r i a b l e  DB h o t t e r  t h a n  t h e  DB i n s t a b i l i t y  s t r i p .  Smal l  

a p e r t u r e  IUE o b s e r v a t i o n s  c u r r e n t l y  u n d e r  way can d e m o n s t r a t e  o r  c o n t r a d : i c t  t h e  

p r e s e n c e  o f  H in  t h e  h o t t e s t  DB's  j u s t  be low t h e  gap (Shipman and L i e b e r t ,  in  

p r e p a r a t i o n ) .  D 'Antona  and M a z z i t e l l i ' s  (1079) g r a p h s  i n d i c a t e  t h a t  t he  t h i c k n e s s  

o f  t h e  He c o n v e c t i v e  l a y e r  i s  r a t h e r  s m a l l  a t  T ( e f f )  = 30,000 E, s u g g e s t i n g  t h a t  

t h e  r e s i d u a l  H m i g h t  s t i l l  be  v i s i b l e .  F u r t h e r  t h e o r e t i c a l  e x p l o r a t i o n  o f  t h e  

e x p e c t e d  H abundance  in  t h e  h o t t e s t  DB s t a r s  would  be  d e s i r a b l e .  

While the thin-layer scenario explains tile differing ratios of DA's to non 

DA's illustrated in Figure 2, much work remains to be done until (and if) it is to 

be accepted as an explanation for the chemical evolution of white dwarf stars. 

Part of the job, which the Montreal group is actively working on, is a theoretical 

investigation of envelope evolution in an effort to determine whether the scenario 

sketched out in the previous paragraph does indeed work. In particular, are the 

envelope thicknesses envisaged for particular types of white dwarfs consistent 

with the whole picture? For example, if you postulate that hot DA white dwarfs 

have a hydrogen layer of i0 -13 solar masses, can you still explain, on a 

quantitative basis, why the next mixing phenomenon starts at I0,000 K and is not 

complete until 6,000 K? D'Antona (1986, referring to earlier work by D'Antona and 

Mazzitelli 1979) suggests that such a thin layer would mix at hotter temperatures. 

The following questions occur to me as ones which may be particularly ripe for 

observational or theoretical investigation at the present time: 

* When convective mixing turns DA stars into non-DA stars at 30,000 K is the 

transition complete and abrupt, or is there a temperature range at which we expect 

to find a substantial number of stars with mixed composition? Is this where stars 

like GD 323 (iiebert et al. 1984) fit in? Would one expect all DB stars just 

below the 30,000 K transition to have at least some residual H? 
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$ How can this scenario account for the existence of at least some DA stars 

at temperatures considerably cooler than 10,000 K (Greenstein 1986)? 

Is it really He that is providing the X-ray opacity in the hot DA stars? 

Green and Liebert (1987) argue that the number densities of PG ]159 and DO 

stars are inconsistent with these objects serving as the only feeder channel into 

the white dwarf cooling sequence. Is it possible to incorporate the CSPN as a 

separate feeder channel into this scenario? 

VI. A MODEST PROPOSAL 

With all of the difficulties presented by each scenario, let me close by 

suggesting a modest proposal, largely unoriginal, which seems to be least 

inconsistent with the observational data. While it is largely similar to the 

primordial scenario proposed above, there is an important variation on the theme 

which is subject to experimental test. The proposed scenario is presented below 

in Figure 3. 

H layer mass 10 .4 i0 -7 to I0 -9 

H-rich and normal CSPN -->DAO--DA ............. ZZ Ceti->DA- 

some all 
stars mix stars mix 

0 VI and WR CSPN .... >PGII59-->DO .......... >DB-->DO--->DZ ........ >DC 

He layer mass I0-27 10-4 

Figure 3. A modest proposal for the chemical evolution of white dwarf stars. 

This proposal is basically a two-channel scenario with some additional 

provisos. In the DA channel, some process -- mass loss and diffusion induced 

nuclear burning are two possibilities -- reduces the H layer mass from its initial 

value of 10 -4 solar masses, the most plausible value from the late stages of red 

giant evolution, to the value of <10 -7 which seems to be now required by our" 

interpretation of the ZZ Ceti stars. A range of H layer masses is most consistent 

with the statistics of very cool DA stars, allowing some DA stars to turn into 

non-DA stars by convective mixing at temperatures like 9,000 K, with others 

persisting as DA's down to around 5,000 K. 

The non-DA channel is basically similar to that outlined in the primordial 

scenario, but I mention one additional circumstance. The explanation of the DO 

stars as resulting from convective dredge-up of the carbon by Fontaine et al. 

(1984) suggests, on the basis of rather preliminary calculations, that the 

thickness of the He layer required to mix the DO stars should be about 10 -4 solar 

masses. While the calculations are rather rough and the agreement with the 

232 



f u n c t i o n a l  form o f  t h e  (C/He) v e r s u s  T ( e f f )  r e l a t i o n  i s  a b i t  a p p r o x i m a t e ,  t h e  

c o n c l u s i o n  t h a t  t h e  He l a y e r  mus t  be  t h i n n e r  t h a n  t h e  c a n o n i c a l  10 -z  s o l a r  m a s s e s  

] e f t  a t  t h e  end o f  t h e  r ed  g i a n t  s t a g e  seems r e a s o n a b l y  f i r m .  

These  c o n s i d e r a t i o n s  s u g g e s t  t h a t  some mechanism o p e r a t e s  in  b o t h  c h a n n e l s  t o  

r e d u c e  t h e  t h i c k n e s s  o f  t h e  o u t e r m o s t  l a y e r  o f  w h i t e  dwar f  s t a r s .  I t  does  no t  

have  t o  be  as  f i n e l y  t u n e d  as  in  t h e  m i x i n g  s c e n a r i o s ,  and i t  can o p e r a t e  o v e r  t h e  

109 y e a r s  wh ich  s e p a r a t e  a newly  b o r n  w h i t e  d w a r f  f rom t h e  10,000 K r a n g e  where  we 

e m p i r i c a l l y  d e t e r m i n e  w h i t e  dwar f  e n v e l o p e  t h i c k n e s s e s ,  h modes t  s t e l l a r  wind i s  

one p o s s i b i l i t y ;  t h e  r e q u i r e d  mass  l o s s  r a t e s  a r e  10 - l l  s o l a r  m a s s e s / y r  f o r  t h e  

non-DA's  and 10 -1~ s o l a r  m a s s e s / y r  f o r  t h e  DA's .  D e t e c t i o n  o f  s u c h  a wind i s  

r e m o t e l y  p o s s i b l e  f o r  t h e  DA's ,  d e p e n d i n g  on i t s  t e m p e r a t u r e  and v e l o c i t y  

s t r u c t u r e .  I f  d i f f u s i o n  i nduced  n u c l e a r  b u r n i n g  can be  made t o  work ,  t h i s  i s  

a n o t h e r  way e f  t h i n n i n g  down t h e  H l a y e r .  For  t h i s  p r o p o s a l  t o  be v i a b l e ,  o f  

c o u r s e ,  we must  f i n d  a way a round  t h e  phenomena wh ich  i t  c a n ' t  e x p l a i n :  t h e  X- ray  

e m i s s i o n  f rom DA s t a r s  and t h e  DB gap a r e  t h e  mos t  s e r i o u s  ( s e e  s e c t i o n  IV a b o v e ) .  

L i t t l e  has  been  s a i d  a b o u t  a c c r e t i o n  in  t h i s  p a p e r .  Two r e c e n t l y  d i s c o v e r e d  

p i e c e s  o f  e v i d e n c e  s u g g e s t  t h a t  a c c r e t i o n  f rom t h e  ISM has  l i t t l e  t o  do w i t h  

w h e t h e r  a p a r t i c u l a r  w h i t e  d w a r f  becomes a DA o r  a non-DA s t a r .  Oswal t  e t  a l .  

(1988) d i s c o v e r e d  a b i n a r y  s y s t e m  c o n t a i n i n g  a DA s t a r  and a DB s t a r .  S ince  t h e s e  

s t a r s  have  s h a r e d  a common t r a j e c t o r y  t h r o u g h  t h e  i n t e r s t e l l a r  medium (and t h u s  a 

common a c c r e t i o n  h i s t o r y ) ,  a c c r e t i o n  h a s  had n o t h i n g  t o  do w i t h  t h e  DA/DB 

b i f u r c a t i o n  in  t h i s  c a s e .  In  a d d i t i o n ,  r e c e n t  i n v e s t i g a t i o n s  o f  s e v e r a l  DBAZ 

s t a r s  (Kenyon, Shipman,  S ion ,  and A a n n e s t a d  1988, Kenyon, S ion ,  and Aannes t ad  

1988) s u g g e s t  t h a t  t h e  H in  t h e s e  s t a r s  comes f rom a c c r e t i o n ,  in  o t h e r  words  t h a t  

non-DA s t a r s  can s u c c e s s f u l l y  r e s i s t  H p o l l u t i o n .  

I t hank  A l v i o  R e n z i n i  f o r  h i s  c o g e n t  and w e l l - d e s e r v e d  c r i t i c i s m  o f  my t a l k  

a t  Mexico C i t y  which  l e d  t o  a b e t t e r  u n d e r s t a n d i n g  on my p a r t  o f  how i m p o r t a n t  t h e  

d i v e r s i t y  among p l a n e t a r y  n e b u l a  c e n t r a l  s t a r s  i s  i n  t h e  c o n t e x t  o f  t h e  p r o b l e m  

d i s c u s s e d  h e r e ,  and I t hank  my c o l l e a g u e  J im MacDonald f o r  d i s c u s s i o n s .  I a l s o  
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I. Introductlon 

In recent years cool white dwarfs have been studied for various aspects 

( see e.g. Wlnqet et ai.,1987 Wlnget and van Horn, 1987, Koester, 1987, 

Llebert, 1980) and much effort has been invested in attempts to interpret 

the energy distributions of these stars ( Greensteln, 1984, Zeldler-K.T. 

et al, 1986, Llebert et al., 1987, and others). However, it seems that ln 

spite of these efforts the spectra In particular of the very cool objects 

with effective temperatures below about 6000 K are not yet fully under- 

stood, since they are extremely dlverse and each objects needs special 

consideration. In addltlon, the analyses are extremely dlfflcult because 

the principal constluents of the atmospheres ( H, He ) and elements, which 

may donate the majority of electrons, are essentially invisible. Since 

usually only one lonlsatlon stage of an element is present, this implies 

that the gas pressure Pg is hlgh ( compared e.g. to the solar photosphere ), 

the accurate value of Pg , however, cannot be determined reliably. 

Similarly, the red dwarfs and subdwarfs exhibit spectra with very differ- 

ent llne blanketing, e.g, the Na D lines of G 5-22 and G1 388 differ in 

their equivalent widths by more than than a factor of ten ( Allard et al., 

in preparation). It should be noted that the gas pressures in these stars 

and the white dwarfs may be roughly similar since increases In temperature 

and gravity change Pq in opposlte dlrectlons. 

Since for M (sub-) dwarfs the spectral differences must due to changes in 

gravities, effective temperatures, and metal abundances, but not in the 

hydrogen to helium ratio, we have started a large project to investigate 

the possible spectral appearances of hydrogen-rlch atmospheres with low 

temperatures and high gravities. It is a special aim to find out to what 

extent the spectra of the very cool white dwarfs can be understood by means 

of hydrogen-rlch atmospheres only. For thls purpose we have calculated a 

grid of hydrogen-rlch atmospheres for both very cool white dwarfs add red 

dwarfs. In this paper we report first results of this investigation. 
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In the next section we describe the construction of the atmospheric models. 

Their basic properties and the resulting energy distributions are briefly 

discussed in the final chapter Ill, 

II. Model Constructlon 

We have calculated model with the following ranges of parameters: Teff= 

3500, 4000, 5000, 6000 K, log g = 5, 7, 8, [ Fe/H ] = -2, -4, -6. The relative 

abundances of the metals and the He/H ratio are assumed to be solar. In 

addition, a few models with T = 3000 and 2800 K, with log g = 9 and with 
eft 

solar abundances have been computed, 

They are calculated with a revised and updated version of the program 

previously used for white dwarf atmospheres ( Wehrse, 1975, Liebert et al., 

1987 ). The basic assumptions ( hydrostatic and local thermodynamic equi- 

librium, energy transport by radiation and convection ) are kept. Major 

modifications refer to 

(1) a new equation of state, The routines are now able to handle flexibly a 

very large number of species ( the number is effectively limited only by 

the availability of the nessary spectroscopic data and by the computer 

time the user is willing to spend for the solution of the non-linear system 

of equilibrium and balance equations); 

(ii) checks for the applicability of the impact approximation in all calls 

for metal line profiles. If a test Is negative, the Volgt function Is re- 

placed by the quasi-statlc profile function ( Traving, 1960 ); 

(iii) the use of continuum absorption cross-sectlons from the compilation 

by Mathlsen ( 1984 ) replacing some older approximations; 

(iv) the consideration of various molecular bands ( cf, Wehrse, 1981 ), 

S i n c e  we are considering metal poor models mainly and since due to the high 

pressures hardly show up in the spectra we have taken into account only 50 

lines which are presumably the strongest. Evidently, the absorption of the 

large number of smaller lines is not lost, It wlll be considered In a sepa- 

rate paper. 

III. Results and D i s c u s s i o n  

As expected, the pressures in these are considerably lower than in helium- 

rich configurations ( Kapranides and B~hm, 1982), but with Pg > iO 6 dyn/cm 2 

at ~ = i for all models they are always much higher than e.g. in the corre- 

sponding layer of hotter main sequence stars and lead to very strong line 

broadening and molecule formation. 
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Flg. i. Examples ~or calculated spectra: a)Tell= 600OK, [Fe/H] =-2, log g 

=8; b)Tell= 6000K, [Fe/H] =-6, log g =8; C)Teff= 500OK, [Fe/H] =-2, log g 

=8; d)Te££= 500OK, [Fe/H] =-4, log g =8; e)Te££= 400OK, [Fe/H] =-2, log g 

=8; f)Teff= 2800K, [Fe/H] =-2, log g =5. 
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For some models with intermediate parameters we encounter severe diffi- 

culties to converge the temperature stratification. We suspect that in 

the coolest parts of these atmospheres the sudden appearance of water 

vapor causes an ambiguity in the solution for T(~) sSmilar to that found 

for CO in the outer solar photosphere ( cf. Muchmore et al. 1988 ), but that 

it is our case much harder to control because the convection is strong and 

reaches to rather low depths. However, several tests are still needed to 

confirm this hypothesis. 

The calculated spectra ( for a few examples see Fig. i ) have the following 

characteristics: 

(1) For effective temperatures 5000-6000 K and [ Fe/H ] > -5 metal lines 

dominate; the He line is the only Balmer llne still visible at Teff= 5000 K. 

(ll) Even for [ Fe/H ] = -6 a few strong metal lines are still visible. 

(Ill} For effective temperatures of 4000 K and below molecular bands pre- 

vail. They make the spectra of white dwarfs and red subdwarfs of some 

lower temperatures to appear qualitatively rather similar. 

(iv) Quasl-statlc van der Waals broadening is not important for most lines 

for these parameters, however a moderate increase in the damping constants 

and/or gravities suffices to change this conclusion. 

References: 

Greensteln, J.L. 1984, Astrophys. J. 2Z6,602 

Kapranides,S., B~hm, K.H. 1982, Astrophys. J. 256, 227 

Koester,D. 1987, Proc. IAU Coll. 95, Davis Phllip,A.G., Hayes,D.S., 

Llebert, J.W., eds. 1987, p.329 

Llebert, J. 1980, Ann. Rev. Astron. Astrophys. 18, 363 

Llebert,J., Wehrse,R., Green,R.F. 1987, Astron. Astrophys. 175, 173 

Mathlsen,R. 1984, Inst. of Theoret. Astrophys. Univ. Oslo, Pub. 1 

Muchmore,D., Kurucz, R.L., Ulmschnelder,P. 1988, Astron. Astrophys. 201, 

138 

Travlng,G. 1960, Uber die Theorle der Druckverbrelterung, Verlag Braun, 

Karlsruhe. 

Wehrse,R. 1975, Astron. Astrophys. 39, 169 

Wehrse, R. 1981, Mon. Not. Roy. Astron. Soc. 195, 553 

Winget,D.E., Hansen,C.J., Liebert,J., van Horn,H.M.,Fontalne,G., Nather, 

R.E., Kepler,S.O., Lamb,D.Q. 1987, Astrophys. J. 315,L77 

Wlnget,D.E., van Horn, H.M. 1987, Proc. IAU Coll. 95, Davis Phillp,A.G., 

Hayes,D.S., Liebert, J.W., eds. 1987, p.363 

Zeidler-K.T.,E.-M., Weldemann,V., Koester,D. 1986, Astron. Astrophys. 

155,356 

239 



AN ULTRAVIOLET LOOK PIT THE BLUE EDGE OF THE ZZ CETI INSTABILITY STRIP 

R. Lamontagne, F. Vesemael, and G. Fontaine 

DGpartement de Physique, Universit6 de MontrGal 

and 

G. Vegner 

Department of Physics and Astronomy, Dartmouth College 

and 

E. P. Helan 

University of Texas / S.T.Sc.I. 

It has already been shown that most, and probably all, of the DR white dwarfs 

become variable in a narrow temperature range as they cool down (Fontaine e~ a/. 

1982), Optical photometry and spectrophotometn 9 has led to several determinations of 

the boundaries of this instability strip. The strip has been found to cover the range 

10500 - 13600 K (McGraw 19"/9), 10400 - 12100 K [Greenstein 1982), 10000 - 15000 K 

[Veidemann and Koester 1984} and 11000 - 13000 K {Fontaine et eY. 1985). 

Theoretical calculations show that the location of the blue edge is very sensitive 

to the efficiency of convection used in the unpertubed models (Vinget e t a / .  1982; 

Vinget and Fontaine 1982; Fontaine, Tassoul, and ~4esemael 1984). Rlso, the 

sharpness of this boundary depends on the range of stellar mass and thickness of 

the hydrogen envelope found in 77 Ceti stars. Recently, Vesemael, Lamonta£1ne, and 

Fontaine [1986} and Lamontagne, Vesemael, and Fontaine (1987} have obtained and 

compared ultraviolet observations of several DA white dwarfs, in or near the 

instability strip, with published model calculations from hlelan and Vegner [1985}, 

hereafter NV, and Koester et ~/. [t985}, hereafter KVZV. They determined the 

boundaries of the variability region at 11400 - 12500 K or 11700 - 15000 K 

depending on which grid was used. ~/e present here a reanalysis of these //.E 

observations with an improved grid of model atmospheres in order to define more 

precisely the location of the blue edge. 
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The main change to our earlier analyses is the use of a new grid of model 

atmospheres for DFI stars, calculated by two of us {GW and EPfl}, which removes 

minor inconsistencies present in earlier calculations of the emergent fluxes. Our 

data base includes ten 77 Ceti stars {half of the known sample} and several other 

DR white dwarfs near the blue edge of the instability strip. The program stars were 

either observed by us in November and December 1984 and December 1986, or 

obtained from the / (E archives through the Astronomical Data Center. The standard 

/~E calibration for the $VP camera was used in the reduction {Bohlin and Holm 

1980}. Ve included the correction derived by Hackney, Hackney, and Kondo (1982} to 

account for wavelength- and exposure-dependent continuum distortions near 1600~1, 

and the absolute recalibration of the / (E cameras from Bohlin (1986}. ~te also took 

into account the sensitivity degradation of the S~tP camera over time, as described 

by Bohlin and Grillmair (1988}. All these corrections tend to increase the observed 

flux at longer wavelengths. This results in a slightly lower estimate for the effective 

temperature of a star in that temperature domain ~typically less than ~. 50 K}. 

Before fitting the observations to the model fluxes, each spectrum was smoothed 

with a five point box-fi l ter. The spectrum was then averaged in bins of 201~1 

short.ward of 16501tt and 301~1 Iongward of that limit. This procedure provides a 

sufficient spectral resolution at short wavelengths, while ensuring a less noisy 

continuum near the end of the spectral region. Each bin was weighted equally in 

the fitting procedure. Finally, the calculated fluxes were forced to match the 

observations Iongward of 1650A. Ve performed several numerical experiments in which 

we either fit unsmoothed observations, assigned different weights to each bin (e.g. 

proportional to its standard deviation}, or matched the continuum at a longer 

wavelength (e.g. 18001~1}. The resulting temperatures derived for each star were 

similar within -~ 100 K. 

Effective temperatures were determined using the three different grids of models 

discussed above. As expected, the temperature ordering of our sample remains the 

same within each grid. The average temperature difference between fits with our new  

models and the earlier HV grid is 370 K. The agreement is now much improved with 

the K~tZV grid; our new fits yield a temperature higher than that of the KVZV fits 

by less than 100 K. This is illustrated in Figure 1 where we display the three fits 

for the hottest ZZ Ceti star in our sample, G11"/-B15FI. Hate that the fits obtained 

with the earlier NV grid and the K'VZV grid differ slightly {AT e < 200 K) from those 

presented in ~#esemael, Lamontagne, and Fontaine {1986} because of small changes 
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in the fitt ing procedure and the inclusion of new calibration and sensit iv i ty 

degradation information. It is particularly instructive to note that the main 

uncertainty in the determination of the effective temperature may now well reside 

not with the /L~" calibration, but with the model calculations. 

Rlso, despite noticeable differences between the KVZV models and our improved 

grid (see Figure 1], the effective temperatures we derive for all our stars are 

consistent. ~e are led to conclude that the temperature of the blue edge, defined 

by Gl17-B15R, the hottest ZZ Ceti star in our sample, is near 12900 K with an 

uncertainty of about 200 K. This result is in ven.j 9ood agreement with previous 

determinations based on optical observations. For example, Veidemann and Koester 

(1984] assign a temperature of 13010 K for (;;117-915R; Fontaine e ta . / .  (1985} locate 

the blue edge at 13000 K. ~te note that the Str~mgren colors of McGraw (19"/9) 

would yield 1"= := 13200 K for G117-B15R when compared to the predicted colors of 

more modern model atmospheres than he used. R somewhat discrepant determination 

is that of Greenstein l~19821; he assigns a lower temperature of 12100 K to (;;117- 

B15R, based on MCSP data and the RB-/9 absolute-f lux calibration. On the Hayes- 

Latham scale, his temperature would be ~. 500 K higher. Purely spectroscopic 

determinations ~os opposed to photometric means) may help resolve the remaining 

discrepancies. Such analysis of spectroscopic data on selected 77 Ceti stars is now 

underway (Daou e~ aJ. 1988). 

This work was supported in part by the HSERC Canada, by the FISF (;;rant RST 85-  

15219 and by a E.V.R:. $teacie Fellowship to one of us (GF). 
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Figure 1. Optimal fits to the spectra of 6117-B15R 

obtained with the Nelan and Vegner 

[1985} grid {top panel}, the Koester el 

aJ'. {1985} grid {middle panel}, and our 

improved grid {bottom panel}. Open 

circles correspond to bins excluded 

from the fitting procedure. 
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SPECTROSCOPIC STUDIES AND ATMOSPHERIC PRRRMETERS OF 77 CETI STRRS 

D. Daou, F. Wesemael, P. Bergeron, and G. Fontaine 

D6partement de Physique, Universit6 de Montr6al 

and 

J. B. Holberg 

Lunar and Planetary Laboratory, University of Rrizona 

The pulsating 77 Ceti storm cover a narrow range of effective temperatures 

along the cooling sequence of DR white dwarfs ~see. eg., Vinget and Fontoine 

1982). Fast-photometric searches for pulsating stars in that class hove provided 

strong evidence that the 77 Ceti phase is on evolutionary phase through which ol_./I 

cooling DR stars will eventually go through (Fontoine e~ a/. 1982}. Recent 

investigations, based on optical or ultraviolet photometry and spectrophotometry, 

hove set the boundaries of the instabi l i ty strip at temperatures near 10,000-11,000 K 

and 12,000-13,000 K, respectively (McGraw 1979; Greenstein 1982; Veidemonn and 

Koester 1984; Fontaine et e/. 1985; Vesemoel, Lomontogne, and Fontoine 1986; 

Lomontogne, Vesemoel, and Fontoine 1987, 1988}. 

Our recent endeavours in the study of these variable stars have focused on 

two specific goals: I) To investigate theoretically ways to determine, or at the very 

least constrain, the pulsation properties of 77 Ceti stars, in particular the ~value 

of the pulsation modes (Brassard, Vesemael, and Fontaine 1997}; 2) To improve our 

knowledge of the time-averaged atmospheric properties of 77 Ceti stars in order to 

test specific predictions of the current linear, non-adiabatic g-mode pulsation 

calculations, Up to now, we have concentrated our efforts in the latter area on 

narrow-band photometry and ultraviolet spectrophotornetry from /{.~-to study, in a 

consistent manner, reasonably large subsamples of the 77 Ceti stars. 

Relatively high signal- to-noise (S/11)20) optical spectrophotometry at 

intermediate resolution (.~31~I] provides another, independent, means of determining 

basic atmospheric parameters for the variable DR white dwarfs. Indeed, Schulz and 

Vegner (1981} have demonstrated that simultaneous spectrophotometry of the lower 
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(HI3 or H3f} and higher (H6 or Hs) Balmer lines permits reasonably accurate 

determination of both T e and log g in the 77 Ceti range {with typical uncertainties 

of 4-500 K and 0.25 dex in effective temperature and surface gravity, respectively}. 

This technique seems to have been largely overlooked and, indeed, there has not 

yet been ar~j systematic study of the optical spectrophotometric properties of 

77 Ceti stars at resolution sufficient to render a comparison with detailed synthetic 

spectra useful. Ve have thus embarked on a study of the spectroscopic properties 

of ZZ Ceti stars with the following aims : Firstly, to provide an independent estimate 

of the temperature of the boundaries of the instabil i ty strip, and the ordering of 

pulsating stars within it. Secondly, to provide the first spectroscopic estimates of 

the surface gravity in a large sample of ZZ Ceti stars (spectroscopic fits to two 

77 Ceti stars can be found in Veidemann and Koester 1980}. Such estimates w i l l  

permit a better interpretation of the observed variation in strength of the quasi- 

molecular ;~1400 and ;~1600 features in 77 Ceti stars, since current modelling of 

these features predicts o significant dependence of their strength on log g (Helan 

and Vegner 1985 I. Furthermore, attention has already been drown to candidates with 

possible peculiar gravities in the 77 Ceti sample. Ross 548, for example, is a 

suspected low-gravity object (log g ( 7 ~ ;  Fontoine e~ a/. 1985 and references 

therein) on the basis of its Str6mgren colors, while current interpretation of the 

very short period (109 s I of G226-29 requires a large gravity instead (log g ) 8 ~ ;  

Kepler, Robinson, and Hather 1983 I. 

To this end, we have secured optical spectra at 2~51~1 resolution of half a 

dozen ZZ Ceti stars with the Steward 2.3m reflector, Cossegroin spectrograph and 

intensified, photon-counting Rsticon. The spectra span the range 3900-5000A, and 

thus provide good coverage of H3f, H6, and He, with partial coverage of H~ or H8 

as well. On the theoretical side, we use a grid of recently-developed LTE model 

atmospheres for DR stars (e.g. Bergeron, ~tesemoel, and Fontaine 1988} in our 

analysis of these data. 

Our data analysis technique rel ies-on the sensit ivi ty of various Balmer lines to 

T e and log g discussed by Schulz and Vegner (1981 ! . Ve first fit the H3f and H6 

profiles of each star at various surface gravities [log g= 7.5 (0.25) 8.5] in order to 

get a gravity-dependent estimate of the effective temperature. This locus of 

acceptable Te-lo 9 g combinations is then explored in fits to the gravi ty-sensi t ive 

He line. We find the latter to be an effective gravity discriminant as its strength 
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varies quits dramatically with gravity in the "/.5-8.5 interval. The surface gravity is 

then fixed by that f i t ;  any other available line (H~ or HS, depending on the grating 

ti lt for that particular observation} is then checked for consistency. 

As an illustrative example, a sample fit to the variable star (;;226-29 is shown 

in Figure 1. This i8 by no means our final fit to this star, as our analysis has 

been largely exploratory up to this point. And indeed, the indicated temperature, 

near 11,000 K, is significantly lower than those determined from multichannel 

spectrophotometry [11,700 K, 6reenstein 1982; or 12,470 K, Veidemonn and Koester 

1984) and ultraviolet spectrophotometry I~.12,080 K, an average of estimates given in 

Vesemoel, Lamontogne, and Fontoine 1996}. 
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Fig 1, Sample fits to the spectrum of (3226-29. The lines are, from 

bottom to top, H~, H3{, H6, and He. The model shown has 

T e = 11,000 K, log g == 9.30. 
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~hile spectroscopic analysis are essentially free from the calibration problems 

inherent to optical photometry and ultraviolet spectrophotometn.j, studies of the high 

BaJmer lines (H(> and above) seem particularly sensitive to the adopted description 

of the perturbation of the higher levels of the hydrogen atom. Our current synthetic 

spectra treat that pressure ionization in terms of a classical Debye model for the 

last bound level, coupled with an Inglis-Teller cutoff for the last visible level. 

Some exploratory calculations suggest that the computation of the monochromatic 

opacity within the framework of the occupation probability formalism developed by 

Hummer and Hihalas (1988, see also Dappen, Anderson and Hihalas 1987), might lead 

to noticeable changes in the spectral region under study (see Bergeron, Vesemae(, 

and Fontaine 1980). Ve note, however, that in contrast to cooler DR stars, where 

the level perturbation is dominated by interactions with neutral atoms (Bergeron, 

Vesemael, and Fontaine 196"/, 1989), charged particles are here the dominant level 

perturbers. Clearly these uncertainties, none of which have been explored 

previously, need to be evaluated in great detail before spectroscopic determinations 

of effective temperatures and surface gravities of 77 Ceti stars become trustworthy. 

We are grateful to R. Lamontagne for his help in this analysis. This work was 

supported in part by the HSERC Canada, and by a E.WJ~. Steacie Fellowship to one 

of us (GF). 
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F I N I T E  E L E M E N T  ANALYSIS OF D I F F U S I O N  P R O C E S S E S  

IN %WIIlTE D W A t t F S  

C. Pelletier, G. Fontaine, and F. Wesemael 

D4partement de Physique, Universit4 de Montrgai 

The spectral evolution of white dwarfs is governed by diffusion processes which enter into competition with 

mechanisms such as mass loss, convective mixing, and accretion from the interstellar medium in various phases of 

the evolution. Until recently, our theoretical understanding of the chemical evolution of these stars has been lim- 

ited by the very severe numerical difficulties which plague a time-dependent description of the problem. Indeed, 

diffusion problems in white dwarf interiors and envelopes are particularly demanding from a computational 

standpoint: they involve relative chemical abundances spanning many orders of magnitude, time integration 

length of a few billion years, and many physical processes operating with greatly different time constants. We 

have already introduced in the field a robust numerical technique based on an implicit finite difference scheme 

designed for nolflinear two-point boundary value problems (Pelletier 1986). This method has been used to in- 

vestigate a number of problems related to the spectral evolution of white dwarfs (Pelletier 1986; Pelletier et 

al. 1986; Dupuis et aI. 1987). As requirements for further progress in the field become more exacting and in 

the interest of improving the efficiency, we have sought to develop even more powerful numerical techniques. 

We briefly introduce here an efficient computational approach to diffusion problems in white dwarfs based on a 

Galerkin finite element method to solve the convective-diffusion equation in an evolving white dwarf model. As 

an illustrative example, we discuss some sample results of a detailed investigation of the problem of chemical 

sedimentation (H, He, and C) in the envelopes of hot white dwarfs and the formation of DA stars. 

The convective-diffusion problems encountered in simulating white dwarf evolution are governed by a general 

nonlinear parabolic equation of the form 

0-7 = a-; + F(,,, ~, ~ )  (1) 

where u is a normalized relative abundance, D and F are general nonlinear functions containing information 

about the diffusion properties, the model's physical parameters, geometry and external forces, and (r, t) are the 

radius and time. The fundamental concept of a finite element algorithm is the assumption of known functional 

dependence for u(r, t) on disjoint, contiguous subdomains of the integration interval; these subdomaius are termed 

finite elements. The first task is to expand the dependent variable u in terms of a set of basis functions {¢~)(r)}, 

each of which is a low-order polynomial (usually a Lagrange interpolating polynomial) of compact support (i.e. 

¢~) is non-zero over only one element). We assume that u is adequately interpolated on each element by a 

truncated power series of the form 

l 

~(~,t) = ~ c~(t)¢~°>(~) (2) 

where {cj(t)} is the set of unknown coefficients of the basis functions and 1 - 1 is the degree of the polynomial 

basis; the interest is thus shifted toward the coefficients c~(t) which completely specify the solution. We next 
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insert these expansions into (1) and form what is called a residual: 

R( , ; e )  = o~ o D(~ ,~ )  ~ o~  
at o, - F(,,~, ~) (3) 

The residual is a representation of the numerical error introduced on each element by the power series (2); the 

Galerkin formulation aims at minimizing (3) by orthogonalizing the error to the basis functions. We thus impose 

for each element: 

f R(r;c)¢~)(r)dr = 0 j = 1 g (4) 

(N = number of elements). This process yields for the cj (t) a system of first-order ordinary differential equations 

(ODE) of the form: 

[K]{C}' + [L]{C} + {M} = {0} (5) 

where the coefficients of matrix [K] are given by the orthogonalization properties of the polynomial basis, the 

coefficients of [L] are related to integrals of function D and the vector {M} contains integrals of F and information 

about the boundary conditions (the superscript prime denotes differentiation with respect to time). Using the 

finite element procedure transforms an initial-boundary-value problem in a pure initial-value problem. With 

finite difference theory, the K matrix in equation (5) would be defined as the identity matrix. Finite element 

theory predicts that [K] be non-diagonal with bandwidth a function of discretization and the degree of the 

polynomial basis. 

If P denotes the degree of the polynomial basis (P  = 3 in our simulations), then equation (5) is made of 

NP + 1 highly nou-]inear stiff ODE (an ODE system is called stiff if it has both very rapid/y/slowly changing 

components; a white dwarf is prone to this situation since the diffusion time scales widely differ from one end 

of the integration domain to the other). The primary difficulty with a stiff system is that most conventional 

methods for solving it require unrealistic small values of the time step and the solution either blows up or cannot 

be computed in an affordable CPU time. Even if one can bear the expense, classical methods of solution require 

so many steps that  roundoff errors invalidate the solution. To perform the complete computation, we must use 

specially designed techniques for stiff systems; we adopted the famous Gear backward differentiation formulas 

modified to take into account the special structure of (5) induced by the finite element formulation (c.f. Gear 

1971 and Hindmarsh 1977). 

We are currently using tiffs finite element technique in an ungoing detailed investigation of the problem of 

element sedimentation in the envelopes of hot white dwarfs, The basic premise is the idea that PG 1159-type 

stars could be the progenitors of the majority of the white dwarfs (Fontaine and Wesemae11987). In this scenario, 

it is envisioned that very small traces of H (the tail of the original distribution) are left in the envelope of a 

pre-white dwarf after the final phase of significant mass loss has terminated. The expected structure of such 

an object is that o fa  C/O core surrounded by a He-rich mantle and a He-dominated atmosphere. With time, 

hydrogen diffuses to the surface and, when an atmosphere worth of this element has accumulated, a newborn 

DA star can be observed. 

In our time-dependent simulations of such events, we have idealized the situation by considering an initial 

discontinuous distribution made of an almost pure C core surrounded by an almost pure He layer; this mimics 

very roughly the sharp front due to past He-burning reactions. 
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Figure 1. Evolution of the hydrogen distribution in a 0.6 M e model. The star almost instantly 

becomes a DA, having at 80,000 K a hydrogen layer of logq(H) ~ -11.7; at 40,000 K, 

logq(H) ~ -8.7. 

For simplicity, the small tra~es of H in the envelope are assumed to be initially uniform. Diffusion alters 

very quickly these initial configurations. Thus, the evolution of the H distribution is followed in presence of 

residual H burning and in presence of a changing background due to the diffusion of He and C in the model. 

Fig. 1 illustrates a sample result for the evolution of a 0.6 M e model with a relatively large quantity of H. 

The figure shows how the H profile (logu = log{n(H)/[n(H) + n(He) + n(C)]}) given in terms of the pressure 

(logP) evolves with decreasing effective temperature. In this particular sequence, the assumed quantity of H 

is so large (logu = -4.0 mfiformly distributed in the initial phases), that H accumulates very quickly at the 

surface and the model turns into a DA white dwarf in about 225 years. These rapid phases are not shown in 

the figure, and the first profile illustrated corresponds to an age of a 80,000 K star; already a significant layer of 

H (much more than the thickness of an atmosphere) has built up. The presence of residual nuclear burning is 

quite obvious as it creates a sharp quasi-stationary front. The hydrogen located above that front is submitted 

to the concentration gradient's downward pull and the upward push of the pressure gradient. As can be seen, 

the natural tendency of hydrogen to "float" clearly wins and the top layer simply thickens with time. Nuclear 

burning slows down the general migration but cannot prevent the transformation of the star into a DA object. 

The separation is completed when the profile reaches a quasi-equilibrium configuration around To e 40,000 K. 

This particular computation required some 6664 time steps with a moving grid made of 120 elements. 

Convective-diffusion simulations in white dwarfs are large numerical problems, so efficiency is important. The 

GMerkin finite element formulation presented here performed very satisfactorily, with increased efficiency when 
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compared to finite difference codes. For instance, the new code has Oil the average completed a typical run 

5 times faster then the old one used by Pelletier et al. (1986) with no significax~t differences in the results. 

The overall performance of the finite element method has been quite impressive for all the simulations that we 

attempted (for further applications, see the paper by Dupuis et al. 1988). The resulting algorithm is accurate, 

fast and stable even for numerically "explosive" problems involving hydrogen. 

This research has been supported by the NSERC Canada and a E.W.R. Steacie Fellowship to one of us (GF). 
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HEAVY ELEMENT ABUNDANCES PREDICTED BY RADIATIVE SUPPORT THEORY IN 
THE ATMOSPHERES OF HOT '#HITE DWARFS 

P. Chayer, G. Fontaine, and F. Vesemael 
D6partement de Physique, Universit6 de Montr&al 

The surface composition of a white dwarf evolves as a result of the interaction 
of several mechaniszms, the most important of which being gravitational settling. In 
the early phases of the evolution, theory shows that selective radiative levitation 
can occasionally defeat settling and, thus, prevent the formation of a pristine pure 
hydrogen [helium) atmospheric layer in a hot DI=t [non-DR) white dwarf [Fontaine and 
Michaud 1979; Vauclair, Vauclair, and Greenstein 19-/9}. The exciting discovery of 
sharp metallic features in the ultraviolet spectra of several hot DA and non-DA 
stars alike resulting from the work of several investigators has provided the 
essential motivation for further theoretical investigations of radiative levitation in 
the atmospheres of white dwarfs. Additionnal impetus comes from the continuing 
investigations of hot DR white dwarfs carried out by Bruhweiler and Kondo which 
have already revealed a most interesting observational pattern of heavy elements in 
these stars (Bruhweiler 1985), Moreover the recent availability of theoretical equiva- 
lent widths of selected astrophysically important ultraviolet metal lines in hot DR 
white dwarfs [Henry, Shipman, and Wesemael 1985) makes a comparison between 
theory and observations - in at least this type of stars- a timely and useful exer- 
cises. 

~/e have recently completed a detailed investigation of the effects of selective 
radiative support on C, N, O, and Si in model atmospheres and envelopes of both 
Dial and non-DR white dwarfs. For each of these elements, and for a large number 
of models, we have derived the abundance profiles as a function of depth which 
are obtained by assuming an equilibrium between gravitational settling and radiative 
levitation. The bulk of our calculations are formally valid in optically thick layers 
only, i.e. in regions below the Rosseland photosphere. This is the same level of 
approximation which has been used so far in the few investigations devoted to 
radiative forces in white dwarfs (Vauclair, Vauclair, and Greenstein 1979; Morvan, 
Vauclair, and Vauclair 1986). Radiative acceleration8 have also been computed for a 
small subset of models taking into account the effects of radiative transfer in opti-  
cally thin layers and the non-uniform abundance profile on the synthetic spectra. 
As in the case of hot B subdwarfs discussed by Bergeron e~ &/. [1988), we find 
that the non-uniformity of the equilibrium abundance distribution of an element sup- 
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ported by radiative levitation does not generally lead to line profiles and strengths 
which are markedly different from the line profiles and strengths obtained under the 
assumption of a uniform distribution with a value of the abundance equal to that of 
the non-uniform model at the Rosseland photosphere. The full results of our investi- 
gation will be presented elsewhere [Chayer e~ aJ'. 1988). In this short communi- 
cation, we restrict ourselves to some sample results. 

Fig.1 [Fig-'2) shows the equilibrium abundance profiles for DR [non-DR) models 
with M/Mo-O.6. Hate that the envelope parameters have been taken from the evo- 
lutionan.j tracks of Vinget, Lamb, and Van Ham [1988); the gravity therefore decrea- 
ses [as it should) with increasing effective temperature. Re compared to cosmic 
abundance ratios, only underabundances of C, N, O, and Si can be supported by 
radiative levitation in the outermost layers of DR white dwarfs with PI/"M®-O.6. The 
qualitative behavior of the equilibrium abundance profile is the same for C, N, and 
O. In particular, note that the surface abundance decreases monotonically with 
decreasing effective temperature for these elements. Rt high effective temperatures, 
there are two reservoirs supported by radiative forces. These two reservoirs are 
separated by a layer in which the dominant ionization state is that of the noble 
gas configuration which implies that radiative support is considerably reduced there. 
For Te(dO,OOOK, only the outer reservoir can be supported. The behavior of the sur- 
face abundance of Si is qualitatively different because that element goes through 
its noble gas configuration in the surface layers for the effective temperatures 
illustrated here. Thus, small traces of silicon can be supported at the photosphere 
of 0.6 M e DR white dwarf models with Te;~,OOOK, no support is possible in the 
range "~,O00K;~Te;~50,OOOK, and silicon can again reappear at the surfaces of cooler 
white dwarfs. 

The surface abundances of the four elements considered all decrease monotoni- 
cally with decreasing effective temperature in models of non-DR white dwarfs [Fig.2). 
Fit high effective temperatures [Te)-Jt3,0OOK), slight overabundances of N can pollute 
the atmospheres of these stars, but, otherwise, unclerobundances are predicted. 
These are generally smaller than in the case of hot DR stars. However, the appea- 
rance of a superficial helium convective zone around Te~65,000K plays against 
radiative support in the cooler objects because radiative levitation can only be 
effective at the base of the convection zone where ionization is more complete and 
bound-bound absorption becomes less important. Below Te~=35,000K, radiative support 
becomes totally negligible in the atmospheric layers of He-rich white dwarfs. The 
formation of a helium convection zone also prevents $i from reappearing at lower 
effective temperatures; no Si is predicted in the atmospheres of 0.6 M e non-DR 
white dwarfs with Te(85,000K. 

The results of our extensive calculations should be eventually used in a detai- 
led comparison of the predictions of radiative support theory with the observations. 
Currently, such a comparison remains quite limited because detailed abundance 
analyses have been carried out for only three hot white dwarfs: the DR stars ~/olf 
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1346 and Feige 24 and the DO object PG 1034+001. Chayer ed e/, {198"/) have 
demonstrated that there ore large discrepencies between the predicted and observed 
C abundances for both Feige 2d and PG 1034+001. They suggest that another mecha- 
nism ~such as a weak wind) possibly interferes with settling and radiative levitation 
in these hot objects. At the very least, it appears that the idea of a simple equi- 
librium between gravitationel settling and radiative support does not pass the test 
in these stars. 

Further evidence in that direction is gained by using the sample of some 20 
bright, hot DR white dwarfs currently being investigated by Bruhweiler and Kondo. 
Pending the final results of their detailed studies, Bruhweiler [1995) hag nevertheless 
announced a most interesting observational pattern of heavy elements in hot DR 
stars: while no features are detected ~at the 15 mA level) in high-resolution /(./,E" 
spectra of a minority of objects, only $i features are observed for stars with 
Te(dO,OOOK in the rest of the sample, and features of $i, C, and H are observed in 

the hotter stars. This qualitative pattern can be contrasted to the predictions of 

radiative support theory. Rs an illustrative example, we have used the predicted 
abundances at the Rosseland photosphere of our O J8 M e DFI models to derive the 
strenghts of several spectral features which are accessible in the //.E window. In 
this process, we have used the equivalent widths computed in the spectrum synthe- 
sis study of Henry, Shipman, and Vesemael (1985). The results are shown in Fig~3 
which puts in evidence the predicted equivalent width of a given spectral line as a 
function of effective temperature. Oxygen features have not been considered by 
Henry, Shipman, and Wesemael (1985) because they are only of relevance to effecti- 
ve temperatures higher than that of the hottest known OR white dwarf in the //J/" 
spectral range. Even adopting a very conservative detection limit of 100 ml~l, we 
find that the observed abundance pattern is not reproduced as carbon features for 
example would still be easily detectable in DR white dwarfs with Te(dO,OOOK. 
Coupled to the fact that no features are observed in some of the DR objects in 
the Bruhweiler and Kondo sample, this suggests very strongly that the predictions 
of simple radiative support theory are inadequate. We note that the absence of 
metallic spectral features in some of the hot DR stars observed with the //.~" in the 
high resolution mode is usually blamed on known (or expected) higher gravities in 
these stars. Preliminary inspection of our detailed results indicates that, while the 
expected photospheric abundances are indeed reduced in higher gravity objects, 
spectral features should still be detectable. 

The main conclusion of this paper is that simple radiative support theory fails 
to explain the observed abundance pattern of heavy elements in hot white dwarfs. 
At least one other mechanism must interfere with gravitational settling and radiative 

levitation in such objects. Ve note that the studie~ of Bruhweiler and Kondo [lggl, 
19831 already point to a very natural candidate: the presence of weak winds. The 
work of these investigators strongly suggests that the outermost layers of very hot 
white dwarfs are permeated with a wind which eventually dies out with cooling. It is 
important to point out that such winds do not need to, and indeed cannot, be 
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very large. This is because abundance anomalies [the large underabundances usually 
observed in white dwarfs~ cannot be built if the wind velocity is much larger than 

the diffusion velocities of various species. Michaud {198"7) finds somewhat weak 
constraints of 3X10 "11 - 3X10 -16 M®yr -1 for the maximun mass loss rate allowing che- 
mical sedimentation and settling in White dwarfs. ~e note that a mass loss rate as 
small as 10 -21 M®yr -1 can still play havoc with the predicted surface abundances in 
presence of radiative support. For example, we cannot help but notice that the 
outer reservoirs of C and II are opened at the surface of a DR White dwarf and 
could easily be emptied by such a wind in the hot phases of the evolution (Fig.l}. 
I~lt the same time the reservoir of Si is not opened at the surface in a significant 
effective temperature range. Hence, it is strongly tempting to speculate that first C 
and then I't are totally expelled from the photosphere of DIal White dwarfs in the 
very hot phases of the evolution, while Si "hides" below the surface until it is 
caught by the effects of wind and becomes eventually visible in the later phases 
of the evolution. R dependance on gravity for the effects of winds is also easily 
envisioned. Whether or not this speculative scenario is at all correct rests with a 
detailed investigation of the interaction between settling, radiative levitation, and 
mass loss in hot white dwarfs. We have embarked on such a project and will report 
our results in due time. 

This work was supported by 11SERC Canada, and by a E.W.R. Steacie Fellowship 

tO one of us [GF). 
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SECO11D-ORDER EFFECTS DUE TO ROTRTI011 II1 PULSRTI11G DR WHITE DWARFS 

P. Brassord. F. Vesemael, and G. Fontaine. 

D6partement de Physique, Universit~ de Montreal 

The ZZ Ceti star L 19-2 is a stable pulsator whose light curve has now been 

deciphered with the help of over 300 hours of white light, high-speed photometry 

(O~onoghue and ~/arner 1982, 1987, hereafter OO~/). The analysis indeed reveals the 

presence in the light curve of five coherent oscillations, with periods ranging From 

113s to 350s. Rmong those, the 192s oscillation possesses three components, almost 

equally separated in frequency. Most importantly, the slight, but statistically signifi- 

cant, inequality in the Frequency spacing of the triplet has been interpreted by 

these authors as second-order splitting of rotationally-perturbed g-mode oscil- 

lations. Rnd indeed, the measured splitting appears consistent with the theoretical 

predictions of Chlebowski (1978), which are based on somewhat archaic white dwarf 

models. Rs pointed out by ODV, it is clearly of great interest to investigate 1) to 

what extent theoretical predictions based on more realistic, current-generation white 

dwarf models agree with ODV's identification, and 2) to what extent such second 

order effects can, eventually, be used to identify individual pulsation modes or 

constrain the structural parameters of variable white dwarf stars. Motivated by these 

questions, we have initiated a study of second-order effects due to rotation in 77 

Ceti stars, and we report here the first results of this program. 

The perturbed state of a star undergoing non-radial oscillations can be written 

as a super'position of eigenmodes, each characterized by one eigenfrequency and 

three quantum numbers: k, the radial wavenumber, and I and m the spherical har- 

monics indices which describe the angular geometry. For o non-rotating star, the 

eigenfrequencies are degenerate in m, and depend only on k and I. In the presence 

of slow rotation ~Q<~Okl I we can write, for an external observer 
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Oklm-Okl+m{1-Ckl}Q+O{Q z} , ( t )  

where Ckl is a function of the structure of the star and of the particular eigenmo- 

de. The pulsation mode is now split in 21+1 equally-spaced frequencies. R nice 

example of this spl i t t ing is the 109~s triplet in G226-290 with observed frequencies 

of 9.134721, 9.150865, and 9.16"/009 mHz separated by OJ:)1614d mHz {Kepler, Robinson, 

and Hather 1983}. 

It is also possible to expand equation {1} to include second-order terms 

(Chlebowski 1978; Saio 1981; Smeyers and Martens 1983}. ~te write, following 

Chlebowski's notation 

. 1 
Okl m Okl+m(1-Ckl}~+2-~"klkl {Pkl-m2Qkl)~2+O{Q3 } • (2) 

For large'k modes in white dwarfs, the e...~#~.o~.[c values of P and Q are given by 

p 4121{1+1}-3] ^ 41{1+1}{212+21-3}-9 
- ~  and u = ' ~  (3) 

12{1+1}2{21-1}{21+3} 

The approach of Saio {1981} is used to calculate P and Q. 

Equations {1} and (2} are valid only if solid body rotation is assumed for the 

star. If differential rotation is included, equation {11 should be rewritten {Hansen, 

Cox, and Van Horn 197"/} 

Oklm'Okl+m(1-Cki-C'kllml}Q • (4) 

Ve ignore departures from solid body rotation here, as Tassoul and Tassoul (19831 

have shown that such departures are likely to be small in white dwarfs. In addition, 

we leave out as well the perturbations to the eigenfrequencies that could be cau- 

sed by a magnetic field, as recently shown by Jones e~ ad. {1988}. 
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Ve have thus adapted Saio% [1981) formalism, developed for a polytropic star, to 

the case of more realistic stellar configurations. Furthermore, to evaluate the 

second order terms, the distorted geometry of the star caused by rotation is first 

required. To this end, we used a Clairaut-Legendre expansion (see, for example, 

Tassoul 1979), although more elaborate methods are possible. Sample calculations of 

the first- and second-order splitting terms (C,P and Q, respectively) are presented 

in Table 1 for a model at 03  M e, with a hydrogen (helium) fractional layer mass of 

10 -12 (10 °2) and an effective temperature of 11,519K, taken from the extensive evo- 

lutionary sequences of Tassoul, Fontaine, and Vinget (1988). 

TRBLE 1 

F i r s t -  and Second-order  S p l i t t i n g  Terms 
M/Mo-O. 8 , Te'll ,519K 

l k Per iod Is ) Qkl 

1 1 222.4 
1 2 270.4 
1 3 291.0 
1 4 371.0 
1 5 394.9 
1 6 455.8 
1 

2 1 129.2 
2 2 165.8 
2 3 191.9 
2 4 219.7 
2 ~o 

Ckl Pk] 

0.487 o.868 
0.2?0 1, 174 
0.458 0.873 
0,444 0,895 
0.436 0.909 
0,484 0.828 
0.500 0.800 

0.134 1.751 
0.144 1.741 
0.004 1.901 
0.151 1,734 
0.166 1.714 

-0 .039  
0.063 
0.185 

-0 .073 
0.126 

-0 .035 
-0 .050 

0.270 
0.249 
0.295 
0.2?9 
0.224 

Similar calculations were performed for a number of models culled from several 

evolutionary sequences of varying stellar mass, and hydrogen and helium layer mas- 

ses in order to compare the predicted second-order splitting with that measured by 

ODV. Ve summarize, below, the observed structure of the 1928 mode in L 19-2. 
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TABLE 2 

Observed S t r u c t u r e  of" the 192s o s c i l l a t i o n  in L19-2 

Pe r i od  (s }  Frequency (mHz} Av (mHz} ¢ (mHz} 

192.128824 

192.609575 

193.092808 

5.2048411 

5.19184989 

5.1788568 

O. 0129912 

O. 0129931 
- (  1 .9±0 .4  } x l 0  -s 

On the basis of equation {2}, the measured second-order splittin 9 s can be 

related to the Q coefficient by 

&m(1-Ckl} ]2 
Q'-svo [ t~v (S) 

For a I-1 mode, the value of C is of the order of C=0A±0,1 [see Table 1) and thus 

the OOV measurement yields Q-0~)2±0~)1. A comparison with the Q-values displayed 

in Table 1 suggests that small, positive values are possible only for some Iow-k 

modes. Furthermore, a period as short as 192s for I-1 can only be reproduced for 

Iow-k values (k=l or 2} if the stellar mass is O~ I'1 e and both the helium and 

hydrogen layer masses are small. These constraints are summarized in Table 3. For 

a given model, the range of values of k corresponding to Q>O is indicated, as well 

as the minimal period (minimal k}. The results suggest that the range of allowed 

values of k decreases with decreasing H and He outer layer masses, and that the 

minimal period decreases as well. If the 192s oscillation of L 19-2 is to be associa- 

ted with a I-1 mode, the star must have a higher than average gravity for a white 

dwarf. This is amenable to observational verification. Rt the same time, however, 

this solution is by no means unique; indeed our analysis suggests that both the Q- 

measurement and the observed period might also be consistent with a I-3 mode in 

a DR star at l'l)O.6M® with thick {I'1He)10-2 ) helium layers. This would require that 

only the components with m-O,+1 of the 192s mode and m-O,±3 of the 113s mode be 

261 



observable. Clearly, we have only scratched the surface, and the potential of this 

new tool for the study of L 19-2. and Zz Ceti stars in general, has barely been 

tapped. 

TABLE 3 

I Modes with Q)O (l=i), in Var ious Stel lar Models 

Minimal 
k-123456789 Per iod (s ) 

315 330 

300 280 
280 

250 
265 

255 235 

We are grateful to B. Warner for drawing our attention to and triggering our 

interest in this remarkable observational result, and to SD. Kawaler, M. Tassoul and 

P. Smeyers for useful discussions. This work was supported in part by the NSERC 

Canada, by the Fund FCAR (Quebec), and by a E.W.R. Steacie Memorial Fellowship to 

one of us (GF). 
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RRE PULSRTIOrlS R USEFUL PROBE OF THE STRUCTURE OF THE OUTER LRYERS OF 

WHITE OWRRFS ? 

P. Brassard, G. Fontaine, and F. ~/esemael 

D6partement de Physique, Universit& de Montr6al 

S J). Kawaler 

Center for Solar and Space Research, Yale University 

The most f~ndamenta] aspect of ~nite dwarf seismology is the determination of 

the gravit~l-mode ig-mode) period structures of models of isolated pulsating white 

dwarfs. These stars show multiperiodic luminosity variations which result from the 

superposition of excited pulsation modes. Among the many oscil lation modes avai la-  

ble in the ver~.j rich nonradial g-mode spectra of white dwarfs, the observed modes 

are selectively chosen by a fi ltering mechanism. Rlthough the period evolution is 

strongly tied to the core temperature evolution in a white dwarf, the period st ructu-  

re remains largely specified by the mechanical properties of the star. The most 

basic structural feature of a white dwarf is its highly degenerate interior, which 

leads to nearly isothermal and nearly isentropic stratifications in the core region 

containing more than 99Y, of the mass of the star. In particular, because the den- 

sity gradient is almost adiabatic throughout the interior of a white dwarf, the BrOnt- 

Vaisala frequency (see below) is very small there and low-order g-modes cannot 

propagate. As o result, g-modes are essentially envelope modes in white dwarfs, 

with large amplitudes occuring only in the non-degenerate outer layers. One can 

thus expect that g-modes in white dwarfs are extremely sensitive to envelope pro- 

perties such as compositional stratif ication and partial ionization mechanisms. 

Compositional stratif ication is, in fact, the second structural feature of a white 

dwarf model which has strong effects on the period structure. Indeed, trapped modes 

result when a resonance or near-resonance occurs between the local g-mode radial 

wavelength and the thickness of one of the composition layers. This results in a 

period structure which strongly bears the signature of compositional stratif ication in 

the outer layers. Thus, it has been widely accepted that white dwarf pulsations 

probe primarily the outer layers of these stars. This point of view has been borne 

out by detailed pulsation calculations carried out by several independant groups 

Isee •inget 198"/ and references therein). 
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R surprisingly different stance has been token recently by Pesnell (1987; see 

also Cox e~ a/. 1987) who claims that g-modes of white d~orfs probe much deeper 

than previously thought. Although such modes have generally very small core ampli- 

tudes, the point is mode that the only appropriate method to describe where the 

period of a mode is determined is to consult the weight function of the pulsation 

mode. Rs an illustrative example, Pesnell (198"}) shows the weight function of o par- 

ticular g-mode (noted g2 here, I-2,k-I) for o DR white dwarf model computed by 

Tossoul, Fontoine, and Vinget (1988]. The model has o total moss of 0.6 I'I®. It has 

a C-rich core surrounded by o He-rich layer itself surrounded by o H-rich layer. 

The composition transition loafers are treated under the assumption of diffusive equi- 

librium, which, for the particular model of interest, implies that there ore some tra- 

ces of helium extending down to the center of the star. The effective temperature 

of the model is Te'.I~,g6gK0 and the hydrogen (helium] layer has o moss equal to 

10 -I0 (10 -2] times the total mass of the star. The results of Pesnell (1987] indicate, 

surprisingly, that the period of the 912 mode (which is found to be 59.0s) is deter- 

mined in the central regions of the model ; the weight function showing a maximum 

at about the half-way point in radius. The results are the same for both the 

Lagrangian pulsation code developed by Pesnell and for on Eulerion version provi- 

ded that, in the latter case, the square of the BrOnt-V~isSla frequency is evalua- 

ted numerically to take into account the varying chemical composition due to the 

presence of helium traces in the deep core. Rlormingly, the period of the g~ mode 

and, more generally, the complete spectrum of the model are found by Pesnell 

{198"7) to be WL~.e dff'~'enan~, from that of earlier calculations carried out by Vinget 

{1981) using the same model. Pesnell suggests that his taking into account the 

changing chemical composition in the deep core (ignored in the Vinget calculations) 

makes the difference. If correct, this would mean that the basic period structure 

cannot be computed with any amount of confidence because it seems so sensitive 

to the presence of small traces of helium in the core. For simplicity, the model has 

been computed under the assumption of diffusive equilibrium, but actual time- 

dependent diffusion calculations carried out by Pelletier (1988] show that this 

assumption breaks down in the very deep core of o white dwarf with an age cha- 

racteristic of pulsating DR stars. Thus, the helium distribution in the core of a DR 

model can only be specified by time-dependent calculations and, until detailed 

results of such calculations exploring a large volume of parameter space become 

available, white dwarf seismology would remain next to useless if the interpretation 

given by Pesnell (198"/) is correct. 
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Hotivated by the past successes of white dwarf seismology based on Eulerian 

calculations {in particular the prediction and subsequent discovery of DB variable 

stars; see Vinget and Fontoine 1982}, we have felt that this new concept of period 

formation in the core of a white dwarf should be carefully examined. Ve have there- 

fore embarked, with a flesh look, on a detailed investigation of the period structure 

of the DR model analyzed by Pesnell, In the process, we have discovered a basic 

shortcoming of the methods used by that author which (1) explains the discrepant 

results, and [21 has far-reaching implications for the results of his Lagrangian cal- 

culations in degenerate stars in general. 

The period structure of a stellar model is largely specified by the spatial distri- 

bution of the square of the BrOnt-V~is~l& frequency which is defined by 

1 dp 1 dP ] 
H2=-g p dr I'IP dr ' (1) 

where g is the local gravity, r is the radial coordinate, p is the density, P is the 

pressure, and r 1 is the first adiabatic exponent. In degenerate stars, it is useful 

[indeed essential in the deep core; see below) to transform equation [1). It can be 

shown [cf. Brossord e~ eJ. 1988} that H 2 con be rewritten as 

1 BInP dlnX 

p Xp p.T 
(2) 

where X T and ×p are the usual logarithmic pressure derivatives, ~tod is the adiaba- 

tic temperature gradient, V is the actual temperature gradient, and X is the mass 

fraction of one element at a two-ion composition interface. Vritten in this form, the 

contribution of the composition transition zones ore explicitly included in the term 

in brackets. This term is always positive and has non-negligible values only in 

regions where the abundances of two ionic species are comparable, i~ .  in the tran- 

sition zones themselves. These typically cover relatively narrow regions, some two 

pressure scale heights wide. in particular, the presence of small traces of helium in 

the deep core of our model carmo~ affect the values of H 2 there. The dominant 

physical effect is the fact that ~lnP/'~ln×lp,T-~O in the central regions because the 

pressure of highly degenerate matter for material with He'2 is the same for a given 

set [p,T], whatever the proportions of the He/C mixture. 
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We have used the Eulerian code developed by Hansen I~see Kawaler, Hansen, 

and ~dinget 1985) to analyze the adiabatic period structure of the DR model discus- 

sed by Pesnell (1987). The continuous curve in Fig. 1 shows the distribution of N 2 

in terms of the radius. The small localized structure aroud r/R~=o.g3 is associated 

with the He/C transition zone. Fi sharp feature, barely visible around r/R~0.g95, is 

associated with H,,1-1e transition zone located in the outermost layers 

(log Ai'l/T1~=-lO 1. The FI 2 profile is generally quite smooth and any discontinuities or 

quasi-discontinuities [such as the structures associated with the composition tran- 

sition zones) are potential features for resonance effects. Our calculations indicate 

that the period of the 92 mode is 122.9s in reasonable agreement with the older 

calculations of Winget (1981) which give ld,2.3s, but a far cn.j from the 59.0s obtai- 

ned by Pesnell (1987). Note that we recover =ax'~Uy the results of Vinget (1981) by 

ignorin 9 the effects of the composition transition layers on the BrOnt-V~sail~ 

frequency as was done in that study. Interestingly, however, we can reproduce the 

results of Pesnell (1987) performing the following experiment: we now calculate H 2, 

not with equation (2), but rather with the numerical derivatives occuring in equation 

II1. This procedure is implicit in the Lagrangian formulation of Pesnell and was 

;equ£red by him in his Eulerian code in order to recover the results of the 

Lagrangian calculations. 

The dashed curve in Fig. I shows the resulting H 2 profile for our reference 

model. As compared to the continuous curve, additional structure and two spurious 

"convection" zones [negative values of H 2} have appeared. It is obvious that the 

N 2 profile presented by Pesnell (1987} in his Fig. 1 is quite similar to our dashed 

curve; apparently, the spurious "convection" zones were suppressed by Pesnell. Fill 

other features of Pesnell's figure are accurately reproduced, however. Fis noted befo- 

re, the quasi-discontinuities that are present in our dashed curve and in the I't 2 

profile shown by Pesnell [1987) can isolate and trap certain modes if resonance 

conditions are met. These modes are trapped in the deep £/)~fe~or, however, impl- 

ying very large kinetic energies and very low growth rates. More importantly, it is 

the large systematic differences observed between the dashed and continuous cur- 

ves in our Fig. 1 that are directly responsible for the large differences found in the 

period of the same mode. We find, in our altered calculation, a period of 58.7s for 

the 92 mode, very close to the value of Pesnell (1987) but quite different from our 

original estimate. The fundamental reason for this discrepancy is that a numerical 

evaluation of the derivatives appearing in equation (11 encounters serious difficulties 
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in degenerate matter. Indeed, with a slight rearrangement of terms, we can write 

,, gdP [d lnp  8 inp ]  i 
H~'-P~rr dlnP ~lnP s ' 

(~) 

where s is the specific entropy per gram. In the nearly adiabatic interior of a 

degenerate star, the numerical evaluation of derivatives boils down to computing H 2 

by ~a/<Zncj tJ~e d£fference of two nearly equal quantities. By contrast, our formu- 

lation of H 2 given by equation (2~1 is reliable ever~jwhere. In the deep core, the 

term in bracket does not contribute, ~ is also negligibly small because of the 

nearkj isothermal conditions, ~ad remains a number with typical values sl ightly 

~4nder OA, and H 2 is evaluated by mu'/~o/,V&~7 various quantities. Of course, the 

two formulations are equivalent in principle, and we indeed observe that the two 

curves shown in Fig. 1 merge together for large values of r /R, i ~ .  in the outer 

layers where the degree of degeneracy decreases substantially. Thus, numerical eva-  

luations of derivatives implicit in the Lagrangian formalism of Pesnell lead to 

unreliably noisy H 2 profiles in white dwarf models with concomitant dramatic con-  

sequences on the period structure. Not surprisingly, the region of period formation 

is also affected by these problems. For example, Fig. 2 constrasts the two weight 

functions which we have computed for the 92 mode of interest. The continuous cur -  

ve refers to the weight function for the eigenmode computed with our equation 12) 

for H z and leadin 9 to a period of 1223s. Quite clearly, the mode is on envelope 

mode. By contrast, the dashed curve, based on the use of equation (1}, leads to 

the conclusion that the period is formed in the deep interior as in Pesnell (1987}. 

We have thus clearly identified the origin of the discrepant period and weight func- 

tion of the eigenmode discussed by Pesnell (1987}. Ve feel that this numerical expe- 

riment should put to rest the idea that white dwarf pulsations probe the deep core. 

In summary, we have found evidence that the implicit numerical differencing 

used in the Lagrangian pulsation code of Pesnell leads to very serious diff iculties 

when used with models of degenerate stars. These difficulties are at the origin of 

his suggestion (Pesnell 1987) that white dwarf periods ore formed in the deep 

interior. ~te reaffirm the prior results of other investigations; g-mode pulsations in 

white dwarfs ore truly envelope modes. The implications of our findings on the work 

of Cox e~ a/. (198"/) need to be carefully evaluated. In particular, the E~zstc pe r i od  

s ~ c ~ u ~  of their models ( i~ .  the most fundamental aspect of asteroseismology) is 
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clearly open to question. Because of this, their /~on~'£~Lc results concerning 

primarily driving and damping must be considered premature; thus, their conclusions 

about the complete insensitivity of the 7 7  Ceti theoretical blue edge temperature to 

the hydrogen layer mass remain clearly questionable. 

We are grateful to D£ .  Vinget for useful discussions. This work was supported in 

part by the HSERC Canada, by the fund FCRR (Ou6bec}, and by a E.V.R. Steacie 

Fellowship to one of us (GF]. 
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COOLING OF WHITE DWARFS 
WITH ACCOUNT OF NON-EQUILIBRIUM BETA-PROCESSES 

G.S.Bisnovatyi-Kogan 
Space Research Institute, Academy of Sciences, USSR 
Profosyuznaya 84/32, Moscow 117810, USSR 

Non-equilibrium heating of white dwarfs during two-step neutroni- 

zation and formation of small but finite core of the new phase is a 

main source of energy in these stars when the temperature is suffici- 

ently small and Coulomb crystal becomes degenerate. 

I. Introduction 

Existence of Chandrasekhar mass limit of white dwarfs Mch = 5.83/ 

/~' ~z = A/z, is connected with the prevalence of the relativistic 

degenerate electrons in pressure. When neutronization is taken into 

account, the maximal value of mass is smaller and is reached at finite 

density (Schatzman, 1958). The central density of the white dwarf with 

limiting mass is larger than threshold density of neutronization. Such 

star has a small, but finite core of new phase (Seidov, 1967). The 

neutronization threshold for the iron is equal tO,co = 1.15 109 g/cm 3 . 

The neutronization goes through two steps 

peS6+ e- ~ p4,~56+Q ~ lVh~. 96 ÷e---~ Cr 56~- ~ (I) 

The density on the boundary of the core of new phase is equal to 

~c = 1.25 109 g/cm ~ and make the jump in 26/24 times. The threshold 

Fermi energy of the electrons for the first reaction from (I) is equal 

to ~(I) = 3,70 MeV, and for the second one is much smaller ~2)" = 1.61 
~Fe Fe 

MeV. The second reaction goes in non-equilibrium conditions and leads 

to heating (Bisnovatyi-Kogan and Seidov, 1970). The amount of produced 

heat is equal to 476 keV on one reaction (I) taking into account the 

formation of excited state of Mn 56 at ~ > 1.24 109 g/cm 3 . The models 

of cold iron white dwarfs with finite core of Cr 56 are calculated by 

Bisnovatyi-Kogan and Seidov (1970). The parameters of the limiting 

mass model are: 

/ 0  -3 .  o.o22 f0  

Here M C is the mass of the chromium core in the star of limiting mass; 

= M O 1.18 M® is the mass of the cold iron star at~c =~co °r~c=~c I_ 
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J°c 1 +~fC and M ° +~ M are the central density and the mass of the 

limiting configuration. The non-equilibrium heating during the forma- 

tion of new phase core leads to essential prolongation of the late 

stages of cooling, when the heat capacity of degenerate crystal at 

low temperatures is small (Mestel and Ruderman, 1967). Rough estima- 

tions of this prolongation have been done by Bisnovatyi-Kogan and 

Seidov (1970). Quantitative results have been obtained by Bisnovatyi- 

Kogan (1987). 

2. White dwarf with final chromium core atnonzero temperature 

When the mass of the white dwarf is equal to M = M +~ M, then 
o 

its temperature Tf at central densitY~c ° is determined by relation 

(Bisnovatyi-Kogan, 1966; Bisnovatyi-Kogan and Seidov, 1969, 1970): 

= M(~ c T=0) A = 56. Cooling of the white dwarf with Here M O o" ' 

M = M O +~ M leads to the formation of chromium core. The curve MT(~c) 

has a maximum, and the curve TM(~c ) has a minimum, where quadratic 

relations are valid 

Here ~, ~', J~cm = 8 °  1 +~J°c are approximately  constants and fo rma l ly  
Tmln. < 0 for M < Mo +~M from (2) . Taking into account that T = Tf 

= , we find Tmi n from (5) and obtain from (3) when~ ~e I 

T :  . (6) 

Using relations~M --~ M when T = 0 andS~c =~c from (2) we find 

and finally obtain the relation between~c and T for given~M in the 

form : 

Th ' lo  Z I  "/2. 

Using (2) and quadratic dependence of dO(r near the center (Chandra- 

sekhar, 1957) we find the connection between the mass of chromium core 
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m c and central densitY2c =~c I +~c of the star: 

/% = = ¢o ( s 4 )  (8) 

The white dwarf with ~M <4 M is stable at T = 0 and has chromium core 

with the mass m c < M c. When ~M >~ M the loss of stability occurs at 

the finite temperature T > T 
c mln" 

3. Evolution with account of non-equ!libriumheating 

The approximate theory of white dwarf cooling leads to relation 

between luminosity L and the temperature of isothermal core T 

(Schwarzschild, 1958) 

L =5,75 fO ~ J~7"<~ t..z//,% - ~,0 f o 6 . ~ ' T  '3.s e ~  ~9) 
a: d ,zH) ,% s'ec 

..0£ H = Here in the envelope we take ~C z = 0.1, = 0, ~ = 1.38, ~z 2 

and Krammers opacity have been used. The energy losses due to heat 

capacity source of nondegenerate nuclei QT and degenerate crystal 

QD are (Shapiro and Teukolsky, 1983) 

-) 
The losses due to nonequilibrium neutronization source are 

A rnp 
The e q u a t i o n  

0 

Q = -L ( 1 2 )  

4. ,,' 

d e t e r m i n e s  t h e  e v o l u t i o n  o f  t h e  w h i t e  d w a r f  w h e r e  Q = QT + Q~ f o r  

T > 0.1 0 p c  a n d ~  = QD + QO for T < 0.1 0DC. ~ e r e 0 D c  i s  the 
central value of 0 D =tt~i/k ~ 1.6 I03~ = Debye temperature for 

t h e  i r o n .  S o l v i n g  e q u a t i o n  (12) w i t h  a c c o u n t  o f  ( 7 ) - ( 1 1 )  f o r  M = Mo+~M 

we obtain the following solutions (Bisnovatyi-Kogan, 1987): 

. [ 0 4 ~ - j -  - _~.~ _~ s " , ~ ) _ ]  113)  

e 

f o r  n o n d e g e n e r a t e  c a s e  w i t h  QT a n d  
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"~jO / . ]  J'EC 
for degenerate case with QD" Here ~ is the cooling time from initi- 

al temperature T o up to temperature T, T 7 = T/107K, 0.1QDC "~ 5.5 I06K. 

Cooling to the temperature T 7 = 0.55 is ~27% longer with account of 

nonequilibrium heating according to (13). Cooling up to almost zero 

temperature from T7, 0 = 0.55 without Q~ last ~4 108 years and with 
~= 0 

account of after cosmological time c 2 101 years the tempera- 

ture reaches T T, ~ 106 K. Stars with M > M ° = +A M collapse after 

cooling and because of Q9 the temperature at the beginning of collapse 

is always greater than T,. 
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THERMONUCLEAR EXPLOSION IN BINARIES: WHITE DWARF HELIUM 

STAR 

E.Ergma, A.V.Fedorova, A.M.Khohlov 

Astronomical Council AS USSR 

Pjatniskaja 48, 107019 Moscow, USSR 

Abstract 

Evolutionary sequences of a binary system consisting of a he- 

lium star in the stage of core helium burning and a white dwarf are 

presented. Different ways of He burning in the envelope of a dwarf are 

discussed. Incomplete helium burning is discussed with relation to 

occurence of possible observational features. 

i. Introduction. 

In a close binary system with a white dwarf component mass ex- 

change is apparantly the unique mechanism leading to thermal instabili- 

ty and to the explosion of the white dwarf. Spherical-symmetric calcu- 

lations of accretion on the white dwarf of matter with various chemi- 

cal composition show that thermal instability occurs only for certain 

accretion rates and initial parameters of the binary (Iben and Tutu- 

kov, 1984). 

In the case of hydrogen-helium accretion occurence of unstab- 

le hydrogen burning is highly probable. The most powerful hydrogen 

flashes may be connected with nova phenomeon (Gallegher and Starrfield 

1984). 

By carbon accretion conditions for Supernova explosions are 

realized in a wide range of mass accretion rates ( M < 2.10 -6 M~yr, 

Nomoto and Iben,1985, Khohlov, 1985).But for stationary mass accre- 

tion during long time intervals it is necessary that the initial para- 

meters of the binary satisfy the following conditions: I) MI+ M 2 > 

>1.4 MQ, 2) M 2 < 0.6 M~ (Cameron and Iben, 1986 ). Although the 

scenario including systems with two degenerated CO dwarfs is very 

promising it is doubtful if the required number of such systems is 

enough ( but see Iben and Tutukov, 1984) 
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Analysis of observational data for SN I shows that they are 

not a homogenous class. At present one can state that there exsist SN 

Ia, SN Ib and besides a part of SNI spectra is impossible to classify 

(Branch, 1986, Filipenko and Porter, 1986). The possibility of other 

types of SN I although not so numerous can not be excluded. 

In this paper we discussed the possibility of thermonuclear 

explosion in binaries with a helium star and a CO white dwarf. The 

observational behaviour of such a flash should be different from an 

explosive carbon burning case ( for two degenekate CO dwarfs ). 

II. Necessary conditions for the realization of explosive helium 

burning in accreting CO dwarfs. 

The investigation of He accretion on CO dwarfs has shown 

that almost indepently of the dwarf mass, if the mass accretion rate 

is less ( 2-3 )-10 -8 Mo/yr helium burning starts at densities >106 
-3 g.cm (Taam, 1980a,b, Nomoto, 1986, Khohlov and Ergma,1989). 

As was shown by Nomoto and Sugimoto (1977) for these den- 

sities helium burning is explosive ( see also Mazurek, 1973). 

It is necessary to determine which binaries have the requi- 

red accretion rate (2 - 3 )'10 -8 ~/yr? 

First there is the possibility of formation of double dege- 

nerate binaries with helium and CO dwarfs (Iben and Tutukov, 1984, 

1986). But the required mass accretion rate is reached only when mass 

of the secondary is less than 0.i M~. 

Second the evolution of a non-degenerate helium star with 

central helium burning filling its Roche lobe may provide the re- 

quired accretion rate as it was shown by Savonije et.al (1986), 

IbeI~ et al. (1987), and Fedorova and Ergma (1989). 

Fedorova and Ergma have found that the accretion rate in 

the binary with a helium star and a CO dwarf is determined by two fac- 

tors: i) the mass relation q= MHe,2 / Meo, 2) the central helium abun- 

dance during the filling of Roche lobe by the secondary. On Fig.l a 

plot of the mass transfer rate as 

ry for a fixed mass of the system 

calculationsshow in the case q= 1 

M~/yr during several ten millions 

to accumulate on the surface of a 

a function of the mass of the seconda- 

M 1 + M 2 : 1.532 M is presented. As 

the accretion rate remains 2-10 -8 

of years. Therefore it is possible 

CO dwarfs a thick helium layer. 

For q > i mass accretion occurs from time to time with very high mass 

transfer rates. 

3. Possible burning ways. 

In the case of M < 4.10 -8 M~/yr the condition for explosive 

helium burning can be realized when the density in the envelope is 

~06 - 108)g- cm -3 depending on the initial mass of the white dwarf. 
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The mass of the white dwarf at that time must not necessary equal the 

Chandrasekar limit but may be much less. It is clear that for a mass 

t~ans~er rate less than 10 -8 M~yr ~nd a larger initial m~s of the 

CO dwarf unstable carbon burning may start in the center (Arnett, 1969 

We are investigating the noncentral helium burning case. 

He burning kinetics differ from the kinetics of carbon bur- 

ning. The 3~ reaction that provides C 12 nuclei for the succeding - 

capture reactions ( C 12 + ~ , 016+ ~ ...... , Ni 56) depens weakly on 

the temperature if T ~p (0.5 -i )'I09K ( Fowler et.al., 1975). 

For This Temperature range the helium burning time depens mainly on 

the density and may be approximated as ( Khohlov, 1989) 

~ A ~ ~" x ~  ~.,o (i} = ~ <  . . ,o /J .= , ,  )= 
where ~ i s  the  mass number o f  ~ - c a p t u r e  p r o d u c t s  (see Khoh lov  and 

~ 3 ~ i s  the  3 ~  r e a c t i o n  r a t e  ( Fow le r  e t . a l .  1975) ,  Ergma, 1985) Yhe,0 

= 0.25 is the initial and Yhe,l the final helium abundance. ( we assu- 

that helium will be exhausted if Yhe,l = 0.1 Yhe,0") me 

the width of the steady detonation wave in the helium is 

where T s, ~s are the temperature and density behind the front of 

shock wave, D - the velocity of detonation wave, ~ - initial densi- 

ty of matter. For the Chapman-Joughe Detonation the dependence ~s ' 

T s and D with ~ is ( Khohlov, 1989 ). 

b ~ ~- ~ -- z ~  -- 

By comparision of ~ with the characteristic scale of the den- 
~e,~9 i 7 6 

sity change L ~ e £~/~)" ~I0 cm it follows that for ~ < 5.10 

g.cm -3 >~¢,c_~/L > 1 . That means that for such values of den- 

sities the steady detonation wave although initiated will be destroyed 

On Fig.2 the distribution of density with Lagranian masses for vari- 

ous initial mass of the white dwarfs is presented. From this Fig. 

follows that for M ~i M~most of the white dwarf mass is below ~ 

5-106 g.cm -3. For These dwarfs the incomplete helium burning may 

take place in the regime of deflagration or due to weak shock wa- 

ves. 
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The incomplete helium burning (as compared with burning in the detona- 

tion wave ) may lead to a less energy production and hence smaller ex- 

pansionvelocity. In more massive dwarfs ( M > IM O ) detonation is inevi 

vitable. Of course more Hydro-dynamic calculation with careful exami- 

nation of the burning front in the thermal instability region is nee- 

ded. 

4. Possible observational consequences. 

A. The expansion velocity may be estimated as 

(5) 

where q -caloricity of the nuclear matter, M b - the mass in which 

nuclear burning takes place. For q = qHe = 1"5"1018 erg/g and Mb/MN 

(0.1-0.3) Mmwe obtain v ~ 104km/s that is observed in SN Z. 

B. The chemical composition in the case of explosive helium burning 

completly differs from that of explosive carbon burning. The explosi- 

ve helium burning is determined by the characteristic time of (~, p), 

( ~ , ~) and ( o~ ,n ) reactions on ~ -multiple nuclei (for example 

C12,016/... Ni 56) and the rate of the 3~ reaction (Khohlov, 1984, 

Khohlov and Ergma, 1986). On Fig.3 A~is presented in dependence of 

and T . During the whole burning the abundances of nuclei with A < 

A~and A > A~are very small. From Fig. 3 it is evident that the smal- 

ler the atomic weight of A nuclei between C and Fe (si,s, Ca et.al) 

the larger densities and smaller temperatures are required for their 

synthesis. The dotted line on th~ figure presents ~ and T for explo- 

sive helium burning. It is clear that the formation of Si and S is 

practically impossible and the formation of Ca also meets with diffi- 

culties. 

D. Incomplete burning means that the chemical composition of the expan- 

ding envelope may be helium and carbon+oxygen. 
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THE PHASE DIAGRAM OF HIGH DENSITY BINARY MIXTURES AND THE 
LUMINOSITY FUNCTION OF SINGLE WHITE DWARFS 

Isern, j.i Garcia_BerroZ.~ E., Hernanz ~, M., Mochkovitch, R 4. 

ICentre d Estudis Avanqats de Blanes~ CSIC 
17300 Blanes (Sirona), Spain 

2Departament de Fisica Aplicada ETUETOPB-UPC 
3Departament de Flsica i Enginyeria Nuclear ETSEIB-UPC 

4Institut d Astrophysique de Paris 
~Departament de F i s i c a  de i Atmosfera~ Ast ronomla i A s t r o f / s i c a  UB 

For the  l a s t  two decades, plasma phys i cs  developments have led  t o  

a b e t t e r  unde rs tand ing  o f  p h y s i c a l  c o n d i t i o n s  in  wh i t e  dwar fs  

i n t e r i o r s .  F o l l o w i n g  the  p i o n e e r i n g  work oT Mestel  (1952), t he  problem 

o f  w h i t e  dwarf  c o o l i n g  has been a s u b j e c t  o f  con t i nuous  i n t e r e s t  u n t i l  

the present time. In the early sixties, Kirzhnits (1960), Abrikosov 

(1960), and Salpeter (1961) recognized the importance of Coulomb 

interactions in the dense plasma which forms the white dwarf interior. 

A first-order transition from liquid to solid phase was predicted and 

the resultant release of latent heat was shown to somewhat affect the 

cooling rate (Mestel and Ruderman, 1967). Subsequently, improved 
s 

theoretical luminosity functions (number of white dwarfs per pc and 

per magnitude interval as a function of luminosity) taking into 

account not only Coulomb interactions but also neutrino losses, and 

using detailed atmosphere models (Van Horn~ 1968; Koester~ 1972; Lamb 

and Van Horn, 1975; Shaviv and Kovetz, 1976; Sweeney, 1976). Recently, 

Iben and Tutukov (1984) have discussed the evolution of a 0.6 M Q 

carbon-oxygen white dwarf from its nuclear burning stages to complete 

crystallization. Their luminosity function agrees reasonably well with 

observations in the range -4 ~ Iog(L/LQ) ~ 4 but it predicts an excess 

of white dwarfs at low luminosities. Indeed, the luminosity function 

derived from observations grows monotonically until log(L/L 0) ~ -4.5 

(M ~ 16) and then makes an abrupt shortfall (Liebert~ Dahn and Monet~ 
V 

1988). The agreement between theory and observations is so good in the 

aforementioned range luminosity that we can wonder as to whether it is 

possible not only to test the theory o~ white dwarf cooling but also 

to obtain information on the galactic structure and evolution. One 

example of that is the use of the cutoff in the white distribution to 

determine the age of the galactic disk (Schmidt, 1959). Using this 

methods Winger et al. (1987) have found that the galactic disk age 

278 



cou ld  be o f  t h e  o r d e r  o f  9 Gyr o l d ,  i n  agreement w i t h  some p r e d i c t i o n s  

f rom nuc leocosmochrono logy (Fowler  e t  a l °  1987). 

N e v e r t h e l e s s  b e f o r e  us ing  t he  wh i t e  dwarf  l u m i n o s i t y  f u n c t i o n  as 

a d i a g n o s t i c  t o o l  o f  g a l a c t i c  e v o l u t i o n ~  i t  i s  necessary  t o  ensure 

t h a t  we unders tand  t h e  p r o p e r t i e s  o f  w h i t e  dwar fs .  Three a re  t he  main 

sources  o f  u n c e r t a i n t y :  1) The d i f f i c u l t y  o f  d i s c o v e r i n g  ve ry  f a i n t  

wh i t e  dwar fs ,  i . e .  i s  t he  l u m i n o s i t y  f u n c t i o n  complete? (L iebe r t~  Dahn 

and Monet~ 1988}. 2) The e q u a t i o n  o f  s t a t e  and o p a c i t y  o f  t he  o u t e r  

l a y e r s  which c o n t r o l  t he  c h a r a c t e r i s t i c  c o o l i n g  t ime du r i ng  t he  l a t e  

epochs ( Iben and Tutukov~ 1984). 3) The e x i s t e n c e  o f  a d d i t i o n a l  

sources  o f  energy due t o  a chemical d i f f e r e t i t a t i o n  o f  wh i te  dwarf  

induced by t he  c r y s t a l l i z a t i o n  p rocess  (Mochkovitch~ 1983; 

G a r c i a - B e r r o  e t  a l . ~  1988a~ b)~ and t he  d i s t r i b u t i o n  o f  t he  chemical 

e lements  and i t s  i n f l u e n c e  on the  thermal  c o n t e n t s  o f  t he  s t a r  

( M a z z i t e l l i  and D'Antona~ 1986) 

The c o n f i r m a t i o n  o f  e i t h e r  carbon m i s c i b i l i t y  o f  i n m i s c i b i l i t y  i n  

s o l i d  phase r e q u i r e s  t he  knowledge o f  t he  f r e e  energy o f  t he  c o m p l e t l y  

i o n i z e d  carbon-oxygen plasma in  both l i q u i d  and s o l i d  phases. The f r e e  

energy o f  t he  l i q u i d  can be we l l  approx imated by assuming i o n - s p h e r e  

charge ave rag ing  and i d e a l  e n t r o p y  o f  mix ing (Hansen e t  a l . ~  1977). To 

de te rmine  the  f r e e  energy o f  t he  s o l i d  phase i s  a more compl ica ted  

task, as it has been illustrated by the pioneering work of Stevenson 

(1980). This author obtained either miscibility if the Madelung energy 

o f  t he  a l l o y  was computed assuming i o n - s p h e r e  ave rag ing  o r  

i n m i s i c i b i l i t y ,  w i t h  a pronounced e u t e c t i c  in  the  f l u i d - s o l i d  

c o e x i s t e n c e  diagram, i f  t he  adopted e l e c t r o s t a t i c  energy was t h a t  o f  a 

random alloy. Very recently, Barrat et al. (1988), using a density 

functional approach~ have shown that the phase diagram for a 

completely ionized carbon-oxygen mixture is of the "spindle" form~ 

with a change of concentration upon freezing but carbon and oxygen 

remaining completely miscible in the solid phase. This phase diagram 

is the most physically self consistent calculation up to date. It is 

necessary~ however~ that the simplifications that have been 

introduced~ that are valid for a one component plasma~ are also valid 

for a binary or more complicated mixture. So~ in view of the 

uncertainties~ it seems useful to compute and compare the effects of 

the different phase diagrams on the luminosity function of white 

dwarfs. 

We have computed the cooling process of a 0.6 M 0 white dwarf (see 

details in Garcia-Berro et al.~ 1988) made of an homogeneous mixture 

composed by hal~ carbon and half oxygen by mass. Probably this is not 

a very realistic case5 as it has been shown by Mazzitelii and D'Antona 
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(1986),  bu t  t h e  a c t u a l  d i s t r i b u t i o n  and abundances o f  both  e lements  

are very uncertain as they depend on the adopted treatement of 

convection and on the rate of the IZC (~ , ~) IdO reaction the later 

being still poorly determined (Filipone, 1988). Table I shows the time 

at which the white dwarf reaches different values of the luminosity 

for the cases of: a) Total miscibility in the solid phase without any 

change at the phase transition, b) Total miscibility in the solid 

phase but with the chemical separation introduced by the diagram of 

Barrat, Hansen and Mochkovitch (1988). c) Partial separation of carbon 

and oxygen due to an eutectic diagram, and d) Total separation (see 

Garcia-Berro et al. 1988a for a discussion of the last two cases). 

-! 

-2 

Z 
~-3 
o 
.J 

Table I: Ages of the models (Gyr) 

--Iog(L/LQ) Model a Model b Model c Model d 

2.00 0. ii 0. ii 0.11 0. ii 
2.50 0.31 0.31 0.31 0.31 
3.00 O. 76 O. 76 O. 76 O. 76 
3.50 I. 73 I. 76 i. 73 i. 73 
3.75 2.96 3.21 2.58 2.58 
4.00 4.43 5.03 4.41 4.41 
4.25 6.11 6.98 7.58 9.81 
4.50 8.06 9.06 I0.33 22.71 

I I 

. : P ~ ' C . ' < " -  T 

z r ' N '  

_ ,  I I 
- 5  - 2  - 3  - 4  - 

LoG(LIL e) 

Fiqure 1. White dwarf luminosity functions in cases a) solid line, b) 
dotted line, c) dashed line, and d) dashed-dotted line, asuming 
Salpeter's IMF and a constant SFR. They have been normalized to give 
the observed value at log(L/L ) = -3. Observational data are from 

Liebert. et al. (1988). 
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The r e l e a s e  o f  g r a v i t a t i o n a l  energy  no t  o n l y  s lows down the  

c o o l i n g  p rocess ,  but  a l s o  produces a bump in  t he  l u m i n o s i t y  f u n c t i o n .  

These bumps can be reduced assuming t h a t  w h i t e  dwar fs  have a s c a l e  

h e i g h t  s i m i l a r  t o  t h a t  o f  M i ra  v a r i a b l e s .  F i gu re  1 shows t h a t  the  

l u m i n o s i t y  f u n c t i o n s  c o n s t r u c t e d  i n  t h i s  way r o u g h l y  f i t  t he  

o b s e r v a t i o n s  i f  t he  age o f  t h e  g a l a c t i c  d i s k  i s  chosen t o  be: 8, 9, 

9 .5  and 15 Gyr f o r  cases a, b, c and d r e s p e c t i v e l y .  

We conc lude  t h a t  i÷  t he  phase diagram oT B a r r a t  e t  a l .  (1988) i s  

c o r r e c t ,  t he  age oT t h e  g a l a c t i c  d i s k  shou ld  be o f  t he  o r d e r  o f  9 Gyr 

i n  agreement w i t h  Winget e t  a l .  (1987).  Fur thermore ,  as t he  shape o f  

t h e  l u m i n o s i t y  f u n c t i o n  s t r o n g l y  depends on t h e  adopted d i l u t i o n  

f a c t o r ,  improved o b s e r v a t i o n a l  l u m i n o s i t y  ÷unc t i ons  t o g e t h e r  w i th  a 

b e t t e r  unde rs tand ing  o f  t he  c o o l i n g  p rocess  cou ld  p r o v i d e  u s e f u l  

c o n s t r a i n t s  t o  t he  s t u d i e s  o f  g a l a c t i c  e v o l u t i o n .  
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A Varia t ional  Approach  to  Unders tanding  
W h i t e  Dwar f  Evolu t ion  

M. A. Wood and D. E. Winget* 
The University of Texas at Austin 

I. Background 

The observed faUoff in the white dwarf luminosity function at log(L/L®) ..~ -4.5 (Liebert, Dahn, 
and Monet 1988) is most easily explained as a result of the finite age of the Galactic disk. Using a simple 
perturbation approach as our method and a white dwarf evolution code as our tool, we have mapped 
the sensitivity of the ages of the model sequences in this low-luminosity regime to the uncertainties in 
the input physics and model parameters. We present here a preliminary overview of what we've learned. 

II. The  Code  

We have updated the WMte Dwarf Evolution Code of Lamb and Van Horn (1975) to include both 
carbon and oxygen in the core. We interpolate to the mixture composition using our pure-C and pure- 
0 tables and the additive-volume technique (Fontaine, Graboske, and Van Horn 1977). The envelope 
subroutines calculate stratified H/He/C envelopes of essentially arbitrary layer masses within the range 
0 to ,.~ 10-2M,, and treat the composition transition zones as discontinuities. Because the equation of 
state tables referenced by the envelope routines do not include crystallization, a given sequence ends 
when the crystallization front reaches the core/envelope boundary. 

III. T w o  Representa t ive  Sequences  

In Figure 1 we plot log(L/L®) vs. log(Age) and in Figure 2 we plot log(To) vs. log(Age) for two 
representative model sequences. The first simulates a 0.6M® WD with a 50/50 C/O mixture in the 
core and an outer helium layer with mass 10-4M, (sequence C060400"*). The second simulates a 
0.?M® WD with the C/O convective overshooting profile found by Mazzitelli and D'Antona (1986, 
hereafter MD) as shown in their Figure 4, and a helium layer with mass 10-2M, (sequence MDT0200). 
Roughly speaking, the MD composition profile has X12 ~ .25 from the center to q(-- Mr~M,) - 0.5, 
and X12 ~ 0.4. q + 0.3 for 0.5 < q < (1 - Menv). Tables 1 and 2 contain the summary listings for the 
two sequences. 

I I I I 

~ ,  C060400 (photons) 
- - - C060400 (neutrinos) 

~ - , , MDT0200 (photons) 0. 0 
~ .... MD70200 (neutrinos) 

-5.0 \ " 
I I , ~ I I 

7.0 8.0 9.0 i0.0 
Log Age (yeazs) 

Figure 1: Log(L/L®) vs. Log(Age). The MDT0200 sequence is younger than the CO60400 sequence at the lowest 
luminosities. As expected, the plateau caused by the onset of crystallization (near log(L/L®)  = -3.6)  is larger in 
the sequence which crystallizes at a lower luminosity. Note that above log(L/L®) ~ -1.0,  neutrino cooling dominates 
photon energy losses. 

* Alfred P. Sloan Fellow 
** For all sequences, "CO" implies a 50/50 mix throughout the interior, "C" implies pure carbon, "0" 

implies pure oxygen, and "MD" implies the profile shown in MD's Figure 4. 
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E~ 

O 

8 . 0  I I I I 

~.~...~ C060400 
---- MD70200 

7.0 ~ 

6.11 

I I I I 
7.0 8.0 9.0 I0.0 

Log Age (years) 

Figure  2: Log(Tc)  vs. Log(Age). The MD70200 sequence has a lower core t empera tu re  than  the CO60400 sequence as 
a result  of  the  neut r ino  cooling in the core. Note also the  sharp drop in the core t empera tu re  as Debye cooling sets in at  
the lowest luminosit ies.  

T A B L E  1 

C060,¢00: Sequence Summary 

log(L/L®) Age log(To) log(Pc) log(pc) log(R,) log(Lv/L®) Mz/M, Tel [ 

-0.6 9.097e + 06 7 ,747 23.231 6 .533  8.969 -0.22 O. 35496 
-0.8 1.173e + 07 7 .722 23.238 6 .537  8.963 -0.48 O. 31803 
- i .0  1.596e + 07 7.690 23.244 6,541 8.958 -0.77 O. 28525 
-1.2 2.350e + 07 7.650 23.249 6 .545  8.954 -1.14 O. 25534 
-1.4 3.807e + 07 7 .594 23.254 6 .549  8.950 -1.63 O. 22902 
-1 .6  6.584e + 07 7.523 23.260 6.553 8.946 -2.25 0. 20518 
-1 .8  1.106e + 08 7.445 23.264 6.556 8.942 -2.96 0. 18335 
-2 .0  1.750e + 08 7.364 23.268 6.559 8.939 -3.71 0. 16413 
-2 .2  2.645e + 08 7.278 23.271 6.562 8.936 -4.43 0. 14663 
-2 .4  3.822e + 08 7.191 23.274 6.563 8.933 -5.06 0. 13137 
-2 .6  5.426e + 08 7.099 23.276 6.565 8.931 -5.65 0. 11715 
-2 .8  7.432e + 08 7.009 23.278 6.566 8.929 -6.19 0. 10474 
-3 .0  1.001e + 09 6.921 23.280 6.567 8.928 -6.71 0. 9345 
-3 .2  1.337e + 09 6.832 23.281 6.568 8.927 -7.22 0. 8330 
-3 .4  1.781e + 09 6.742 23.282 6.569 8.926 -9.96 O. 7437 
-3 .6  2.385e + 09 6.646 23.283 6.569 8.925 < -10.00 0. 6634 
-3 .8  3.511e + 09 6.549 23.284 6.570 8.924 < -10.00 0.27 5922 
-4 .0  5.165e + 09 6.434 23.284 6.571 8.924 < -10.00 0.63 5280 
-4 .2  7.017e + 09 6.298 23.285 6.571 8.923 < -10.00 0.87 4704 
-4 .4  8.677e + 09 6.177 23.285 6.571 8.923 < -10.00 0.96 4204 
-4 .6  1.026e + 10 6.065 23.286 6.572 8.923 < -10.00 0.99 3745 

283 



T A B L E  2 

MDT0200: Sequence Summary 

log(L/L®) Age log(Tc) log(Pc) log(pc) log(R,) log(LulL®) Mz/M,  Teff 

-0.6 7.926e + 06 7 .747  23.573 6.763 8.924 -0.24 0. 37389 
-0 .8  1.237e + 07 7.704 23.586 6.772 8.918 -0.71 0. 33560 
-1 .0  1,925e + 07 7.656 23.596 6.779 8.910 -1.17 0. 30171 
-1 .2  3.437e -4- 07 7.578 23.601 6.783 8.906 -1.90 0. 27016 
-1 .4  5.845e + 07 7 . 4 9 1  23.606 6.786 8.904 -2.72 0. 24176 
-1 .6  9.121e + 07 7.404 23.610 6.789 8.900 -3.53 0. 21581 
-1 .8  1.327e + 08 7.318 23.612 6.790 8.897 -4.20 0. 19288 
-2 .0  1.868e 4- 08 7.233 23.615 6.792 8.896 -4.77 0. 17235 
-2 .2  2.566e + 08 7.149 23.617 6.794 8.894 -5.28 0. 15417 
-2 .4  3.486e 4- 08 7.065 23.619 6.795 8.892 -5.77 0. 13757 
-2 .6  4.684e + 08 6.982 23.620 6.796 8.891 -6.26 0. 12260 
-2 .8  6.310e + 08 6.898 23.621 6.797 8.890 -6.75 0. 10945 
-3 .0  8.426e + 08 6.816 23.622 6.797 8.888 -7.22 0. 9779 
-3 .2  1.148e + 09 6.743 23.622 6.797 8.891 < -10,00 0. 8696 
-3 .4  1.730e + 09 6.646 23.623 6.798 8.890 < -10.00 0.06 7754 
-3 .6  2.362e + 09 6.548 23.624 6.799 8.887 < -10.00 0.38 6927 
-3 .8  3.250e 4- 09 6,450 23.623 6.798 8.893 < -10.00 0,66 6133 
-4 .0  4.381e + 09 6,336 23.624 6.799 8.888 < -10.00 0.86 5505 
-4 ,2  5.773e + 09 6.192 23.623 6.798 8.895 < -10.00 0.96 4859 

IV. Variat ion o f  Se lected  Parameter s  

For the remainder of this paper we focus on the ages of the low-luminosity white dwarfs. Although 
Liebert, Dahn and Monet (1988) give log(L/L®) = -4.5 as the nominal luminosity of the falloff, they 
make the point that there is some uncertainty in this result. With this in mind, we will report the 
differential effects (in Gyr) that the variation of selected model input quantities has on the ages at the 
luminosities log(L/L®) = -4.4  and -4.6, as compared with some standard model. We denote these 
age differences as At-4.4 and A7-_4. 6. 

• The phase diagram of the dense C-O plasma has only recently been computed using a density 
functional approach by Barrat, tIansen, and Mochkovitch (1988, hereafter BHM). They found that 
the two nuclear species are miscible in the solid phase, but that the solid phase should be slightly 
more oxygen-rich than the fluid phase. They further suggest that convection will redistribute 
the carbon and oxygen, allowing the buildup of an oxygen-rich core. BHM estimate that the 
gravitational potential energy released by this redistribution will extend the WD lifetime by roughly 
+0.5 Gyr at the luminosity of the falloff. At present, our code does not include convection in the 
core, and so we cannot directly incorporate the BHM results; however, we were interested in the 
sensitivity of the WD ages to the uncertainty in the freezing temperature. We considered the two 
cases, Txtat = Txtal(C), and Txta! = T~:tat(O). Between the sequences C060300 and CO60400 these 
two different prescriptions gave At-4.4 ~- 0.30 Gyr and Av_4.6 ~- 0.45 Gyr, where the Txtal(C ) 
model was the older in each case. These results suggest that we will not be too far wrong if we use 
Txtal = X12. T~tal(C ) + 2(16 • Txtal(C), and this is what we use for the remainder of the C-O core 
models. 

• As mentioned above, we have considered two different C/O profiles in our C-O models, a 50/50 
mix and the MD profile. Comparing the two, we find At(C070400 --. MD70400) ~ +0.4 Gyr. 

• We have varied the helium layer mass in several DB sequences, and find that Ar  is remarkably 
linear as a function of log(Mtie/M,) at a given luminosity in our 0.6M® sequences. The best fit 
to the results at log(L/L®) = -4 .4  over the range 10 -2 > MIte~M, > 10 -5 is 

r-4.4 = 5.92 - 0.86. log(Mtte/M,) Gyr, 
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and the best fit at log(L/L®) = -4.6 over the range 10 -3 > MHe/M, > 10 -5 is 

7_4. 6 = 6.01 - 1.29. log(MHe/M, ) Gyr. 

The conductive opacities for carbon are higher than those for helium, and so the thinner the helium 
layer, the longer the evolutionary timescale. Pelletier et al. (1986) used accretion-diffusion theory 
to understand the abundances of C found in cool DB white dwarfs, and found that their models 
which had 10 -3.5 > MHdM, > 10 -4 most closely matched the observations. This implies an 
uncertainty in 7-4.5 of order 4-0.5 Gyr. 

• Finally, we need to worry about uncertainties in the the radiative opacities. As an extreme test 
of the sensitivity of the WD ages to the radiative opacities we arbitrarily divided the Z = 10 -3 
radiative opacities by a factor of 10. The resulting effect on the ages is small: Av_4. 4 = -0.5 Gyr 
and /k7"_4 .  6 -~ -0.6 Gyr. 

V. S u m m a r y  and Conclus ions  

We have used a variational approach to map out the effects that uncertainties in the theoretical 
model parameters have upon the derived ages near the observed cutoff in the white dwarf luminosity 
function. We find that although there are a number of parameters whose uncertainties imply uncertain- 
ties in Av_4. 5 of order 4-0.5 Gyr, none of the parameters we explored causes a shift in the age so large 
as to bring into question the value of the technique. On the contrary, because our internal theoretical 
uncertainties are fairly small and getting smaller with time, we feel that our results underscore the 
power of using the observed white dwarf luminosity function for studying the history of star formation 
in our galaxy. 

This work was supported in part by NASA Training Grant NGT-50210 and by NSF grants AST 
85-52457, and AST 86-00507. 
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The  Effect of  Varying Helium and Hydrogen  Layer Masses 
on the Pulsa t ion  Proper t ies  of  Whi te  Dwar f  Models  

by 
P.A. Bradley, D.E. Winget t, and M.A. Wood 

1 I n t r o d u c t i o n  

Currently, there are disagreements on the theoretical pulsation properties of DA white dwarf models. Winget and his group 
(cfWinget 1981, Winget and Fontaine 1982, Winget e~ al. 1981, 1982) use 0.6M® evolutionary white dwarf models, to find 
that (Te/f)*tue is sensitive to the mass of the hydrogen layer and very sensitive to the treatment of convective efficiency. 
However, (Tel/)b~ue is relatively insensitive to the helium layer mass. Winget and collaborators also find that the hydrogen 
layer must be restricted to l0 - s  :> M// /M, > l0 -12 for (Te//)bl, e to occur at ~ 10,500K in models with ML1 convection 
(see below). More efficient (ML2) convection pushes the blue edge up to ~ 12,200K, which is still short of the observed 
blue edge of ~ 13,000K. 

These conclusions are not in agreement with the results of Cox et al. (1987) use white dwarf models that have a mass 
of 0.6M®, with hydrogen and helium layer masses of 1O-'iM, each. These models violate the requirement that the helium 
layer mass must be at least 100 times greater than the hydrogen layer mass in order to avoid overlapping transition zones 
(cf. Acouragi and Fontaine 1980). In spite of the unphysical nature of the models, Cox et al. find a blue edge temperature for 
pulsational instability ((Tel/)blue) at ~ 11,500K for models with hydrogen layer masses of 10-4M, and 10-SM,. Neither 
group considered the red edge of the instability strip, other than to note that convection-pulsation interactions would be 
important at lower temperatures. 

The aim of this paper is to clarify the discrepancies in the theoretical results and refute some earlier erroneous conclusions 
made about ZZ Ceti stars. In this study, we use evolutionary models of static DA white dwarfs described by Winget (1981) 
and Winget and Fontaine (1982). These 0.6M® models have pure carbon cores with an overlying helium layer and an outer 
layer of pure hydrogen. For this study, we use a treatment of the Brunt-V~is~il~i frequency that is self-consistent in all 
regions of the model, including the composition transition zones. We neglect convection-pulsation interactions throughout. 
In this preliminary study, we examine the pulsation properties of 0.6Mq) white dwarf models in response to changes in the 
mass of the hydrogen layer and convective efficiency for a fixed helium layer mass of 10-2M,. In addition, we examined a 
model with a helium layer mass of 10-aM, to see if (Te/f)~au, is sensitive to the helium layer mass. 

We use two different numerical methods for the adiabatic analysis; one is the Newton-Raphson relaxation method 
described in Winger (1981), and the other is a Runge-Kutta integrator developed by Carl Hansen with a subroutine for 
interpolating extra shells if the resolution is insufficient. Kawaler (1986) describes this program and its advantages for 
computing adiabatic quantities. Only the Newton-Raphson method is available for computing the nonadiabatic results. 

For future convenience, the quantities M,, M//, and Mz/e are hereafter specified by the notation of the following 
example: 60208 refers to a 0.6M® sequence, with Mge---- 10-2M,, and MH= 10-aM,. The convective efficiency is specified 
in the following manner. ML1 convective efficiency refers to the mixing-length theory of Bhhm-Vitense (1958), with the 
mixing length equal to one pressure scale height. ML2 convective efficiency refers to the mixing length theory of Bhhm 
and Cassinelli (1971) with the mixing length equal to one pressure scale height. Finally, ML3 convective efficiency uses the 
same mlxing-length theory of ML2, but the mixing length is twice the pressure scale height. 

2 D e t e r m i n a t i o n  o f  (Tef/)bz~e a n d  (Teff)~ed 
To determine (Tell)btue and (Tel t)red , we use linear interpolation to find the zero point of the growth rates for several 
modes (where possible). The resultant average value for (T,f/)blu~ and (Te/l)re4 along with the temperature of the nearest 
stable and unstable model are plotted versus the hydrogen layer mass in figure I. 

Our results confirm and supplement those of Winget (1981). We find (Tefj)~zue to be ~ 10,500K with MLI convection 
for hydrogen layer masses between 10-1~M, < MH < 10-aM,. We also find that for MH greater than 10-aM,, the value 
of (Tel/)b#ue drops to ~ 8000K and is insensitive to the treatment of convection. When MH is 10-14j~#, we find that the 
models are unstable between 16,400K and 12,400K, much hotter than the observed instability strip. The change in helium 
layer mass does not have any effect of the value of (Tetl)btue • 

Our most significant finding is that with ML3 convection, (T~//)blue is ~ 13,000K for the 60210 and 60209 sequences, 
in excellent agreement with the observed blue edge and the results of Fontaine et el. (1984). This is in contrast with 
the result of Cox et al. (1987) who were unable to get (Te//)bz, e above ~ 11,500K. The red edge of these two sequences, 

~Alfr~ P. Sloan Research Fellow. 
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Figure 1: The value of (T,]~,)b~u, is plotted versus the hydrogen layer mass fraction, log(MH/M,). The hatched region 
shows the location of the g-mode instability strip. 

10,000K, is about 1000K cooler than the observed red edge again suggesting that convection-pulsation interactions are 
important. 

3 Mode Trapping 
The rich spectrum of g-modes that are excited in theoretical models suggests that a filter mechanism is at work. Winget 
et al. (1981) proposed that mode trapping, which arises from a resonance between the wavelength of a g-mode oscillation 
and the thickness of the hydrogen layer could provide the answer. We find mode trapping in our models and prove that 
the presence of the H/He interface is vital for mode trapping to exist. In figure 2, we show the kinetic energies for ~ = 2 
g-modes versus the period for various treatments of the Brunt-V~iis~il~. frequency. 

Notice that when the H/He transition zone is neglected or the Schwarzchild A criterion is used, the presence of mode 
trapping all but disappears. In contrast, using the self-consistent treatment of the Brunt-Vgisgl/~ frequency or neglecting 
the Ite/C transition zone produces a sharp minimum in the kinetic energy for k = 6. Since the kinetic energy of a g-mode 
is inversely proportional to the growth rate of that mode, the presence of mode trapping suggests that the trapped mode 
will be easier to excite, and will be preferentially driven at the expense of other modes. 

4 T h e o r e t i c a l  l~I Va lues  

We also computed theoretical values of rates of period change (dP/dt ~ I:I) for representative g-modes ot; each sequence 
at various temperatures and find that the values range from ~ 10 -14 s/s  to N 10 -16 s/s. In general, l:I decreases with 
decreasing Tel! and II increases with increasing radial order k for a given Tell. Figure 3 shows the behavior of l:I versus 
Te/! for representative values of k for the 60210 ML1 sequence, the 60210 ML3 sequence, and a 60410 ML1 sequence with 
a carbon core and discontinuous transition zones. 

Where the two sequences over!ap, there is good agreement between their values of l~I at low values of k and gets worse 
with increasing k. Our values of II /II  range from ~ 5 x 10 -1~' 1/s to N 10 - is  1/s. These values are nearly independent of 
k for a given T~j! and decrease slightly with decreasing T,I¢. 

The best available observational values of II are for R548 with an upper limit of l:I < 9.6 × 10 -1~ s/s (Tomaney 1987) 
and for Gll7-B15A with an upper limit of l~I < 1.25 × 10 -14 s/s (Kepler et al. these proceedings). Due to the short 
pulsation periods, the g-modes of these stars have low values of k suggesting that the theoretical II values are most likely 
a few times 10 -15 s/s. This implies that observational detection of 1:[ for these stars is still a few years away. 
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5 C o n c l u s i o n s  

We present results of a linear adiabatic and nonadiabatic analysis of several sequences of evolutionary white dwarf models. 
These preliminary results allow us to conclude the following: 

1. Efficient (ML3) convection is required for the theoretical blue edge to match the observed blue edge. Contrary to the 
results of Cox et al. (1987), we find pulsational instabilities exist for models up to 13,000K, but only for hydrogen layer 
masses of 1o-sM,  and 10-1°M,. However, if M~t is 10-TM, or greater, the blue edge drops to ~ 8,000K, independent of 
convective efficiency. 

Therefore, this detailed reinvestigation contradicts the conclusions of Cox et al. (1987) of white dwarf models with thick 
hydrogen layers being able to pulsate with temperatures appropriate for the ZZ Ceti instability strip. 

2. Matching the observed value of (T,,,l)~,a must wait until convection-pulsation interactions are included. 
3. We find that mode trapping occurs when the Brunt-V/iisS.lii frequency is computed in a self-consistent manner and 

demonstrate the H/He transition zone is responsible for this phenomena. We agree with Winget et al. (1981) that this a 
likely filtering mechanism for selecting which unstable g-modes will be excited to detectable amplitudes, although nonlinear 
calculations are required to verify this. 

4. Our theoretical calculations of l~I range from ~ 10  - 1 4  S/S to ~ 10  - 1 6  S /S .  In addition, our I:I/H values range from 
5 x 10 -i ; '  1/s to ~ 10 - i s  1/s. The theoretical values are still lower than the observed upper limits for R548 and 

Gll7-B15A. This should change with a few more observing seasons worth of data. 
This work was supported by the National Science Foundation under grants AST 85-52457 and AST 86-90507 through 

the University of Texas and Mc Donald Observatory. 
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D I S C O V E R Y  O F  T H E  S I X T H  D B V  S T A R :  CBS 114 

D. E. Winget* and C. F. Claver 

McDonald Observatory and Department of Astronomy, 

The University of Texas at Austin 

Though widely spread across the H-R diagram the compact pulsators have much in common. All are 

multi-periodic, and most have extremely complex fight curves. All appear to be pulsating in nonradial 

g-modes, with temperature variations responsible for the bulk of the fight modulations. The g-modes 

are global in nature and, typically, many are excited in each pulsator, so they are a rich source of 

seismological information about the interior regions of the white dwarf stars. 

The pulsating DB white dwarf stars (DBV's) form one of the three distinct classes of pulsating 

compact objects currently known. We find these classes nearly uniformly distributed in log Te spanning 

virtually the whole range of the white dwarf cooling sequence, from the hot DOV stars at log Te ~ 5 to 

the DAV (ZZ Ceti) stars at log Te N 4; the DBV stars, with logTe ,,~ 4.5, fall in the middle. 

In this paper we present the discovery of pulsations in the DB white dwarf C B S l l 4  (Wagner, et 

a/. 1988, Pesch and Sanduleak 1986), thereby making this object the 6th known DBV. 

The light curves of our two runs on this object are shown iu Figure 1. These data were obtained 

with the 2.1 m telescope at McDonald Observatory using unfiltered light and a blue-sensitive (RCA 

8850) phototube. The effects of extinction, as well as long time-scale transparency variations, have been 

removed by dividing the data by a best fit 3rd order polynomial after sky- subtraction, 

The peak-to-peak amplitude of the pulsations in this object are about 0.3 mag and have a quasi- 

period of about 650 s. The Fourier transforms of the fight curves are shown in Figure 2. These transforms 

readily demonstrate the complex nature of the light curve: more than 20 statistically significant peaks 

occur in each of the runs. The power appears in a series of frequency bands, with the largest amplitude 

band centered on a period of about 650 s - the quasiperiod evident in the fight curve. These results 

are typical of 5 of the 6 known DBV stars-- the  exception is PG1351 + 489 (cf. Winget 1988) with its 

nearly monoperiodic structure. 

The power is distributed in bands of power evenly spaced in frequency, as is also typical of the DBV 

stars. Thus the bands are not simple harmonics of the large amplitude groups - a pat tern one might 

expect from such a high amplitude, presumably nonlinear, pulsator. The large number of frequencies 

present in most of the DBV stars indicates that  the band-pass of the mode selection mechanism is rather 

broad, particularly as compared to the bulk of the ZZ Ceti stars. This is consistent with the mode- 

trapping theory (cfl Bradley et al. these proceedings). Unfortunately this kind of loose correlation is 

as far as we can go with the current observational data. 

Since the light curves of none of the complex DBV stars has been completely resolved, the relations 

between the frequencies of the pulsations are unknown, so a comparison (beyond the simple search for 

harmonics) with even the simplest nonlinear theories is not currently possible. Therefore, until extended 

* Alfred P. Sloan Fellow 
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time-base data is obtained for these objects the seismological information contained in the rich structure 

of their pulsations will remain hidden. 

This work was supported in part by grants, AST 85-52457 a~d AST 86-00507, from the National 

Science Foundation. 
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O P T I C A L  F R E Q U E N C I E S  IN V471 TAU 

D. E. Winget* and C. F. Claver 

McDonald Observatory and Department of Astronomy, 

The University of Texas at Austin 

V471 Tau is a spectroscopic and eclipsing binary system located in the Hyades duster. The binary 

consists of a K2V and a hot DA white dwarf star (Nelson and Young 1970). Soft x-ray observations 

reveal strong modulation at periods of 554.7 =E 0.3s and 277.5-t- 0.18 (Jensen 1985, Jensnen et al. 1986). 

Robinson et al. (1988) reported the detection of the 555 s period in the optical. This period was 

about a factor of 20 reduced in mean amplitude in their data relative to the soft x-ray amplitude. They 

also found that it varied in amplitude from run to run by more than a factor of 2.5, dropping below 

detectability on several runs. They found some evidence for the 277.5 s period in several runs, but 

never at high enough amplitude to measure reliably. In addition, they noted that several of their runs 

had statistically significant power at other frequencies, but noted that in their six runs none of the 

additional frequencies repeated themselves. Robinson et al. also used observations near the eclipse of 

the white dwarf to demonstrate that most of the pulsed light is coming from the white dwarf. 

We report on optical high speed-photometric observations of the system ( Table 1). Our observations 

were made in the Strbmgren u band in order to minimize the contribution of the K2V star. All of our 

data were taken on the 2.1 m telescope at the University of Texas' McDonald Observatory on Mt. 

Locke, using the Nather 2-star photometer system. The data were reduced as described in Hine (1988). 

Journal of  Observations: High-Speed Photometry  1 

Run Date Run Start Length Telescope 

Number (UT) (UT) (sec) (m) 

DEW25 17 Feb. 1988 01:50:43 15450 2.1 

DEW28 18 Feb. 1988 02:11:40 12100 2.1 

DEW38 22 Feb. 1988 02:09:50 11510 2.1 

Table 1 

We have detected both frequencies found in the x-ray: the 554 s period (first detected in the optical 

by Robinson et al. 1988) and the 277 s period. Both periods vary significantly in amplitude from night 

to night; during our runs the 277 s harmonic had the largest amplitude. Its fractional semi-amplitude 

varies from 6 x 10 -4 to 1.2 x 10 -3. We have found evidence for a number of additional frequencies with 

statistically significant amplitudes in individual runs and at least one frequency (P = 410s) which is 

present in all three runs at constant--albeit low--fractional semi-amplitude of 4.5 × 10 -4. 

* Alfred P. Sloan Fellow 
1 Data taken with Nather 2-star photometer (cf. Nather, R. E., 1973,Vistas in Astronomy,15, 91). 
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As pointed out by Robinson et al., the presence of peaks in the power spectra in addition to the 

555 s, and the 277.5 s peaks, implies nonradial pulsations of the white dwarf. Our observations provide 

strong evidence that at least some of the frequencies observed in the white dwarf component are due to 

nonradial pulsations. However, these observations do not exclude the possibility that the 554 s or the 

277 s modulations are due to dark/bright spots resulting from wind accretion on a rotating magnetic 

white dwaxf. 

We introduce the possibility that the nonradial pulsations may be Rossby modes instead of, or in 

addition to, the g-modes suggested by Robinson et al. Also, we point out that the excitation mechanism 

for the modes may be external--the result of the wind in the K2 star, or due to a theoretically expected 

hot DA instability strip. 

In principle it is possible, with long uninterrupted data sets, to determine which, if any, frequencies 

are r-modes, which are g-modes, and which come from possible dark/bright spots on the white dwarf. 

For example, recall that we observe the amplitude of each of the optical periods to be variable over 

timescales less than or of order a day. If the period disappears and then reappears with a different 

phase, it cannot be due to rotation--it must be due to pulsation. Whether the pulsation is an r-mode 

or g-mode can be determined by the spacing between it and the other periods: r-modes have integer 

period ratios, while g-modes in general do not. If a period maintains its phase as its amplitude changes, 

it could be due to pulsation or rotation; however, if it is a g-mode pulsation the phase coherence implies 

that the amplitude modulation is due to the presence of closely spaced frequencies corresponding to 

different m-values. Finally, if the excitation is extern~d and the amplitude modulation is caused by 

fluctuations in the wind from the K2V star, then the periods will not maintain phase. 

In order to resolve these questions we are currently planning extended time- base observations using 

the Whole Earth Telescope (cf. Nather 1988, these proceedings) during November 1988. 

This work was supported in part by grants, AST 85-52457 and AST 86-00507, from the Nationai 

Science Foundation. 
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I N T R O D U C T I O N  

White dwarf stars provide important boundary conditions for the understanding of stellar evolution. An 
adequate understanding of even these simple stars is impossible without detailed knowledge of their interiors. 
PG1346÷082, an interacting binary white dwarf system, provides a unique opportunity to view the interior of 
one degenerate as it is brought to light in the accretion disk of the second star as the primary strips material from 
its less massive companion (see Wood et el. 1987). 

PG1346÷082 is a photometric variable with a four magnitude variation over a four to five day quasi-period. A 
fast Fourier transform (FFT) of the light curve shows a complex, time-dependent structure of harmonics. PG1346÷082 
exhibits flickering - the signature of mass transfer. The optical spectra of the system contain weak emission features 
during minimum and broad absorption at all other times. This could be attributed to pressure broadening in the 
atmosphere of a compact object, or to a combination of pressure broadening and doppler broadening in a disk sur- 
rounding the compact accretor. No hydrogen lines are observed and the spectra are dominated by neutral helium. 
The spectra also display variable asymmetric line profiles. 

OBSERVATIONS 

Extended coverage photometry (Nether, these proceedings) of the variable star PG1346÷082 in March 1988 
(coverage given in Table 1) reveals at least 13 distinct periodicities distributed in a narrow band around 1500 s and 
in a second band around 1300 s. There are two dominant peaks at 1471 s and 1493 s. The fourier transform (FT) 
of the entire data set demonstrates that both main frequencies are coherent over the run length. Fourier transform 
analysis of the individual runs shows many cases where the harmonics of both the 1493 s period and the 1471 s 
period are simultaneously present. 

Although we have not yet constructed detailed models of the system, the presence of so many identifiable 
periodicities suggests that we are observing pulsations at the surface of the accreting white dwarfi This is plausible: 
the system remained at or near minimum for most of the eighteen days of the run, so the competition from disk 

* Alfred P. Sloan Fellow 

296 



0.025 

0.020 

0.015 

0.010 I 

0 .005  

0.  000 O. 002 O. 004 O. 006 O. 008 O, 010 
r ~:*To*a~'Z ( I I H ¢ )  

Figure 1 Average E F T  o f  PGI346+082, This FFT was obtained 
by averaging the FFTs of  runs bph72, s4238 and s4246, 

0.06( 

0.04C 

0.02¢ 

0.O0C 

- 0 . 0 2 ¢  

-0.04¢ 

AveragetPulse Shape(1471) 

| ............... I I 
0 1000 2000 3000 

Figure 2 Average pulse shape of the 1471 second 
fundamental over the entire data set. 

0.040 

0.020 

~ 0.000 

r,,, - 0 .020  

--0.04( 

Average Pulse Shape ( 1 4 9 3 )  

P , l ! . . . .  I , 
0 1000 2000 3000 

T,t,me ( l ~  

Figure 3 A verage pulse shape o f  the 1493second 
fundamental over the entire data set. 

297 



Table 1 
Journal of Observations 

Run Location Date Time of Length of 
Run Start Observation 

(UT) (hr) 

Integration 
Time (sec) 

renl8 
renl9 
ren20 
a3 
ren22 
pgl3a 
ten24 
pgl3b 
tob0005 
ten26 
bph67 
al0 
s4227 
pgl3c 
toN0011 
ren28 
bph68 
a l l  
pgl3d 
tob0017 
ten29 
bph69 
a14 
tob0022 
ren31 
bphT0 
a19 
ten33 
s4238 
ren35 
bph71 
a23 
ren37 
bph72 
maw3 
bph73 
a26 
s4246 
maw5 
bph74 
a28 
s4250 
maw7 
bph75 
maw10 
bph76 
s4253 
maw12 
maw14 
s4256 
maw16 

Texas 9 March 6:28:20 1.772 
Texas 9 March 8:39:20 1.867 
Texas 9 March 11:24:50 0.478 

Australia 9 March 14:30:00 4.064 
Texas 10 March 6:13:20 5.603 
France 10 March 22:57:06 5.173 
Texas 11 March 5:47:00 6.067 
France 11 March 24:03:06 4.395 
Chile 12 March 3:56:00 4.933 
Texas 12 March 5:36:10 4.283 
Hawaii 12 March 10:57:00 4.333 

Australia 12 March 13:41:01 4.972 
South Africa 12 March 23:08:20 4.067 

France 12 March 23:20:06 5.233 
Chile 13 March 3:23:00 5.625 
Texas 13 March 5:54:08 5.931 
Hawaii 13 March 9:18:00 5.967 

Australia 13 March 13:49:00 4.772 
France 13 March 23:21:06 5.052 
Chile 14 March 4:10:00 2.658 
Texas 14 March 5:24:10 5.514 
Hawaii 14 March 8:57:00 0.639 

Australia 14 March 14:43:01 3.614 
Chile 15 March 3:16:00 2.375 
Texas 15 March 5:23:30 6.289 
Hawaii 15 March 8:54:00 6.367 

Australia 15 March 14:46:00 3.817 
Texas 16 March 5:23:30 6.339 

South Africa 17 March 22:21:40 4.917 
Texas 18 March 5:18:30 6.361 
Hawaii 18 March 8:42:00 6.567 

Australia 18 March 13:24:00 1.211 
Texas 19 March 5:19:00 5.502 
Hawaii 19 March 8:45:00 6.547 
Texas 20 March 4:29:00 7.150 
Hawaii 20 March 8:38:00 6.677 

Australia 20 March 13:15:02 0.689 
South Africa 20 March 22:27:20 4.800 

Texas 21 March 4:33:52 7.086 
Hawaii 21 March 8:41:00 6.483 

Australia 21 March 14:32:01 3.503 
South Africa 21 March 22:54:20 4.550 

Texas 22 March 4:17:00 6.558 
Hawaii 22 March 8:40:00 6.425 
Texas 23 March 4:16:00 7.333 
Hawaii 23 March 8:28:00 2.347 

South Africa 23 March 0:28:10 2.683 
Texas 24 March 4:05:50 7.453 
Texas 25 March 4:11:30 7.325 

South Africa 25 March 23:40:50 3.367 
Texas 26 March 7:37:20 3.892 
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luminosity was small, and the surface temperature of the accretor lies within the instability strip for DB (helium 
atmosphere) white dwarfs. Other explanations are possible, however, and we will explore them. 

FFTs of the individual data sets, see Figure 1, show a remarkable harmonic structure associated with the two 
dominant frequencies. Significant power is detected out to the 13th harmonic for both of the main peaks. However, 
the character of the harmonic structure associated with each frequency is different. Although harmonics of both 
frequencies are present in the FFTs of the individual runs, only the low order harmonics of the 1471 s peak appear 
in the FT of the entire data set. Thus, the higher order harmonics of the 1471 s period and the entire harmonic 
structure of the 1493 s peak are not coherent over the 18 day run. 

There are three traditional sources for these coherent modulations in a binary system. Assuming the twin 
degenerate, interacting binary model of Wood et al. (1987): the orbit of the pair, the rotation of the accreting white 
dwarf, and non-radial pulsations in the accreting white dwarf. Obviously, at most only one of the 13 periodiocities 
can be the orbital period, and its character could well be distinctly different from the others. We determined the 
average pulse shape of the two dominant frequencies in an attempt to identify the orbital period. The average 
pulse shape of the 1471s periodicity over the entire run, presented in Figure 2, is definitely not a sine wave. Taken 
together with the presence of coherent harmonics, this points to the nonlinearity of the pulsation. The combination 
of a coherent fundamental and coherent lower order harmonics mimics the structure seen in all other DB variables, 
strongly suggesting g-mode pulsation as its origin. The average pulse shape of the 1493 s period, presented in Figure 
3, matches a sine function to within measurement error, and its harmonics are not coherent. The 1493 s period is of 
comparable amplitude to the 1471 s oscillation, so if the driving mechanisms are similar, the 1493 s pulsation should 
be nonlinear as well. It is not. In view of these differences, we identify the 1471 s period as an oscillation of the 
white dwarf and the 1493 s peak as either the orbital period of the system or the rotation period of the accreting 
white dwarf. 

Evidence (discussed in detail in Wood et al.) indicates that PG1346+082 is an interacting binary white dwarf 
system of extreme mass ratio: the mass-losing object is estimated to have only O.03M®, comparable to the planetary 
mass assumed in simplified models of the early solar system. Steady state calculations of the tidal interactions of a 
planet with a disk indicate that the disk would become strongly perturbed in a multi-armed spiral pattern of shocks 
(Lin and Papaloizou, 1986). These shocks are most evident in the outer regions of the disk. A complex, variable 
structure of harmonics of the orbital period, such as is seen in PG1346+082, might be envisioned as the natural 
outcome of such a model. If these assumptions, similar to those proposed by O'Donoghue et al., are correct, the 
time-evolution of the harmonics of the orbital period could be a valuable probe of the disk structure. It may be 
possible to map out the density distribution and track mass transfer, as it flows through the disk, through variations 
in amplitude of one harmonic with respect to the others. 

C O N C L U S I O N S  

On the basis of our preliminary analysis of the harmonic structure, we suggest that the 1493 s oscillation is 
either the orbital period of the system or the rotation period of a magnetized, accreting white dwarf. The 1471 s is 
most probably a nonradial oscillation of the primary white dwarf since its character mimics that of oscillations seen 
in single DB variables. 

We suggest that the harmonics of the 1493 s period arise in the disk of PG1346+082. Each of the harmonics 
arise in a different physical location where resonant density enhancements reprocess the radiation from the central 
object, but whose precise location can vary on the accretion flow. 

If this suggestion is correct, PG 1346+082 provides us with a unique opportunity to examine the time-dependent 
changes in the harmonics and thus probe the structure of the disk. Variations in amplitude of one harmonic relative 
to others could be a valuable probe of density distribution and the flow of mass in the disk. In particular we should be 
able to follow the large changes in brightness (from magnitude 17.2 to magnitude 13) and in this way and determine 
its physical origin. 

This work was supported by the National Geographic Society, the Able Hanger Foundation, and the National 
Science Foundation through grants AST 85-52457 and AST 86-00507. 
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A NEW HYDROGEN EQUATION OF STATE FOR LOW MASS STARS 

D. Saumon and G. Chabrier 
Department of Physics and Astronomy 

University of Rochester 
Rochester, NY 14627-0011 

USA 

I) INTRODUCTION 

Studies of the structure and evolution of low mass stars, brown dwarfs and giant planets 

require an equation of state (EOS) that includes a detailed, accurate model of the strongly non- 

ideal behavior of matter  in these cool, compact objects [Fig. (1)]. Physical processes in the 

outer layers of white dwarfs, especially the analysis of the pulsation properties of ZZ Ceti stars, 

depend sometimes critically on the thermal properties of partially ionized hydrogen. In view of 

the substantial developments in the statistical physics of dense fluids and plasmas over the past 

decade, the computation of a new, independent EOS for astrophysical applications is justified. The 

statistical mechanical models which we present for hydrogen can be adapted to treat both pure 

helium and hydrogen-helium mixtures. 

2) DESCRIPTION OF THE MODEL FREE ENERGY 

We have developed two different models to compute the EOS of pure hydrogen. At low density 

(log p < 0), low temperature (log T < 4), we consider a mixture of hydrogen atoms and molecules. 

At high densities (logp > 0) and at high temperatures ( logT > 5), we use a model of protons 

interacting with a responsive, neutralizing electron background. In the intermediate region of 

partial ionization, the two models are combined as described below. 

a) The Neutral Model 

Assuming factorization of the partit ion function of the system, the free energy of the H/H2 

mixture becomes: 

FI = F, .... + Fconf + Fin,+ Fq,~. (1) 

The translational free energy, Ftrans is the ideal gas contribution of all particles. The configuration 

term, Feonl, represents the interactions between the different particles in their ground states. It is 

evaluated in the framework of the WCA fluid perturbation theory (Weeks, Chandler and Andersen 

1971) In this theory, the interaction potential ¢(r) is split into a repulsive reference potential 

¢r~f(r), and a weak, attractive, perturbation potential ¢P~t(r). We approximate the free energy 

of the reference system by that of a hard sphere fluid, which is known analytically (Mansoori et 

al. 1971), whereas the contribution of the perturbation potential is given by the first term of the 
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free energy expansion: 

1N2 ~ J , e r t  0 3 
Fco, f(N, V,T, xl,x2) = Fh,(crlt,aft,) + ~ - ~  xixj ¢ij (r)gij(r)d r. (2) 

i,j=l 

In Eq. (2), N is the total number of particles, V is the volume of the system and g°j(r) represents 

the pair correlation functions of the reference system. The concentrations xn and xR2 in the 

H/H2 fluid axe determined by the condition of chemical equilibrium, with the temperature- and 

density-dependent hard sphere diameters aH and all2 calculated through a thermodynamic criterion 
(Weeks, Chandler and Andersen 1971). The internal energy and pressure obtained by numerically 

differentiating Eq. (2) are in excellent agreement with the results of Monte Carlo simulations of 

the H/H2 mixture (Saumon, Chabrier and Weis 1988). The potential functions ¢ij(r) are fitted 

to realistic potentials obtained from ab initio calculations (Kolos and Wolniewicz 1965, Porter and 

Karplus 1964) and from experiments (Ross, Ree and Young 1983). 

The internal free energy, Fire, includes all known levels for H2 (Huber and Herzberg 1979). 

The effects of interpaxticle interactions upon the internal levels are treated with the formalism of 

Hummer and MihMas (1988). In their approach, the energy of the bound states is unperturbed, 

but each level is assigned an occupation probability which ensures self-consistency between the 

interaction terms [Eq. (2)] and their effect on the internal partit ion function. The occupation 

probability provides a smooth cutoff of the otherwise diverging H parti t ion function. 

Quantum diffraction effects are included in Fqm, the first term of the Wigner-Kirkwood h 2 

expansion. 

Figure 2 shows the concentration of atoms in the H/H2 mixture as given by the condition 

of chemical equilibrium, using Eq. (1) for the free energy. We find that pressure-dissociation of 

molecules is significant in regimes characteristic of giant planets and brown dwarfs. 

b) The Fully Ionized Model 

In this regime, the ions are classical particles, while the electrons - which constitute a polar- 

izable, inhomogeneous medium - range from a fully degenerate to a nearly classical state. The 

hamiltonian of this system is: 

g = Hi + He + l~e, (3) 

where Hi is the hamiltonian of the ions in a uniform neutralizing background, He is the jellium 

hamiltonian for the electrons (Pines and Nozi@res 1966) and l ~  describes the ion-electron interac- 

tion. Assuming this last term to be small and thereby retaining only tile linear contribution, Eq. 

(3) can be rewritten (Ashcroft and Shroud 1978): 

where 

H = H.SZ + (4) 

H'S" = z= [ pk.,o?, - N,]  (5) 
+ - w  [+ (k , .  = o) i k~O 

is the hamiltonian of the screened ionic fluid. In Eq. (5), Ni is the number of ions, p~ is the Fourier 

component of the ion density and e(k, 0) is the temperature- and density-dependent Lindhard 
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Figure 1. (p - T)  phase diagram of hy- 
drogen. A few physical regimes are iden- 
tified. Above the F = 1 line, the plasma 
is strongly coupled. Electrons are degen- 
erate above the line EF = kT. The  nar- 
row wedge near l o g T  = 4 and logp = 
0 indicates the location of the possible 
first-order phase transition. Adiabats  of 
Jupi ter  and a brown dwarf are shown 
along with a ZZ Ceti model. Adapted 
from Fig. 2 of Van Horn (1986). 
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Figure 2. Atomic hydrogen concentra- 
tion as a function of density and temper-  
ature, computed with the neutral  model  
F I  • Note the effect of pressure dissocia- 
tion near log p = 0. 
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screening function of the electron fluid in the adiabatic approximation (Lindhard 1954). As long 

as the dielectric function e(k, 0) includes a local field correction (LFC) to describe the exchange and 

short-range correlation effects in the quantum electron fluid, this model gives excellent results for 

the thermodynamics of a fully ionized hydrogen plasma, even in the low degeneracy, nearly classical 

regime for the electrons (Chabrier 1988). This LFC is an important contribution at intermediate 

densities (log p < 0.5). 

The free energy corresponding to the hamiltonian of Eqns (4) and (5) reads: 

- k T  ln[Tr exp -#HI = F ° + FOe - kT I n / e  -#U~H d3rN + F~c + Fqm, (6) Fx, 

where the trace is taken over the states of the coupled ion-electron system, fl = 1/kT, and U ell 

represents the last term on the r.h.s, of Eq. (5). The superscript 0 denotes the perfect gas 

contribution (classical or degenerate). Fxc is the exchange and correlation free energy of the electron 

gas. We adopted the excellent analytical fit of Ichimaru, Iyetomi and Tanaka (1987) which is valid 

for any degree of degeneracy. Finally, Fqm represents the Wigner-Kirkwood quantum correction 

calculated for a screened ionic fluid. 

At densities lower than logp = -0 .5 ,  the linear approximation used in Eq. (5) is no longer 

valid. In this region, we use an interpolation between the free energy given by Eq. (6) and the low 

density (log p < 2) limit given by the two-component Debye-H{ickel free energy, corrected for the 

quantum nature of the electrons (DeWitt 1969, the reader should be aware of a misprint in the 

expression for flFrina). 

At high densities (log p > 0.5), our model free energy recovers the results obtained by DeWitt 

and Hubbard (1976) with a zero temperature dielectric function in the RPA approximation. It 

also emcompasses the Thomas-Fermi model. In the region of intermediate density (log p ~ 0) or 

intermediate degeneracy (eF ~ kT), it represents a significant improvement over these models. 

c) Partial  ionization 

The problem of temperature ionization, where the departures from the ideal gas behavior are 

small, is well understood. We recover the known limits by combining FI and Fll  with appropriate 

concentration factors and imposing the conditions of chemical equilibrium. 

The pressure ionization problem, however, is more delicate. The simplest way to treat it is 

to interpolate smoothly between the two model free energies along isotherms. Another possibility, 

suggested by different authors (Robnik and Kundt 1983, Ebeling and Richert 1985, Marley and 

Hubbard 1988), is that  pressure ionization is a first-order phase transition between a mostly neutral 

fluid and a fully ionized plasma. 

Following standard procedure (Landau and Lifshitz 1959), we explored this possibility, using 

a superposition of FI and FII together with the condition of chemical equilibrium, and found a 

phase transition, with a critical point defined by Pc = 0.40 MBar, Tc = 16500K, Pc -- 0.30 g cm -3. 

The Jupiter adiabat goes through the phase transition line(cf. Fig. 1), but substellar objects may 

be too hot for this plasma phase transition to occur. 
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3) CONCLUSION 

We have developed a new EOS for hydrogen in a temperature and density domain relevant to 

low mass stars, giant planets, and the outer layers of DA white dwarfs, using the most sophisticated 

tools presently available in statistical physics. We believe that this EOS incorporates significant 

improvements over existing equations of state, especially in the intermediate density regime ( - 3  < 

log p < 0) and the partial ionization zone (Saumon, Chabrier and Van Horn 1988). Using two 

sophisticated free energy models, we calculated a critical transition line and a critical point and 

found that a plasma phase transition might occur in the interior of giant planets (Saumon and 

Chabrier 1988). 

We wish to thank Professor H. M. Van Horn for his continuous interest in this work and a 

careful reading of this manuscript. This work was supported in part by NSF gran AST87-06711, 

a NATO fellowship to G.C. and a NSERC of Canada scholarship to D.S. 
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MAGNETIC FIELDS IN WHITE DWARFS 

Gary D. Schmidt  
S teward  O b s e r v a t o r y ,  U n i v e r s i t y  of  A r i zona  

Tucson ,  Ar i zona  85721, USA 

1. I n t r oduc t i on  

Just  one yea r  ago at the 2nd Conference on Faint  Blue Stars ,  two rev iew papers  

were p resen ted  summar iz ing the obse rva t i ona l  cha rac te r i s t i cs  and at tempts at 

spec t ra l  model ing of  iso lated magnet ic  wh i te  dwar fs  (see Schmidt 1987 and 

Wickramasinghe 1987, r e s p e c t i v e l y ) .  Because much of tha t  i n fo rmat ion  is st i l l  

r e l e v a n t ,  th is  paper  wi l l  concen t ra te  on some of  the p rogress  which has occur red  

s ince the t ime of t ha t  meet ing ,  and on h i g h l i g h t i n g  c u r r e n t  prob lems in the area of  

r esea rch .  Using speci f ic  examples for  i l l u s t r a t i o n ,  the d iscussion concent ra tes  on 

the s ing le s ta rs ,  Magnet ic  b i n a r y  systems are cons idered f rom the po in t  of  v iew of  

the  whi te  dwar f s  themse lves .  

2. Recent Iden t i f i ca t ions  and the C u r r e n t  Magnet ic  Sample 

D u r i n g  the past  y e a r ,  two new whi te  dwar fs  were added to the l is t  of known 

magnet ic  s ta rs :  a DA wi th  a po lar  f ie ld  of  .~ 24 MG ( I  MG = 106 G),  found in the 

course of a QSO s u r v e y  (Fol tz  and La t te r  1988), and a un ique  DC + magnet ic  DQ wide 

b i n a r y  (Ruiz and Maza 1988, also r epo r t ed  at th is  mee t ing ) .  As summarized in Table 

I ,  th is  b r i n g s  the c u r r e n t  sample to a total  o f  26 stars spann ing  the range in f ie ld  

s t r e n g t h  ~ 1-1000 MG. 

Magnet ic  cand idates  are d rawn  f rom a v a r i e t y  of  sources.  Pr io r  to the adven t  

of  e lec t ron ic  a r r a y  de tec to rs ,  spec t roscopy  was genera l l y  not  adept  at 

d i s t i n g u i s h i n g  d i f f use ,  shal low fea tu res ,  so many of the ea r l y  magnet ic s tars were 

i den t i f i ed  t h r o u g h  the con t inuum c i r cu la r  po la r i za t i on  which is induced b y  the f ie ld 

( e . g .  Kemp 1970; Angel  1977). The po la r i za t i on  ar ises because of c i r cu la r  

d i ch ro ism,  which at low and in te rmed ia te  f ie lds ,  resembles a sp l i t t i ng  of  the  

con t inuum opac i t y  func t ions  for  oppos i te  handed modes of  p ropaga t ion  of  the e lec t r ic  

v e c t o r .  As shown in F ig .  1, th is  e f fec t  resu l ts  in a f rac t iona l  opt ica l  

po la r i za t i on  of  V =1~ at a f ie ld  of  50 MG (dependen t  also on opac i t y  source and 

f ie ld  o r i e n t a t i o n ) .  Above  ~100 MG, howeve r ,  the simple Zeeman analogy b reaks  down 

as the opac i ty  sources depa r t  subs tan t i a l l y  f rom the i r  ze ro - f i e l d  func t iona l  form 

and p ropaga t i on  modes become e l l i p t i ca l .  L inear  po la r i za t ion  then beg ins  to appear ,  

again dependen t  on geome t r y ,  b u t  amountincj to P =1% at a s t r e n g t h  of 200 MG and 
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climbing rapidly thereafter (Fig 1. ) .  Clearly, the sensit iv i ty of polar imetr ic 

surveys is limited to strong magnetic f ields. 

Fortunately, magnetic sensit ivi t ies of the low members of the hydrogen Balmer 

series fall in the range 5-15~/MG, so surface strengths as weak as 10 MG are easily 

recognized in most modern survey-qual i ty  spectroscopy. This is the or igin of many 

of the recent discoveries, esp. the PG sample. Of course, for DC spectral types or 

in field strength regimes where features are severely smeared, spectroscopy loses 

its effectiveness (see, however, the discrete features of H in PG1031+234 [Lat ter ,  

Schmidt, and Green 1987], at nearly 109 MG). 

Comparatively weak f ields, 105-6 G, should be detectable in pr inciple through 

wavelength shifts of the h igh-order  Balmer lines result ing from the quadratic Zeeman 

effect ( e .g . ,  Preston 1970). Values another factor of 10 smaller might be 

recognized as subtle broadening of the non-LTE cores of Ha in the cooler DAs, 

assuming the prof i le could be dist inguished from rotational smearing. The idea of 

recognizing comparatively weak magnetic fields through "magnetoseismology" has also 

been recently suggested by Jones et al. (1988, and summarized by Kawaler at this 

meeting), but  considering the paucity of pulsating white dwarfs,  this technique is 

not l ikely to be of assistance in discovering signif icant numbers of low-f ield 

stars. 
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The observed characterist ic levels of continuum circular  and linear 
polarization in the optical for the stars listed in Table 1. Although 
temperature, opacity source, viewing angle and field structure cause a 
wide dispersion in the degree of polarization at any given field value, 
the general t rends are useful for estimating field strengths on stars 
with featureless or unident i f ied spectra. 
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TABLE 1 

ISOLATED MAGNETIC WHITE DWARFS 

Object  T Spectra l  Per iod <P> <V> Bp 
(K)  fea tu res  (%) (~) (MG) 

PG 0136+251 45000 H 2 
PG 1658+441 30000 H 3.5 
G141-2 5600 H 5 
GD90 12000 H <.15 9 
G 99-37 6200 C2,CH < . I  .8 10 
KUV 03292+0035 15000 H 12 
GD 356 7500 H(em) <°05 15 
HS 1254+3430 15000 H 15 
KPD 0253+5052 20000 H 4.1h .2 18 
1136-014 H 24 
G 99-47 5700 H < . I  .4 25 
KUV 813-14 10400 H .25 29 
PG 1533-057 20000 H 31 
Feige 7 22000 H,He 2.2h .3 35 
BPM 25114 20000 H 2.8d I 36 
PG 1313+095 15000 H 5.4h I ~50 
GD 116 15000 H 65 
ESO 439-162 6300 C2 ~100 
G 195-19 8000 none 1.3d <.13 .8 ~100 
PG 1015+015 10000 H 1.6h I 120 
G 227-35 7000 ? .25 2 ~150 
LP 790-29 8600 C2 I 6 200 
G 240-72 6000 ? I .5 ~200 
GD 229 16000 ? 4 <.2 >200 
GrW +70 8247 14000 H 2 3 320 
PG 1031+234 15000 H 3.4h 4 8 500 

Tak ing  t oge the r  the  ea r l y  searches for  magnet ic f i e l ds  (see the h is to r ica l  

pe r spec t i ve  in L iebe r t  1988), l ine p ro f i l e  s tud ies ,  s u r v e y s  fo r  ro ta t ion  ( e . g .  

P i lachowski  and Mi l key  1987), and the now-popu la r  ques t  for  s h o r t - p e r i o d  

d o u b l e - d e g e n e r a t e  b i na r i es ,  a reasonable est imate might  be tha t  the l ine spec t ra  o f  

~1/3 of  known wh i te  dwar fs  have been obse rved  wi th  su f f i c ien t  d i spers ion  and 

s i gna l - t o -no i se  ra t io  t ha t  f ie lds  in the range ~105-6 G would have been d i scove red .  

Ye t ,  none have .  The c u r r e n t  de f in i te  de tec t ion  l imit  is rep resen ted  b y  PG 1658+441 

at a po la r  va lue  of  ~3.5 MG, and PC; 0136+251 is a p robab le  magnet ic  s tar  with a 

s t r e n g t h  about  a fac to r  of  two weaker  ( L i e b e r t  et a l .  1983). Thus ,  i t  would appear  

t ha t  the d i s t r i b u t i o n  of degenera tes  wi th  sur face f ie ld s t r eng th  as p resen ted  b y  

Schmidt  (1987) is a reasonable app rox ima t i on  to r e a l i t y :  o v e r a l l ,  the magnet ic 

sample (1-1000 MG) comprises no more than ~2-3% of the tota l  number  of  known whi te  

d w a r f s ,  and the b road  d i s t r i b u t i o n  shows a moderate b u t  p r o b a b l y  s ign i f i can t  

p re fe rence  fo r  the range ~10-100 MG. We conc lude that  by  far  the ma jo r i t y  of  wh i te  

dwar fs  possess f ie lds below a sur face s t r e n g t h  of  105 G. 

The d i s t r i b u t i o n  of  wh i te  d w a r f  p r i m a r y  stars wi th  magnet ic f ie ld  s t r e n g t h  is 

an impor tan t  topic  of  d iscuss ion among Cataclysmic Var iab le  (CV)  en thus ias t s ,  since 
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a s t rong  f ie ld can d ic ta te  such basic fea tu res  as the dynamics of  acc re t ion ,  the 

emi t ted ene rgy  d i s t r i b u t i o n ,  s p i n / o r b i t  s y n c h r o n i z a t i o n ,  and p r o b a b l y  even the 

l ong - te rm  evo lu t i on  of  the system.  For the purposes  of  th is con fe rence ,  the  

s i tua t ion  can be summarized as fo l lows:  f ie ld  s t r eng ths  on about  ha l f  of the AM Her 

systems have been d i r e c t l y  measured to fal l  in the range 20-55 MG, and the rema inder  

o f  these 15 synch ron i zed  b inar ies  are p r o b a b l y  v e r y  s im i la r .  Ano the r  dozen or so 

systems,  cal led the DQ Her b inar ies  or  In te rmedia te  Polars,  show coheren t  opt ica l  

and X - r a y  b r i gh tness  modulat ions which are associated wi th  a magnet ic f ie ld  on the 

r o ta t i ng  p r i m a r y  s ta r ,  b u t  the f ie ld is too weak (or  the system too large)  to 

d i s r u p t  the accre t ion d isk  and synch ron i ze  the spin and o rb i ta l  mot ions.  The 

spect rum of  n e a r - i n f r a r e d  c i r cu l a r  po la r i za t ion  detec ted from one such b i n a r y  

conf i rms i ts magnet ic na tu re  and suggests  a sur face f ie ld  va lue of  ~5-10 MG (West e t 

a l .  1987). 

Not on ly  are v e r y  s t r o n g - f i e l d  (B>I00 MG) p r imar ies  conspicuous in t he i r  

absence among known CVs, bu t  weak and i n te rmed ia te - f i e l d  systems are far  more 

numerous than t he i r  coun te rpa r t s  in the f ie ld .  More than 20% of  all known CVs are 

magnet ic ,  and the AM Her and DQ Her b inar ies  ment ioned above compr ise more than I13 

of  all systems wi th o rb i t a l  per iods  sho r te r  than two hou rs .  A l t hough  some of  the 

d i sc repancy  v i s - a - v i s  f ie ld  degenera tes  can be a t t r i b u t e d  to the enhanced X - r a y  

luminos i ty  ( t he re fo re  enhanced d e t e c t a b i l i t y )  r esu l t i ng  f rom magnet ica l ly  channeled 

accre t ion ,  i t  is u n l i k e l y  tha t  th is is an o r d e r - o f - m a g n i t u d e  e f fec t .  One avenue for  

cons idera t ion  is the e f fec t  tha t  a s t rong  magnet ic  f ie ld might  have on the 

p roduc t i on  of  a s h o r t - p e r i o d  b i n a r y  d u r i n g  the common-enve lope phase of  e v o l u t i o n .  

3. Field Morpho logy  

Wickramasinghe (1987) p rov i des  an exce l len t  recent  rev iew of  the r e l evan t  

phys ics  and at tempts at spect ra l  model ing of f ie lds on the known magnet ic  wh i te  

d w a r f s .  In genera l ,  the d i s t r i b u t i o n  of  f ie ld  s t r e n g t h  ove r  the pho tosphere  is best  

deduced f rom the p ro f i les  of  Zeeman-d isp laced absorp t ion  l ines,  whi le  the run  of  

c i r cu l a r  and l inear  po la r i za t ion  t h r o u g h  a l ine a n d / o r  the ro ta t iona l  modulat ion of  

con t inuum po la r i za t i on  can be used to i n fe r  f ie ld d i r e c t i o n .  Since h y d r o g e n  is the 

on ly  element for  which reasonab ly  complete and accurate Zeeman ca lcu la t ions ex i s t  

( e . g . ,  Henry  and O~Connell  1985; Wunner et a l .  1987), such work  has thus far  been 

conf ined to the magnet ic  DAs. 

The recent  s t udy  of  Grw +70°8247 b y  Wickramasinghe and Fe r ra r i o  (1988) is a 

p a r t i c u l a r l y  c red ib le  exerc ise  i f  on ly  because of  the weal th  of h igh  q u a l i t y  data on 

th is  b r i g h t ,  we l l - obse rved  s ta r .  Model ing of  bo th  the r ich l ine spect rum as well as 
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c i r cu la r  and l inear spec t ropo la r imet ry  were a t tempted,  wi th  the resu l t  that  a 

pole-on d ipo le of 320 MG polar  s t reng th  y ie lded reasonably good f i ts  to the data.  

However ,  pa r t i cu l a r  problems were noted in matching features Iongward of ~6000A and 

the po la r imet r i c  pro f i les  of the l ines. S. Jordan,  in a paper  presented at th is 

meet ing,  appl ies a s imi lar  approach to Grw +70 ° ,  and obtains somewhat be t te r  

agreement wi th  the red t rans i t ions  bu t  even poorer  po lar imet r ic  p ro f i l es .  No doubt  

a por t ion  of  th is d i f f i cu l t y  resul ts  from the fact  tha t ,  a l though the Zeeman pa t te rn  

of hyd rogen  is reasonably well in hand,  the atmospher ic physics and opaci ty  

func t ions  in f ie lds as s t rong  as those on Grw +70°8247 are not c u r r e n t l y  t rac tab le  

(Wickramasinghe 1987). Unti l  those problems are reso lved,  i t  is d i f f i cu l t  to 

contemplate substant ia l  improvements to the models for  ve ry  h igh - f i e ld  objects .  

Perhaps most in format ive  are the resul ts  for  the ro ta t ing  magnetic stars (see 

Fig.  2) .  As an example,  Wickramasinghe and Cropper  (1988) have recent ly  s tud ied 

phase- reso lved spect roscopy and spec t ropo la r imet ry  of the ~100 MG star PG 1015+015, 

which rotates wi th  a per iod  of 99 m, At th is f ie ld s t reng th  the use of sh i f ted 

ze ro - f i e ld  opaci ty  curves is more secure,  and the o p p o r t u n i t y  to s tudy  a fu l l  range 

of v iewing angles g rea t l y  reduces ambigui t ies in the possible geometr ies.  

Un fo r tuna te l y ,  the star  is su f f i c ien t ly  fa in t  that  the po la r imet ry  was of l i t t le  use 

aside f rom de f in ing  the cont inuum behav ior  wi th  rotat ional  phase. The authors 

conclude that  the f ie ld morpholo9Y approx imates that  of a centered dipole wi th polar  

s t reng th  of ~120 MG which is o r ien ted rough ly  or thogonal  to the spin axis of the 

s ta r .  
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Dis t r i bu t ion  of ro ta t ion per iods deduced from per iod ic  var ia t ions in the 
c i r cu la r  po lar izat ion of magnetic whi te dwar f s .  The very  long per iods 
shown for  a few stars are based on the assumption of an obl ique ro ta to r  
and the absence of detectable var ia t ions in po lar izat ion over  more than a 
decade of mon i to r ing ,  
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I t  should not  be i n f e r red  f rom the above examples tha t  the f ie ld p a t t e r n s  on 

all wh i te  dwar fs  are d ipo la r  in n a t u r e .  The most s t r o n g l y  magnet ized whi te  d w a r f  

i den t i f i ed  to date,  PG 1031+234, exh ib i t s  a h y d r o g e n  Zeeman pa t t e rn  which dep ic ts  

f ie lds between 200 and nea r l y  1000 MG t h r o u g h  its 3h24 m ro ta t ion  pe r iod  (Schmidt  e.._tt 

a / .  1986)o A l though  the overa l l  s t r u c t u r e  on the sur face of  th is s tar  suggests  a 

d ipole wi th a po lar  s t r e n g t h  in the v i c i n i t y  of  500 MG ( L a t t e r  et a l .  1987), the 

most in tense f ie lds are found in a s ingle magnet ic " spo t " .  In a t tempt ing  to model 

PG 1031+234, Schmidt et al .  (1986) found the d i s to r t i ons  to the phase - reso l ved  

con t inuum po la r i za t i on  c u r v e  caused b y  th is  spot so severe  tha t  the ignorance of  

h i g h - f i e l d  atomic phys ics  was deemed a second -o rde r  e f fec t .  

A l t hough  the r a t h e r  simple f ie ld  morpholog ies deduced for  the ma jo r i t y  o f  

magnet ic  s tars s tud ied  to date would seem to ind icate the presence of  we l l - o rgan i zed  

u n d e r l y i n g  global  s t r u c t u r e s ,  wh i te  dwar fs  are su f f i c i en t l y  dense tha t  even 

hund red -MG f ie lds can be anchored in a r e l a t i v e l y  th in  sk in ,  Such an exp lana t i on  

has been p r o f f e r e d  for  the magnet ic "spot "  on PG 1031+234, and chromospheric 
a c t i v i t y  has been p roposed  to account  for  the a p p a r e n t l y  r a t h e r  tang led  f ie ld on 

sur face of  the un ique  magnet ic emissionl ine degenera te  GD 356 (Greenste in  and 

McCar thy  1985). 

4. The Magnet ic  Nova V1500 Cygn i  

The recent  d i s cove ry  tha t  Nova Cygn i  1975 occu r red  in a magnet ic b i n a r y  system 

(now des ignated  VlS00 Cyg)  p rov i des  a un ique  o p p o r t u n i t y  to s t udy  the ef fects  which 

a s t rong  magnet ic f ie ld  has on the nova even t  (and,  pe rhaps  u l t ima te ly  v ice v e r s a ) ,  

Among known novae,  the 1975 even t  was an exceed ing l y  fast  e r u p t i o n :  r i s i ng  at least 

19 magni tudes above the POSS p la te l imit  to an apparen t  v isual  magn i tude of  V = 1.8 

and dec l in ing  by  3 mags in jus t  4 days .  At  maximum l i gh t ,  the absolute v isua l  

magn i tude of My = -10.2 marked Nova Cygn i  as one of  the b r i g h t e s t  of  such even t s .  

These /ac ts ,  in p a r t ,  have led to the conclus ion tha t  the mass of  the whi te  d w a r f  

p r i m a r y  in th is  b i n a r y  is nea r l y  at the Chand rasekha r  l imit (see the recent  rev iew 

b y  Lance,  McCal l ,  and Uomoto 1988). 

The pos t - nova  dec l ine was marked b y  pecu l ia r  b r i gh tness  osc i l la t ions on a 

t imescale somewhat longer  than 3 hou rs .  Wel l -observed b y  Pat terson (1979) and 

o the rs ,  the per iod  of  these va r ia t i ons  decreased by  more than /4 minutes in the yea r  

fo l low ing  o u t b u r s t ;  when obse rva t i ons  resumed fo l low ing  the w in te r  of  1976, the 

per iod  had s tab i l i zed at an in te rmed ia te  va lue of  3 h 21 m. The f l uc tua t i ons  have 

con t inued  at tha t  pe r iod  wi th a f i xed  ephemer is  to the c u r r e n t  mean b r i g h t n e s s  of  V 

= 17.1 and ampl i tude ~0.5-1 mag. A l though  the osc i l la t ions were gene ra l l y  t h o u g h t  

to re f lec t  ro ta t iona l  or  o rb i t a l  mot ion,  the ape r i od i c i t y  was not  read i l y  exp la ined  

at the t ime. 
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In 1987, V1500 Cyg was found to exh ib i t  opt ical  c i r cu la r  po lar iza t ion modulated 

on a per iod  some 3.5 minutes shor te r  than the post-1977 photometr ic  per iod 

(Stockman, Schmidt ,  and Lamb 1988), L ike the AM Her systems, this was i n te rp re ted  

by  the authors to indicate the emission of opt ical  cyc lo t ron  radiat ion in a magnetic 

f ie ld  >10 MG from the v ic in i t y  of the accre t ing pos t -nova p r i m a r y .  The po lar imet r ic  

per iod  then ref lects the ro ta t ion per iod  of the magnetic whi te dwar f ;  the only 

reasonable exp lanat ion for  the post-1977 stable photometr ic  osci l lat ion is the 

cycl ical  appearance of the inner  heated hemisphere of the t i da l l y - l ocked  coro ta t ing  

secondary s ta r .  

A b ina ry  per iod of 3h21 m places V1500 Cyg near the long-per iod  ext reme of the 

phase- locked systems, bu t  among other  AM Her b ina r ies .  Moreover,  the presence of a 

magnetic f ie ld  suf f ic ient  to g ive r ise to opt ical  cyc lo t ron  emission and the 

near -synchron ism of V1500 Cyg even af ter  the nova ou tbu rs t  suggested to Stockman e_~_t 

a I.  that  the b ina ry  was indeed a synchron ized AM Her system p r i o r  to e rup t i on .  The 

proposed process by  which i t  became uncoupled involves f r i c t iona l  angular  momentum 

t rans fe r  ( e . g .  MacDonald 1980) f rom the o r b i t i n g  secondary to  t.h.e p r i m a r y  whi le the 

whi te dwa r f  was bloated beyond the size of b i na ry  system (see Stockman et a l . ) .  The 

authors show that  the concept of a magnetic po le -accre tor  p rov ides  a ready 

exp lanat ion for  the ent i re  pos t -e rup t i on  photometr ic  h is to ry  of the system (F ig .  3) .  

a.) Synchronous Pre-Nova System 

Accretion ~ / J  
Stream ~ 0,140d 

e.) 

b.) Early Nova ~-~OutbursL----"~ 

d,) Envelope Cooling Phase 

i 

i -~"C ( .Y\  
I C0ntracling i Photosphere 

Fig,  3, An explanat ion of the remarkable photometr ic  var ia t ions observed d u r i n g  
the f i r s t  few years fo l lowing the e rup t ion  of Nova Cygni  1975. The 
system begins the process as a phase- locked magnetic AM Her system, 
accre t ing  p r imar i l y  onto one magnetic pole.  Decoupl ing of  the spin and 
o rb i ta l  per iods occurs due to f r i c t iona l  angular  momentum t rans fe r  
between the secondary and p r imary  star  when the atmosphere is d is tended 
beyond the ex ten t  of the b i na r y  system. 
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The mechanism b y  which s p i n / o r b i t  synch ron i za t i on  occurs in a magnet ic  

CV is a topic of  popu la r  concern ,  since the phenomenon is also l inked to 

the o rb i ta l  pe r iod  evo lu t i on  of  the b i n a r y .  For f ie lds t yp ica l  o f  AM Her 

va r i ab les ,  est imates of  the t imescale for  phase - l ock ing  gene ra l l y  fal l  in 

the range 103 105 yea rs ;  i ndeed ,  V1500 Cyg must resynch ron i ze  d u r i n g  tha t  

per iod  i f  i t  is to avo id  a pe r iod  runaway  due to f u t u r e  nova even ts .  For 

these t imescales,  the r e q u i r e d  t ime d e r i v a t i v e  of  the ro ta t iona l  pe r i od  

fa l ls  in the range 

7 x 10 -9 > I ~ > 7 x 10 -11 , 

r e s p e c t i v e l y .  The past  year  of  po la r ime t r i c  s tudy  of  V1500 Cyg b y  the au tho r  and 

co l labora to rs  has y ie lded  a ro ta t iona l  ephemer is  accurate to b e t t e r  than 0.1 sec, 

and the t iming res iduals  from s t r i c t  p e r i o d i c i t y  p r o v i d e  a l imit  of  I ~ < 4 x 10 -9 

(F ig .  4 ) .  Thus,  the data a l ready  exc lude  phase - lock ing  on a t imescale of  103 yea rs .  

With the sens i t i v i t y  scal ing as ( t ime) 2, t he re  is good reason to be l ieve  tha t  

con t inued  mon i to r ing  ove r  the nex t  few years  wil l  d i r e c t l y  test  s y n c h r o n i z i n g  

theor ies .  

The magnet ic  f ie ld s t r eng th  on V1500 Cyg has not ye t  been measured.  Due to its 

d is tance and i n t e r v e n i n g  abso rp t i on ,  the system is r a t he r  fa in t ,  and wi th  the 

c u r r e n t  l i gh t  o u t p u t  dominated b y  the heated secondary ,  searches for  Zeeman fea tu res  

due to the whi te  d w a r f ' s  pho tosphere  are unp rac t i ca l .  An a t tempt  is c u r r e n t l y  

u n d e r w a y  to ob ta in  a c rude  est imate of  the f ie ld s t r eng th  t h r o u g h  measurement o f  the 

spect rum of  po la r ized  cyc lo t ron  f l u x .  With th is in hand ,  many aspects o f  the 

e rup t i on  and pos tnova  behav io r  of  V1500 Cyg wil l  be placed on a more q u a n t i t a t i v e  

i l " [ i I - - r ~ l - -  

f oo t i ng ,  

10 P = 0 . 1 3 7 1 5 6  d a y s  

i - 5  - J 

- 1 0  - 

- 1 5  ~ _  I _ ~ L  ~ I ~ ~ _ L _ _ ] _  , _ _  
0 0  0.2 0.4 0.6 0 8  10 

P o l a r i m e t r i c  P h a s e  

One yea r  of  po la r ime t r i c  mon i to r ing  of  VI500 Cyg phased on a s ing le 
p e r i o d ,  D i f f e r e n t  symbols  r e p r e s e n t  v a r i o u s  e p o c h s  of  o b s e r v a t i o n .  The  
u n c e r t a i n t y  in per iod  is less than 0.1 sec; t im ing res iduals  f rom s t r i c t  
p e r i o d i c i t y  imply P < 4 x 10-9. 

F ig .  4, 
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ensuring the timeliness of this review by providing information on recent magnetic 
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magnetic nova system V1500 Cyg presented here are to be included in a future 
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The Magnetic white dwarfs in AM Her variables 

D.T. Wickramasinghe 
Department of Mathematics 

Australian National University 
CANBERRA A.C.T. 

§1. Introduction 

There are now some 15 cataclysmic variables that have been recognised as being 

of the AM Her type. They are characterised by the presence of variable circular and 

linear polarisation in the optical and IR spectral regions, approaching 40% in some 

systems. The polarized radiation has been attributed to high harmonic cyclotron 

emission from hot (-  5 - 30 Key) plasma located at accretion shocks near the poles of a 

highly magnetised (~ 20 - 60 MG) white dwarf primary. There is hope that the study of 

the rich variety of phenomena exhibited by these systems will eventually enable us to 

probe the magnetic field structure of the underlying white dwarfs, perhaps even in 

more detail than  has been possible with the isolated magnet ic  white dwarfs 

(Wickramasinghe (1987), Schmidt (1987)). 

In this paper we review the theory of AM Her variables concentrating on recent 

developments concerning the interpretation of intensity and polarisation observations. 

More general reviews covering other aspects can be found in a series of articles that  

have recently been published in the proceedings of the Vatican Observatory conference 

on circumste]lar polarisation. 

§2. The basic model and system characteristics 

The basic model tha t  has been developed to explain these systems is shown 

schematically in Figure 1. The systems have the following characteristics : 
- material  leaving the inner Lagrangian point L 1 is chanelled via field, lines 

directly onto the surface of the magnetic white dwarf without the formation of an 

accretion disc. 

- the material impacts onto two extended regions EA and EB on the white dwarf 

surface where stand off shocks are formed. 

- the shocks have temperature and density structure and have a variable height 

above the stellar surface which depends, in a complicated manner, on the specific 

accretion rate (Stockman (1988)). The hard X-rays are produced in a high density 

core covering a fractional area f ~ 10 -5 of the white dwarf surface. (Buermann 

(1988)). The polarized optical-iR emission arises from a more extended ( f -  10 -8 - 

1 0 -4) and lower density region surrounding the X-ray core. (Bailey (1988), 

Schmidt (1988)). 
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The cyclotron and X-ray regions are surrounded by a low density accretion halo. 
The mater ia l  in this region impacts directly on the white dwarf  surface, evidently 

without the formation of a shock. The halo gives rise to non photospheric Zeeman 

split Balmer  lines which are seen in absorption against  the background cyclotron 

flux. (Wickramasinghe, Visvanathan and Tuohy (1987), Schmidt (1988)). 

Resolvable cyclotron emission features are sometimes seen from the accretion 

shocks. The spacing of the cyclotron harmonics  gives a direct and accurate 

determinat ion of the magnetic field strength a t  the shock. (Wickramasinghe and 

Meggitt (1982), Ferrario et al (1988), Ferrario and Wickramasinghe (1988)). 

the sys tems are observed in both high and low states.  During a low state 

photospheric  Zeeman lines are detected from the underlying magnet ic  white 

dwarf  and phase dependent observations can be used to study the field structure. 

(Wickramasinghe and Mart in  (1985)). 

. . . . .  ..-'c~, %~17," ~ MAIN rUNNEL 

F-~-"NV~----- ~Rw° - - ~  / / ,/ I 

] 

W.o.:~ . .  ~ . . . . . . . .  l 

Figure  1 Top uanel : View from above the orbital plane. 
Bottom left uanel : The two accretion funnels leading to extended 
shocks EA and  EB on the white dwarft  surface. 
Bottom right panel : Structure of a shock. 
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We proceed to discuss some of these characteristics in more detail concentrating 

in particular on the recent evidence for two pole emission and for extended shock 

structures. 

§2.1 Accretion along dosed field ~ e s  
There is now overwhelming evidence in support of the view that  there are two 

well separated cyclotron emission regions on the white dwarf surface. In systems such 

as AM Herculis and VV Puppis, the two regions are simultaneously visible for a part  

of the rotational cycle indicating that  they are displaced by a significant amount from 

the magnetic poles (Wickramasinghe (1988), Meggitt and Wickramasinghe (1988), §2.3). 

The presence of such regions can be explained in one of three ways. 

(i) I f  the coupling region has a small radial and azimuthal extent in the orbital 

plane, accretion may occur onto the foot points of a closed field line that  lies entirely 

within the Roche equipotential. Otherwise accretion can only occur onto the closer foot 

point (Ferrario, Wickramasinghe and Tuohy (1988)). The situation is ilustrated in 

Figure 2. 
(ii) I f  the coupling region has a small radial but large (- 90 °) azimuthal extent in 

the orbital plane (as depicted in Figure 1), accretion may occur onto a second region 

from material tha t  is coupled to field lines further downstream, even if the coupling 

radius is large and accretion cannot occur onto two spots along closed field lines. The 

two spots are expected to be centered on different magnetic longitudes and to exhibit 

linear extension mainly in the magnetic longitudinal direction. 

40 

20 

0 

- 2 0  

- 4 0  

r I J I J I I I I I r I 

t I ~ I J I l I I r ! I 
- 4 0  - 2 0  0 20 40 60 80 

x 

Figure 2 Closed field lines contained within the critical Roche lobe for a mass 
ratio q = 0.25. The Z axis is perpendicular to the orbital plane. 
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(iii) I f  the coupling region has a large radial and small azimuthal extent, perhaps as 

a result  of a clumpy accretion flow (Buermann (1988)), accretion may occur onto two 

spots which are on the same magnetic longitude. The spots are then expected to exhibit 

significant linear extension in the magnetic latitudinal direction and not be centered 

near the foot points of a single closed field line (Figure 2). 

Clearly for a given dipole inclination 0 a , a larger orbital period Porb , or a 

smaller polar field strength Bp will favour two pole accretion. Likewise, for a given 

Porb and Bp , two pole accretion is more likely in systems with smaller 0 d . 

The accretion pat tern on the surface will also depend o n  0 d . The curves of 

constant magnetic pressure in the orbital plane will be nearly circular and will map 

onto the surface in a ribbon that  follows curves of constant magnetic latitude. For an 

inclined dipole the curves of constant magnetic pressure will be oval and will map onto 

the surface in ribbons that  cross curves of constant magnetic latitude. These would be 

the patterns expected in case (ii). However the actual shapes will depend on whether 

cases (i), (ii) or (iii) are more appropriate. 

Meggitt and Wickramasinghe (1988) recently analysed the linear polarisation 

pulse and angle observations of VV Puppis and AM Herculis for spot positions 

assuming that  they are located at the foot points of closed field lines. The resulting 

geometrical model gave results in good agreement  with the circular polarisation 

observations and eclipse constraints supporting the idea of accretion along closed field 

lines. The small discrepancies between the model and observations could be resolved by 

assuming that  the emission regions were slightly displaced in magnetic longitude as is 

expected for a coupling region of finite azimuthal extent in the orbital plane or if the 

dipole is offset from the centre as discussed by Wickramasinghe and Martin (1985). The 

model fits indicate that the shocks are displaced by - 10 ° from the magnetic poles (§2.3). 

A different picture emerged from an attempt to carry out a similar analysis of the 

linear polarisation observations of EF Eri. Meggitt and Wickramasinghe (1988) noted 

that  the pulses and polarisation angles, if interpreted straightforwardly, suggested the 

presence of four spots on the white dwarf  surface. They argued in favour of a 

geometrical model in which two of the spots were located near the magnetic poles and 
the other two roughly 90 ° degrees away near the magnetic equator. Since the regions 

could not be connected by closed field lines in a dipole field distribution, they discussed 

the possibility of a predominantly quadrupolar field distribution. However, it has 

recently become apparent that  it may also be possible to interpret these observations by 

assuming two extended ribbon like emission regions in an underlying dipolar field 

structure. We show in §2.2 that  a single ribbon, could under certain circumstances, 

mimic two spots in its polarisation properties. For this interpretation to be viable for EF 
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Eri i t  is necessary for the emission regions to be extended mainly in magnetic la t i tude 

as is expected if  the coupling region has a significant radial  extension as in (iii) above or 

for the dipole to be strongly offset. We conclude tha t  while the general idea of accretion 

along closed field lines appears  to be correct for systems such as VV Puppis and AM 

Herculis, there are other systems where the si tuation may be more complicated. 

§2.2 Properties of  accretion r ibbons 

The theory of cyclotron emission has been recently reviewed by Wickramasinghe 
(1988). We note tha t  the total  opacity ~K due to cyclotron absorption, in the collisionless 

approximation, is given by ~k = As ~f (Te, 9 ,  co/co¢) where 

A s = 2.01 106(s/106 cm)(Nefl016 cm-3)(B/3.107G) -1 

N e a n d  T e are the electron number  densi ty and tempera ture  respectively, B is the 

magnetic field strength, coc = eB/meC is the cyclotron frequency, s is the pa th  length 

and 0 is the angle between the direction of propagation and B .  ~f is a strong function 

of T e , 0 and harmonic number  n (= co/coc) and has a value - 1-10 near  the cyclotron 

fundamental .  Since A s ~ 105 - 108 in the accretion shocks i t  follows tha t  cyclotron 

opacity plays a dominant role in determining their  radiat ion properties.  

Ear ly  a t tempts  at analysing observations were based on the assumption tha t  the 

shocks were structureless and could be character ised by a point source with the same 

value of A s a t  all angles 9 to the field. The proper t ies  of these models can be 

summarised  as follows : 

- The slope of the energy dis tr ibut ion defined b y  the harmonic peaks is a strong 

function of frequency in the optically thin (high harmonic) regime. At  0 = 90 ° , 

I ~  cop where p = - 8 , - 5 , - 3  a n d - 1 . 4  for Te=10,20,50 and 100Kev respectively. 

The radia t ion  is strongly polarised ranging from being circular along the field to 

l inear  perpendicular  to the field. 

- For A s - 105-108 the lower harmonics are self absorbed. As a consequence the 

spectrmn at  low harmonics is of the black body Rayleigh-Jeans type (I~ ~ co2) and 

is unpolarised (Figure 3). 

- The radia t ion  is s trongly angle dependent  being beamed perpendicular  to the 

magnetic field. The beaming effect is strongest at  high harmonics. 

The po in t  source models  were  successful  in  e x p l a i n i n g  the gene ra l  

characterist ics of the observations, such as the presence of l inear  pulses near  0 - 90 ° 

and the strong angular  dependence of in tensi ty  and circular polarisation. They failed 
in three major  respects. F i rs t ly ,  they were unable to explain the f lat  (Ico ~ co -1-°) 

polar ized energy d is t r ibu t ions  seen over an extended wavelength  region in some 

systems, such as AM Herculis itself. Secondly, the values of A deduced from the 
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optical cyclotron spectra were typically a factor of - 100 smaller than the values that  

were required to explain the X-ray luminosities. Finally, the models predicted 

symmetrical light and polarisation curves which were contrary to observations. 

Recently cylindrically symmetric models have been constructed which allow for 

density and temperature variations across the shock in response to a decrease in the 

specific accretion rate away from the axis of the cylinder (Wickramasinghe and 

Ferrario (1988a), Stockman (1988), Wu and Chanmugam (1988)). In the central regions 

the shock in bremsstrahlung dominated and the electron temperature approaches the 

adiabatic shock value. If  the accretion rate drops sufficiently rapidly away from the 

center, the shock becomes dominated by cyclotron cooling in the outer regions and the 

electron tempera ture  falls below the adiabatic shock value. Wickramasinghe and 

Ferrario (1988a) have modelled the density variations by assuming a central core (r < 
r o) with constant A h and an outer region (r > r o) with a "A profile" specified by 

Ah(r ) o, r-5, where r is the distance away from the axis of the cylinder. Here, h is the 

shock height  perpendicular to the surface and 5 is an index determined by the 

accretion profile and the physics of the shock. The temperature variations have been 
modelled by assuming a constant  T e (= T e (0)) for r < r  0 and a linear drop in 

temperature from Te(0) to Te(1) for r > r 0 . For a bremsstrahlung dominated shock 

h o¢ Ne-1 and 5 = 0 irrespective of accretion profile. Large values of 5 are only possible 

in a cyclotron dominated shock, and then only if the accretion rate drops rapidly across 

the shock. The models (Figure 4) show that  fiat polarized energy distributions are 
predicted over an extended frequency range, for large values of 5 (~ 4--6). 

Wickramasingle  and Ferrario (1988a) also showed tha t  by offsetting the 

cylindrical emission region from the magnetic pole, asymmetric light and polarisation 

curves can be produced. However, the asymmetries were not large enough to explain 

observations of systems such as VV Puppis and V834 Cen.  

From our discussion in §2.1 it is evident that  the emission region is more likely to 

have linear structure than cylindrical structure. Wickramasinghe and Ferrario (1986) 

have recently carried out calculations of ribbon like emission regions on the surface of a 

white dwarf  with a dipolar field structure. The emission region is approximated by a 
strip in the magnetic colatitude (e) - magnetic longitude (~) plane defined by 01,02,02" 

and ~1,~2 • V = 0,+~ on the plane through the dipole axis perpendicular to the orbital 

plane. The strip has an angular thickness 40 = (01-92) and follows lines of constant 

magnetic  colatitude if  02 = 02* . Models have been constructed for a range of 

parameters assuming a constant value of T e (= 10 Kev) and A h (= 105) across the shock. 

The results (Figure 5) show that  ribbons produce larger asymmetries in the polarisation 

and intensity curves than offset cylindrical emission regions. We note the following 
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the projected area  effect results in a double humped light curve even for regions 

tha t  are  not extended. However,  strongly asymmetr ic  double humped  light 
curves are calculated only for strips with a significant angular  extent in ~g. 

for extended strips, the pulses need not coincide with the intensity maxima. 

for strips tha t  are significantly elongated in magnetic latitude, part ial  eclipses 

produce t r iangular  type intensity profiles. 

The above characteristics have been noted in V834 Cen by Cropper (1988) who 

discussed the possibility of an accretion ribbon. However it should not be concluded that  

significant l inear  extension is a common property of the shocks in all AM Her  type 

systems. The amount  of extension is likely to depend critically on the dipole inclination 

(§2). 

§2.4 Two pole e m t ~ i o n  

Several AM Her  variables show a reversal in the sign of circular polarisation for 

part  of the rotational phase (Bailey (1987)). The circular polarisation will change sign if 

the projection of the field along the line of sight changes sign. The reversals could be 

due to (a) a significant shock height above the stellar surface (b) an inclined (non 

radial) field direction at  the location of the shock or (c) the presence of a second cyclotron 

emission region on the white dwarf  surface of opposite field polarity. The recent 

detection of 3 l inear pulses in EF Eri, AM Herculis and VV Puppis (Piirolla (1988) has 

shown beyond any doubt that  there are some systems in which a second emission region 

makes  an important  contribution to the polarized radiation. I t  seems likely that  the 

observed reversals  in most systems are mainly due to (b) and (c), the shock height 

(h/Rwd < 0.1) being generally small in comparison to its extension across the surface 

(Wickramasinghe (1988), Stockman (1988)). 

We il lustrate the characteristics of two pole emission by presenting in Figure 6 

the predictions of the model for AM Herculis based on l inear polarisation angle data 

and the assumption tha t  accretion occurs onto the foot points of closed field lines (§2.2). 

The contributions from the two poles are presented separately without eclipses in the top 

right panel,  and with eclipses in the bot tom left panel. The pole which is eclipsed 
between ¢ = 0.0-0.2 is the main  (hard X-ray) pole and is responsible for circular 

polarisation of negative sign during the bright phase. The second pole (the soft X-ray 
pole) is visible between phases 0 = 0.0-0.4 and contributes circular polarisation of 

opposite sign. The second zero crossing of circular polarisation is determined by a 

balance between the two poles and is expected to vary with epoch, precisely as observed. 

An intriguing feature of the model is that  both poles contribute a l inear pulse at phase 
= 0.0.  In fact, it is likely tha t  the pulse at  ¢ = 0 .0 ,  which has tradit ionally been 

attributed to the main pole, may in fact originate mainly from the second pole. 
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F i g u r e  4 Left panel  : In tens i ty  and  circular polar isa t ion for cyl indrical ly symmetr ic  
shocks. The curves are labelled by 6. The models have Te(0) = 10 Key, 
Ah(0) = 2 10 s and  are viewed at  i = 60 ° to the axis of symmetry.  The 
dashed curve correspond to models wi th  a declining t e m p e r a t u r e  with 
Te(1) = 10 Key.  

Figure 5 Right  panel  : I n t ens i t y  (I) l inear  (L) and  circular (C) po la r i sa t ion  for r ing  
type geometries. The models have Te = 10 K e y ,  Ab = 105 , iorb = 50 ° , 
5~ = 20 ° and o~/¢o c = 9 .  The models are labelled by el,e2,e 2 ,~1,~/2 
(~) 10,15,15,-2,+2 (b) 10,15,15,0,180 (c) 10,15,35,0,180 (d) 10,15,55,0,180 
(e) ] 0,] 5,45,-180,0 (f) 10,15,15,0,90 (g) 10,] 5,15,0,360. 
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Figure 6 Fits to the linear polarisation angle data on AM Herculis from Piirola 
(1988) illustrating the two spot model. The spot positions are deduced on 
the assumption of accretion along closed field lines in a dipole field 
distribution. 

§3. Conclusions 

We have presented a brief review of some of the new developments that have 

occurred in the theory of the AM Her variables during the past two years. The main 

results are as follows : 

- The specific accretion rate and hence the temperature and density are l ikely to 

vary across the shock. It is possible to construct structured shock models ' in  
which the hard X-rays originate from a compact high density core (with A h - 108) 

and the optical and near IR radiation from a surrounding lower density region 
(with A h - 105-107) . These models yield energy distributions that are in closer 

agreement with observations than previous point source models.  

- The shocks may exhibit l inear ribbon like extension across the surface. Thus 

geometrical effects could be important in interpreting polarisation and intensity 

light curves. 

- Most sys tems have two active cyclotron emission regions displaced by - 10 ° from 

the magnet ic  poles. Both regions are s imulateneously  visible for part of the 

rotational cycle. 

We have  shown that by combining these  effects,  m a n y  of the previously 

unexplained phenomena can be interpreted, at least in a semi quantitative manner. 
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E V I D E N C E  O F  C O M P L E X  F I E L D  S T R U C T U R E  I N  T H E  

M A G N E T I C  W H I T E  D W A R F  I N  E X O  0 3 3 3 1 9 - 2 5 5 4 . 2  

Lilia Ferrario and D. T. Wickramasinghe 

The Australian National University, Canberra,  Australia 

A B S T R A C T  

We present detailed theoretical models for polarisation and spectroscopic data 

from EXO 033319-2554.2 that  suggest the presence of two cyclotron emission 

regions of field strengths B ~ 5.6 x 107 G and B ~ 2.8 x 107 G, and which are 

separated by about  90 ° on the surface of the white dwarf. The large difference in 

magnetic field strength and the proximity of the two regions imply a more complex 

field structure than that  of a centred dipole field distribution if it is assumed that 

the regions are connected by closed field lines. 

I. I N T R O D U C T I O N  

EXO 033319-2554.2 was recently reported to be an eclipsing soft X-ray source 

with a period of 127.7 minutes (Osborne et al. 1988). Bailey et al. (1987) con- 

firmed its magnetic nature through the detection of circularly polarised light. More 

interestingly, the spectroscopic data show that EXO 033319-2554.2 is the second 

AM Her system to exhibit cyclotron harmonics in its optical spectrum similar to 

those first discovered in VV Puppis. 

II .  T H E  C Y C L O T R O N  S P E C T R U M  

Spectroscopy of EXO 033319 - 2554.2 was obtained by Ferrario et al. (1988). 

The data  corresponding to ¢ = 0.9 and ¢ = 0.1 are shown in Figures 1 and 2 

respectively. 

Since ¢ = 0.9 corresponds to the centre of the bright phase, we assume that 

the angle 0 between the line of sight and the field direction for the main emission 

region is at a minimum at this phase. The absence of large (> 200 ~)  shifts in 
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F i g u r e  1. A broad band spectrum of EXO 033319 - 2554.2 acquired by 
Ferrario et al. (1988). The solid line represents our best fit for a magnetic field 
B = 5.6 × 107 G and viewing angle 0 = 75 °. 

the positions of the harmonics with phase indicates that  0 > 75 ° during the bright 

phase. We have constructed models following Wickramasinghe and Meggitt (1985) 

assuming point source cyclotron emission regions. We include in Figure 1 the best 

fit spectrum calculated for the data  at ¢ = 0.9 assuming 0 = 75 ° . The model 

has B = 5.6 × 107 G and an optical depth parameter A = 1.1 x 103 for an 

electron temperature  T~ = 20 keV. The features at 4200~, 5200~ and 6550~ are 

identified with harmonic numbers 5, 4 and 3. This result is in close agreement 

with tha t  reported by Beuermann, Thomas and Schwope (1988) who also detected 

the presence of cyclotron harmonics. 

The spectrum at 6 = 0.1 exhibits a further emission peak at 4720~ and 

a broad depression centred near 5650~. We have interpreted these features to 

be also of cyclotron origin arising from a second emission region. The best fit 

model is included in Figure 2. This region has B =  2 .8x  107 G , A =  3.2× 105 , 

T~ = 10 keV, and is assumed to be viewed at 0 = 90 °. The peaks at 4720/t and 

5400~ correspond to harmonic numbers 9 and 8 while the dip at 5650~ occurs at 

the blue edge of harmonic number 7 which is optically thick and almost completely 

undetectable. The peak at 6650~ is at t r ibuted to the main emission region which 
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F i g u r e  2. Spectra of EXO 033319-2554.2 at ¢ = 0.1 obtained by Ferrario et 
al. (1988). The solid line represents our best fit for a magnetic field B =- 2.8 x 107 
G and viewing angle 0 = 90 °. 

is assumed to be also visible at ¢ = 0.1. We note that  there is some evidence that 

the feature at 4720~ is also seen at ¢ = 0.3 (Figure 4 of Ferrario et al. 1988), 

indicating that  the second cyclotron emission region may still be making some 

contribution to the total light at this phase. This is in agreement with the length 

of the bright phase in the circular polarisation data  obtained by Berriman and 

Smith (1988, see their Figure la) only one night after our AAT spectroscopy. 

It has recently been argued by Ferrario, Wickramasinghe and Tuohy (1988) 

that,  except for special orientations of the magnetic axis, the emission regions on 

the white dwarf surface are likely to occur near the foot points of closed field lines. 

If this hypothesis is correct, the observed ratio of field strengths for the emis- 

sion regions in EXO 033319-2554.2 rules out a centred dipole field distribution. 

However, the observed ratio of 2:1 is consistent with that  expected for the field 

strengths at the foot points of closed field lines which connect the polar and equa- 

torial regions in a centred quadrupole field distribution. Such a field distribution 

has recently been proposed by Meggitt and Wickramasinghe (1988) for the AM 

Herculis variable 2A0311-227. However, it should be emphasised that  the physics 

of the coupling region is not yet fully understood so that  other possibilities cannot 

be  excluded. 
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II. P O L A R I S A T I O N  B E H A V I O U R  

Circular polarimetry of EXO 033319-2554.2 was obtained by Ferrario et al. 

(1988) (Figure 3). The data  show circular polarisation reaching ~ 10% in the blue 

and lasting from about  ¢ ---- 0.65 to ¢ = 0.2. Furthermore,  a reversal in the sign 

of the circular polarisation is evident from ¢ = 0.1 to ¢ - 0.2. 

We have constructed theoretical polarisation curves by adding the contribu- 

tions from two point source cyclotron emission regions contributing polarisation 

of opposite sign and characterised by the same parameters used to interpret the 

cyclotron spectra. The emission regions are 90 ° apart  on the white dwarf surface 

at colatitudes of 15 ° (5.6 × 107 G region) and 105 ° (2.8 × 10  7 G region). The 

orbital inclination is 88 ° . The location of the higher field cyclotron emission re- 
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F i g u r e  3. Circular polarisation data  for EXO 033319 -  2554.2 obtained by 
Ferrario et al. (1988) and theoretical polarisation curves obtained by adding the 
contributions of two cyclotron emission regions (see text).  
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gion and the orbital inclination are chosen to be consistent with the values deter- 

mined by Ferrario et al. (1988). We assume that the contribution to the circularly 

polarised light from the lower field region is half of the contribution from the higher 

field region and that the unpolarised background is about four times less impor- 

tant for the bluest of the presented bands. The latter assumption may be justified 

by noting that the red star is only likely to make an important contribution to the 

total light for ,~ > 7000/~. 

In our model the main emission region (B = 5.6 x 107 G) is visible from 

¢ = 0.65 to ¢ = 0.1 and the secondary emission region from ¢ = 0.65 to ¢ = 0.25, 

and they are viewed most directly at ¢ = 0.85 and ¢ -- 0.95 respectively. We 

point out that the lengths of the bright phases corresponding to the two regions 

are in complete agreement with our spectroscopic observations. Namely, the main 

emission region is eclipsed by the body of the white dwarf at ¢ = 0.1 which co- 

incides with the phase of last detection of cyclotron harmonics originating from 

the 5.6 x 107 G region. The eclipse of the secondary region is also in excellent 

agreement with the spectroscopic data, which show the presence of cyclotron har- 

monics from the 2.8 x 107 G region until ~ = 0.3. Berriman and Smith (1988) also 

suggest the presence of two cyclotron emission regions by comparing the circular 

polarisation data that they obtained on two consecutive nights. In one night they 

detected a reversal in the sign of the circular polarisation data, similar to that 

detected by us, but this reversal was not present in the next night. A temporal 

variation in the zero crossing of the circular polarisation curve and a change in 

the percentage of the polarised light can be explained as a change in the balance 

between the two poles in response to a change in the accretion rate. 
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PHASE CORRELATED SPECTRA OF MAGNETIC WHITE DWARFS 

l.Bues and M.Pragal 

Dr.Remeis-Sternwarte Bamberg,Astron.lnstitute 

Universit~t Erlangen-N~rnberg,D-8600 Bamherg,FRG 

ABSTRACT. New photometric and polarimetric observations of the magnetic 

white dwarfs G 99-87 and G 99-47 are in accordance with a period of 

4.117h and 0.97h respectively.Spectra taken at various phases could be 

correlated and analyzed by model atmosphere technique. 

INTRODUCTION 

G99-37 and G99-47 belong to the group of white dwarfs with moderate mag- 

netic field strengths.G99-37 shows strong spectral features of carbon 

(CH,C2,Cl),which can be understood with a helium-rich eomposition(He/C 

=lO00)at Teff= 6000°K and B ~103Tesla (Liebert,1977,Bues,1986a,Bues et 

al.1986b).G99-47 is slightly cooler and the spectrum is nearly conti- 

nuous with a Zeeman split H~ line,which proposes a pure hydrogen atmos- 

phere (Angel at ai.1981) at B~l. SxlO 3 Tesla. 

In our spectra,taken in 1983 and 1985,slight changes and shifts of the 

spectral features could be observed. But it was not possible to derive a 

period which would be expected for a centred dipole model and could 

reproduce the variation with different model atmospheres. 

That is why we decided to take new photometric,spectroscopic and pola- 

rimetric data in order to analyze them by improved model atmosphere 

technique. 

OBSERVATIONS 

During Nov.1987 we used the ESO im-telescope at La Silla for photometric 

measurements in the UBVRI and Str~mgren system and obtained 51 and 22 

observations within 3 nights and the ESO 2.2m-telescope for polarimetry 

with 29 observations within 3 nights and 13 in one night,respectively. 

The Bamberg period analysis program,normally used for binary stars,cal- 

culated periods of 4.117h for G99-37 and .97h for G99-47. 

If we take the strongest linear polarization for phase l.O0,the IDS 

spectra of 1986 and the CCD spectra of 1987 (ESO 1.52m,i14 ~/mm) can 

be correlated to phases as shown in Table 1 for G99-37. 
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TABLE l:Spectra and their phases of G 99-37 
JD phase 

2446712.8667 .01 IDS 

2446713.8493 .74 IDS 

2446714.8507 .57 IDS 

2447112.8451 .16 CCD 

2447113.8181 .83 CCD 

2 4 4 7 1 1 3 . 8 3 8 9  . 9 5  CCD 

2 4 4 7 5 1 4 . 8 0 0 7  . 5 6  CCD 

2 4 4 7 1 1 4 . 8 2 2 9  . 6 8  CCD 

2 4 4 7 2 6 6 . 5 0 7 3  . 7 3  CCD 

The two spectra of Fig.l demonstrate well the shift of the band heads 

and the variation in strengths for the C 2 (0,0),(2,2),(1,0) and (3,2)- 

transition. CH is less involved in phase changes. 

~ 99-37 

t . . .  

J 
42b 4 ~  ~ x ~7~ 

Fig.l: Two blue IDS-spectra of G99-37 with phases .01 and .74 

C 2 (i,0) and H show the strongest displacements. 

For G 99-47,Fig.2 shows the strongest H}~ feature with the ~component 

shifted by only 2 ~ in the lower part,which corresponds to the smallest 

field,the upper Zeeman triplet is correlated to the H field deter- 

mined by Liebert et ai.(1975) to be 5.6xlO2Tesla. Due to the very short 

period and the necessary exposure times of at least i0 min,the phase 
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correlation for less noisy spectra (30 min exp.time) is not of much use 

for a reproduction of the spectrum by model atmospheres. 

r ~  
~r  

G99-47 

I 
I 

HI,' 
I 
I 

I 
! 

! ! 

4341. I I ~- 4600 

Fig.2:2 spectra of the 

region of G99-47 with 

short exposure times.The 

unshifted position of H~ 
@ 

is indicated. 

0- 

I I I I 

000 ~ 500 5 000 5 500 .~ 

Fig.3 :Flux of a model atmosphere of 

6000 K,B=IOSTesla compared to 

a transformed IT spectrum(lOmin 

exposure time) 

ANALYSIS 

For white dwarfs with Teff~ 7000°K and observed polarization of more 

than 2% line and band shifts due to the quadratic Zeeman effect are im- 

portant for the Rosseland mean of the opacity since the major part of 

the flux is radiated in the visible region of the spectrum.A certain 

amount of carbon has to be taken into account already for the initial 

parameters like~ and P . We calculated tables for gas pressures of 105 
g 

to i0 I0 and temperatures of ii000 D to 5000°K for several magnetic fields. 

Model atmospheres have been computed for Teff: 6000 K and 7000 K,log g 
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4~o 

=8 for H/He=IO00 and 10 -3 . Special emphasis is taken for the absorption 

of the Balmer lines,single rotational transitions of C 2 and CH,where the 

semiempirical parameters,derived by Pragal (1986) from our earlier spec- 

tra of G 99-37 were used. 

For the combined solution of radiation and polarization in the model 

atmosphere a modified Unno scheme was solved by numerical integration. 

Fig. S shows the result for a high field strength of G99-47,the spectrum 

appears to be continuous due to the high pressure. The outer structure 

of the hydrogen atmosphere should be calculated in more detail to obtain 

line profiles. 

For G 99-ST,Fig.4 demonstrates the behaviour of the C 2 band heads for 

i=90°,where a detailed structure of (0,0), (i,i) and (2,2) is obtained 

for B)lOSTesla. So we are optimistic aboutour theoretical treatment of 

C 2 with magnetic field strength for variaus phases of G 99-S7 and the 

other stars with carbon and stronger fields to get information on 

field strength and composition. 

I~ 4 ' , , ' 

c 2 ~  c 2 A~ Tel f 6000K 
- - - B,1.5"103 T 

c : ~  3 T 

Fig.4 The flux 

' ~ ,x 

of a model atmosphere relevant 

for phase .45 of G99-37 with B: lOSTesla, 

phase .01 with B= l. SxlOSTesla. (H/He:IO -S,H/g=lO) 
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Synthetic Spectra of Magnetic White  Dwarfs 

Stefan Jordan 
Inst i tut  fiir Theoretische Physik und Sternwarte der Universit•t Kiel 

Olshausenstrat]e 40, D-2300 Kiel 1, Federal Repubhc of Germany 

Abstract 

A new program for the calculation of theoretical spectra and wavelength dependend degrees of the 
linear and circular polarization for magnetic white dwarfs with hydrogen atmospheres has been 
developed. The main improvement compared to previous models is a more realistic treatment of 
the bound-free absorption and of the magnetooptieal parameters arising from free electrons in the 
continuum. For the newly discovered magnetic white dwarf HS 1254+3430 a polar field strength 
of 18 MG was found. Calculations for the high field object Grw +70°8247 confirms the results 
of Wickramasinghe and Ferrario (320 MG) but gave a better fit to the spectrum at wavelengths 
larger than 6200 ~. 

Introduction 

From the position of the Zeeman components in the spectrum of magnetic white dwarfs approxi- 
mate field strenths can be determined. To get more infomation about the field structure detailed 
computer models are necessary. Martin and Wickramasinghe (see Wickramasinghe and Ferrario, 
1988 for references) analyzed four DA white dwarfs between 5 and 36 MG by solving the equations 
of radiative transport  in a magnetized atmosphere and using the Zeeman calculations of Kemic 
(1974). Since 1984 hne data for B>10SG are available (RSsner et al., 1984 and Forster et al., 1984, 
T£ibingen; Henry and O'Connell, 1984) and made the interpretation of objects with very strong 
fields possible. Assuming a dipol with a polar field strength of Bp = 320 MG Wickramasinghe 
and Ferrario (1988, referred to as WF) were able to get a good fit to the spectrum of the famous 
object Grw +70°8247 between 3500 and 6200 A. The calculated flux at longer wavelengths and the 
prediction for the linear and circular polarization showed major discrepancies with the observations 
made by Angel et al. (1985). 

New synthetic spectra have been computed with the program described in this paper. They 
confirm the field configuration of Grw +70°8247 found by WF but give a better agreement with 
the observed flux between 6200 and 9200 ]~. Since polarization is more sensitive to changes in 
the continuum opacities than the flux, the calculated polarization still differs seriously from the 
observed values. 

M o d e l  Description 

Special attention was given to the physics at fields higher than 100 MG. The details of the model 
will be described in a forthcoming paper. Here only a short synopsis can be given: 

• Zero field pure hydrogen model atmospheres (Koester et a2, 1979) for log 9 = 8 have been used 
to determine the temperature and pressure stratification. This can only be justified if Lorentz 
forces do not donrinate the hydrostatic structure at optical depths >J0-L Provided that the decay 
of the global magnetic field of the star is responsible for the electric current distribution in the 
outer layers - only slow rotation is allowed in this case rotating - a procedure of Landstreet (1987) 
can be apphed to estimate the strength of the Lorentz forces. With the new data  of Wendell et 
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al. (1987) for the decay time of the field, which differ by up to a factor of eight from the values of 
Fontalne et al. (1973) used by Landstreet, it can be shown that Lorentz forces are negligible even 
at fields higher than 100 MG. 

Since the measured degree of polarization normally amounts only to a few percent (<79~ in 
Grw +70°8247 ) the normal equation of radiative transport is sufficient for the model atmosphere. 

A test calculation indicates that cyclotron absorption can become important at B > 100 MG 
and lead to somewhat smaller temperatures at small optical depths compared to the models that 
are the basis for the spectra of Grw +70°8247 presented in this paper. 

• The stellar surface is derided into a grid of small elements by circles of constant lati tude and 
longitude (the magnetic pole defines the orientation of the spherical coordinate system). After a 
field configuration (e.g. a centered dipol) is specified the average vector and the variation of the 
magnetic field is determined for each element. 

• On each surface element the coupled equations of radiative transport  in a magnetized plasma 
(Haxdorp et al., 1976) is solved for the Stokes parameters I ,  Q, U and V by a method similar to 
that of Martin und Wickramasinghe (1979). The results must be integrated in order to get the 
emergent flux and polarization for the whole stellar disc. 

• New tables from the T/ibingen group (by courtesy of Wunner, 1986) - containing a narrower grid 
of line positions and opacities than the published data  - make it possible to take quick oscillations 
of the line strengths with varying magnetic field (Wunner et al, 1986) into account. 

• While exact data  for the lines are available the situation concerning the continuum opacities is 
very unsatisfactory. The first order approximation of Lamb and Sutherland (1974) is still the only 
existing method to calculate hydrogen bound-free absorption for different changes of the magnetic 
quantum number Am. The procedure calculates the oscillator strengths from zero field values at 
a frequency shifted by the Laxmor value (eB/4rm, c)Am. As one can see from the asymptotic 
behaviour of the line components the position of the absorption edges can not be described by this 
simple Zeeman splitting even at arbitrarily small fields. To get correct wavelengths for the bound- 
free threshold the energy difference between the exactly known bound states and the minimum 
energy of the lowest Landau level that can be reached by a specific Am transitions is used here. At 
the Balmer edge 12 transitions (4 for each Am) with 8 different wavelenths are found (see figure 1). 
The Lamb and Sutherland opacities are distributed to the different Am components by applying 
the Wigner Eckaxt theorem. 

While thus the begin of the bound-free absorption is known, problems have to be expected if 
the Lamb and Sutherland approximation is used for the calculation of the absorption strengths at 
B>5 • 10rG.  

F i g u r e  1, 
bound-free transitions at 
the Balmer edge with min- 
imum energy difference. 

2 Land ~u[ e v 

P+I 

2S0 2PO 
2P-~ 

• Cyclotron absorption is included allowing for simultaneous broadening of the absorption profile 
by the Doppler effect and collisions of electrons. 

• The magnetooptical parameters of the lines axe calculated following a method of Wit tmann 
(1974). The formulae of Pacholczyk (1976) have been used by Martin und Wickramasinghe (1982) 
to calculate the Faraday and Voigt effect arising from free electrons in the continuum. The singu- 
laxity at the cyclotron frequency in this formulae is avoided here by using a consistent approach 
(Jordan and O~Connell, 1987) that takes electron collisions into account. 
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• The profiles of the opacities and the magnetooptical parameters are broadened by the magnetic 
field variation over a single surface element. This minimizes numerical bumps resulting from the 
discretization of the stellar disc and the number of surface elements neccessary for the computation. 

R e s u l t s  

The program was tested by calculating synthetic spectra for the 36 MG object BPM 25114 which 
has already been analyzed by Martin und Wickramasinghe (1978). The agreement with the obser- 
vation is somewhat better in detail mainly because of the new line opacities used here. 

The observed spectrum of HS 1254+3430 was compared to theoretical spectra for models 
with different field configurations and effective temperatures. A good agreement was found for 
Bp = 18 ± 2 MG, a viewing angle with respect to the dipol axis of i = 70 ° ± 20 ° andT~ff = 
14000 ± 2000 K (see figure 2). 

F i g u r e  2: 
Synthetic spectrum for 
T~// = 15000K, 
Bp = 18 MG and i : 70 ° 
compared to the observa- 
tion of HS 1254+3430 
(Hagen et al., 1987). 

3600 4 0 0 0  4 4 0 0  4 8 0 0  5200 5500 6000 6400 5860 

Grw +70°8247 has a much stronger field strength. Figure 3 (top) compares a synthetic spec- 
trum for Tell = 16000 K with the observations of Angel et al. (1985, the two center curves) and 
confirms the result of WF (bottom, Teyf = 14000 K) who found a dipol field with Bp = 320 MG 
and i = 30 °. 

F igu re  3: 
Spectra of 
Grw +70°8247 (see text for 
explanations) 

h t , , , h , , ~ ,  

3 4 0 0  3BOO 4 2 0 0  4 6 0 0  5 0 0 0  5 4 0 0  5 8 0 0  6 2 0 0  . 

While WF were not able to obtain a good fit in the red and infrared region (figure 4a) fgure 4b 
gives a reasonable agreement with the observed flux distribution. 

The absolute strength and the wavelength dependence of the .linear and circular polarization 
predicted by the model used here still differs seriously from the observations and shows no im- 
provement compared to the results of WF. 

While the flux calculations suggest that the total continuum opacity is fairly good reproduced 
by the new method, the contributions of the different Am transitions are not correctly described 
by the Lamb and Sutherland approximation at strong fields. Further progress can therefore only 
be expected when consistend multiehannel calculations for the continuum absorption become avail- 
able. 
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Figure 4a: 
Synthetical spectrum 
of Grw +70°8247 
at long wavelengths (Wick- 
ramasinghe and 
Ferrario, 1988) 

Figure 4b: 
New fit 
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Summary 
We show that the existence of the AM Her period spike implies (i) a unique white dwarf mass 

0.6 -- 0.7Mo for most magnetic CV's (ii) nova explosions remove exactly the accreted mass from 

magnetic white dwarfs, and (iii) the maximum magnetic field for most CV's is <_ 4 × 107 G. The 

existence of the spike is very strong support for the idea that the period gap results from a drastic 

reduction of angular momentum losses when the secondary star becomes fully convective. 

1. I n t r o d u c t i o n  

The period distribution of AM Herculis magnetic cataclysmic binaries is well known to be highly 

non-uniform. In particular, there is a large, highly significant 1 accumulation (6 out of 15) of 

systems in the interval 113.5 - 114.8 minutes. Recently we (Hameury et al. 2, hereafter HKLR) 

proposed an explanation for this in terms of the resumption of mass transfer after these systems 

have crossed the period gap. When accretion resumes at a period of about 2 hr, the fully convective 

secondary star undergoes a short (Kelvin-Helmholtz time) episode of adiabatic expansion, until it 

is sufficiently far out of thermal equilibrium that it can contract under the influence of mass loss. 

Therefore, the orbital period first increases by 2 to 3 min, reaches a maximum, and decreases. 

This produces two effects which combine to enhance the discovery probability at this point: (i) the 

mass transfer rate -A~/~ is about twice the value for a star close to the main sequence contracting 

in response to mass loss, and (ii) the expansion and subsequent contraction of the secondary 

lengthens the time spent near the initial period. To give the observed period "spike" requires 

most systems to have similar parameters when mass transfer resumes at the lower edge of the 

period gap: otherwise the initial value of P0 would not be the same and the spike would be 

smeared out. The secondary stars are naturally rather similar if, as suggested by Rappaport et 

al? and Spruit & Ritter 4, the gap is caused by them becoming fully convective. Thus at the spike, 

M~ ~- 0.2 Mo. Further, the period spike implies constraints on the primary masses which have 

been examined by Hameury et al.S(hereafter HKL). Higher masses cause a narrower period gap 

and hence a higher value P0 of the initial period below the gap. The discovery of EXO 033319- 

2554.2 at a period of 127 rain implies a significantly larger white dwarf mass (unless it is one 

337 



of the  rare  systems which f o rm  in the  per iod gap). This  predic t ion was subsequent ly  suppor ted  

by radia l -ve loci ty  measurement s  ¢. Thus ,  cont rary  to the  suggest ion of Be r r iman  & Smi th  7, the 

existence of an  AM Her sys tem at 127 min  does not  necess i ta te  a modif icat ion of our  model,  bu t  

actual ly  provides s t rong conf i rmat ion  of its validity. In two recent  papers  s'9 we have examined  the  

impl icat ions  of the  values of/1//1 predic ted  for the  spike and  EXO 033319-2554.2 for the  under lying 

mass  d i s t r ibu t ion ,  nova efficiency and  magnet ic  fields. 

2. M a s s  loss ,  s e c u l a r  e v o l u t i o n  a n d  n o v a  e f f ic iency .  

HKL calculate  the  secular evolut ion of CV's  in which a f rac t ion /~ of the  t ransfer red  mass  is 

u l t imate ly  re ta ined  by the  whi te  dwarf,  i.e. the  p r imary  and  secondary  masses vary  wi th  t ime 

according to: 

~M~ ~M~ 
dt - - dt (1) 

Thus  ~ < 0 implies t h a t  nova explosions gradual ly  reduce the  mass  of the  whi te  dwarf  despite  the  

accretion.  The  evolut ion is assumed to be driven by angular  m o m e n t u m  losses via gravi ta t ional  

r ad ia t ion  and  magnet ic  braking.  The  secondary  is modelled as two polyt ropes  (convective envelope 

and  radia t ive  core) after the  prescr ip t ion  of R a p p a p o r t  et  al 3. (see HKLR for full details) .  HKL 
--/id a consider  the  cases ~ = 0, ~0 .5  a n d / ?  = 2e , -- 1, the  la t te r  describing s i tua t ions  in which mass  

ejection is much  s t ronger  in h igh mass systems.  In each case it was required t h a t  the  per iod P0 at 

which the  sys tems resume mass t ransfer  after  crossing the  gap be  115 min.  The  resul t ing  values 

of M1 for sys tems in the  spike and  EXO 033319-2554.2 are shown in table  1: 

/? M t  (sp ike) /Mo M t  ( E X O ) / M o  P,~a, (hr) P~,,~;~(hr) 

0 

-0.5 

0.5 

2e -M~ - 1 

0.70 -~: 0.10 1.27 =t= 0.12 7.2 4.0 

0.48 ± 0.13 1.0 =t= 0.2 10 - 

0.80 i 0.01 1.43 -t: 0.01 5 - 

0.80 :~= 0.01 1.09 2= 0.01 4.5 - 

Table 1: required masses of the primary and secondary for different values of ft. It has been assumed (i) 

that the initial secondary mass is 0.6 M o and (ii) that  the spike in the period distribution is at 115 rain 

exactly; the range in M1 does not take into account the width of the spike. This adds ~ 0.05 Mo to the 

uncertainties in Ms. Pm~z is the maximum period for stable mass transfer of a system which would resume 

mass transfer at a period of 114 min, assuming that  the secondary is on the initial main sequence when it 

first enters into contact (in this case, the secondary mass is not fixed at 0.6 Mo). Pin,mi~ is the shortest 

period at which a system can form if the existence of the spike is not to require a relation between M1 and 

M~. 

Systems wi th  init ial  p r imary  masses ]YIl,i, can in principle form at  any per iod P~, less t h a n  P , ~ ,  

defined as the  m a x i m u m  per iod for which mass  t ransfer  is s table,  assuming t h a t  the  secondary  is 

on the  ma in  sequence.  At  per iods > 4 hr,  the  systems would be in te rmedia te  polars l° 'n .  Pi~ and  

the ini t ial  secondary  mass  are re la ted by the  usual  Roche lobe condi t ion:  1~ 
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Pi, "~ 9 M2,~,/Mo hr (2) 

In all cases except fl = 0 however, Ml, i ,  must be tightly specified as a function of M~,i. if the 

subsequent evolution is to pass through the spike (i.e. resume mass transfer) at the correct period 

P0 - 114 min. This is a direct consequence of the fact that  if/3 ~ 0, the value of M1 at a given 

period depends not only on MI.~,, but  also on how much mass the white dwarf has lost or gained 

during the subsequent evolution, and hence for how long mass transfer has been running. The 

actual value of P0 is very sensitive to the value of the mass ratio M2/M1 at the upper edge of the 

gap. This can be understood by realizing that  the gap occurs because during the mass transer 

phase the secondary is out of equilibrium and therefore oversized with respect to its main sequence 

radius. When the braking mechanism is suddenly interrupted (or severely reduced) the secondary 

star contracts towards its main sequence configuration. The length of the gap will depend on 

how far its radius was from the main sequence value. For a given braking mechanism, this in 

turn depends on the mass ratio M1/M2. Unless fl ~ 0 there must therefore be an unexplained 

relation between the initial MI,~, and M~,~n. We deduce tha t /3  has to be very close to zero. Even 

for f l= 0 a system may miss the spike if it was born too close to the upper edge of the gap, and 

consequently the secondary did not have enough t ime to build up the required deviation from 

thermal  equilibrium. One has then a minimum initial period P i , , , ~ =  4 hr and a minimum initial 

secondary mass M2,in= 0.45 M o. 

The conclusion that  f l~  0 is supported by nova models°: in magnetic systems the field prevents 

mixing and therefore does not allow for the ejection of more mass than the amount  accreted, but 

the white dwarf loses almost all the accreted material  during the optically thick wind phase of the 

outburst .  

The analysis of initial mass distribution and selection effects s shows that  strongly magnetic 

CV's can be divided into two groups: 

1. the low (-~ 0.7 Mo) mass group which accounts for ~ 90% of observed magnetic CV's and 

90-99% of all magnetic CV's,  and 2: high mass, with white dwarf masses in the range I 1.4 

Mo;EXO 033319-2554.2 and V 1500 Cyg are the two known members of this class. 

3. M a g n e t i c  f ie ld  s t r e n g t h s  

Most AM Her binaries have white dwarfs magnetic fields 13 B1 < 3 × 10 r G 13, whereas isolated 

white dwarfs can have fields up to at least 14 5 x 10 s G. Since most properties of magnetic binaries 

depend on the magnetic moment, the upper limit on magnetic field was difficult to understand. 

However, if one neglects the high mass group we may regard AM Her systems as having effectively 

a unique white dwarf mass. With R1 essentially fixed at -~ 8 × 103 cm, the limit on B becomes a 

limit on #1 through/z  1 = 5 x 1033Bz G c m  3 where Bz is B1 in units of 10 z G. We have shown ° that,  

/~1 _> 2 × 1034 G c m  3, (thus, fields stronger than B7 ~ 4) implies catastrophic angular momentum 

losses 3; as a result of coupling of the secondary stellar wind with the white dwarf magnetic field 13. 

These drive the secular evolution so rapidly that  the systems enter a prolonged period gap at 

P ~ 5 hr, remaining as detached systems for a t ime of order the Hubble time. Some of these 

systems may in fact be observed as apparently isolated, rapidly rotat ing and highly magnetic 

white dwarfs 14, or as non-magnetic white dwarfs with brown dwarf companions. 
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4. Conc lus ions  

The AM Her period spike implies that: 

(i) the period of 114 rain is special: all secondaries are identical at the lower edge of the gap, (ii) 

M1 ~ 0.6 - 0.7Mo for most systems, (iii) M1 stays constant during the evolution; nova outbursts 

on magnetic CV's eject just the accreted matter,  (iv) the mass of EXO 033319-2554.2, with a 

period of 127 rain is ~- 1.3 Mo, (v) for most systems B , ~  ~ 4 × 107 G. 
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ABSTRACT. The measurement of the rate of change of period with time for the g-mode pulsations 
in ZZ Ceti stars is a direct measurement of the cooling timescale for a DA white dwarf, which in turn 
can give a totally independent measurement of the age of the galactic disk. Using asteroseismology, 
we have obtained a rate of change of the period of the dominant pulsation in the light curve of the 
ZZ Ceti star Gl l7 -B15A of dP/d t  = (12.5 -4- 5.5) x 10 -15 s/s, equivalent to a timescale for period 
change of P I P  = (5.5 -4- 2.4) x l0 s yr, which is consistent with the theoretical value for the cooling 
timescale of a DA white dwarf around 11,000 K. 

1. INTRODUCTION 

The ZZ Ceti stars are the single normal DA white dwarfs which show luminosity variations. 
Fontaine et. al. (I982) and Greenstein (1982), using a homogeneous set of colors, found that  all 
observed DA white dwarfs in the color range corresponding to effective temperatures in a narrow 
strip (~  1400 K wide) around 11000 K were ZZ Ceti stars. Similar results were obtained from IUE 
spectra (Wesemael, Lamontagne and Fontaine 1986). There are 20 known ZZ Cetis, all multiperiodic, 
with periods ranging from 109 to 1186 sec and peak-to- peak light variations from 2 to 34 %. The 
observed variations are due to nonradial g-mode pulsations (Kepl.er 1984) and, since each periodicity 
constrain independently the properties and structure of the star, the observed pulsations can ideally 
be used to infer the whole structure of the white dwarf, as demonstrated by the mode trapping 
calculations of Winget et. al. (1982). For a review of the properties of the ZZ Ceti stars, see Winget 
(1988). The timescale for period change for the pulsations observed in the ZZ Ceti stars is directly 
proportional to the cooling timescale of the white dwarf, which can be transformed to the white 
dwarf birth rate through the measurement of their space densities. The rate of period change also 
gives directly the core composition, since the cooling timescale is directly related to the equation of 
state of the white dwarf core and can be used to distinguish among different core-composition white 
dwarfs (Robinson and Kepler 1980, Winget and Van Horn 1987). Most importantly, the white dwarf 
cooling timescale gives a totally independent measurement of the age of the galactic disk (Winget 
et al. 1987). 

Continuing our work reported in Kepler et. al. (1982), we have observed one the simplest ZZ 
Ceti stars, Gl l7-B15A, with high speed photometry to measure its rate of period change. 
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T a b l e  1 
Journal of Observations since 1982 

Run Length of Integration Fractional BJ DD at Maximum Error 
Observation Time (sec) Semi- (244 0000.0+) (sec) 

(hr) Amplitude 

2593 0.9 10 0.024 4637.776174 1.6 
2597 7.0 10 0/023 4641.624287 0.5 
2629 2.1 10 0.022 4992.789531 1.2 
2633 6.6 10 0.021 4994.689956 0.7 
2637 3A 10 0.024 4996.744801 0.8 
2640 3.7 10 0.024 4997.723649 0.7 
JES1 2.9 10 0.021 5021.716661 1.0 
2869 3.2 10 0.022 5703.860004 1.4 
2870 5.6 10 0,028 5734,642701 0.7 
2872 2.4 10 0.025 5735.643972 0.8 
ER60 3.8 5 0.023 6113.763716 0.7 
E R l l 0  1.8 5 0.021 6443.775386 1.0 
3096 5.9 5 0.023 6468.630178 0.5 
3106 1.2 10 0.024 6473.718679 0.9 
3141 1.0 10 0.022 6523.620086 1.3 
3143 1.0 10 0.020 6524.613917 1.3 
AT13* 3.8 5 0.018 6768.855451 2.3 
9004 2.0 10 0.022 6794.935676 1.0 
9009 1.2 10 0.018 6796.928219 1.9 
9012 1.9 10 0.022 6797.924535 1.3 
9014 2.8 10 0.024 6798.903378 0.9 
DEW1 1.7 10 0.018 6823.663537 1.5 
DEW2 4.5 10 0.020 6825.651132 1.6 
GV1 2.4 6 0.022 7231.328096 1.1 
REN23 3.0 10 0.022 7231.612054 0.7 
GV2 1.5 6 0.017 7232.396626 3.4 
REN25- 2.4 10 0,020 7232.623291 2.7 
GV3 2.9 6 0.0t9 7233.343090 2.1 
REN27 2.2 10 0.022 7233.634506 1.9 
GV4 3.4 6 0.022 7234.319475 1.3 
GV5 3.2 6 0.020 7235.313250 1.6 
REN30 2.7 10 0221 7235.607168 1.2 
REN32 2.5 10 0.022 7236.610922 0.9 

* da ta  taken on the 91 cm telescope, with companion inside aperture 

2. OBSEP~VATIONS 

In 1982 we used our 85 hours of high speed photometry on the star to show that  the light 
curve of Gl l7 -B15A has at least sh: pulsation modes simultaneously excited with periods of 107.6 s, 
119.8 s, 126.2 s, 215.2 s, 271.0 s, and 304.4 s. The 215.2 s pulsation has a fractional semiamplitude 
of 0.022, nearly 3 times greater than that  of any other pulsation and dominates completely the 
light curve. We could then derive an upper limit for the rate of change of period with time of 
l P [-< 7.8 x t 0 -14s / s  for this pulsation. 

We have since then obtained additional 80 hours of high speed photometry using a two-star 
photometer (Nather 1973) on the 2.1m Struve telescope, plus 4 hours on the 91 cm telescope, at 
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McDonald Observatory, plus another 13 hours on the 1.9 m telescope at Haute Provence Observatory 
to improve our estimate of the rate of period change for this pulsation. The data now spans 13 years. 
The observations were obtained with a blue-sensitive bialkali phototube, and as Gll7-B15A is rather 
faint, V=15.52 (Eggen and Greenstein 1965), all measurements were obtained in unfiltered light in 
order to improve the photon detection rate. The amplitudes observed should be used with caution, 
since they are wavelength dependent (Robinson, Kepler, and Nather 1982, Brassard, Wesemael and 
Fontaine 1987), and the effective wavelength of our white-light photometry is not well determined. 
Table 1 gives a journal of the observations since 1982. The quoted errors throughout this paper are 
one standard deviation. 

3. DATA ANALYSIS 

The method for data reduction and conversion of the time base from UTC to the more uniform 
Barycentric Julian Dynamical Date (prior Barycentric Julian Ephemeris Date) was described in 
Kepler el. al. (1982). 

The first step of our analysis was to take Fourier transforms of each night's data to verify 
which pulsations were present. We had to take in account that only on the runs longer than about 
4 hours we could see the three largest amplitude pulsations separetely, and that the three smallest 
amplitude pulsations could only be seen in power spectra taken with all the seasonal data at once. 
Our conclusion is that the pulsational power spectrum of Gll7-B15A has remained the same during 
the 13 years we have observed the star; all the 6 pulsations detected in 1982 are still present in the 
data, with the 215.2 s pulsation dominating the light curve. 
4. THE UPPER LIMIT TO P 

Our method of measuring the rate of period change is as follows: first, we fit a sinusoidal with a 
period of 215.2 s to the data by least squares to obtain the time of maximum of the pulsation for each 
night's data. After converting the obtained time of maxima to the barycenter of the solar system, 
we calculate the difference between the observed (O) times of maxima and the times of maxima 
calculated (C) using a linear ephemeris starting on our first observation, obtaining therefore an (O- 
C) diagram (Figure 1). Unique cycle counts E were obtained for each night since the period derived 
in 1982 was extremely accurate, permitting us to bridge the whole data base without any possibility 
of cycle count error. The fairly large apparent scatter in the diagram is an artifact of the varying 
quality of the different runs; no data point lies more than 3 a away from zero. 

The rate of period change for the pulsation, as well as a correction to the period and phase, 
can then be obtained by fitting a parabola to the (O-C), since: 

1 
( O - C )  = Eo + P . E + ~ P  . /5. E 2 

where E0 is the epoch of observation, P is the period, E is the number of cycles elapsed since E0, 
and/5  is the rate of change of period with time, dP/dt.  

Using this formulae to fit a parabola by weighted least--~quares to the 69 times of maxima 
obtained since 1975, one for each run of data, we obtain: 

E0 = BJDD 2442397.917521 4- 0.000007 days 

P = 215.1973870 4- 0.00000tJsec 

dP/dt  = (12.5 4- 5.5) × 10 -15 s/s 

o r  

P I P  -- (5.5 4- 2.4) x l0 s yr. 

The observed/5 should be considered only as an upper limit, since our measurement of it is still not 
converging to any value, as can be seen from Table 2, which gives the result of the parabola fit to 
the (O-C) including data obtained from 1975 up to that year. 
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Table  2 
Evolution of the P Measurement 

Year dP/dt 

1980 (5.5 ± 4.7) x 10 -14 
1981 (5.3 :t: 2.3) x 10 -14 
1982 (0.4 q- 2.2) x 10 -14 
1984 (0.5 :t: 1.3) x 10 -14 
1985 (0.4 :k 1.1) x 10 -14 
1986 - ( 0 . 6 i  0.8) x 10 -14 
1987 -(0.4:[:  0.7) x 10 -14 
1988 (1.2 :t: 0.6) x 10 -14 

5. DISCUSSION 

The observational upper limit on the rate of period change can be compared with the theoret- 
ical rate of period change of nonradial g- mode pulsations calculated by Winget (1981), Wood and 
Winget (1988), and Bradley, Winget and Wood (1988 - these Proceedings), caused by the cooling 
of the white dwarf. The calculations were made with linear, nonadiabatic pulsation code, and used 
evolutionary models for carbon core white dwarfs incorporating stratified R/Re envelopes consistent 
with diffusion equilibrium. For models corresponding to the ZZ Ceti stars, they found ~6 ~ 3 × 10 -15 
s/s (P/]~ ~ 2 x 109 yr) for a pure carbon core white dwarf and modes with low k and ~ values, at 
a temperature of Tel! ~ 13000 like GllT-B15A. As demonstrated by Dziembowski (1977), simple 
geometrical considerations imply that the observed modes are low ~ values. Since the heat leakage 
is proportional to the mean atomic weight of the core composition, the rate of change of period with 
time for a white dwarf with Fe core can be as large as 15 ~ 1.4 x 10 -14 s/s (P/15 ~ 5 x 10Syr), for 
low k and g g-modes. Our results are therefore still consistent with the theoretical expectations for 
g-modes, even for models with an Fe-core. 

Since our limit on PIP  will continue to improve quadratically with the time baseline the star 
is observed, or about 17 % per year nowadays, we expect to reach the precision predicted time scale 
for a C/O core in 10 years. If, on the other hand, the value for P we obtained is real, in 2 years it 
will be a 3 a measurement. We can therefore measure the evolutionary timescale for a cool white 
dwarf, equivalent to that measured by Winget et al. (1985) for the hot white dwarf PGl159-035. 
These measurements are crucial to an independent way of directly measuring the age of the galactic 
disk, which in turn can be used to measure the age of the Universe. 

In order to measure a rate of change of period with time of the order of 10 -14 s/s, like the 
one observed in Gl17-B15A, there is a very stringent restriction on the dynamical environment of 
the white dwarf, since even a planet of the mass of Jupiter, and at the same distance from the white 
dwarf that Jupiter is from the Sun, would give an apparent rate of change of the pulsation period, 
i.e., of the arrival time of the pulses of the order of 10 -12 s/s; with the times of maxima varying 
periodically as the pulsating star moves around the barycenter of the system. That means that to 
give a 15 of the order of 10-14s/s, the white dwarf cannot have any body of even a large planet 
mass orbiting it. The technique of measuring rates of change of periods with time may therefore 
prove itself ultimately capable of detecting planets outside the solar system, in addition to producing 
information on the stellar structure and evolution. 

This work was partially supported by grants from CNPq-Brazil, NSF-USA, and CNRS-France. 
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Figure I. The (O-C) diagram for the 215.2 s pulsation of  Gll7-BI5A. The observed times of 
maxima are listed in Table 1, and the calculated times of maxima were derived using a linear 
ephemeris starting on BJED 244 2397.917507. 
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PRESSURE SHIFTS OF METRL LINES IN COOL WHITE DWARFS 
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Rbstrac~ 

Model atmosphere techniques and an experimental ly confirmed theory of 
c o l l i s i o n  broadening of Call H and K by helium have been combined to show that 
the d i f ference in ve loc i t y  sh i f t s  for  the two l ines is a sens i t i ve  diagnostic 
for 'the H/He abundance r a t i o  in cool,  Meta l l i c  l i ne  white dwarfs. 

I .  In t roduct ion 

Greens te in  (1972) d iscussed the  r o l e  of pressure s h i f t s  in  h is  a n a l y s i s  

of the radial velocity of the DZ8 van Maanen 2. He measured a discrepancy of 

29 km/s in ve loc i t y  of the two f i ne  structure components, H and K, of CaII. 

Now that  high resolut ion spectra of OZ stars are becoming ava i lab le  (see, fo r  

example, Wagner, Sion, L iebert  and S t a r r f i e l d  1988~ L ieber t ,  Wehrse and Green 

1987), and the theoretical approach to neutral collision broadening has 

r e c e n t l y  improved beyond the c l a s s i c a l  t rea tments  of van der  Waals and 

Lennard-Jones i n t e r a c t i o n  p o t e n t i a l s ,  a more p rec i se  s tudy  of  p ressure  s h i f t s  

in  these h igh  d e n s i t y  atmospheres seems warranted,  

The goals of this work are to provide corrections to observed radial 

v e l o c i t i e s  for  more accurate gr'avi~ational redshi f t  determinations, and to 

determine i f  ~he f ine st ructure s h i f t  behavior might provide evidence of the 

H/He ratios. This evidence can be crucial in studies of accretion hypotheses 

(e.g., Rannestad and Sion 1985; Zeidler, Weidemann and Koastar 1986). 

If. Collision Broadening and Shift.s 

Laboralory measurements of both broadening and sh i f t s  of CalI H and K by 

helium under white dwarf atmospheric condit ions were made by Hammond (1975). 

Those damping constants were used in a whi~e dwarf model atmosphere program 

(Hammond 1974), but the experimental shifts were small and the temperature 

range was too small for accurate determination of the temperature dependences. 

R recent theoretical study of the perturbation of both H and K lines of 

CaII by helium collisions was made by Monteiro, Cooper, Dickinson and Leuis 

(1986) using Modal potential methods, That work predicts broadening and shift 

parameters under impact approximation condit ions, and the temperature 

dependence of these quanti~ies. 
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The excellen~ agreement betLaeen experiment and theory for  the damping 

constants has already been described (Hammond 1987). The agreement for shifts 

is shoun in Figure I, ~here least squares fits to both ~heory plus experiment 

(a), and to theory alone (b), are shoun. Aside from some numerical noise in 

0 , i "  ~ ' i '  I" i ' i '  I t . . . . . . . . . .  i = I ' "  t .  1 t i 
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Fig. I - -  Temperature dependence of the Call H & K l i ne  shif~ parameters. 
The experimental points ( f i l l e d  squares) show the probable errors from nine 
measurement~ at an average temperature of 5 Z 0 0  K. 

~he t heo re t i ca l  points (open squares), there is good agreement in magnitude, 

~emperature dependence, and s h i f t  d i rec t ion .  The f i t s  fo r  theore t i ca l  plus 

experimental points, (a),  have been added to the model atmosphere code. 

~ I I .  Model ~ Proqram. 

The ear ly  form of the code uas u r i l t e n  by Bel l  (1970) for  uork on G and K 

giants. Hammond (1974) modified it to treat high oravi~y stars, paying close 

attention ~o obtaining flux constancy in the presence of s~rong convection. 

The program y ie lds f lux-constant ,  non-grey, LTE models, and calculates UBVRI 

and uvby colors and several MCSP colors (Breenslein 1984). The H and K l ine  
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0 
p r o f i l e s  are cal~Jlated at Z A i n t e r va l s  from 3888 ¢o 401Z ~. The l i ne  f luxes 

are convolved with an instrumental s l i t  funct ion of 4 ~ hal l ' -width. The wave- 

length shifts are measured by fitting a trigonometric series expansion to the 

l i ne  cores. The wavelength of the bisector  of the core can thus be determined 
0 

t o  0 . 0 5  A ( 4  k m / s ) .  T h i s  t e c h n i q u e  s i ~ J l a t e s  t h e  G r e e n s t e i n  G r a n t  mach ine  

method u s e d  on p h o t o g r a p h i c  s p e c t r a ,  and i s  a p p l i c a b l e  t o  e l e c t r o n i c  s p e c t r a  

where noise at the minima also reduces precision. ]he f i t t i n g  funct ion also 

can f i t  the asymmetric p r o f i l e s  exh ib i ted by the cool, helium r ich models. 

IV. Results and D i s c u s s i o n  

\ 
E 

e- h 
H 
1- 
m 

J 

z w 
u/ i, 
11. 
S 

Inspection of Fig. I ind icates the H l ine  sh i f t s  much more than the K 

l i ne  at temperatures greater then 1@00 K, and the d i f fe rence in s h i f t ,  

V(H)-V(K), w i l l  then be a funct ion of atmospheric pressure. That pressure, in  

turn, w i l l  be a funct ion of the H/He r a t i o  due to the d i f f e r i n g  opaci t ies of H-  

and He-. I t  only remains to determine the magnitude of the d i f f e r e n t i a l  s h i f t .  

I 0 ~  i ~ ~ i ~ i i t " , . . . .  
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Fig. Z-- D i f f e r e n t i a l  s h i f t s  from the model gr id  and observational data. 
Points ( * )  on the curves are labeled with log Pg at tau=O.10. The f i l l e d  
squares are from data supplied by Sion (1988); the open square is  from 
6reenstein (1972). 
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The resu l ts  from a grid of models with e f fec t i ve  temperatures from 5600 K 

%o 8700 K and H/He abundance ra%ios from 10% %o 0.01~ are shown in Figure Z. 

RII Models were calcula%ed wiih log g = 8,0, and the metal abundances were 
o 

adjusted to yield equivalent widths of H plus K of about 35 R, a value %ypical 

of cool OZ s%ars. The upper limi% of 10~ hydrogen was dictated by %he lack of 

data on the shif%s of H and K by hydrogen collisions. The grid models are 

labeled wi%h log Pg at tau = 0.10~ the curves are empirical cubic sDline fi%s. 

There is a clear separation of the helium rich models from the hydrogen 

con%am%hated models~ the differential shift increases by about I dex for the 

helium rich models a% any effective %emperature. Rt differential shifts 

grea%er than abou% 50 km/s, the core of the H line becomes noticeably red 

asymmetric due %0 the high gas pressures and large shift parameters. This is 

also the regime where %he impact approximation becomes invalid for the line 

wings (helium number densities greater than 5.E÷Zl/cc), and the regime where 

departures from %he ideal gas equation of s%ate may become important. I% 

remains to be seen wheiher any real DZ stars exhibit such large differen%ial 

shifts and asymMe%ry. 

The differen%ial shift for vMaZ (open square, Greenstein 197Z) and for 

several DZ s%ars with high resolu%ion electronic spec%ra (filled squares, Sign 

1988) are shown in Fig. Z; %he effective temperatures are from matching model 

and observed colors and continuum ~lu×es. The agreemen% be%,aeen the old photo- 

graphic measuremen%s and the new data for vMaZ is Rood and indicates a H/He 

ratio between I% and 10~, a result that agrees with a determination from 

infrared colors (Hammond 1974). The resul% for Ross 640, log(H/He) = -4, 

agrees with %he hydrogen abundance found by Liebert (1977) from very weak 

Balmer lines. Several other cool OZ s%ars with strong H and K lines have been 

observed at high resolution by Sign (1988) and are now being analyzed in the 

above fashion. The present results show thai the differential shift, coupled 

with accurate effective temperatures, can reveal the H/He abundance ratio in 

cool DZ stars wi%hin ~li%e narrow limits. 
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IMPLICAT IONS  F O R  T HE  OBSERVED SOFT X - R A Y  F L U X E S  
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and 
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Drpartement de Physique and Observatoire du Mont Mrgantic 
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A B S T R A C T  

We have used IUE archive observations to obtain a new and independent estimate of  the effective 

temperature of Sirius B. In this effort we have modeled the observed Lyman alpha profile of  Sirius B as a 

function of effective temperature and find; Tel f = 24,500 + 500 K. This temperature is in good agreement 

with a recent result obtained from analysis of  EXOSAT soft X-ray  spectra of  Sirius B. In addition to 

providing confirmation of  the soft X-ray  result, this temperature implies that Sirius B is significantly cooler 

and larger in radius than most previous estimates. The radius, R = 0.090 -+ 0.005 R O, implied by the lower 

temperature is well in excess of  the radius of  fully degenerate star having the mass of  Sirius B. This 

investigation employed a unique set of  SWP archive spectra, acquired with Sirius B in the small aperture, 

which have proved to be free of  scattered light contamination from Sirius A. 

I N T R O D U C T I O N  

Sirius B has long been an object of  particular interest and the subject of  numerous detailed studies. 

Among the many reasons for the continued attention received by this star are its well determined 

astrometric mass and parallax, the nature of  its soft X-ray emission, and its association with Sirius A. The 

latter circumstance has been the motivation for a wide range of  suggestions regarding its evolutionary 

history. A major source continuing uncertainty regarding Sirius B has been its effective temperature. 

Achieving a reliable estimate for T~f would help reduce uncertainties in the radius o f  Sirius B, allowing 

critical comparisions with mass-radius relationships, and also provide an important verification of  the 

interpretations of various soft X- ray  observations of this star. 

Strong renewed interest in Sirius B developed in 1975 with the detection of soft X- ray  emission (Mewe 

et al. 1975) from the Sirius system. Initially this was interpreted as coronal emission from either Sirius A or 

B; however, it was subsequently realized that the observations could be explained on the basis of  

photospheric emission from the pure hydrogen atmosphere of Sirius B (Shipman 1976), provided the 

temperature was high enough. Since 1975 Sirius B has been intensively observed by a large number  of  

spacecraft including in the X-ray: ANS, HEAO 1, Einstein, and EXOSAT; and in the Ultraviolet:. 

Copernicus, IUE, and Voyager. In spite of  the well known problems posed by the proximity to Sirius A 

these efforts have succeeded in reducing many of the uncertainties associated with Sirius B, most notably its 

effective temperature. Current estimates have converged on temperatures in the range 26,000 K _+ 2000 K. 

A recent thorough discussion of the observational constraints on the temperature and radius o f  this star is 
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contained in Holberg, Wesemael, and Hubeny (1984) and Thejll and Shipman (1987). Interest now focuses 

on modeling the soft X-ray  flux in terms of the effective temperature and photospheric helium content. 

Whether or not the temperature of Sirius B is closer to 25,000 K or 27,000 K has important implications for 

the interpretation of the soft X- ray  emission, the helium content of  its atmosphere, as well as models of its 

internal structure. Recently, Paerels et al. (1980) have determined that Tel f = 25,500 + 500 A, R = 0.0079 

to 0.0085 R O and He /H  = < 2x10 -~, best describe the overall energy distribution of Sirius B from the soft 

X- ray  to the optical. 

O B S E R V A T I O N S  A N D  ANALYSIS 

In 1980 a series of  five IUE SWP spectra (SWP 10073, 10074, 10076, 100122, and 10023) of  Sirius B 

were acquired by M. Savedoff. Each consisted of a doubly exposed large and small aperture spectrum of 

Sirius. At the time Sirius B was located a distance of 10.14" and a position angle of  47.09* from Sirius A. 

A visual inspection of these spectra in the IUE archives revealed little apparent contamination from 

Sirius A, particularly in the important region of the broad Ly a profile. Subsequent analysis confirmed that 

three small aperture spectra (SWPs 10076, 10122 and 10123) were indeed free f rom any detectible 

contamination. This was verified in two ways. First, these spectra were found to be of identical shape, in 

spite o f  various exposure levels, and could be compared directly with similar IUE spectra of  an analogous 

DA, CoD -38 ° 10980 (Tel f = 24,500 K and log g = 8.05). Except for the 1175-1250 A region, where the 

Ly c~ profiles of  the two stars are expected to differ due to different gravities, the spectral ratio was flat. 

Second, we successfully performed preliminary fits to the Ly c~ profile over the range 1150 to 1350 A using 

a set of  model atmospheres having gravities of  log g = 8.5 to 8.65. A comparison of one such model, 

covering the entire SWP wavelength range, is shown in Fig. 1. In this comparison and that with 

CoD -38 ° 10980 no evidence of wavelength dependent contamination from Sirius A was found, in particular 

none which increased toward longer wavelengths, The expected wavelength dependence of any spectrally 

neutral scattered component  from Sirius A is illustrated in Fig. 1 by a scaled template SWP observation of a 

typical A1 V star (6 UMi).  

We analyzed the Ly c~ profile of  Sirius B using techniques and model atmosphere grids similar to those 

used in the study of  Ly ~ profiles in other DA white dwarfs (Holberg, Wesemael and Basile 1986). In this 

study it was demonstrated that the detailed analysis of  DA Ly ~ profiles provide a reliable means of 

temperature estimation over the range 20,000 K to in excess of  60,000 K. Briefly, our procedure was to 

use the unnormalized small aperture fluxes for Sirius B and to fit for Tel f . This differs f rom previous 

Ly ct profile analysis which was done on an absolute flux scale. Previous results have shown that the 

primary penalty paid for normalizing at 1300 A is an approximate factor of  two increase in uncertainty in 

the resulting Tel f, 

We find that the Ly a profile of  Sirius B indicates an effective temperature of  Tel f = 24,500 _+ 500 K. 

This result is significantly lower but  still compatible with an earlier Sirius B Ly c~ result by B6hm-Vitense,  

Dettmann,  and Karprandis  (1979), who obtained 26,000 +_ 1000 K. These authors employed an early epoch 

large aperture SWP observation of  Sirius B in which an effort was made to exclude Sirius A from the large 

aperture. Their  results were primarily based on comparisons of the data with theoretical Ly ~ profiles and 

depended on two alternate calibrations of the short wavelength end of the SWP camera. 
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Figure 1 A comparison of the small aperture energy distribution of Sirius B from SWP 10122 with that of 
a model atmosphere specified by T~r f = 24,500 K and log g = 8.5. The ability of  the model to generally 
match the observations throughout the SWP wavelength range is compelling evidence for the lack of any 
significant spectral contamination from Sirius A. An indication of the expected spectral shape of such 
contamination is illustrated by the arbitrarily scaled SWP energy distribution of the A1 star & UMi.  
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Figure 2 A comparison of existing constraints on the temperature and radius of Sirius B. The IUE Ly c~ 
results described here are shown as the vertical stippled region between 24,000 K and 25,000 K. The 
EXOSAT soft X-ray  results of Paerels el al. 0988)  are indicated by the two irregular hatched regions 
labeled "A1/P" and "3000 LX." The remaining regions correspond to ground-based photometry ("Optical"), 
the SWP spectrophotometry of B6hm-Vitense et al. CIUE"), and Voyager far U V  spectrophotometry 
("Voyager"). These are all taken from Holberg et al. (1985). The horizontal dashed lines represent a 99% 
confidence range of radii corresponding to a 1.053 + 0.005 M®, 1~C white dwarf satisfying the Hamada- 
Salpeter mass-radius relationship. 
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DISCUSSION 

In Fig. 2 we compare our new IUE results with previous constraints on the temperature and radius of 

Sirius B, including the recent EXOSAT results of  Paerels et al. (1988). As can be seen, the Ly a and 

EXOSAT results are reasonably consistent for Teff - 25,000 + 500 K and R > 0.008 R O. Additionally, if 

the analysis of  the Voyager data were extended into this range of lower temperature and larger radii, it 

would also pass through this region. Considering all of  the constraints the most consistent range of radii for 

Sirius B lies in the range R = 0.0090 _+ 0.0005 R O. Such radii are significantly larger than the range 

R = 0.0072 +_ 0.0003 R® which are predicted for a fully degenerate star with a lzC core using the Hamada 

and Salpeter (1961) relationship for an astrometric mass of M = 1.053 +- 0.0028 M® (Gatewood and 

Gatewood, 1978). Recently, Thejll and Shipman (1987) in reviewing the available observational constraints 

concluded that for Tel r between 26,000 to 28,000 K Sirius B lay 1 to 2 a above the Hamada-galpeter mass- 

radius relation. The larger radius implied by our cooler Tet f confirms this result and further increases the 

degree of the discrepancy. 

The IUE Ly a results we present here are preliminary in that several of the SWP images have yet to be 

re-reduced to current  IUE processing standards. Existing reprocessed images indicate that the additional 

data will serve to improve the S/N of the Ly a profiles and will not materially influence any of our results. 

A complete analysis and discussion o f  these data will be presented elsewhere. 

The authors wish to acknowledge their debt to the IUE Guest Observer, M. P. Savedoff, who obtained 

these unique observations of  Sirius B at a time when its separation from Sirius A was still great enough to 

avoid contamination. This work has been supported in part by NASA Training Grant  NGT-50305 and 

NASA Grant  NAGW-147.  F. Wesemael wishes to acknowledge support f rom the NSERC, Canada. 
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I. Introduction 

Spectroscopic observations of hot white dwarfs utilizing the 

Explorer (IUE) high resolution spectrograph have led to the important 

discovery of ion absorption features (undetectable at low resolution) 

which have been ascribed to wind outflow in some cases (cf. Bruhweiler 

and Kondo 1983) and formation at the photosphere (cf. Sion and Guinan 

1983; Bruhweiler and Kondo 1983; Dupree and Raymond 1982) in others. 

These line features, often weak and sharp, have presented a fundamental 

challenge to current understanding of the complex interplay of physical 

processes which control observed surface abundances in white dwarfs: 

gravitational/thermal diffusion, selective radiative support of ions, 

mass loss, convective dilution and mixing, and accretion (cf. the review 

by Vauclair, this volume and references therein). 

Unfortunately IUE echelle observations have been possible only for 

the brightest dozen or so hot white dwarfs of spectral types DA, DAO, and 

DO, due to the exceedingly long exposure times required. Until the 

observations reported in this paper, IUE echelle data for non-DA stars 

wss restricted to objects with Teff > 47000K. Moreover, since no high 

resolution IUE observation had ever been attempted for a DB, one of us 

(E.M.S.) proposed that at least one IUE echelle spectrum of a DB should 

be part of the IUE archives and might reveal some surprises, following 

the precedence set by other unexpected detections in the IUE echelle 

spectra of hot white dwarfs. Arrangements for a joint US-European 

exposure and choice of targets were made by one of us (J.L.). As a 

result we have therefore extended our IUE echelle observations downward 
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in temperature to the essentially pure helium composition DB white dwarfs 

by combining back to back US and European low background IUE observing 

shifts. We have selected as the most optimum target, GD358, prototype of 

the class of six known pulsating DB stars and one of the hottest DB 

stars. Our objectives were: (i) to search for any evidence of metals in 

the photosphere (2) search for possible mass outflow; (3) place stringent 

constraints on the carbon abundance in a hot DB; and (4) look for 

evidence of absorption wings at Lyman alpha + He II (1215A). The results 

of this search are presented below. 

II. Observations 

Two separate high resolution IUE spectra of GD358 were obtained 

during the i0 th and ii th observing episodes. The first image SWP31432, 

was obtained on day 211, 1987 with an exposure time of 1054 minutes. The 

exposure was begun and terminated during contiguous half US2 shifts with 

approximately 16 hours of intervening ESA and USl time. The second image 

SWP33681 was obtained on day 152, 1988 with an exposure time of 755 

minutes. This observation was accomplished without contiguous half US2 

time. Before each exposure, a low resolution SWP image of GD358 was 

taken to verify centering. 

The spectroscopic data was analyzed with the NASA Goddard Regional 

Data Analysis Facility (RDAF) software via a phone link between the Vax 

8350 and the Department of Astronomy and Astrophysics at Villanova 

University where a Tektronix 4014-1 terminal and Tektronix 4611 copier 

were utilized for the measurements and display. 

III. Results and Summary 

The first image SWP31432 was examined in the echelle orders 

containing the strongest ion transitions of C, N, O, Si and in the 

wavelength region of He II. This spectrum revealed the presence of 

numerous interstellar absorption lines identified in table i. The 

velocity of the local interstellar medium (LISM) in the direction to GD358 

was found to be -27 km/s. In addition absorption features identified as 

C II (1335.7077) and He II (1640.474) with an equivalent widths of 150 mA 

and 250 mA respectively, were found to be redshifted with respect to the 

LISM by 34 km/s. Close examination of the photowrites revealed no 

obvious artifacts which could account for the line. The identification 

of a similar feature at C II (1334.5323) was complicated by a reseaux 

redward of the interstellar line. Since the detection of redshifted C II 

and He II was unexpected and provides important data points at high DB 
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Figure 1 .... Flux (ordinate, cgs) versus wavelength (abscissa) in 

Angstroms for the co-added images (SWP31432+SWP33681). 
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temperatures for tests of convective dredgeup mechanisms (Fontaine et al 

1984) and the hot DB temperature scale, a second image was obtained 

(SWP33681) 10.2 months later in order to confirm the features. 

A close examination of the backup image (SWP33681) and comparison 

with SWP31432 revealed He II and C II at the same redshift (6-7 km/s) as 

in SWP31432, thus confirming the reality of both features. In both 

spectra, the equivalent width of He II was measured to be approximately 

250 mA. 

The two images were coadded in the wavelength regions of He II and C 

II and the results of the coaddition are shown in figures 1 and 2. Figure 

1 is a flux versus wavelength plot of the He II (1640) coaddition with 10 

point smoothing. The feature appears fairly symmetric but with the 

possible suggestion of multiple components slightly redward and blueward 

of the central core. These weaker components appear in both individual 

images. The width of the He II line can be used to place limits on the 

rotational velocity and magnetic field of GD358 pending a successful 

model fit to the line profile data in figure i. 

The coaddition of the C II wavelength region is displayed in 

figure 2 where a flux versus wavelength plot reveals the possible 

redshifted C II (1335.7077) absorption line with an equivalent width of 

134 mA. The central velocity of the line is 6 km/s, which agrees with 

the velocity of the He II feature. This velocity coincidence with He 

II strengthens somewhat, the reality of the C II feature. 

The Lyman alpha + He II (1215) region reveals no clear evidence of 

absorption wings flanking the geocoronal emission. The other echelle 

orders appear devoid of possible stellar features except for a possible 

doubled emission feature at Si II with the red side of the emission 

having a redshift in agreement with He II. 

Pending a full model atmosphere analysis now in progress by one of 

us (G.W.), we can only speculate on the implications of the He II 

detection. The hot DB temperature scale is presently controversial 

(cf. Oke, Weidemann and Koester 1984; Liebert et al 1986) with IUE 

temperature determinations, excluding optical data, yielding 

significantly higher temperatures for the hottest DB stars and thus a 

hotter pulsational instability blue edge. The atmospheric parameters 

of GD358 in particular, were explicitly derived by Koester et al. 

(1985) from high signal to noise spectrophotometry. It is possible 

that the hot DB temperature scale may now have to be revised upward in 
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view of our He II detection. If so, this would favor the higher hot DB 

temperature scale of Liebert et al. (1986) and could place GD358 in 

the so-called DO-DB gap (30000K-45000K) where to date, no helium-rich 

degenerates have been found. 

If the C II feature is real, the presence of carbon at the 

effective temperature of GD358 (Teff = 25-28000K), may not be 

inconsistent with the convective dredgeup theory (Fontaine et al 1984) 

for the origin of photospheric carbon in cooler helium-rich 

degenerates. The dredgeup, by helium convection, of carbon from its 

equilibrium diffusion tail extending upward from the carbon-oxygen 

core, predicts a low abundance of carbon in the hottest DB stars. It 

is even possible that alternative explanations for carbon in GD358 may 

have to be sought perhaps in connection with the non-radial g-mode 

pulsations of GD358. These possibilities are currently being explored 

with new diffusion calculations by one of us (G.V.). Encouraged by the 

unexpected detections reported here for GD358 we plan to obtain one or 

two additional IUE echelle images of hot DB stars accessible with back 

to back US-European exposures. Our model atmosphere analysis will be 

reported in a subsequent paper. 

This work was supported by NASA grant NAGS-343 and in part by NSF 

grant AST88-02689, both to Villanova University and in part by NSF 

grants AST88-40482 (J.L.) and AST85-15219 (G.W.). 
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T I M E - D E P E N D E N T  STUDIES  OF T H E  S E T T L I N G  OF H E A V Y  E L E M E N T S  

IN T H E  E N V E L O P E S  OF COOL W H I T E  D W A R F S  

J. Dupuis, C. Pelletier, G. Fontaine, and F. Wesemad 

D6partement de Physique, Uuiversit6 de Montrgal 

Gravitational settling is widely accepted as being a fundamental physical process acting upon superficial layers 

of white dwarfs and resulting in an important alteration of their atmospheric composition. Several investigators 

have been interested by the problem of gravitational settling in white dwarfs (Fontaine and Michaud 1979; 

Vauclair, Vauclair, and Greenstein 1979; Alcock and l~aria~lov 1980; Muchmore 1984; Paquette et al. 1986). As 

pointed out in Paquette et  al. 1986, they all reached the same qualitative conclusion: the gravitational settling 

time scales of metals in cool white dwarfs are small compared to their evolutionary time scales. These stars 

should therefore have their photospheres depleted of metals if there is no extrinsic source such as accretion for 

example. This is consistent with the observational fact that most of the cool white dwarfs spectra just show 

hydrogen and helium lines while the absence of metallic lines indicates a strong depletion of metals. Although the 

qualitative agreement between theory and observations is satisfactory, only time-dependent calculations can lead 

to a thorough understanding of the heavy element abundance patterns in cool white dwarfs. In particular, the 

predicted abundance of an element within the framework of tile accretion-diffusion model does depend explicitly 

on the results of such calculations. We have already presented some preliminary results of numerical simulation 

of accretion episodes of heavy dements into wlfite dwarfs (Dupuis ¢t al. 1987). As part of an ongoing detailed 

investigation of these processes, we focus here exclusively on the mechanism of gravitational settling in white 

dwarfs ill order to clear some confusion which has appeared ill the literature. 

The usual notion of an e-folding diffusion time scale strictly applies at the base of the convection zone of a 

stellar model after having made a number of approximations. If an element can be considered as trace and if 

ordinary diffusion can be neglected (i.e. the concentration gradient is much smaller than its equilibrium value; 

see Fontaine and Michand 1979), then it is a simple matter to show that, at the base o f  a convection zone, the 

abundance of a given element is given by, 

u = u0 exp(- t /8)  (1) 

where 8, the diffusion or settling time scale, is given by, 

0 =  g q (2) 
47rG p l w I 

where G is the gravitational constant, g is the local gravity, q is the fractional mass, p is the density, and w is the 

diffusion velocity of the trace element with respect to the background (w < 0). The exponential behavior shown 

in equation (1) is not valid in regions below the convection zone and the notion of an e-folding diffusion time 

scale loses its significance there. The time-dependence of the abundance at a given shell can only be obtained 

from a solution of the continuity equation and, generally, the behavior is very different from an exponential 
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behavior. We illustrate the point here with a few sample results. The difSlsion equation for gravitational settling 

is solved with a new teclmique based on a Galerkimtype finite element formulation briefly described in Pelletier 

et al. (1988). We consider the settling of a typical heavy element, namely calcium, in the envelopes of He- 

rich white dwarf models with T, < 25, 000 K. For a given model, we have set the initial calcium abundance 

equal to its solar value (u(Ca) = 5.96 x 10 - s )  throughout the envelope. We have then followed the evolution 

of the abundance profile during an intervM of time equal to the age of the model. In Figure 1, the result of 

such a simulation is shown for calcium diffusing in a 10,000 K, 0.6 M e He-rich white dwarf having a He layer 

mass log A M ( H e ) / M  = -3 .5  and computed with the standard treatment of convection. Each curve gives the 

logarithmic abundance of calcium as a function of the logarithmic mass fraction for increasing integration time 

from top to bottom. First, one should notice that the calcium abundance profile evolution is followed during 

more than 9 x 10 s years and that the sm'face abundance (the value at logq ~ -6.2)  varies almost over 25 orders 

of magnitude without significant loss of precision. Such a simulation required 170 cubic elements and took 33i 

time steps, which means about 160 CPU seconds of execution time on the Universit6 de Montr6al's CYBER 855. 

A noteworthy feature is that the overall mass of calcium contained in the envelope is conserved to better than 1 

%. In Figure 2, we show the logarithmic abundance of calcium as a function of logarithmic time in unit of years 

for 8 different layers in the envelope. The curve labelled 1 is the solution at the surface of the'envelope which is 

delimited by the bottom of the superficial He convection zone, and the 7 remaining curves labelled 2 to 8 are 

the solution at increasingly deeper layers separated by approximately half a dex in mass. The continuous curves 

are the numerical solutions while the dotted curves are the exponential solutions defined by the local diffusion 

time scales as discussed above. The surface abundance (curve 1) is falling as expected almost exponentially with 

time, the increasing difference with the exponential solution is due to the sligth buildup of the concentration 

gradient which slows down the settling of calcium. From a practical and observational point of view, this result 

is not different from those of previous studies: calcium falls under its detection level in an interval of time small 

compared to the age of the model (at T~ = 10 4 K, age = 9 x 10 s years). This can also be understood with 

the help o[ figure 1, the calcium prone  near the surfase relaxes rapidly during the first 10 7 years where the 

concentration gradient is negligibly small. After 10 ~ years, settling tends to be opposed by the concentration 

gradient which causes the deviation from the exponential solution to become even more important on curve 1 of 

figure 2. 

The behavior of the solution in deeper layers is quite different from the exponential solution and is understood 

in the following way: before a time about equal to the local settling time scale, the local abundance exceeds the 

exponential solution values because calcium coming from overlying layers is causing a temporary enrichment. 

Thereafter, the depletion in calcium in the overlying layers starts being felt and the local calcium abundance 

is getting smaller thalt the predicted exponential abundance. Finally, when the concentration gradient sets in, 

the settling is slowed down and the calcium abundance becomes greater than the exponential solution. These 

results show that the exponential solution associated to the local settling time scale is a good approximation of 

the surface behavior but that it is not even a good order of magnitude estimate of the solution in deeper layers. 

This illustrates the need for complete time-dependent studies of gravitational settling since simple e-folding time 

scale estimates are not good approximations of the real solution. 

In Figure 3, the logarithmic surface abundance of calcimn is shown as a function oflogarlthmic time (years) for 

models with effective temperatures ranging from 2.5 × 10 4 K to 8 × 10 s K. For the five models shown, the surface 

360 



-5.0 _ _ _ _  

-1°4 

- 1 5 . 0  _ 2 ~  

-20.0 t 1., z[ i_ 
-8.0 -6.0 - 4 . 0  

LO0 g 

-2.0 .0  

Fig .  1. Evolution of the Ca abundance profile in 

a 10,000 K, 0.6 Mo,  He-rich white dwarf (logq(He) = 

-3 .5 )  with ML1 convection. The  curves labelled 1 to 4 

are respectively the  profiles after 1.67 x 104, 4.1 × 106, 

1.01 x 10 T, and 9.01 x 10 s years of settling. 

-,~ .t] 

4 - 0  5 , 0  6 . 0  ' 7 . 0  8 . 0  9 - 0  

LOG T(YR8) 

Fig.  2. Evolution of the Ca abundance ~t 6 depths in 

the envelope of the model of fig. 1. The continuous and 

dotted curves are respectively the numerical ~nd expo- 

nential solutions. Curves 1 to 6 are associated to layers 

of  l ogAM/M = -6 .14 ,  -5 .5 ,  - 5 ,  -4 .5 ,  - 4 . ,  -3 .5 .  

-5 J_ 

-10.( 

- 1 5  .C 

   ,2 oooK 
I _ _  

-S -[ 

- 1 0  -( 

-15.[ 

-5 .[ 

-10.( 

-15.0 

-S ,0 

-10,0 

- 1 5 . 0  

- 5 . 0  

-I0.0 

-15.0 

Te=20000K y '  

Te=10000K 

T e =8000 K 

t I 1 I i 

. 0  1 . 0  2.0 3,0 4 . 0  5 . 0  6 , 0  . 7 . 0  

LOG T( YR~ 

Fig .  3. Surface abundance as a function of t ime 

in He-rich white dwarfs with T~ ranging from 25,000 

to 8,000 K. The  continuous and dotted curves represent 

similar solutions as in fig. 2. 

361 



solution behaves almost exponentially as expected but with a departure from the pure exponentiM solution which 

is clearly increasing with effective temperature. This temperature-dependent departure is first explained by the 

fact that the diffusion time scales are smaller for the hotter models implying that local equilibrium could be 

reached faster. Also, the equilibrium gradient are smaller for hotter models which makes the equilibrium easier 

to reach. At equilibrium, the tail of the distribution goes as u o~ qZ where/3 = (1 + Z~)A2/A~ - Z2 - 1 (Pelletier 

et al. 1986). The quantity/3 gets smaller in hotter models since the base of the convection zone is upper in the 

envelope thus implying smaller ionization of both the main species (Z~) and the trace element (Z2) and therefore 

smaller equilibrium gradients. 

Another unexpected result of time-dependent studies of gravitational settling is that heavy elements do not 

sink into the deep core of a white dwarf as could be naively expected, hlstead, the heavy elements accumulate 

at the base of the envelope. This behavior is clearly seen in figure 1 where calcium has not been depleted for 

logq > -3 .  This can be explained as follows: fl~e diffusion equation can be written (Pelletier et al. 1986), 

.r (  oln,', 1 ~a12 = D12(1 + 7 ) [ - ~  + mpg \ z, + ~z~ / - ~  + \ z, + -~z~ / ~ j  (3) 

where the first term corresponds to ordinary diffusion and the second and thiM terms are responsible for grav- 

itational settling. Deep in the envelope, the trace elentent can be almost completly pressure ionized and that 

makes the factor (AIZ2 - A2Z1) very small. In addition, when the plasma is degenerate, the third term also 

becomes small since the temperature and density distribution are close to being uniform thus making the ionic 

pressure gradient (Oln P j O r )  also small. The interesting consequence is to slow down and then stop settling in 

these layers which creates a significant accumulation of heavy elements. Such a~l accumulation zone could affect 

the conductive opacity by an il~crease in the number of highly ionized electron scatterers, thus slowing down 

the rate at which heat is flowing toward the outer layers. It remains to be seen whether or not this effect is 

sufficiently large to slow down significantly the cooling rates of white dwarfs. We are exploring more carefully 

this interesting possibility. 

This research has been supported by the NSERC Canada, the fund FCAR (Quebec) and a E.W.R. Steacie 

Fellowship to one of us (GF). 
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THE RTMOSPHERIC COMPOSITIOtt OF THE HOT PRE-DEGEHERRTE STRR H1504+65 REVISITED 

S. Vennes, G. Fontaine, and F. Vesemael 
D6partement de Physique, Universit6 de Montr6al 

Housek e~ a/. (1986} have recently announced the discovery of a remarkable 
hot compact star, H1504+65, which ~o/:~ps to have an atmosphere devoid of 
hydrogen and helium. Although the object  seems significantly hotter than the rela- 
ted PGllSg stars, its suggested atmospheric composition remains at variance with the 
He-rich composition inferred for the latter stars [%tesemael, Green, and Liebert 1985). 
ldousek e~ a/. (1986} have brought for#ard convincing arguments against a 

H-dominated atmosphere in H1504+65; it seems that the object is definitely not an 
extremely hot OR star. On the other hand, the case against a He-rich atmosphere 
is much weaker and is based on the following circumstantial arguments: (1} no 
helium lines are detected in the spectrum of H1504+65 [the detection limit is ~=0.5 
~1}, {2) the ultraviolet continuum slope is steeper than that predicted from pure 
helium models eoc~rs, oo/a~ed to effective temperatures larger than the upper limits 
of available grids (T e - 200 000 K for log g-'/), and {3) the EXOSAT observations 
appear to conflict with the He interpretation, although suitable models {with high 
effective temperatures) are not readily available in this case also. Because of the 
lack of appropriate models, Housek e~ a/. (1986) have been careful not to rule out 
completely the possibility of a He-rich atmosphere for H1504+65. In particular, they 
admit that He I1 lines could probably be undetectable if H1504+65 had an effective 
temperature substantially larger than T e - 150 000 K. Nevertheless, they have found 
it tempting to hypothesize an atmosphere devoid of both hydrogen and helium. 
Coupled with the presence of weak C IV and 0 VI features in the spectrum of 
H1504+65, this has led to the suggestion that H1504+65 is actually a bare C/O 
nucleus (cf. Shipman 1987 I. Rlthough this suggestion is interestin 9, it has undeser- 
redly remained unchallenged and we have felt it appropriate to reexamine the case 
against a He-rich atmosphere with the help of further modelling efforts. 

R detailed spectral synthesis study of a hot star such as H1504+65 presumably 
requires the inclusion of HLTE effects. Modelling of such objects is indeed proving 
to be quite a challenging task, as demonstrated b~l Verner, Heber, and Hunger 

/!988} for the case of PGl159-035. In addition, it is quite possible that the atmos- 
phere of H1504+65 is expanding through the action of a residual wind and such an 
effect may have to be included as well [e.g., Kudritzki 19871 . Short of these com- 
plications, one can nevertheless hope to constrain the atmospheric parameters of 
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H1504+65 with the help of simpler, plane-parallel, static, LTE models covering the 
appropriate region of parameter space. To supplement the published models used by 
11ousek a~ a/. (1986) -specifically the pure H models of Vesemael e~ a/. [1980) 
extending to 200 000 K, the pure He models of ~/esemael [1981) extending to 200 
000 K, and the solar composition models of Hummer and Mihalas (1970) for nuclei of 
planetary nebulae-, we have computed a small 9rid of unblanketed uniform models 
with log 9-7J3 and Te[IO3K )-  120,140,160, and 180. The chemical compositions which 
have been considered are [1) pure He, [2) He-dominated with the addition of C, II, 
O, and 11e in solar proportions, (31 a similar mixture with the "metal" abundances 
reduced by a factor of 10, and (41 o half-and-half C/O composition by number. Ve 
report here on some partial results of on ongoing analysis of H1504+85 based on 
these models. 

Our first clue is the energy distribution slope observed in H1504+65. 11ousek e~ 
a/. [1986) report a relationship H x =a ;k -4"! ~: 0.I in the 1250-1800 I~1 range and 

extending into the optical region. Ve find that n o ~  of our models can account for 
such a steep spectral index. For example, the ultraviolet spectral index of our pure 
He models varies between 3.72 and 3.80 in the range 120 ( Te(IObK) ( 180. it 
varies between 3.72 and 3.82 in the same temperature range for the two He-rich 
compositions with C, H, O, and Ne absorbers. The C/O models do not fare any bet -  
ter than the He-dominated atmospheres and, if anything, are slightly more discre- 
pant with a predicted spectral index varying between 3,63 and ;3.76 in the same 
temperature interval. It is thus clear that the chemical composition does not affect 
strongly the ultraviolet continuum slope in the range of temperature considered. In 
particular, invoking an atmosphere devoid of H and He does not  help in explai-  
ning the observed ultraviolet spectra/ index. Inclusion of 11LTE effects may well not 
affect significantly the present results, as the relevant opacities in the spectral 
range of interest are dominated by free-free transitions. It may be necessary to 
consider an expanding atmosphere around H1504+65 to account for the large spec- 
tral index observed. 

Another result comes from an analysis of the EXO,.~T data with our grid of 
model atmospheres. H150d+65 w~s observed with the LE1 detector through three diffe- 
rent filters. The observed count rates were: 6~q7 + 0,134 counts s "1 [thin Lexan; 
LX), 0~17 ± 0.02 counts s "1 (AI/Parylene; AI/P), and 0#17 ± 0#02 counts s "1 
[Boron; B) (11ousek e~ el ,  1986), Taking into account the know~ instrumental res- 
ponse, the predicted count rate in a given filter can be computed as o function of 
the interstellar neutral hydrogen column density [nH) for a model which is normali- 
zed to the observed visual magnitude (V-16L~.4]. For o known observed count rate, 
this procedure gives a unique value of n H for o given effective temperature and, 
thug, lead= to a curve in the Iog[nHJ-T e plane. More generally, the procedure gives 
rise to a family of curves [or band) by taking into account the measurement uncer- 
tainties. Rcceptable models correspond to regions of the log nH-T e plane where the 
bands for the three different filters overlap. Rn additional constraint comes from the 
independent estimate of n H [0"6 + 0.2 x 1020 cm -2) given in Nousek e~ a/. (19861 
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and based on the detect ion of an interstel lar Lya feature in the small-aperture S~(P 
/L~- spectrum of H1504+65. 

Figure 1 summarizes our results for the pure He models. It is seen that a con-  
sistent solution is not possible so that we can exclude these models. One of the 
reasons is that our high-temperature, pure He models are too bright in the EUV 
bandpass and, consequently,  require an interstel lar absorption which is too large 
as compared to the Lya limit. Some atmospheric EUV absorbers ore clearly needed. 
Rs shown by f igure 2 (which i l lustrates the results for the models with the He-r ich 
composition with C, H, O, He abundances at 1/10 of their  solar values~, the 
situation indeed improves signif icantly if such absorbers are included. Ve now find 
a marginal solution in the range 150 ( T e {103K) ( 160 for the LX and FII/P f i l ter 
data although the B band does not f i t .  R bet ter  solution is obtained if the abun-  
dances of the C, El, O, He absorbers are raised to their solar values. Figure ~; 
indeed show~ that He-dominated models with 155 ( Te(1031< I ~; 180 can account for 
the EXO.~t7 L× and RI/P f i l ter data as well as the Lya constraint on n H. R 
vir tual ly identical solution, suggesting a temperature range 160 ~ Te[IO3K) ( 180, is 
obtained for the C/O atmospheres. Thus, the EXO,.£AT data canno~ discriminate 
between C/1Z) atmospheres and He-r ich atmospheres with solar traces of heavy e le -  
ments, It should be noted that the lack of success experienced by Housek e~ a/. 
(1986] in their attempt at explaining the E.,YO,.qAT data in terms of the model 
atmospheres of Hummer and Mihalas (19-/0) is caused by the limitations of these 
exploratory models. Indeed, not all appropriate ionic species are included in these 
models (notably 0 VI~, and expected photoionization edges are not included at 
wavelen9ths shorter than 100 A. 

•e note that the B count rate appears too small for all of our model atmosphe- 
res. Rs an i l lustrat ive example, we find mutually consistent solutions for all data if 
we arbitrari ly multiply the observed B count rate by a factor of 5 [see FIg. ;~ and 
Fig. 4, in part icular I. It is not entirely clear at this stage why the B f i l ter count 
rate remains inconsistent with the rest of the data but at least two possibi l i t ies 
exist .  Because the B f i l ter does not map out the same spectral range as the other 
f i l ters, it is possible that other absorbers than He, C, II, O, and He affect s igni f i -  
cantly [and in a relat ive sense) the f lux in this bandpass. This will have to be 
checked with models including a (ar9e number of absorbers. Moreover, it is possi-  
ble that the B count rate has been underestimated because its point spread 
function hag turned out to be much wider than init ial ly estimated according to the 
discussion of Chiappetti and 13avelaar (19841. 

It is also of interest to point out that this analysis is entirely consistent [and 
this includes the problem with the 8 fi l ter} with the independent study presented b~l 
Barstow /1988). Using his own grid of models with input physics quite similar to 
ours, Barstow finds that the LX and RI/P data of H1504+65 can be understood in 
terms of model atmospheres with log 9 " 7.0 and 172 ( Te(IO3K } ( 200. His prefer-  
red atmospheric composition is far from extreme with H and He in a one- to -one  
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ratio (by number) and solar abundances of C, I't, and O. This is quite similar to our 
own results for the He-rich models with solar abundances of C, bl, O, and hie, as H 
is not expected to play a major role at the temperatures of interest, 

We can summarize the fundamental results of this paper in the following way: 
we find that we cannot discriminate between He-rich atmospheres with solar traces 
of heav~ elements and exotic C/~) atmospheres for H1504+65 on the basis of the 
observed ultraviolet slope and E,,~O,.9_AT data. This weakens considerably the case 
against the He interpretation. Under those circumstances, we favor the simplest 
interpretation, i.e. that of a He-rich atmosphere for H1504+65. It remains to be 
shown that He II lines indeed fade below the detection level of ~0.~ /~1 in the ran- 
ge 155 ( TeIIO3K ~ ( 180, our best estimate of the effective temperature of H1504+65. 
In addition, the observed line strengths of the few C IV and 0 VI features in the 
spectrum of H1504+65 must remain consistent with the predictions of He-rich model 
atmospheres with traces of C and O. We are currentl~l considering these particular 
questions. Ultimately, a full HLTE calculation, possibly coupled to an expanding 
atmosphere, may be required to understand completely this extraordinary object. 

This research has been supported in part by the NSERC Canada, by the fund 
FCRR (QuGbec 1, and by a E.WJ~ Steacie Fellowship to one of us (GFI. 
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STRRTIFIED MODEL RTMOSPHERES FOR HOT DR WHITE DVRRFS 

S. Vennes, G. Fontaine, and F. Vesemael 
D6partement de Physique, Universit6 de Montr6al 

Observations of hot DR white dwarfs in the EUV/soft X-ray range have 
revealed that, in a majority of cases, the detected flux is less than that 
expected from pure hydrogen atmospheres. This implies an extra opacity source 
which must be due to the presence of small traces of heavier elements. Theee 
elements are generally not spectroscopically detected in hot DR white d~ r f s ,  
but the large sensitivity of the EUV/soft X-ray broad-band flux to the presence 
of extra absorbers can be used with profit to ZnPer their abundances. For 
~implicity, it has been assumed that at)/..4' helium provides the required opacity 
source in the majority of the analyses carried out so fur. In this context, 
Vennes e~ as'. [1988a) have recently reviewed in details the mechanisms that 
could be responsible for the presence of small traces of helium in the 
atmospheres of hot DR white dwarfs. They favor a model in which these elan3 
are interpreted as stratified objects with an outer layer of hydrogen which is 
sufficiently thick that radiation in the visible escapes only from H-rich regions, 
and yet sufficiently thin that the EUV/eoft X-ray radiation escapes from deeper 
layers, polluted by the tail of the helium distribution which extends upwards. 
This model accounts naturally for the positive correlation observed between the 
inferred helium abundance and the effective temperature in hot DR stars studied 
at ~hort wavelengths. If the model is correct, hot DA white dwa~s aG a class 
must have very thin outer hydrogen layers with estimated masses in the range 
-13 ) log q(H) . log (M(H)/M)) -15. 

In order to follow up on the work of Vennes e~ ,~. [19SSa], it i~ necessary 
to compute stratified model atmospheres for detailed analyses of individual star~, 
Our aim is to take advantage of the homogeneous EXLRSAT photometric 
measurements of several hot DR white dwarfs [Paerels 1987}, and ultimately 
derive the values of log q[H 1 for these stars. Our model atmospheres consist of 
a pure H layer on top of a pure He layer in diffusive equilibrium. These models 
are similar to those of Jordan and Koester [1986) in the treatment of the 
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composition transition layer, but extend to larger values of log q(H} as 
suggested by the work of Vennes e~ e/. [1988a~, Cruder stratified models based 
on discontinuous composition interfaces have already been discussed by Heise 
and Huizenga (1980] and I'luchmore (19821. The present models assume LTE and 
are hydrogen line-blanketed. The current grid is for log 9..8.0 and effective 
temperatures Te[lO 3 K)-25, ~0, 40, 50, and 60. Far each effective temperature, 
models are computed with hydrogen layer masses log q(H) " -15,5, -15.0, -14,5, 
-14.0, -1;3~5, and -I;5.0. Models with To(lOS K1".25 and ~0 and log q(H){ -14,5 
were found to be convectively unstable in the composition transition zone and 
were therefore rejected as the presence of convection is inconsistent with the 
assumption of diffusive equilibrium. For comparison purposes, we have also 
computed another grid of models using the same physics but, this time, for 
homogeneous chemical compositions with He/H ratios in the range 10 -10 to 10 -2, 
Details on these uniform models as well as the stratified models can be found 
in Vennes (1988~. 

Ve have used our grid of stratified model atmospheres to derive preliminan.j 
values of log q(H) for the sample of 15 hot DFI white dwarfs observed with the 
EXO,..~AT ~ filters [Paerels 198-/}. If an extra EUV opacity source is required, 
the procedure implicitly assumes that it is due to helium alone. The method is 
currently limited by the availability of models with only one value of the 
gravity (log g-8.0). Flccording to Vennes e~ e/. (1988a), scatter in gravity is 
likely to play an important role in the interpretation of short wavelength 
observations of hot DR stars. In the present experiment, we have used the best 
estimate of the effective temperature of a given object as available in the 
literature, and have sought a consistent solution for all filter measurements in 
the q(H]-n(H) plane (where n(H) is the interstellar neutral hydrogen column 
density]. Self-consistent solutions were obtained for the vast majority of our 
sample stars. The most outstanding exception is HZ 4<3 for which no acceptable 
solution has been found. This is likely to be caused by its significantly larger 
than average gravity. Our results are summarized in Figure 1 which shows a plot 
of the inferred hydrogen layer mass log Q[H) as a function of the effective 
temperature. Our procedure has led to the inference of two upper limits, four 
lower limits, and eight values of log q[H 1 in the E,.YO,.,C.4T sample of hot DR 
star~. The inferred values are in the range -I;5)1o 9 q(H))-15 in agreement with 
the estimates of Vennes e~ a/. [1988a), and show that hot DFI white dwarfs 
must indeed have very thin outer hydrogen layers if helium absorption is 
responsible for the extra EUV opacity required by most of the observations. Ve 
note that our estimates of log q(H) are consistent with those of Koester (1988) 
who has recently performed an analysis similar to ours for 11 of the 15 objects 
in the Lc.J<OSAT sample (we express the hydrogen layer mass in terms of a 
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fraction of the stellar mass= of a 0.6 M e object, whereas Koester express=e6 Io 9 
q(H) in terms of o fraction of the solar mass). In agreement with Koester (1988), 
we point out to a possible weak trend between log q(H) and Te; the hotter 
stars appear to have smaller values of q(H). 

Before further conclusions can be drawn as to the properties of layered 
models of hot DR stars, it is appropriate to recall that the short wavelength 
photomet/Yc measurements do not permit to discriminate between helium and 
other potential absorbers. Fortunately, however, H/He layered model atmospheres 
leave spectral signatures which are quite characteristic. This is particularly true 
in the EUV range where the flux is very sensitive to the presence of small 
traces of helium as indicated previously. Rs an illustrative example, Figure 2a 
shows synthetic EUV spectra for uniform models with various He,,'14 ratios, and 
log(g) " 8.0 and T e " 60 000 K. Profiles for the He II Lyman series are 
computed following Ruer and t'lihalas (1972) and the spectrum is convolved with 
a 9au~sian of FWHM-6 It=I, representative of the EXO,.,C~T resolution. Note that the 
curves are displaced vertically for clarity. By contrast, Figure 2b shows the 
synthetic EUV spectra of stratified models with log q(H) - -15.0, -143, -14.0, 
and -13.,5, respectively. The gravity and the effective temperature are the same 
as for the uniform models. R comparison of the two figures clearly shows that 
the continuum shortward of the 228 ~ edge behaves quite differently in the two 
cases. Likewise, the line profiles are different; they are obviously broader in 
the layered models because the lines are formed deeper into the photosphere. 
Our own experience with theoretical count rate spectra of EX~.~AT indicates that 
EUV spectroscopy can distinguish between layered and uniform atmospheres in 
DR white dwarfs. Currently, such data exist for only three DR white dwarfs: 
Sirius B (Pastels et a.f. 1988) and HZ 43 (Heise e~ a/. 1988) which appear to 
hove pure hydrogen atmospheres (corresponding to lower limits on log q(H)), and 
Fei9e 24 [Vennes et a/. 1988b) which is better explained in terms of a H-rich 
atmosphere polluted by a host of heavier elements presumably supported by 
radiative levitation. Thus, the jury is still out on the existence of layered DR 
atmospheres with very thin hydrogen layers. The DRO stars, particularly the 
interesting object PG 1210+5;33 discussed by Holber 9 e t a / .  [198-/) could well 
represent the most promising tests of the stratified model. Future experiments, 
such a¢~ E/./V'/" and ~:t~.~,AZ" may provide definitive answer~ to these questions. 

This research has been supported in part by the MSERC Canada, by the fund 
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AN EXPLANATION FOR THE EUV SPECTRUM OF FEIGE 24 

$. Vennes, P. Chayer, G. Fontaine, and F. Vesemael 

D6partement de Physique, Universit6 de Montr6al 

Feige 24 is a bright DR white dwarf which has been studied extensively both 
from ground-based and space-borne observatories. The best determination of its 
fundamental atmospheric parameters are that of Holberg, Wesemael, and Basile I1986) 
who have u~ed detailed model atmosphere analyses in conjunction with optical, 
/L/E, and Voyager data. They give log 9 - 7-23±035 and Te[1031<)=55±5. The 
question of the atmospheric composition is more involved as small traces of heavy 
elements would not be observable in the optical spectrum of such a hot, hydrogen- 
dominated atmosphere. If it were isolated. Feige 24 would presumably only show the 
usual bland optical spectrum of a typical DR white dwarf, i.e. the hydrogen Balmer 
line series, but the presence of a H dwarf companion complicates its spectrum. On 
the other hand, Feige 24 belongs to a handful of hot DR white dwarfs sufficiently 
bright that ultraviolet spectroscopy in the high resolution mode of the //..~- has 
been possible. Following the theoretical expectation of Vauclair, Vauclair, and 
Greenstein {19"79), it was discovered that the photosphere of Feige 24 contains small 
amounts of C, IN, and Si [Dupree and Raymond 1982). Spectral synthesis technique~ 
used by Wesemael, Henry, and Shipman [1984) indicate the following abundances: 
Iog[C/H)=-6A±O~, Iog[H/I-I)--5.3+1J3, and Iog[Si/H)--6,3±O-9. The most plausible 
explanation to account for these small abundances is the influence of selective 
radiative forces possibly coupled to a weal< wind [Chayer e~ ~a/. 1997). 

Further interest in Feige 24 was generated by the publication of the exciting 
EXOSAT observations of that star (Paerels e~ a/. 1986). Feige 24 was already 
known to be a strong EUV source [Margon e~ a/. 1976), but EXOSAT revealed for 
the first time an unexpected spectrum in that wavelength range. Indeed, the obser- 
ved EUV spectrum of Feige 24 has, until now, defied any explanation. It consists of 
an essentially featureless continuum which shows a maximun around 250 I~l and 
which can be nominally fitted with a black body energy distribution with T='31,000K, 
assuming an interstellar neutral hydrogen column density of nH-l.2XlOI9cm2 [Paerels 
e~ ~/. 1986). These authors have ruled out [1) a pure hydrogen spectrum, [2) a 
~pectrum for a hydrogen atmosphere containing uniform traces of helium, and [3) a 

spectrum for a hydrogen atmosphere containing the small traces of C, H, and Si at 

the levels determined by Wesemael, Henry, and Shipman [1984). Paerels el aJ. 

[1986) concluded by pointing out to the need for more sophisticated model atmos- 
pheres including, in particular, chemical stratification. 
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Rs a natural follow-up to our recent detailed investigation of mechanisms that 
could account for the purported presence of helium in the photospheres of hot DR 
stars [qennes e~ a/ 1988), we have computed a-grid of stratified model atmosphe- 
res consisting of a layer of pure H sitting on top of a layer of pure He in diffusi- 
ve equilibrium [Vennes, Fontaine, and ~esemaelJg88 }. The question that arises is 
whether o r  not such a stratification could account for the EUV spectrum of Feige 
24. The basic idea here is that the hydrogen layer must be sufficiently thick that a 
pure hydrogen spectrum is formed in the optical region, and, yet, sufficiently thin 
that the EUV flux escaping from deeper layers is regulated by the opacity of helium 
in these regions. Our calculations show that the EUM spectrum of Feige 24 cannot 
be explained in terms of a H/He stratified atmosphere. 

Fig. 1 shows the count rate spectrum of Feige 24 as observed with EXO,.Q4T 
[crosses 1. In a manner very similar to Fig. 2a of Paerels e~ aJ'. (1986), we show 
the predictions of hydrogen model atmospheres with uniform traces of helium [He/H 
= 10 -4 and 10 -5, respectively). These illustrative models have log 9-8.0, Te=ISO,OOOK, 
and a value of nH=3.bX1018 is assumed. The continuum lines correspond to theoreti-  
cal convolved spectra taking into account the response of the spectrometer and its 
effective area, and degraded by a typical FWHH resolution of 6 ~. Fig. 1 shows 
clearly why Paerels e~ a/. [1986) rejected hydrogen models with uniform traces of 
helium for Feige 24. 

By comparison, Fig. 2 illustrates the predictions of layered model atmospheres 
having the same basic parameters as those shown in Fig. 1. Two models are shown, 
one with a hydrogen layer so thick [log AI'l[H)/l"l = -14) that the EUV spectrum is 
practically the same as that of a pure H model, and one with a thinner hydrogen 
layer [log &M(H)/I'I - -15) which allows helium to pollute the EUV photosphere and 
reduce considerably the flux at short wavelengths. Note that spectroscopy can 
easily distinguish between a layered and a uniform H/He atmosphere. However, the 
layered atmosphere hypothesis must be rejected for Feige 24 for fundamentally the 
same reason as for uniform models: if helium is to be sufficiently abundant to 
quench the short-wavelength flux, it also leaves an obvious signature, namely an 
absorption edge at 228 I~ which is not observed in this particular star. 

This result has prompted us to consider an alternate possibility which we have 
alluded to in Vennes e~ aY. {1988}. It has been recognized at the outset by the 
various workers in the field that the required soft X-ray/EUV opacity source needed 
to explain the observations of hot DFI stars may not be totally provided by helium 
but also, in large part, by heavier elements. It was for reasons of simplicity that 
helium became the favorite absorber. In the case of Feige 24, the known presence 
of C, N, and £i has remained suggestive even though Poerel= ~ e/. (1986) conclu- 
ded that models with traces of these elements could not explain the observations. 
This is because the /t..E" window can only reveal a relatively small number a metal- 
lic resonance lines, and the detection of only C, N, and Si in the /t.E" spectrum of 
Feige 24 cannot be interpreted as a lack of other elements. Quite the contrary, if 
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small abundances of C, IN, and Si are (presumably) supported by radiative levi-  
tation, we expect that a host of other elements can be supported too. Thus, we 
envision a situation in which many different metals with low abundances are present 
in the atmosphere of Feige 24. These metals would lead to a large number of small 
absorption edges which are smoothed over because of the finite resolution of ~-XO- 
SAT (.~6 A), and whose cumulative effect is to quench the short-wavelength flux. 

As an illustrative example, we have computed the synthetic EUV spectrum of a 
model of Feige 24 with Io 9 g = 7-95 and T e = 55,000K. The model is H-dominated 
with small uniform traces of 10 elements: He, C, H, O, He, Ha, Si, S, Fir, and Ca. 
These particular elements were chosen for the presence of photoionization edges in 
the 190-350 It:l EXO~4T range and for the absence of resonance lines (except for C, 
hi, and Si I in the 1200-3000 I~ /I.E-range at the effective temperature of interest. 
It is important to note that the abundances that were chosen are entirely consis- 
tent with the abundances which we have computed for each element from radiative 
support theory. Some adjustments of individual abundances have been made, but 
this does not change the central result of our experiment. 

Fig. 3 contrasts the predicted spectrum (continuous line) with the observed EUV 
count rate spectrum of Feige 24. Our synthetic spectrum is normalized to the 
visual magnitude of the object (V=12~56 I, so that the result presented in Fig. 3 is 
an absolute fit, not a simple fit to the shape of the EUV spectrum. The agreement 
is gratifying. Of course, we cannot pretend that there exists a unique f i t ;  our 
choice of absorbers is somewhat arbitrary and other possibilities exist. •e have left 
out a potentially great number of absorbers, and a detailed comparison at the level 
of small residual features in the theoretical curve cannot realistically be made. In 
fact, the prospect for such a comparison remains unlikely until we understand in 
details what governs the relative and absolute abundances of trace species in the 
atmospheres of hot white dwarfs. Ve know that the predictions of simple radiative 
support theory -which assumes a perfect equilibrium between gravitational settling 
and radiative levitat ion- are not consistent with the observations. It is thought that 
weak winds play havoc with the abundances of metals supported by radiation in 
hot white dwarfs (Chayer, Fontaine, ~'esemael 1988). Until we have a decent theory 
of these phenomena, we must remain satisfied with the qualitative picture described 
here. ~te strongly believe, however, that the basic idea is correct: the EUV spec- 
trum of Feige 24 can simply be explained by the cumulative effects of a host of 
trace absorbers in a hydrogen atmosphere. 

If this idea is indeed correct, then it raises a number of interesting questions 
concerning the interpretation of EUV/soft X-ray data in terms of layered atmosphe- 
res. In particular, is Feige 24 an exception or a typical DR white dwarf? Iq quali ta- 
tive comparison between the DR stars observed in the EUV range as discussed by 
Vennes e~ a/. (1988) and the sample of DR objects in the high resolution /t/E 
mode by Bruhweiler and Kondo (BnJhweiler 1985) is of interest here. We find, from 
the limited information available, that seven objects out of seven which require a 
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EUV opacity source also show some metallic features in their t~.C~-spectra. Are the- 
se all similar to Feige 2d in the sense that their EUV fluxes are regulated by a 
cumulative metallic opacity? tn that case, there would no need to invoke thin 
hydrogen layers for those stars. We find this possibility rather suggestive, but we 
cannot be certain because, except for Feige 24, we do not know the abundances of 
the elements detected with the /6E-. This is underscored by the puzzling fact that 
we also find three objects in the EUV sample which do not require a EUV opacity 
source (i.e. they emit like pure hydrogen models), and, yet, also show metallic fea- 
tures in their /LE" spectra. At the very least, this suggests that the abundances 
of the metals detected must be very small in order not to quench significantly the 
EUV flux. Thus, the presence of metals in the /ME" spectra of a DR star does not 
necessarily eliminate the need for H/He layered atmospheres. 

In that context, it should be remembered that the case for layered atmospheres 
is very strong for the DRO 8tars which are hot progenitors of ordinary DR star~. 
Vennes e~ a/. [1988) find that this model is the only viable one for that type of 
objects. As evolution proceeds, DRO stars cool to become ordinary DR stars and, 
therefore, must retain their layered configurations. The observations of the DRO 
object PG 1210+53;5 by Holberg e~ a/. (1988) reinforce strongly the conclusion of 
Vennes e~ e/. [1988). Thus, it may very well be the case that the effects of both 
H/He stratification and metallic absorption regulate the EUV flux of hot DR white 
dwarfs. The opacity could be dominated in some stars [such as Feige 24) by metal- 
lic absorption, in other stars by H/He stratification [in cases where a wind has 
expelled the heavy elements from the star for example), and in other cases by 
both mechanisms. Before the question is definitely settled, we will have to await 
the results of future experiments which should provide the definitive test. The avai- 
lable Eb'~s~eb~ and EX~.~AT photometric observations can currently be understood 
either within the framework of H/He layered atmospheres or within the framework of 
metallic absorbers. The answer lies with EUV spectroscopy, since uniform models, 
stratified models, and models with metals have quite different spectral signatures. 
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I. I N T R O D U C T I O N  

P r e c i s e  w h i t e  dwar f  g r a v i t a t i o n a l  r e d s h i f t s  can o n l y  be o b t a i n e d  u t i l i z i n g  

s y s t e m s  of known  d i s t a n c e  and  space  v e l o c i t y .  B i n a r i e s  w i th  know n  o r b i t s  such  

as 40 Eri  13 a re  r a r e ,  and  a l t h o u g h  common p r o p e r  m o t i o n  p a i r s  have p r o v e n  

h i g h l y  u s e f u l ( W e g n e r  1973: Koes te r  1987:  Wegner  & Reid 1987) ,  t he r e  are  some 

p r o b l e m s  in t h e i r  i n t e r p r e t a t i o n .  A n o t h e r  a p p r o a c h  is to e m p l o y  wh i t e  dwarfs  in 

open c l u s t e r s :  t h e y  not  o n l y  have k n o w n  s y s t e m i c  v e l o c i t i e s ,  b u t  a l so  p r o v i d e  

i n f o r m a t i o n  on the  p r o g e n i t o r s  of the  w h i t e  dw a r f s .  Of the  n e a r b y  g a l a c t i c  

c l u s t e r s ,  the Hyades  c u r r e n t l y  give the  b e s t  i n f o r m a t i o n  for a c h i e v i n g  a c c u r a t e  

g r a v i t a t i o n a l  r e d s h i f t s :  the m e m b e r s  a re  r e l a t i v e l y  b r i g h t  a nd  n e a r b y  and  t h e i r  

k i n e m a t i c s  are  well  known.  

N e v e r t h e l e s s  u n t i l  now, the  v e l o c i t i e s  of the  H y a d e s  w h i t e  d w a r f s  have 

n e v e r  b e e n  s y s t e m a t i c a l l y  s t u d i e d  at h i g h  e n o u g h  r e s o l u t i o n  u s i n g  m o d e r n  

i n s t r u m e n t s .  E a r l i e r  p h o t o g r a p h i c  d a t a  have b e e n  r e p o r t e d  b y  G r e e n s t e i n  & 

T r i m b l e  ( 1 9 6 7 ) ,  T r i m b l e  & G r e e n s t e i n  ( 1 9 7 2 )  in  t h e i r  p i o n e e r i n g  work  on 

g r a v i t a t i o n a l  r e d s h i f t s  and  G r e e n s t e i n  e t  al .  (1977)  have p u b l i s h e d  a few h igh  

r e s o l u t i o n  m e a s u r e s  bu t  as t h e i r  i n v e s t i g a t i o n  was ne ve r  i n t e n d e d  to s p e c i f i c a l l y  

s t u d y  the Hyades ,  it does not  c o n t a i n  m a n y  o b s e r v a t i o n s .  

Severa l  s t u d i e s  of the Hyades  p r o v i d e  wh i t e  dwar f  s u s p e c t s  ( L u y t e n  1971, 

van A l t e n a  1969) .  Here,  we l i m i t  ou r  l i s t  to s ix  ob j e c t s  g iven  by  van A l t e n a  

(1969)  as h igh p r o b a b i l i t y  DA Hyades  and add the DBA s ta r  which  is also a l i k e l y  

Hyad ( G r e e n s t e i n  1974).  

*Some of the spectroscopic observations were obtained at the Multiple Mirror Telescope 

Observatory, a joint facil i ty of the University of Arizona and the Smithsonian Institution. 
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II. OBSERVATIONS 

It  is  w e l l  k n o w n  ( G r e e n s t e i n  & P e t e r s o n  1974 ,  G r e e n s t e i n  et al. 1977:  

W e g n e r  1980)  t h a t  the  B a l m e r  l i n e s ,  p a r t i c u l a r l y  Hc~ and  to s o m e w h a t  l e s s  e x t e n t  

HI3, have  s h a r p  c o r e s  at  h i g h  r e s o l u t i o n  s u i t a b l e  for  o b t a i n i n g  a c c u r a t e  v e l o c i t i e s  

and  r o t a t i o n s  fo r  t h e  w h i t e  d w a r f s .  G r a b o w s k i ,  Madej  & H a l e n k a  ( 1 9 8 7 )  have 

a l so  shown how p r e s s u r e  s h i f t s  a r e  u n i m p o r t a n t  in t h e s e  co re s .  Fo r  t h i s  p u r p o s e ,  

o b s e r v a t i o n s  of t he  H y a d e s  w h i t e  d w a r f s  we re  s e c u r e d  d u r i n g  I 9 8 7 - 1 9 8 8  u s i n g  

the  Ha le  2 0 0 - i n c h  t e l e s c o p e  at  Mount  P a l o m a r  and  the  M u l t i p l e  M i r r o r  T e l e s c o p e  

(MMT) on Mount  H o p k i n s .  In a d d i t i o n  some d a t a  t a k e n  w i t h  the  M c G r a w - H i l l  1.3 

m t e l e s c o p e  in 1 9 8 4 - 1 9 8 6  were  a l so  i n c l u d e d  w i t h  lower  w e i g h t .  

The  o b s e r v a t i o n s  w i t h  t he  2 0 0 - i n c h  t e l e s c o p e  w e r e  m a d e  u s i n g  the  d o u b l e  

s p e c t r o g r a p h  e m p l o y i n g  a d i c h r o i c  beam s p l i t t e r  and  two Texas  I n s t r u m e n t s  CCD 

d e t e c t o r s .  The  s l i t  w i d t h  was  2" a n d  w i t h  600  l i n e s / r a m  g r a t i n g s ,  t h i s  y i e l d e d  

s i m u l t a n e o u s  a c q u i s i t i o n  of Hc~ and  H[3at  r e s o l u t i o n s  of 1.1 k .  The  P a l o m a r  

s p e c t r a  w e r e  r e d u c e d  i n d e p e n d a n t l y  b y  GW and  INR u s i n g  the  IRAF and  FIGARO 

r e d u c t i o n  p r o g r a m s  r e s p e c t i v e l y ,  t he  c o r e  p o s i t i o n s  e s t i m a t e d  b y  eye ,  and  the  

r e s u l t i n g  v e l o c i t i e s  ave raged .  

The  MMT s p e c t r a  w e r e  s e c u r e d  u s i n g  the  'Big B lue '  s p e c t r o g r a p h  w i t h  an 

e c h e l l e t t e  g r a t i n g  in t he  8 t h  o r d e r ,  y i e l d i n g  r e s o l u t i o n  of a b o u t  0 .7  A at  Hc~. Data  

r e d u c t i o n s  w e r e  m a d e  at  t he  CfA and  v e l o c i t i e s  a g a i n  m e a s u r e d  b y  eye .  

The  s p e c t r a  at  HI3 o b t a i n e d  w i t h  t h e  M a r k  II s p e c t r o g r a p h  a n d  a R e t i c o n  

d e t e c t o r  on t h e  1.3 m t e l e s c o p e  a t  K i t t  Peak  had  a b o u t  2 ik r e s o l u t i o n .  T h i s  

i n s t r u m e n t  is  d e s c r i b e d  f u r t h e r  in W e g n e r  & McMahan (1985) .  

N i g h t l y  v e l o c i t y  s t a n d a r d s  w e r e  o b s e r v e d  f r o m  w h i c h  i n s t r u m e n t a l  z e r o  

p o i n t  c o r r e c t i o n s  w e r e  o b t a i n e d  and  c o m p a r i s o n  s p e c t r a  w e r e  t a k e n  b e f o r e  a n d  

a f t e r  e a c h  s t e l l a r  s p e c t r u m .  U s u a l l y  H y a d e s  s t a r s  w i t h  a c c u r a t e l y  m e a s u r e d  

r a d i a l  v e l o c i t i e s  in T a b l e  [ of Hanson  & V a s i l e v s k i s  (1983)  were  e m p l o y e d  as the  

s t a n d a r d s .  

TABLE [ 

M e a s u r e m e n t s  of H e l i o c e n t r i c  V e l o c i t i e s  for  H y a d e s  W h i t e  

Name EG V ( k m / s e c )  W e i g h t  

HZ 4 26 +70.1 + 3.8 6.3 

LB 227  29 +86.8_+ 4.5 6.0 

VR 7 36 +76.0 + 3.4 8.2 

VR 16 37 +71.2__+2.5 8.1 

HZ 7 39 +78.0 _+ 7.3 7.5 

HZ 14 42 +63.9_+ 6.4 7.5 

L P 4 7 5 - 2 4 2  516 + 9 5 . 3 + 4 . 0  2.0 
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In c o m b i n i n g  s p e c t r a  from d i f f e r e n t  i n s t r u m e n t s ,  a we igh t ing  scheme was 

used .  The MMT and P a l o m a r  Hcc m e a s u r e s  were  we igh t ed  e q u a l l y ,  for  it  a p p e a r s  

that  the g r e a t e r  d i s p e r s i o n  of the fo rmer  compensa te s  the h ighe r  s i g n a l - t o - n o i s e  

r a t i o  of the l a t t e r .  C o n s e q u e n t l y ,  for a given n igh t ,  the Pa l om a r  v e l o c i t i e s  have 

twice  the weight  of the MMT da ta  as both  Hot and HI3 were u s u a l l y  o b s e r v e d  with  

the  d o u b l e  s p e c t r o g r a p h .  The McGraw-Hi l l  1.3 m d a t a  were  w e i g h t e d  0.1 for 

each n igh t ' s  obse rva t ion ,  

The r e s u l t i n g  h e l i o c e n t r i c  ve loc i t i e s  m e a s u r e d  for  high p r o b a b i l i t y  Hyades 

a re  given in Tab le  I, For  the  DBA, the v e l o c i t y  was o b t a i n e d  from the well  

de f ined  Hcc l ine  and is unaf fec ted  by the p r e s s u r e  sh i f t  p r o b l e m s  of he l ium.  

III. COMPARISON WITH THE MASS-RADIUS RELATION 

[n o r d e r  to ob t a in  g r a v i t a t i o n a l  r e d s h i f t s  for the s t a r s  in Table  [, t h ree  

q u a n t i t i e s  a re  n e e d e d :  (1) the  c o n v e r g e n t  p o i n t ,  (2) the  H y a d e s  d i s t a n c e  

m o d u l u s ,  (3) knowledge  of the t h ree  d i m e n s i o n a l  s t r u c t u r e  of tim Hyades  and 

where  the whi te  dwarfs  happen  to fa l l  in it. For the p r e s e n t  d i s c u s s i o n ,  we have 

u sed  the c o n v e r g e n t  p o i n t  of G u n n e t  a l .  (1988)  v i z , ,  A - 98,2_+1.1 deg., D = 

+6.1+1.0 deg., and  v e l o c i t y  S = 48.0_+0.27 k m / s e c ,  The much  d e b a t e d  Hyades  

d i s t a n c e  m o d u l u s  was taken  to be 3.25 mag. from Hanson ' s  (1980)  d i s c u s s i o n  of 

t r i g o n o m e t r i c  va lue s  and k e e p i n g  in mind  r e c e n t  r e s u l t s  e.g, of S t e f an ik  and  

Latham (1985),  Cameron (1985) and Pe te r son  & S o l e n s k y  (1987).  

TABLE I[ 

Radi i  and Grav i t a t iona l  Redsh i f t s  for Hyades  ~ghite Dwarfs 

Name Teff(OK) logR/R@ ScosX VRS M/M@ (12C) 

HZ 4 14362 -1.85 36,8 33.3 0,62 

LB 227 15467 2.06 38.1 48,7 0,78 

VR 7 19435 -1,92 39,9 36.1 0.66 

VR 16 23436  -1.94 40.3 30,9 0.60 

HZ7 21239 -1.93 41.3 35.6 0.65 

HZ 14 27824  -1.96 42.1 21.8 0.47 

LP475242  16545 -2.03 41.8 53.5 0.81 

Effec t ive  t e m p e r a t u r e s ,  Tell ,  for the Hyades  DAs can be found in McMahan 

(1986) and Koes ter ,  Schulz  & Weidemann  (1979):  the r a d i i  were computed  us ing  

the ave rage  of t h e s e  Teff  and p h o t o m e t r i c  da t a  t a b u l a t e d  in McCook & Sion 

(1987) .  For  the I)B, Teff was taken  to be the average of Wegner  & Nelan (1987) 

and Oke. Weidemann  & K o e s t e r  (1984).  Table  I[ gives the adop ted  Teff and r a d i i  
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FIG, 1, Comparison between the observed redshi f ts and rad i i  of the Hyades white 

d w a r f s  in  T a b l e s  I and  II and  t h e  t h e o r e t i c a l  p r e d i c t i o n s  o f  t he  Hamada  & 

S a l p e t e r  ( 1 9 6 1 )  F e 5 6  and  He 4 m a s s - r a d i u s  r e l a t i o n s .  The e x p e c t e d  C and  0 

c o m p o s i t i o n s  l i e  b e t w e e n  t h e s e  two. The the  t h i n  l i n e s  r u n n i n g  down f r o m  l e f t  

to r i g h t  are  loc i  o f  the  c o n s t a n t  m a s s  l a b l e d  in  s o l a r  u n i t s .  The open  c i r c l e  

d e n o t e s  the  p o s i t i o n  of  40  Eri  B f r o m  Wegner  ( ]980 ) .  
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a l o n g  w i t h  p r e d i c t e d  r a d i a l  c o m p o n e n t s  of c l u s t e r  m o t i o n  a n d  t h e  f i n a l  

g r a v i t a t i o n a l  r e d s h i f t s .  See the  above  r e f e r e n c e s  for  a d i s c u s s i o n  of the  e r r o r s .  

The VRS a r e  shown as a f u n c t i o n  of logR/RO in F i g u r e  1, A l s o  p l o t t e d  a r e  

l i n e s  of c o n s t a n t  m a s s  and  loci  c o r r e s p o n d i n g  to the  h e l i u m  a n d  i r o n  H a m a d a  & 

S a l p e t e r  (1961)  m a s s - r a d i u s  r e l a t i o n s  w h i c h  b r a c k e t  the  e x p e c t e d  v a l u e s  for  CO. 

The m e a s u r e d  H y a d e s  r e d s h i f t s  a p p e a r  to c o n f i r m  the  m a s s - r a d i u s  r e l a t i o n ' s  

s h a p e  we l l  b u t  in  d e t a i l  HZ4 a p p e a r s  to be e i t h e r  h i g h e r  t h a n  e x p e c t e d  or  the  

r a d i u s  o b s e r v e d  is too la rge .  P o s s i b l e  ways  to f i x  t h i s  i n c l u d e  c o r r e c t i n g  the s t a r ' s  

d i s t a n c e  m o d u l u s  or  m o d i f i c a t i o n s  to the  m a s s - r a d i u s  r e l a t i o n ,  b u t  as  K o e s t e r  & 

S c h o n b e r n e r  ( 1 9 8 6 )  have  shown,  a n o n - z e r o  t e m p e r a t u r e  w i t h  a s m a l l  a d d i t i o n  

of h y d r o g e n  s h o u l d  no t  a p p r e c i a b l y  m o d i f y  t h e  r a d i u s  at  t h i s  Teff .  A n o t h e r  

p o s s i b i l i t y  is tha t  HZ 4 is a b i n a r y  l i ke  L870 -2 .  

The mean  m a s s  of t he  H y a d e s  w h i t e  d w a r f s  f rom o u r  r e d s h i f t s  a p p e a r s  to 

be 0.66_.+0.05 M(b on the  a s s u m p t i o n  of a c a r b o n  m a s s - r a d i u s  r e l a t i o n .  T h i s  is 

s i g n i f i c a n t l y  a b o v e  the  0 .58  MO f o u n d  fo r  t h e  DAs in f i e l d  c o m m o n  p r o p e r  

m o t i o n  p a i r s  ( K o e s t e r  1987:  W e g n e r  & Reid  1987)  and  e l s e w h e r e ,  As shown,  e,g., 

b y  W e i d e m a n n  &. K o e s t e r  ( 1 9 8 3 ) ,  t h i s  g ives  i n f o r m a t i o n  on the  r e l a t i o n  b e t w e e n  

the  i n i t i a l  and  f i n a l  m a s s  fo r  a s t a r  e v o l v i n g  to t he  w h i t e  d w a r f s  s t a t e  and  the  

a s s o c i a t e d  m a s s - l o s s  m e c h a n i s m s .  

IV. C O N C L U S I O N S  

The new g r a v i t a t i o n a l  r e d s h i f t s  fo r  the  H y a d e s  w h i t e  d w a r f s  a p p e a r  to 

c o n f i r m  t h e  s h a p e  of t he  m a s s - r a d i u s  r e l a t i o n .  T h e y  a l s o  show t h a t  the  mean  

m a s s  for  t h e  H y a d e s  w h i t e  d w a r f s  is  m e a s u r e a b l y  h i g h e r  t h a n  for  t h e  f i e l d  

w h i t e  d w a r f s ,  In f u t u r e  w o r k  we p l a n  to u se  o u r  d a t a  to r e f i n e  the  t e m p e r a t u r e  

sca le  and  d i s t a n c e s  and  to d e t e r m i n e  the  r o t a t i o n  r a t e s  for  the  t h e s e  s t a r s .  

T h i s  w o r k  was  p a r t i a l l y  s u p p o r t e d  b y  t h e  N a t i o n a l  S c i e n c e  F o u n d a t i o n  

t h r o u g h  Gran t  A S T 8 5 - 1 5 2 1 9 .  
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I. INTRODUCTION 

First reported at the IAU Colloquium No. 53 on White Dwarfs (McGraw et al. 1979), 

PG 1159-035 (GW Vir) is the prototype of a new class of very hot, pulsating, pre-white dwarf 

stars. It shows complicated, nonradial pulsation modes which have been studied exhaustively, 

both observationally and theoretically. The effective temperature has been crudely estimated as 

100,000 K with logg ~ 7 (Wesemael, Green and Liebert 1985, hereafter WGL). 

(1) Optical data reported here were obtained at the Multiple Mirror Telescope (MMT) Obser- 
vatory, a facility operated jointly by the I,iarvard-Smithsonian Center for Astrophysics and the 
University of Arizona. 

(2) Guest Observers with the International Ultraviolet Explorer (IUE) Observatory, which is 
sponsored and operated by the National Aeronautics and Space Administration, the European 
Space Agency and the Science Research Council of the United Kingdom. 
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The optical spectrum shows broad absorption features attributable primarily to He II, C IV 

and O VI, often with central emission reversals; no hydrogen lines are seen. The abundances 

in the atmosphere are of great interest with respect to the pulsational driving mechanism. The 

preliminary analysis of WGL assumed that the star had a composition similar to the hot DO white 

dwarfs, with helium the dominant constituent. However, Start field et al. (1984) predicted that 

the pulsational driving required very high abundances of oxygen and/or carbon near the surface; 

too much helium would quench the pulsations. This prediction led directly to the discovery of the 

O VI features at optical wavelengths (Sion, Liebert and Starrfield 1985). However, the ultraviolet 

wavelengths accessible to the International Ultraviolet Explorer (IUE) Observatory are of greater 

importance in the identification and analysis of spectroscopic features due to CNO ions and 

potentially those of any heavier elements. In this paper we report results from a long IUE echelle 

observation covering the short wavelength (SWP) bandpass. Additional low resolution IUE data 

and a high resolution observation of the optical 4686A region were also obtained. 

II. THE OBSERVATIONS 

Contiguous European and US1 shifts, were used to obtain a 17 hour SWP echelle exposure on 

1984 May 16-17. The spectrum showed a rich spectrum of absorption lines. Identified transitions, 

velocities and estimated equivalent widths are listed in a forthcoming paper by the same authors. 

We summarize the principal findings below. 

Lines showing cores distiuct ermugh for velocity estimates included N V 1238, 1242A (Fig. 

I), N IV 1270A, O V 1371A, and C IV 1548, 1551A (Fig. 2). The Si IV 1394, 1402A doublet 

is not seen. There is little evidence for fast or slow wind components in any resonance lines. 

C IV shows strong, broad absorption at both doublet reversals, with possible evidence for central 

emission reversals. The C IV values (+13, +24 km/sec) are marginally consistent with each 

other, but significantly lower than the average found from the other lines (+35 kin/see). Since 

the C IV cores are poorly defined, we accept the latter as the most likely photospheric velocity. 

A consistent set of low excitation lines at a velocity of-28 km/sec is attributed to an interstellar 

cloud. 

One very broad feature, with an equivalent width of nearly 2A and spanning 1341-55A 

(Fig. 3), is shallow and complicated compared with the other strong lines. This feature had been 

noted in low dispersion IUE spectra of PG 1159-035 and similar stars (WGL, Bond e~ al. 1984), 

but its wavelength remained ambiguous. The new spectrum shows that our earlier suggested 

identifications with C III and N III are incorrect. We have found that this and other broad 

features noted in the high dispersion image may be identified with transitions of highly-excited 

levels of C IV, calculated by one of us (D.H.) in analyzing the spectrum of the central star of 

the planetary nebula NGC 246 (Husfeld 1987). 
An optical spectrum was obtained with the Multiple Mirror Telescope on 1988 January 2 

showing the emission reversal at the center of the broad 4686A absorption (see WGL). The stellar 

radial velocity, as measured by cross-correlation of the central feature with a Gaussian emission 
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line profile is +48.4+2.9 kin/see assuming identification with He II, and +80 km/sec assuming 

C IV. However, recent calculations of Kudritzki (1987) applicable to helium-rich planetary nebula 

nuclei and hot subdwarfs predict such a feature will be caused by ongoing mass loss, and may 

show a velocity shift with respect to the photosphere. 

III. IMPLICATIONS 

We have found that the ultraviolet spectrum of PG 1159-035 is dominated by features due 

to highly-ionized carbon, nitrogen and oxygen. While the identified ions are consistent with the 

diffusion calculations reported by Vauclair (1989) assuming a helium-rich atmosphere, the result 

underscores the possibility that the atmosphere may be dominated by a combination of CNO 

elements. This would be consistent with the pulsational driving mechanism of Starrfield et al. 

(1984). A detailed analysis employing non-LTE atmospheres treating the CNO ions will clarify this 

question, and the paper of Werner, Heber and Hunger (1989) represents the first such exploratory 

calculations. 

This work was supported in part by NASA IUE grant NAG 5-38, by NSF grant AST 88-40482 

and by the NSERC Canada. 
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Kinwah Wu and G. Chanmugam 
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Baton Rouge, LA 70803, USA 

Abstract  

The polarization of radiation emitted by inhomogeneous accretion columns is found to 

be significantly different from homogeneous columns. A good fit to the V-band circular 

polarization light curve of EF Eri is obtained using the two-core model with temperature 

kT=15keV, magnetic field B=26MG, and dimensionless plasma parameter A ~ 106. 

I. In troduc t ion  

The AM Herculis binaries, a subclass of cataclysmic variables, consist of a magnetic 

white dwarf rotating synchronously and accreting matter  from a lower main-sequence sec- 

ondary through an accretion column. A distinguishing characteristic of these systems is 

the strong circular polarization (~  10%) observed in the optical and infrared bands (e.g. 

Liebert and Stockman 1985, Lamb 1985). Such polarized radiation is believed to be due 

to cyclotron emission arising from the post-shock region in the accretion column, or its 

vicinity. 

In most calculations, the emitting region was considered to be a homogeneous plasma 

slab (Chanmugam and Dulk 1981, Barrett and Chanmugam 1984) or a hemisphere (Wick- 

ramasinghe and Meggitt 1985) with a temperature k T  ~ 10 keV, a magnetic field B ~ 30 

MG, and a dimensionless plasma parameter A = 4 7 c N e l / B  ~ 106 (e.g. Chanmugam and 

Wu 1987), where N is the electron number density and 1 the characteristic size of the 

plasma. However, the predicted optical spectra of these homogeneous models have a very 

steep slope in the optically thin part and a sharp peak in the transition between the op- 

tically thick and optically thin regions, which is in contrast to the flat spectra observed. 

The predicted polarization is also much higher in the optical band but much lower in the 

infrared band when compared with the observations. 

Recently, inhomogeneous accretion columns have been studied (e.g. Schmidt, Stock- 

man and Grandi 1986; Wu and Chanmugam 1988; Wickramasinghe and Ferrario 1988), 

and these columns have been found to produce flatter spectra; thus providing better fits to 
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the spectra of ST LMi, V834 Cen, and EF Eri (Wu and Chanmugam 1988). In addition, 

the inhomogeneous models can also explain the different sizes of the optical and X-ray 

emitting regions observed by Beuermann (1987). The effects of inhomogeneities on the 

polarization, which have not been discussed previously, are examined in this paper. The 

V-band polarization curve of the system EF Eri is fitted using one of the inhomogeneous 

models, the two-core model. 

II.  Po lar iza t ion  

Consider an infinite plasma cylinder with a uniform temperature and a uniform mag- 

netic field parallel the the symmetry axis, but an electron density varying across the 

cylinder. Three types of electron density profiles, homogeneous, Gaussian, and two-core, 

are studied here. The Robinson and Melrose (1984) analytic formulae for the cyclotron 

absorption coefficients are used in solving the radiative transfer equations. 

In figure 1 the polarization is plotted against the viewing angle 0, with the magnetic 

field, for the harmonic number s = 7. In all cases the electron density profiles are nor- 

mMised to have an accretion luminosity equivalent to that due to a homogeneous cylinder 

with N = 1016cm -3. The temperature is kT=10keV, the magnetic field 25MG, and the 

radius of the cylinder 107crn. Negligible circular polarization is produced by the homoge- 

neous cylinder for 90 ° > 0 > 60 °, compared to a few % for the the two inhomogeneous 

cylinders (Figure la). When 0 decreases, the circular polarization due to both the homo- 

geneous cylinder and the cylinder with the Gaussian density profile increases rapidly. The 

former reaches 80%, the latter 70%, while for the two-core profile it increases slowly up to 

about 30%. All cylinders produce about 1% linear polarization at 0 ~ 30 ° - 60 °, but at 

0 ~ 90 ° only the inhomogeneous cylinders produce significant linear polarization (~ 15%) 

(Figure lb).  In Figure 2 the circular polarization is plotted against log(1/%), where % is 

the wavelength of the radiation in #rn, for the same parameters as in figure 1. Compared 

to the homogeneous models, the inhomogeneous models generally produce larger circular 

polarization in the infrared band but smaller circular polarization in the optical band. 

III.  EF Erl 

The optical spectrum of EF Eri, unlike that of ST LMi, is very fiat and hence cannot 

be explained by homogeneous models. However, Wu and Chanmugam (1988) obtained a 

good fit to the optical spectra using the two-core model with the parameters: kT=15keV, 

R = 10Tern, Ncor~ = 101Tern -3, Nshell = 10 i4cm-a, and (.t~core/Rshell) 2 ~ 0.05. These 

values are adopted here to fit the observed V-band polarization light curve obtained by 

Piirola, Reiz, and Coyne (1987). Polarization light curves for homogenous models with 
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N = 1016cm -3 and R = 106cm, 107cm are also generated for comparison (Figure 3). The 

two-core model clearly provides better fits to both the optical spectrum and the circular 

polarization. 

IV.  Conc lus ions  

Our calculations shows that inhomogeneous cylinders generally produce larger circular 

and linear polarization at angles close to 90 ° compared with homogeneous cylinders, but 

smaller polarization at 0 ~ 30 ° for a given harmonic number. The inhomogeneous cylinders 

also produce larger circular polarization in the infrared band. A good fit to the V-band 

circular polarization curve of EF Eri is obtained, showing that the parameters of the 

emitting region are kT= 15keV, B=26MG, and A ~ 106. Such values are identical to 

those used to fit the optical continuum in Wu and Chanmugam (1988), thus implying the 

self-consistency of our model and the significance of inhomogeneities on the spectrum and 

polarization. 

This research was supported by NSF grant AST-8700742. 
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THOMSON SCA'Iq'ERING IN MAGNETIC FIELDS 

Barbara Whitney 
Department of Astronomy 

University of Wisconsin--Madison 

ABSTRACT 

The equation of transfer in Thomson scattering atmospheres with magnetic fields is solved using 

Monte Carlo methods. Two cases, a plane parallel atmosphere with a magnetic field perpendicular to 

the atmosphere, and a dipole star, are investigated. The wavelength dependence of polarization from a 

plane-parallel atmosphere is qualitatively similar to that observed in the magnetic white dwarf 

Grw+70°8247, and the field strength determined by the calculation, 3.2× 108 G, is quantitatively 

similar to that determined from the line spectrum. The dipole model does not resemble the data as well 

as the single plane-parallel atmosphere. 

INTRODUCTION 

The most strongly magnetic white dwarfs have surface field strengths in the range of 108-109 G. 

In order to explain the strong linear and circular polarization of these objects, one needs to know the 

polarization and angular dependence of the important absorption processes in a magnetic white dwarf. 

Several people (e.g., Martin and Wickramasinghe 1978, Wickramasinghe and Martin 1979, 

Wickramasinghe and Ferrario 1988, Nagendra and Peraiah 1984) have modelled the continuum 

polarization spectra of magnetic white dwarfs using the dichroi¢ opacities of Kemp (1977) for free-free 

absorption, and Lamb and Suthefland (1974) for bound-free. Both of these opacities were derived in 

the weak field limit, o~c/o~ << 1 (o~ c = eB/mc, the cyclotron frequency). For large field strength, that 

is, C0c/C0 >> 1, the motion of electrons is confined along the field lines, and the opacity expressions of 

Lodenquai et al. (1974) can be used, though they do not provide a complete description of the angular 

dependence of the cross sections. Lauer et al. (1983) present polarization and angular dependence of 

bremsstrahlung for the case of h0~ << kT << he0 c in fields so strong that electron motion perpendicular 

to the field is confined to the first Landau level. For weaker fields (co < o¥) and he0 < kT, Stokes 

parameters for free-free absorption are given by Wickramasinghe and Meggitt (1985). 

For kT - he0 ~ he0 c , as is the case for the atmospheres of the strongest magnetic white dwarfs, a 

continuum opacity for which the polarization and angular dependence of the cross sections is known 

exactly is Thomson scattering. Since the behavior of other opacities may be similar to that of  

Thomson scattering, it is instructive to examine the polarization properties of a Thomson scattering 

atmosphere. 
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MODEL ATMOSPHERES 

Stokes parameters for electron scattering in a constant magnetic field along z were derived 

classically using the method of Chou (1986), and then integrated to give cross sections which depend 

on direction and polarization of the incident radiation. These cross sections agree with Herold (1979) 

in the non-relativistic limit. Radiative transfer in a plane parallel atmosphere with magnetic field along 

z was solved using a Monte Carlo method. For arbitrary field orientations, the radiative transfer was 

solved in an atmosphere that was tilted with respect to the z-axis, and the results transformed into the 

coordinate frame of the atmosphere. 
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Figure 1 - -  Fractional polarization (I=100%) is plotted as a function of x = mc/m = 

X/X c, The filled circles show polarization from a plane-parallel atmosphere with magnetic 

field along the -z axis, perpendicular to the atmosphere, The viewing angle is 60 ° from 

the z-axis. Open circles are from a dipole model viewed 60 ° from the south pole. 

The tidied circles of Figure 1 show the results of a model atmosphere with the magnetic field along 

the negative z axis, and an optical depth of three. Unpolarized grey light is incident normal to the 

bottom of the atmosphere. The polarization of scattered light emerging from the top at an angle of 60 ° 

393 



from the normal is shown here for several different values of x = C0c/to = ~X c. At this angle the linear 

polarization is comparable to the circular, as it is in Grw+70°8247. As expected, the circular 

polarization is largest at the cyclolxon frequency, that is, to = co c. An interesting feature of the linear 

polarization is the change in position angle at toc/to = 1.9. This jump occurs at all exit angles. It can 

be understood as follows: When no field is present, radiation emerging from a plane parallel semi- 

infinite Thomson scattering atmosphere is linearly polarized with a position angle of 90 ° with respect to 

the zenith (Chandrasekhar, 1960). In weak magnetic fields, the cross section for scattering is large 

when the electric vector of the incoming photon is perpendicular to the field, which in this case is also 

perpendicular to the atmosphere. This gives rise to linear polarization with a position angle of 90 °. 

When the cyclotron frequency becomes much greater than that of the incident radiation, the electron 

can only be excited at the frequency co when the electric vector of the incident radiation is parallel to the 

field. The scattered radiation is linearly polarized at a position angle of 0 °. With this behavior in mind, 

we can interpret the results of a dipole model. 

A DIPOLE MODEL 

A grid of plane-parallel atmospheres was solved, each atmosphere having a magnetic field 

orientation and strength appropriate for its latitude on the surface of a dipole sphere. The outgoing 

radiation was integrated over the surface of the sphere. The optical depth of each atmosphere is x = 3, 

because it takes less computing time than larger depths and it gives similar answers. The difference in 

polarization between an atmosphere of x = 3 and x = 6 depends on field strength, but is never more 

than 20% for COc/to greater than 0.1. 

Since Monte Carlo solutions provide outgoing radiation at all angles, the dipole star can be rotated 

and viewed at any angle. The open circles in Figure 1 show the results for a viewing angle of 60 ° 

from the south pole. Again, 60 ° was chosen because the linear polarization is comparable to circular at 

this angle. The results are different than those in the plane-parallel case. The circular polarization 

changes sign at COc/to = 3 even though we are looking down the south pole and so expect only 

negative polarization. The reason for this is that the negative polarization from the south pole is small 

at C0c/to = 3 but the positive polarization from the equator, where the field lines are pointing away from 

us, is large because there toc/to = 1.5. Another difference from the plane-parallel atmosphere is that 

the position angle of the linear polarization does not rotate until COc/CO = 3.5. Both the linear and 

circular polarization are not as large as in the single atmosphere. 

COMPARISON WITH OBSERVATIONS 

Continuum polarization data of Grw+70°8247 have been obtained by Landstreet and Angel (1975). 

The magnitude of the circular polarization has a narrow absorption feature at 3400A, increases to -5% 

at 4500 A, and then decreases with increasing wavelength. The linear polarization peaks at 4% at 

about 3900 A, then decreases to less than 1% by 5000 A. Its position angle rotates by 90 ° at about 

5700 A. The polarization then starts to increase at about 7500 A and reaches 6% at 10000 A. 
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If we match the wavelength of the position angle rotation of the single atmosphere model shown in 

Figure 1 (solid dots) to the rotation of the data at 5700 A, then the cyclotron wavelength of the 

atmosphere is ~-e = k/x = 5700/1.9 = 3353 A, which corresponds to a field strength of 3.2x 108 G. 

Angel, Liebert, and Stockman (1985) estimated the field strength of Grw+70°8247 to be 

(1.6-3.5)× 108G from identification of hydrogen lines. Henry and O'Connell (1984) estimated the 

field to be (4.0-7.6)x 108 G from the shifted wavelength of Ly-~. The similarity of the polarization 

and field strength of the plane paraUel atmosphere to Grw+70°8247 is intriguing. However, the plane 

parallel model does not exactly fit the data: The dip in linear polarization at 5700 A is much wider in 

the data than in the model, and the circular polarization of the data decreases more slowly with 

wavelength than the model. 

The dipole model does not fit the data very well. The field strength required to match the rotation 

of the position angle is 6.7 x 108 G at the pole (half that at the equator). This would put the peak of the 

circular polarization at 1600 A. The circular polarization would change sign at 4100 A, which is not at 

all like the data. If we match the circular polarization peak to the data, then of course the problem is 

that the position angle rotation occurs at about twice the wavelength of the data. 

The dipole model can be modified so that more radiation is incident on the atmospheres at the poles 

than at the equator. This brings the wavelength of the position angle rotation down with respect to the 

circular polarization peak, and in fact widens out the linear polarization dip to look more like the data. 

But to get this fit requires 25 times more radiation at the poles than at the equator, which may be 

unreasonable. 
This work is supported by contract NAS5-26777 for the Wisconsin Ultraviolet Photo-Polarimeter 

Experiment. 
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H-ALPHA EMISSION IN HOT DEGENERATES AND OB SUBDWARFS 

Neill Reid 
105-24, California Institute of Technology, Pasadena, CA 91125 

Gary Wether  
Dept. Physics & Astronomy, Dartmouth College, Hanover, NH 0 3 7 5 5  

Based on observations obtained using the 60-inch telescope at Palomar Observatory 
which is jointly owned by the California Institute of Technology and the Carnegie 
Institution of Washington and on observations obtained with the 200-inch Hale 
telescope which is owned by the California Institute of Technology. 

1. I n t r o d u c t i o n  

The intial observations of white dwarf stars and their immediate precursors, the 
hot subdwarfs, suggested that these stars possess the simplest (and, aesthetically, 
the most pleasdng) spectra of any astronomical object. The high gravity leads to 
the spectrum being dominated, in the most stars, by broad lines of either hydrogen 
or helium, depending on the composition of the photospheric layers, with a few 
stars exhibiting lines from both species. However, the m o r e  detailed observations 
of recent years have revealed a higher degree of complexity. In particular, absorp- 
tion lines of high excitation species (N V, C IV, etc.) have been detected in the 
ultraviolet spectra of several hot white dwarfs (Bruhweiler i= Kondo, 1982) and, 
most recently, high resolution optical spectra have shown that one of the latter 
stars, the hottest known DA, G191-B2B, exhibits significant emission in the core 
of the H-alpha absorption line (Reid & Wegner, 1988). Following up the latter ob- 
servation, we have obtained high resolution spectra of a number of hot subdwarfs, 
with temperatures ranging from ~,, 20,000K to more than 60,000 K. Most of these 
stars also exhibit Balmer emission, at H ~  as well as H a  in at least one case. We 
suggest the temperature reversal in the stellar atmosphere may be a function of the 
He/H ratio at the level of the photosphere. 

2. G 191-B2B 

Before describing our observations of hot subdwarfs, we briefly summarise the con- 
clusions drawn from our spectroscopy of the DA white dwarf G191-B2B (see Reid 
& Wether,  1988, for further details). Figure 1 shows the H-alpha profile, with the 
emission clearly evident. This star is the common proper motion companion of 
a main sequence K-dwarf. Tile trigonometric parallax measurement of the white 
dwarf leads to a distance of 45 parsecs, implying a separation of 2200 astronomical 
units between the two stars. Thus there is no question of an interaction between 
the two stars. Infrared photometry  rules out an optically undetected close M- 
dwarf companion, while time-resolved spectroscopy argues against G 191-B2B being 
a white-dwarf - white-dwarf binary, such as L870-2 ( Saffer, Liebert & Olszewski, 
1988). Finally, there is no evidence for spatially extended emission (or forbidden 
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O [Iii] emission), as one might expect if the the white dwarf were ionising the 
surrounding remnants of a planetary nebula. 

Since G191-B2B is in a wide binary, the main sequence companion can be 
used to estimate the space velocity. Our observations show that the H a  emission 
is centrally si tuated within the absorption core, and the observed wavelength cor- 
responds to a redshift of about  18 km/sec.  The same redshift is observed for the 
ultraviolet lines of C IV, N V and Si IV that  are observed in this star. On this basis 
we have suggested that  both  sets of lines have their origin close to the photospheric 
surface and that  the velocity difference we observe is the Einstein or gravitational 
redshift. As a corollary of this hypothesis, we require a temperature  inversion in 
the wl~te dwarf atmosphere to permit these lines to exist. 

3. Observations 

We have obtained intermediate dispersion spectroscopy of a further sample of OB 
subdwarfs, mainly selected from the preliminary catalogue produced by Kilkenny, 
Heber ~z Drilling (1988) .  The stars cover a range in effective temperatures from 
,-~ 24, 000K to ,,~ 65,000K (Table 1). Most of these observations were obtained 
with the echelle spectrograph on the 60-inch telescope at Palomar Observatory 
(McCarthy, 1987). This spectrograph uses a TI 800 x 800 format CCD as the 
detector, gives a spectral coverage from ,-~ 4000,~ to ,-~ 8000.fi and a velocity reso- 
lution (2 pixels) of -,~ 15kin~see at Ha. The spectra were reduced using the same 
techniques employed in our analysis of the spectroscopic observations of G 191-B2B 
(Reid ~ Wether ,  1988). 

In addition to these observations, we also obtained spectra of two stars, Feige 
67 and BD +28 4211, using the double spectrograph on the 200-inch Hale telescope. 
These spectra have a resolution of 1.6~ (2 pixels) at Ha and 1.0A at Hfl  and are 
therefore less sensitive to the presence of weak emission. Nonetheless, emission is 
detected at H a  in both stars, while BD +28 4211 is the only star in our sample 
with convincing emission at H/?. Figure 2 presents examples of our spectroscopic 
observations. The large-scale undulations in the spectra reflect residual effects of 
the echelle blaze function - these data  have not been flux calibrated - while the 
narrow absorption lines are terrestial atmospheric features. 

4. Discussion 

Table 1 summarises the results of our observations so far. All save one of the subd- 
warfs with photospheric effective temperatures of 38,000 K or more have detectable 
emission in the core of the Ha line, although only BD +28 4211, as we noted above, 
has convincing emission at H/3. Unfortunately this last star has not been analysed 
using models atmospheres, but the He I and Balmer line strengths are very similar 
to those observed in Fei~e 67, and we have adopted an effective temperature of 
40,000 K. in b(~th this star and the (perhaps) slightly hotter  BD +25 4655 the peak 
of the Ha emiJsion reaches close to the level of the neighbouring continuum. The 
hotter  subdwm:f LS IV-12, with a temperature  comparable to that of G191-B2B, 
has a broad core to the absorption at H/~, which may arise from emission filling in 
the central paxt of the absorption. We suggested that there is marginal evidence 
for similar low-level emission in G191-B2B. 

The full-width half-maximum estimates made for the several stars with emis- 
sion cores are all comparable, particularly allowing for the uncertainties involved in 
the measurement.  None show evidence for extended emission and, as we noted in 
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T a b l e  1 

H a  EW FWHM H/3 EW FWHM Tel f type 

HD 4539 no 
Feige 108 no - 
Feige 67 yes 120 1.5 
Feige 110 yes 100 1.1 
BD -F28 4211 yes 400 1.5 
BD +25 4655 yes 145 1.2 
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LS IV-12 yes 140 1.2 
G191-B2B yes 90 1.5 
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Figure 1. The  H a  profile of the hot white dwarf G191-B2B 
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the case of G191-B2B, the observed line widths are consistent with the Stark broad- 
ening expected near the top of the stellar photosphere. The only hot subdwarf in 
which there is no clear evidence of emission is Feige 34, where we have obtained 
only a relatively low signal-to-noise spectrum (figure 2). 

The presence of Balmer emission requires the existence of a temperature in- 
version in the stellar atmosphere. We are currently investigating the stability of 
chromospheres and coronae in white dwarfs (Reid &: Collier Cameron, in prep.), 
but such temperature inversions have already been predicted in some atmosphere 
models. Wesemael's (1981) calculation of the temperature distribution in an NLTE, 
pure-He wlfite dwarf model with effective temperature 70,000 K predicts a temper- 
ature minimum at the point where He II becomes transparent, with the overpop- 
ulation of the He II ground state leading to heating of the upper layers. Jordan 
& Koester (1986) find that a similar temperature structure can occur in stratified 
H/He white dwarf models wlfich possess a thin outer shell of hydrogen. Vennes 
et al. (1988) have shown that optical and soft X-ray observations imply a trend 
of decreasing He/H ratio with decreasing photospheric temperature amongst white 
dwarf stars. This they interpret as partly due to cooling effects and partly due to 
an increase in the mass and thickness of the outer layer of hydrogen. While only 
one of the stars in our sample is a white dwarf, it may be significant that, as the 
hottest known DA, it has a high He/H ratio. Similarly~ the hotter sdO stars are 
generally regarded as He-rich, while the sdB and sdOB stars have He-poor atmo- 
spheres, and the lower He/H abundances in the latter stars may account for the 
absence of Balmer emission. 

Further observations and more detailed models are required to determine the 
range of effective temperature,  surface gravity and photospheric abundm~ces of those 
stars exhibiting Balmer emission, and we are CUiTently embarking on such a project. 
However, it seems likely that the characteristics of these emission cores can furnish 
information on the atmosphere structure in hot white dwarfs and subluminous OB 
stars. 

This work was partially supported by the National Science Foundation 
through Grant AST85-15219. 
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GRAVITATIONAL REDSHIFTS AND THE MASS-RADIUS RELATION 

Gary Wegner 

Department o f  Physics & Astronomy, Dartmouth College 

I. INTRODUCTION 

The gravitational redshift is one of Einstein's three original tests of General Relativity 

and derives from time's slowing near a massive body. For velocities well below c, this is  

represented with sufficient accuracy by: 

VRS = GM/cR = 0,635 M/Mo/R/Ro km/ sec. 

As detailed by Will (1981), Schiff's conjecture argues that the gravitational redshift 

actually tests the principle of equivalence rather than the gravitational field equations. For 

low redshifts, solar system tests give highest accuracy. LoPresto & Pierce (1986) have shown 

that the redshift at the Sun's limb is good to about +3%. Rocket experiments produce an 

accuracy of +__0.02% (Vessot et al. 1980), while for 40 Eri B the best white dwarf, the observed 

and predicted VRS agree to only about +5% (Wegner 1980). 

While using white dwarfs is not the most s.'ringent test of general relativity, one can 

assume its validity and employ it as a tool to probe the white dwarfs. Here, the m a s s - r a d i u s  

relation is examined and then used to constrain non-Newtonian gravitational force laws. 

II. PRESSURE SHIFTS IN THE LINES 

The role of pressure shifts is important for interpretating white dwarfs '  radial 

velocities. These appear to be manageable for pure hydrogen atmospheres ,  but many 

difficulties remain for the helium dominated atmospheres. 

For hydrogen, it has long been known that in high density plasmas, the Balmer lines 

show assymetries. (Shipman & Meehan 1976). Recent work of Grabowski et aL ( 1 9 8 7 ) ,  

however shows that the velocities measured depend on resolution. The narrow cores of the 

Bahner lines are relatively unaffected, while in the line wings, there are assymetries that 

could lead to redshifts of the size found in the early work described in § 2.2. Consequently, if 

measurements are made in the line cores at sufficiently high resolution, pressure shifts can 

be ignored. 

For He I, there is much uncertainty. Greenstein & Trimble (1967), Wegner (1973), a~d 

Koester (1987) all point out that each individual line gives its own redshift in the spectra of 

the DBs. Additional laboratory and theoretical work are needed to clarify this problem before 

the He I lines of DB stars can be reliably used. A possible project would be to use the Ha line 

in DBA stars to calibrate them. Hammond's recent work for Ca II reported in these 

proceedings suggest that this problem is tractable for the DZ stars. 
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III. WHITE DWARF GRAVITATIONAL REDSHIFT MEASUREMENTS 

2.1 Individual Stars with well-known Orbits. 

The earliest attempt to observe any gravitational redshift was for Sirius B by Adams 

(1925). However, this value is questionable due to problems with scattered light from A. 

Greenstein, Oke, & Shipman (1971) derived VRS = 89 + 16 km/sec. Indeed, Sirius B has proven 

difficult in the visual due to the proximity of Sirius A and several investigators including the 

author have attempted measurements and failed. The mass is well established as 1.053 +__0.028 

M O (Gatewood & Gatewood 1978), but there are still questions about the radius (cf. K idde r ,  

Holberg, & Wesemael these proceedings). 

The white dwarf most amenable to direct comparison of M, R, and the redshift is 40 Eri 

B. Popper's (1954) classical study of the star yielded the often quoted value of +21+4 km/sec. 

Greenstein & Trimble (1972) found a redshift of +23+5 km/sec for this object. More recent 

work by Wegner (1979, 1980) suggests a slightly higher value, viz. +23.9+--1.3 km/sec, w h i c h  

may be inconsistent with the astrometric mass of 0.44 MO. 

Other binaries may be usable for determining gravitational redshifts, but present 

additional problems. Procyon B has never been measeured, while Stein 2051 (Strand & 

Kallarkal these proceedings) and G107-70 (Harrington et al. 1981) have orbits, but they are o f  

spectral class DC and require examination at higher signal-to-noise and resolution. 

2.2 Statistical Methods 

The determination of the K-term for the white dwarfs yields a mean gravitational 

redshift through the relation: 

RVObs = K - Scos~. 1- Vpec 

This approach was pioneered by Greenstein & Trimble (1967) and Trimble & Greenstein 

(1972) who obtained K = +65 + 5 km/sec, which is discrepant with the mean mass near 0.6 M O 

found from using log g which should yield a mean redshift near +31 kin/see for a carbon 

compos i t ion .  

More recent studies suggest a lower K. Wegner (1974) observed southern white dwarfs 

and derived +43 + 14 km/sec and even more recently, Greenstein et al. (1977) obtained +44.6 + 

5.7 km/sec from high resolution data of 13 stars. 

2.3 Common Proper Motion Systems 

Common proper motion (CPM) binaries containing a white dwarf are numerous and 

using them to study redshifts seems most promising. If such a system is really g rav i t a t iona l ly  

bound, the orbital contribution to the observed radial velocity is typically of order +1 

km/sec, below the usual precision of measurement. Often, however, these systems are more 

distant and have more uncertain distances. 

Nevertheless, large numbers of CPM objects exist and the first lists were compiled by 

Luyten (1969) and used by Eggen & Greenstein (1965) to study white dwarfs. A few individual 

redshifts were obtained by Greenstein & Trimble (1967) and Trimble & Greenstein (1972). 

More recently there has been a renewed interest in these systems and the article by Sion & 
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Oswalt in these proceedings contains further references to Oswalt 's and other work 

cataloging CPM systems containing white dwarfs, 

The first systematic attempt to utilize the brighter systems was Wegner (1973) who 

obtained image-tube spectra of the white dwarf members and high resolution photographic 

spectra of the bright non-degenerate components of 5 systems in the southern hemisphere. 

These data were used to further obtain evolutionary parameters for the white dwarfs. Sion & 

Guinan (1985) have applied this technique to the DO white dwarf HD149499 using I U E  

Wegner's (1978a) radial velocity for A to derive VRS = +17 + 5 km/sec. 

The star COD-38°10980 is an example of how things can go wrong (Holberg et al. 1985). 

Here, the distance is not well known despite several parallax measures and the redshift, near 

+40 km/sec (Wegner 1978b; Koester 1987) disagrees with that predicted from logg. 

Nevertheless,  recent application of modern digital detectors has yielded greatly 

improved accuracy for the measurements of redshifts. The values derived in Koester (1987), 

Wegner & Reid (1987) and elsewhere give both much improved internal and external 

a c c u r a c y .  

2.4 White Dwarfs in the Hyades and Other Galactic Clusters 

White dwarfs in galactic clusters represent another method of obtaining gravitational 

redshifts with the added advantage of a known cluster age. However, there can be 

kinematical complications and most galactic clusters are too distant for high resolution 

studies of the white dwarf members. 

The Hyades is the nearest with a number of white dwarf members at about the 14th 

magnitude. These stars are discussed elsewhere in these proceedings (Wegner, Reid, & 

McMahan 1988). 

The next nearest clusters include the Pleiades and Praesape. The one Pleiad with V = 

16.5 is correspondingly more difficult, so far has defying recent efforts at determining a 

redshift. Praesape (Luyten 1962) should be reachable with 5-m class instruments. A number 

of even fainter white dwarfs have been located in other clusters, notably through the efforts 

of Koester & Reimers (1985 and refs. therein), Anthony-Twarog (1982), and Romanishin & 

Angel (1980) but these are currently unreachable at sufficiently high resolution and signal- 

to-noise for redshifts. 

IV. THE MASS-RADIUS RELATION AND THE MASS DISTRIBUTION 

The theoretical mass-radius relation (Chandrasekahr 1934) has stood the test of time 

well, despite many subsequent elaborations on the equation of state, but it has never been 

closely verified empirically as d i s c u s s e d  by Weidemann in these proceedings. The richness 

of details that can be learned is obvious and deserves study. 

Except for the few visual binary white dwarfs, the mass-radius relation must be tested 

by working with combinations of observed quantities, e.g. gravity g = GM/R 2 or redshift, V R S 

= 0 . 6 3 5 ( M / M o ) / ( R / R O )  km/sec. Using g suffers from large errors. McMahan (1988) has 

reduced the uncertainties, but for studying individual stars in the mass-radius relation, 
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errors of order +0.05 dex are needed in both log g and log R. However, as an error of +3 

km/sec translates to about +0.03 MO, it appears possible to make some meaningful conclusions 

ut i l iz ing gravi ta t ional  redshif ts .  

Table I presents data derived from the presently best available VRS, taken from 

Wegner & Reid (1987), Koester (1987)in addition to the stars in Wegner, Reid & McMahan 

(1988), and references in § 2.1. Sirius B is plotted using Gatewood & Gatewood (1978) for the 

mass. The radii have been taken from sources in Wegner, Reid, & McMahan (1988), except 

Sirius B where Thejll & Shipman (1986) was used. Masses correspond to the redshifts if the 

stars lie on the carbon Hamada & Salpeter (1961) mass-radius relation. Weights are assigned 

as in the Hyades paper. 

TABLE I 

Data on White Dwarfs in Binaries with Reliable Redshifts 

Name VRS logR/Ro M/Mo Weight Name VRS logR/Ro 1WMo Weight 

Sirius B +89.0 -2.12 1.04 4 G154-B5A/B +24.5 -1.91 0.51 2 

40 Eri B +23.9 -1.87 0.50 19 G200-39/40 +32.5 -1.98 0.61 2 

L970-27/30 +19.9 -1.88 0.44 4 L587-77A +36.1 -1.87 0.66 2 

W485A/B +24.9 -1.83 0.52 4 LDS455 +51.2 -2.07 0.80 2 

W672A/B +21.2 -1.84 0.46 4 L481-60 +27.9 -1.84 0.56 2 

G142-B2A/B +27.4 -1.94 0.55 2 CD-38:10980 +40.0 -1.93 0.69 4 

G148-6/7 +27.0 -1.91 0.54 2 L268-92 +30.2 -1.88 0.59 2 

Figure 1 presents a histogram of the masses from Table I and the Hyades in Wegner, 

McMahan, & Reid (these proceedings).  The masses  have been derived from VR S on the 

assumption that each star lies on the Hamada & Salpeter (1961) carbon mass-radius relation. 

Although the number of objects is still small, the field stars reproduce the relation discussed 

in Prof. Weidemann's  lecture. The difference in unwieghted mean mass for the Hyades (0.66 

+_. 0.05 MO) and the field objects (0.57 + 0.03 M O excluding Sirius B) seems to be significant and 

could show real differences in the parent star masses. 
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FIG. 1. The distribution of masses for white dwarfs from the gravitational redshifts published in Koester 

(1987), Wegner & Reid (1987), and Wegner, Reid, & McMahan (1988), derived on the assumption that all 

stars lie on the Hamada-Salpeter carbon mass-radius relation. 
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The center panel of Figure 2 shows all stars in Figure 1 compared with the Hamada & 

Salpeter (1961) C mass-radius relation. The data points are fit reasonably well .and this is 

clearly better titan that given by n = 1.5 polytropes. The scatter is larger than expected from 

errors in VRS and this could reflect imprecision in logR arising through the distance 

d e t e r m i n a t i o n s .  

Future work must include an assessment of the role of spectroscopic binary white 

dwarfs like L870-2 (Cf. Bragagl ia  et al. and Saffer & Liebert ,  these proceedings) on 

enhancing the scatter in the mass determinations. 
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FIG. 2. Positions of the white dwarfs with the best observed gravitational redshifts compared with the 

Itamada-Salpeter pure carbon mass-radius relation, scaled for different values of the gravitational 

constant as given by the parameter x ~ Go/G~, 

V. CONSTRAINTS ON THE DISTANCE DEPENDANCE OF GRAVITY 

Although white dwarfs cannot compete with other measurements of the gravitational 

redshift as tests of general relativity, they can still be used to study certain aspects of the 

gravitational force law. Extended supergravity theories predict the addition of a Yukawa 

term to the usual Newtonian gravitational potential, so that 

U{r) = -G~M/r(1 + cce'r/~'), 

with the resulting modified gravitational attraction, F = G(r)M/R, with G(r) = G={1 + a(1 + 

R/ ) . ) e - r /L} .  

For values of )~ between a few m to kin, empirically determining ct has proven difficult 

and the results are presently controversial. Long (1976) described experimental measures of 

rL and more recently, the work of Echardt et al. (1988), Thielberger (1987) and Stubbs et al. 

(1987) using terrestrial experiments have found differing results at about the few per cent 

l eve l .  

For white dwarfs the equation of state is well known and stellar evolution establishes 

that they should mostly have CO cores. Sugimoto (1972) and Blinnikov (1978) made use of the 

fact that for the Chandrasekhar (1934) mass-radius relation, the mass and radius have the 
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following scaling with gravity : 

M,~ = Mo x ' l . 5  and Roo = Ro x-0-5, where x= (Goo/Go). 

Hut (1981) argued that the corresponding variation in the tiamada & Salpeter (1961) mass- 

radius relation also scales with G to about 0.2% and found from Sirius B that x = 0.98 + 0.08. As 

well, 40 Eri B gives a similar result (Wegner 1980). 

The limits on x can be diminished using the radii and masses of white dwarfs from 

their gravitational redshifts. Both VRS and log R/R® are observed quantities and do not scale 

with x. The derived mass will be: 

M / M o  = VRS(R/RO)/0.635/x. 

Consequently, for each value of x, there is a mass-radius relation and a corresponding point 

for each of the white dwarfs. 

Using the data in Figure 2 from § IV and scaling the Hamada & Salpeter (1961) carbon 

mass-radius relation with x as above, a least squares best fit yields x = 0.994 +__ 0.012(s.d). For 

Sirius B, the position was fixed using the Gatewood & Gatewood (1978) mass and Thejll & 

Shipman's (1986) radius. The possible complications of assuming the zero-temperature C 

mass-radius relation must be emphasized at this point. Nevertheless, this derived value of x is 

compatable with terrestrial experiments that find x differing little from unity and has an 

accuracy comparable to those investigations. 

VI. CONCLUSIONS 

While the results described in this article are preliminary due to the small numbers of 

stars available, the use of gravitational redshifts as a probe of the properties of white dwarfs 

seems most promising. Recent advances in digital detectors has made this possible and 

detailed data on mass distributions can be expected as measurements for more systems 

become available. White dwarfs can also probe the gravitational force and do not seem to 

support large deviations from the Newtonian law. 

This work was partially supported by the National Science Foundation through Grant 

AST85-15219. 

REFERENCES 

Adams, W. S. 1925 Proc. Nat. Acad. Sci., 11, 382. 
Anthony-Twarog, B. J. 1982, Ap. J., 255, 245. 
Blinnikov, S. 1. 1978, Astrophys. Space Sci., 59, 13. 
Chandrasekhar, S. 1934, M. N. R. A. S., 95, 207. 
Echardt, D., Jekeli, C., Lazarewicz, A., Romaides, A. & Sands, R. 1987, Phys. Rev. Lett., 56, 3. 
Eggen, O. J. & Greenstein, J. L. 1965, Ap. J., 141, 83. 
Gatewood, G. D. & Oatewood, C. V. 1978, Ap. J., 225, 191. 
Grabowski, B., Madej, J., & Halenka, J. 1987, lip. J., 313, 750. 
Greenstein, J. L,, Boksenberg, A. L., Carswell, R., & Shortridge, K. 1977, Ap. J., 212, 186. 
Greenstein, J. L., Oke, J. B., & Shipman, H. L. 1971, Ap. J., 169, 563. 
Greenstein, J, L. & Trimble, V. L. 1967, Ap. J., 149, 283. 

406 



Hamada, T. & Salpeter, E. E. 1961, Ap. J., 134, 683. 
Harrington, R. S., Christy, J. W., & Strand, K. Aa. 1981, A. J., 86, 909. 
Holberg, J. B., Wesemael, F., Wegner, G., & Bruhweiler, F. C. 1985, Ap. J., 293, 294. 
Hut, P. 1981, Phys. Lett. B, 99B, 174. 
Koester, D. 1987, Ap. J., 322, 852. 
Koester, D. & Reimers, D. 1985, Astr. Ap., 153, 260. 
Long, D. R. 1976, Nature,  260, 417. 
LoPresto, J. C. & Pierce, K. 1986, Bull. Am. Astr. Soc., 18, 989. 
Luyten, W. J. 1962, A Search for Faint Blue Stars XXXI. One Thousand Blue Stars in the Region of Praesepe, 

(Univ. of Minnesota: Minneapolis). 
Luyten, W. J. 1969, Proper Motion Survey with the Forty-eight Inch Schmidt Telescope, XVII, Binaries 

with White Dwarf Components, (Univ. Minnesota: Minneapolis). 
McMahan, R. K. 1988, Ap. J., in press. 
Popper, D. M. 1954, Ap. J., 120, 316. 
Romanishin, W. & Angel, J. R. P. 1980, Ap. J., 235, 992. 
Sion, E. M. & Guinan, E. F. 1985, Ap. J. (Letters), 265, L87. 
Stubbs, C., Adelberger, E., Raab, F., Gundlach, J., Heckel, B., McMurray, K., Swanson, H., & Watanabe, R. 

1987, Phys. Rev. Lett., 58, 1070. 
Sugimoto, D. 1972, Prog. Theor. Phys., 48, 699. 
Thieberger. P. 1987, Phys. Rev. Lett., 58, 1066. 
Thejll, P.. & Shipman, H. L. 1986, P. A. S. P., 98, 922. 
Trimble, V. L. & Greenstein, J. L. 1972, Ap. J., 177, 441. 
Vessot, R. P. C. et al. 1980, Phys Rev. Lett., 45, 2081. 
Wegner, G. 1973, M. N. R. A. S., 165, 271. 
Wegner, G. 1974, M. N. R. A. S., 166, 271. 
Wegner, G. 1978a, M. N. R. A. S., 182, 111. 
Wegner, G. 1978b, M. N. R. A. S., 187, 17. 
Wegner, G., 1979, A. J., 84, 650. 
Wegner, G., 1980, A. J., 85, 1255. 
Wegner, G. & Reid, I. N. 1987, in Proc. IAU Colloq. 95, The Second Conference on Faint Blue Stars, ed. A. G. 

D. Philip, D. S. Hayes, & J. W. Liebert, (L. Davis Press: Schenectady), p. 649. 
Wegner, G., Reid, L N., & McMahan, R. K. 1988, These proceedings. 
Will, C. M. 1981, Theory and Experimentation in Gravitational Physics, (Cambridge University Press: 

Cambridge), p. 38ff. 

407 



THE SEARCH FOR CLOSE BINARY EVOLVED STARS 

Rex A. Saffer and James Liebert 
Steward Observatory, University of Arizona 

ABSTRACT: We report on a search for short-period binary systems composed of pairs of 
evolved stars. The search is being carried out concurrently with a program to characterize 
the kinematical properties of two different samples of stars. Each sample has produced one 
close binary candidate for which further spectroscopic observations are planned. We also 
recapitulate the discovery of a close detached binary system composed of two cool DA 
white dwarfs, and we discuss the null results of Ha  observations of the suspected white 
dwarf/brown dwarf system G 29-38. 

I. INTRODUCTION 

Evolved close binary systems have long been predicted to exist as the survivors of common 
envelope evolution in binary systems with much larger initial separations (cf. Iben and 
Tutukov 1979, 1984). Driven by gravitational wave radiation, their merger has been proposed 
to explain the origins of Type Ia Supernovae (SN Ia), the cataclysmic variables, some ho~ 
subdwarfs, and the helium-rich R CrB giants (Webbink 1979, 1984; Tutukov and Yungelson 
1979, 1987; Iben and Tutukov 1984, 1987; Paczyflski 1967, 1981, 1985; Tournambfi and 
Matteucci 1986; Webbink and Iben 1987). 

Although theoretical work in this area has proceeded apace, until recently the only 
observational results of the search for very short-period pairs of evolved stars have 
been negative. Robinson and Shafter (1987) reported null results from a comprehensive 
spectrophotometric radial velocity search for the very close white dwarf pairs of most 
interest for the merger hypothesis of SN Ia formation. They found no pairs with orbital 
periods between 30 seconds and 3 hours among their sample of 44 white dwarfs and 
concluded that  close binaries in this period range cannot constitute more than 1/20 of the 
local population of white dwarfs. The discovery by Saffer, Liebert, and Olszewski (1988) 
of a close double DA white dwarf system with a period of 1.56 days (further described in 
§IV) confirms the existence of products of common envelope evolution, but it does little to 
explain the apparent lack of very short-period pairs. It is important  to continue the search 
for both short-period and longer-period pairs in order to improve understanding of the late 
stages of stellar evolution. 

II. OBSERVATIONS AND RADIAL VELOCITY MEASUREMENTS 

All observations (save one described in §V) were obtained at the Multiple Mirror Telescope 
(MMT) Observatory. The echelle spectrograph and photon-counting Reticon were centered 
at either H a  or at He II )t4686. The first sample for which these observations have been 
obtained comprises a subset of the hot, helium-rich subdwarf O (SdO) stars drawn from the 
ultraviolet-excess surveys of Green, Schmidt, and Liebert (1986) and Downes (1986). Results 
from a second sample composed of white dwarf/M dwarf common proper motion pairs drawn 
from the Luyten catalogues will be discussed separately in detail (Oswalt, Hintzen, Sion, 
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and Liebert, in preparation). Multiple radial velocity measurements have been made only 
for the first sample. However, each sample has produced one evolved binary candidate for 
which spectroscopic follow-up is planned. 

Figure 1 shows a) a typical spectrum of an sdO star showing absorption at He II A4686 
and b) a much higher quality spectrum showing an emission reversal in the line core. 
High resolution observations of sdO stars often show a sharp core in the He II ~4686 
absorption line, making it possible to measure relatively precise radial velocities in spite of 
the Stark-broadened profiles and poor signal-to-noise ratios of most of the spectra. Radial 
velocities were measured by fitting modified Lorentzian profiles to the spectral features using 
t h e  algorithm of Levenberg and Marquardt. Standard uncertainties were computed from the 
covariance matrices of the fits. 
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IH. RESULTS FROM THE HOT SUBDWARF SAMPLE 

We have measured radial velocities for 53 sdO stars drawn from the Palomar Green (PG) 
and Kitt Peak Downes (KPD) surveys (Green, Liebert, and Saffer, GLS, in preparation), 
of which 39 have two or more independent observations. Standard errors range from 10 
km s -1 for stars with spectra having very sharp absorption cores or emission reversals to 
more than i00 km - 1  for s t~s  with weak features or with spectra having very poor 
signal-to-noise ratios. Most measurements have standard errors of 30-50 km s - ! .  "*"'~"- ~'¥ I b l £ 1 ]  t 

the errors, only one star, PG 1102+499, shows radial velocity variations. Two spectra 
obtained in 1988 January and March show variation of the line profile shape (Figure 2). 
The velocity separation of the absorption cores in the March spectrum is AV = 124 4-42 
km s - l .  Further observations are scheduled to confirm the binary nature of the object and 
determine its orbital and stellar parameters. Of the remaining 39 objects with two or more 
independent observations, only 14 have weighted radial velocities which differ statistically 
from zero, and of these, only 3 have radial velocities exceeding =t=100 km s - I .  One object, 
PG 1047-066, has a single measured velocity of +293.0 :t= 34.2 km s -1 (Figure 3). 

More observations are planned for those stars with only one radial velocity measurement. 
Even so, the 39 stars with 2 or more measurements constitute a statistically significant sample 
for characterizing the kinematic properties of the sdO stars in the solar neighborhood. 
The relative dearth of high-velocity stars indicates that 1) the stars in the sample are 
predominately young and old disk objects, and 2) the percentage of sdO stars with a close 
binary companion of comparable mass is small. The discovery of only one binary candidate 
does not strongly support the hypothesis that the blue and extended blue horizontal branch 
stars are the core helium-burning products of close binary evolution. However, the sample 
is composed of the very hottest subdwarfs (Teff > 30,000 K), and it well could include 
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stars hot and/or  luminous enough to be normal products of post-asymptotic giant branch 
evolution. A better test of the binary hypothesis of hot subdwarf formation might be made 
using the subdwarf B (sdB) stars, since their range of temperatures better  separates them 
from the post-AGB tracks of single stars. 
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IV. L 870-2: A CLOSE DOUBLE DA WHITE DWARF BINARY SYSTEM 

In the 1988 November 15 issue of the Astrophysical Journal, Saffer, Liebert, and Olszewski 
(SLO, 1988) report the discovery that the well-studied cool white dwarf L 870-2 (EG 11, 
WD0135-052) is a double-lined spectroscopic binary composed of two DA white dwarfs. The 
orbital and stellar parameters of the system were determined from observations obtained at 
the MMT in 1987 September and November. Figure 4 shows representative spectra of the 
system at conjunction and quadrature, and Figure 5 shows the best-fit sine curves to all 
phased velocities measured when the two components were clearly resolved. The estimated 
orbital period is 1.56 days and the maximum velocity separation of the components is 147 
km s - I .  
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Previous atmospheric and astrometric analyses indicate that  the surface gravities and masses 
of the stars are significantly smaller than those of field white dwarfs (Koester, Schulz, 
and Weidemann 1979; Shipman 1979; Schulz and Wegner 1981; Greenstein 1985; Bergeron 
et al. 1988). Combined with the 1.56 day orbital period, the small masses imply that,  if 
gravitational wave radiation is the only angular momentum loss mechanism, a merger will 
not occur for many Hubble times and will not produce a SN Ia. Even so, the existence 
of this system demonstrates that  close detached pairs of degenerate stars do emerge fror.l 
phases of common envelope evolution. 
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The circumstances surrounding the discovery of the binary nature of the system deserve 
further discussion. Greenstein (1985) showed that L 870-2 is 1.1 magnitudes overluminou~ 
in an H-R diagram plotting Mv versus the multichannel (g-r) color. In Figure 6, we show a 
similar diagram using the color (v-i)+(g-r) favored by Greenstein (1986) as the independent 
variable. In this diagram, L 870-2 lies some 1.5 magnitudes above the quadratic fit to 
the data. If the two components of an unresolved binary system contribute equally to the 
combined light, as SLO argue for L 870-2, the total luminosity should exceed that of a single. 
star by 0.75 magnitude. The excess of 1.5 magnitudes can be explained by the smaller 
than average mass (and larger than average radius) of both components of the system. 
Another example is G 107-70, which was noted to be overluminous in the same diagram 
before it was discovered to be a barely-resolved binary (Strand, Dahn, and Liebert 1976). 
Thus, it may be possible to discover other close binary white dwarfs from spectroscopic or 
photometric observations of stars which appear overluminous in H-R diagrams, provided that 
accurate parallaxes can be measured. In fact, our own interest in the L 870-2 system in 
this regard has been driven strongly by its extremely accurate parallax measurement. We 
applaud and encourage the practitioners of this most venerable profession. 
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V. Ha OBSERVATIONS OF THE SUSPECTED WHITE DWARF/BROWN DWARF 
BINARY SYSTEM G 29-38 

We have obtained high dispersion spectroscopy of the Ha absorption line of the cool DA 
white dwarf G 29-38 (Liebert, Saffer, and Pilachowski, submitted). This is the star for 
which a recently detected infrared excess has been suggested to be due to a possible brown 
dwarf companion by Zuckerman and Becklin (1986, 1987). Echelle spectra obtained at the 
MMT and at the Mayall 4m telescope in 1987 December show no evidence for radial velocity 
variations larger than N 1.1-4-8.7 km s -1 and are used to derive a weighted heliocentric radial 
velocity Vr-33.7=1= 4.3 km s -1 for the white dwarf. Precise radial velocity measurements 
are possible in spite of the highly Stark-broadened Ha wings thanks to the presence of 
a sharp, non-LTE core. No emission component from the hypothesized secondary star is 
detected. 

These negative results do not constitute strong evidence against the companion hypothesis, 
since the expected orbital velocity of the white dwarf component could be quite small 
(Shipman, MacDonald, and Sion, 1988), and the companion's line emission could be too 
faint to be detected. However, the observation of the sharp absorption core restricts the 
possible rotation of the white dwarf to < 40 km s -1 and ensures that any surface magnetic 
field has a strength < 105 gauss. These results make it unlikely that the DA white dwarf 
has previously been spun up in a cataclysmic variable accretion phase. 
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VI. SUMMARY 

In the past year, we have witnessed a veritable explosion of interest in and results from 
the search for close binary evolved stars. The discovery by SLO that L 870-2 is binary 
conclusively demonstrates that close detached pairs of evolved stars can and do emerge 
from post-main sequence evolution in binary star systems. The discovery of a binary hot 
subdwarf by GLS implies that the cores of the component stars need not have evolved to 
the degenerate configuration, and it raises questions which recommend the re-examination 
of the standard theories of post-main sequence evolution, especially as they apply to the 
formation of the hot subdwarfs. 
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THE NEARBY BINARY, STEIN 2051 (GI75-34AB) 

K. Aa. Strand 
3200 Rowland Place, NW 
Washington, D.C. 20008 

V. V. Kallarkal 
U.S. Naval Observatory 
Washington, D.C. 20392 

ABSTRACT 

Photographic observations of the large proper motion binary, Stein 

2051, extended over the period 1966-87, do not support that it is a 

triple system as previously reported (Strand, 1977). The orbital motion 

is nearly linear over this interval; however, when results of plates 

from the Vatican Astrographic Zone from 1908-11 are included, a mass 

ratio is obtained, leading to a mass of 0.50Qfor the white dwarf 

component, given the calculated mass of 0.24Q for the red dwarf 

component. 

ASTROMETRIC RESULTS 

Stein 2051 (04:31.2, +58°59 ' (2000)) is listed in the catalog of 

double stare from the Vatican Zone of the Astrographic Catalog (Stein, 

1930). This binary has the largest proper motion discovered in the 

Lowell survey (Giclas et al., 1965), where it is designated GI75-34AB 

and identified as Stein 2051, a white dwarf/main sequence dwarf binary. 

A total of 251 plates was obtained with the U.S. Naval Observatory 

61-inch astrometric reflector over the interval 1965-87. Both compon- 

ents on these plates were measured (by V.K.) on the semi-automatic 

measuring machine, using the same reference frame of seven stars for 

the epoch 1965.7 described in the previous paper (Strand, 1977). The 

combined solution gives a relative parallax of 0~178+"001 (m.e.), 

leading to an absolute parallax of 0~180, given the mean parallax of 

0~002 for the reference stars (Vyssotsky and Williams, 1948). 

The annual proper motions of the two components are 2'~4217e!!0001 

(m.e.) towards 146~9 and 2~3614~0003 (m.e.) towards 144~8 for the 

equinox 2000. These motions include the effects of the orbital motions 
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Of the components, and since these must display equiform curves with 

the one shown by the relative motions of the two components, they can 

be derived by successive approximations by varying the proper motion of 

the system. This was accomplished by the determination of the equiform 

triangles displayed by an early, a midpoint, and a late epoch normal 

place (the Vatican 1910, USN0 1966, and the USNO 1985 places, respec- 

tively). 

Comparing the dimensions of the triangle displayed by the relative 

motion of the two components with those of each of the two components, 

we find relative values of 0.674+.004 (m.e.) for A and 0.325+.005 for B 

yielding a mass ratio ~B/21~ of 2.07. The proper motion of the system is 

2.3832 towards 145~4, giving a tangential velocity of 60 km/sec, which 

is quite normal for an old disk population system. 

MASSES OF THE COMPONENTS 

The average of the Hardie and Heiser(1966) and the Eggen and 

Greenstein (1967) photometric results yield apparent magnitudes for the 

components of mv(A)=ll.09 and mv(B)=12.44. With the above parallax the 

absolute magnitudes are Mv(A)=I2.37 and Mv(B)=I3.62. That for A is 

normal for a dM4 star, as classified by Eggen and Greenstein(1967). 

Based upon a mass-visual magnitude relation established for late 

M-dwarf main sequence stars (Strand 1977), the mass of the A component 

is 0.24~. Using the mass ratio herin derived, the white dwarf has a 

mass of 0.50~). Eggen and Greenstein (1967), and Liebert (1976) have 

classified the spectrum as a CD white dwarf. Spectrophotometric scans 

and Stromgreen photometry were fit to model atmospheres with 

hydrogen/metal deficient composition by Liebert, who derived a 

temperature of 7050±400K, a radius of 0.011±.002RQ, and a surface 

gravity of 8.03±.12. 

Although the position angle of the relative orbit has changed 70 

over the interval 1909-1987, the orbit is still indeterminate and is 

estimated to remain so for several centuries, because of the linear 

motion so far observed. The mass of the white dwarf depends, therefore, 

entirely upon the assumed mass of its red companion, and its uncertain- 

ty is therefore twice the uncertainty of that of the companion, estima- 

ted at 0.03. However, in view of the paucity of known masses of white 

dwarfs, Stein 2051B represents an important data-point on this subject. 

While it is slightly more massive than 40 Eri B (0.43), it is nearly 

equal in mass to each of the two white-dwarf components of the binary 

GI07-70 (Harrington et al., 1981). 
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White Dwarfs in Globular Clusters 
G.G. Fahlman and H.B. Richer 

Department of Geophysics and Astronomy 
University of British Columbia 

I. Introduction 

Surrounding the galaxy, with an aloofness appropriate to their great age, the 

globular clusters have played a starry role in the development of much of modern 

astronomy. In particular, they continue to be vital laboratories for testing our 

ideas of stellar evolution (Renzini and Fusi Pecci 1988). Through the study of 

cluster color-magnitude diagrams (CMD's), all the major phases in the life of a 

common low mass star can be traced, save one. The final sequence, the locus of 

cooling white dwarfs, remains unexplored. We are forced to glean our knowledge of 

this evolutionary phase from the study of a heterogeneous sample of relatively 

nearby stars. Although remarkable progress has been made, the prospect of observing 

white dwarfs in globular clusters offers the potential for new insights into old 

problems; e.g., the DA/DB dichotomy, and perhaps a resolution of some of the 

outstanding issues connected with the clusters themselves. 

The advantages of using globular clusters for the study of white dwarfs include 

the following. (i) White dwarfs are the only known endpoint for the current 

population of stars in globular clusters. Indeed, this has been true for many 

billions of years and hence globulars should be full of white dwarfs. Estimates of 

their numbers will be given shortly. (ii) The clusters are rich and compact 

stellar systems so that a limited search area can be effective in discovering large 

numbers of white dwarfs. (iii) The white dwarfs in any one cluster are derived 

from a chemically homogeneous (with the known exception of ~ Cen) and coeval parent 

population whose distance and age are reasonably well known. (iv) Given the 

apparently low incidence of duplicity in globular clusters, the evolutionary path 

of most stars should be unaffected by the complications of binary star evolution. 

On the other hand, there are two serious obstacles to be faced. (i) The 

clusters are distant: the nearest has an apparent distance modulus of 12.3 mag. 

and a typical value is perhaps 15.0 mag. Even the brightest cluster white dwarfs 

appear as very faint objects. Direct observation of the vast majority of the white 

dwarf population is simply not feasible now or in the forseeable future. (ii) The 

stellar density within the cluster is high. Deep photometric fields are invariably 

crowded and therefore our ability to see the faint white dwarfs is severely 

compromised. 

To the above, we might add that the globular clusters exhibit a metal deficiency 

compared to the disk stars and that there is a range of about 2 dex in metallieity 

among them. We should remain alert to the possibility that there could be 

systematic differences between the cluster white dwarfs and those commonly observed 

in the solar neighbourhood and further, that similar differences might exist from 

cluster to cluster. 
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II The Expected Number of White Dwarfs 

There are two issues to be discussed: (i) the number of observable white dwarfs 

and (ii) the total number of white dwarfs in a cluster. The technique of estimating 

the number of bright and hence observable white dwarfs has been thoroughly discussed 

by Renzini (1985) following an earlier presentation by Fusi Pecci and Renzini 

(1979). Briefly, the method is based on the assumption that stars are conserved 

during their relatively rapid post main sequence (pms) evolution. Consequently the 

number of stars in any given pms phase is simply proportional to the time spent in 

that phase. The 'constant' of proportionality can be written as the product of the 

specific evolutionary flux and the visual luminosity of the cluster (Renzini and 

Buzzoni 1986, Renzini 1988). 

We can take a more direct tact starting with the expression 

Nwd(<Mv) = Nhb tc(~) / thb (1) 

where Nwd(<Mv) is the number of white dwarfs brighter than absolute magnitude Mv; 

Nhb, the total number of stars now on the horizontal branch; tc(<Mv) , the cooling 

time to reach M v and thb , the horizontal branch lifetime. This expression is valid 

as long as the present value of Nhb does not differ sensibly from the past values, 

an assumption which is quite reasonable for any observable extent of the cooling 

sequence. Convenient expressions for the cooling times can be obtained from Green 

(1980): 

log t = 4.85 + 0.32 M M > 11.3 
c v v (2) 

log t ~ -i.01 + 0.84 M M < 11.3 
c v v 

and for thb a value of 108 yrs may be used (Renzini 1977). 

In principle Nhb can be obtained by simply counting the number of horizontal 

branch stars but this is generally practical only in a limited area of any given 

cluster. A summary of available data can be found in Buzzoni et al (1985). 

We note that Nhb should be equal to the number of stars which evolve off the main 

sequence over the time thb. Turning to the isochrones of VandenBerg and Bell (1985), 

(for definiteness, we use the metal rich isochrone with Z=0.003, appropriate to M71 

there will be some metallicity dependence in the following results), we find that 

the stellar mass at the turnoff (defined as the bluest point in the isoehrone) 

changes by only Amhb=l.6xl0-3 M 0 over the time thb at an age of 16 Gyr. While 

continuity of the mass spectrum of the cluster is debatable over such a small range 

we nevertheless will assume that Nhb = A f(m) Amhb where A is a normalization 

constant and f(m) is the functional form of the mass distribution. The constant A 

can be obtained by counting stars over some convenient interval. With CCD 

detectors, it is possible to reach well below the main sequence in many clusters 

and a suitable range to determine A would be from the turnoff to 3 magnitudes 

below. Designating this number by N 3, we have 

Nhb = N_3 amhb / Am.3 ~ 7.4 x I0 -3 N_3 (3) 

where Am 3 = 0.22 from the isochrones. Substituting into equation (I), we find 

Nwd(<Mv) = 6.8xi0 -II N_3t c (<My) (4) 
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That this estimate of Nwd is consistent with Renzini's prescription can be shown 

as follows. A detailed study of the stellar population in M71 by Richer and Fahlman 

(1988b) demonstrates that essentially all the visible stellar luminosity comes from 

stars more massive than 0.33 M@. Moreover, in that cluster the visible mass to light 

ratio is 0.57 and the mean mass of the stars involved is 0.63 M 0 so that N(>0.33 M@) 

= 0.9 L. We find that N(>0.33 MO) = 2.5 N 3 and therefore 

Nwd(<Mv) - 3.0x10 "II L t c (<Mv). (5) 

This agrees completely with Renzini's (1988) result for M3. Although it must be 

admitted that exact agreement is fortuitous, our result certainly supports the basic 

correctness of Renzini's approach based on the concept of specific evolutionary flux. 

Using the star counts of Lee (1977a,b,c), we have calculated the expected numbers 

of white dwarfs in three clusters with more or less complete data using equation (i). 

These are listed in Table i. Taking the necessary data from the compilation of 

Webbink (1985), we have used equation (5) to estimate the number of bright white 

dwarfs in some nearby clusters. These are in Table 2. Since M4 (NGC 6121) appears in 

both tables, the difference in the estimates probably reflects the inherent 

uncertainty in these formulae. 

Table I 

Predicted Number of White Dwarfs 

Cluster (m-M)v NHB NwD(Mv< ) NWD(V<26) 

i0 12 

NGC 3201 14.15 175 43 857 767 

NGC 6121 12.75 148 34 676 1699 

NGC 6809 13.80 209 51 1024 1186 

Table 2 

White Dwarfs in Nearby Clusters 

Cluster (m-M)v log Le/L 0 NwD(M<I0) NwD(V<26 ) 

47 Tuc 13.46 5.79 453 13400 

Cen. 13.98 6.10 925 18929 

NGC 6121 12.75 4.73 39 1982 

NGC 6397 12.30 4.56 27 1850 

NGC 6752 13.20 5.02 77 2800 

In order to estimate the total population of white dwarfs, two important 

parameters are needed: (i) m c, the upper mass limit for white dwarf progenitors and 

(ii) x, the mass spectral index, defined by a power law parameterization of the mass 
-(l+x) function, dN/dm = A m Neither of these parameters is without controversy and 
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the assumption of a power law may be particularly egregious. The total number of 

white dwarfs is then obtained from 

Nd = AfmmCm-(l+X)dm (6) 

o 

where m is the present day turnoff mass. 
o 

An upper limit to m e of about 8-9 M 8 is set by the ability of a star to form a 

degenerate CO core after the exhaustion of central helium (Iben and Renzini 1983). 

Observationally, the existence of massive white dwarfs in the open cluster NQC 2516 

shows convincingly that progenitor masses of up to 8 M@ are possible at least in 

population I stars (Weidemann and Koester 1983). A value of me= 5 M@ is sometimes 

used as in Meylan (1988). This limit is based on the linear relationship between the 

initial, mi, , and final mass, mwd proposed by Iben and Renzini (1983) 

mwd = 0.53~ -0'082 + 0.15~'0'35(mi-I) (7) 

where 8 is a parameter scaling the mass loss rate. A value of ~ = 1/3 is generally 

consistent with the distribution of white dwarf masses (Weidemann and Koester 1983) 

and also with the masses of the nuclei of population II planetary nebulae (Heap and 

Augensen 1987). With 8 = 1/3, the above formula yields an upper limit of 

m i = mc=5M 8. While equation (7) is certainly a convenient parameterization of a 

complex relationship, it is becoming evident that the mass lost is a function of the 

initial mass; i.e., ~ = R (mi) (Weidemann 1984, 1987). For this reason, the 5 M e 

limit is somewhat artificial. In practise the estimated numbers are not strongly 

dependent on m for values of x~l. 
e 

One of the most remarkable results to emerge from the CCD studies of globular 

cluster luminosity functions is the apparent relationship between x and the cluster 

metallicity (McClure et al 1986). Metal rich clusters tend to have flat luminosity 

functions (x=0) whereas the metal poorest have the steepest functions (x~l). The 

initial result has been softened somewhat because of the question of mass 

segregation corrections (Pryor, Smith and MeClure 1986) and some of the recent 

results on metal poor clusters are ambiguous (at best): see Richer, Fahlman and 

VandenBerg (1988) for a discussion of M30 and the results of Stetson and Harris 

(1988) for M92. It may well turn out that a single power law representation of the 

mass function is generally inappropriate as indicated for MI3 by Drukier et al 

(1988). What does seem to be clear is that the metal rich clusters 47 Tuc (Hesser 

et al 1987) and M71 (Richer and Fahlman 1988b) have essentially flat luminosity 

functions to well below the turnoff. 

We have calculated the expected number and total mass of white dwarfs in a 

strawman cluster with a luminosity of 105 L@ where the light is assumed to come 

from stars between 0.8 and 0.4 M@ with a mean mass of 0.6 M@. The white dwarfs are 

assumed to have a mean mass of 0.6 M@ and m c = 8 M 8. The results are shown in 

Table 3 where we have also listed the total mass of the progenitor stars, Mp , and the 

mass lost by the cluster in forming the remnants, AM. It can be seen that t~e 

extrapolation of the flat mass functions, as seen in the metal rich clusters, implies 

an uncomfortably large mass lost during the early evolution of the cluster. A 

continuation of the mass function to even more massive stars, which presumably 

produce heavy remnants, exacerbates the problem. 
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Table 3 

Total NLunber of White Dwarfs 

X NWD MwD/M O Mpg/M e AM/M 0 

0 3.4 x 10 5 2.1 x 10 5 i,I x 10 6 8.7 x 10 5 

i 9.7 x 10 4 5.8 x 10 4 2.0 x 10 5 1.4 x 10 5 

2 3,7 x 10 4 2.2 x 10 4 5.4 x 10 4 3,2 x 10 4 

III Expected Properties of the White Dwarfs 

Fusi Pecci and Renzini (1979) pointed out that the cosmic scatter in the masses of 

the observable white dwarfs is expected to be very small. They estimated mwd = 

0.515 ± 0.015 M@, where the uncertainty reflects primarily the metallicity 

variation among the clusters. 

Such a small spread is not an obvious result. The isochrones of VandenBerg and 

Bell (1985) show that a coeval population of clusters with a metallicity range 

-0.49 > [Fe/H] > -2.27 will have a systematic variation of about 0.08 M@ in their 

turnoff masses at 16 Gyr. A strictly linear relationship between initial and final 

masses would give a corresponding systematic variation in the white dwarf masses. 

Such a naive interpretation is unlikely to be correct. Before reaching the white 

dwarf state, the star must lose approximately 0.3 M@ and even a slight differential 

mass loss with metallicity could well narrow (or broaden!) the original mass 

difference. Evidence that the initial mass range is ultimately narrowed comes from 

two observations discussed in Renzini and Fusi Pecci (1988): (i) the maximum 

luminosity on the AGB can be used to infer the mass of the CO degenerate core 

destined to become the white dwarf, and (ii) the eight post-AGB stars observed by 

de Boer (1985) appear to span a very small mass range, Am=0.02 M 0 when compared to 

the corresponding Sch~nberner (1983) models. With regard to the former, the small 

number of identified AGB stars mitigates against finding the absolutely brightest 

possible star. For the latter, an additional point is the determination of the 

stellar luminosity contribution below the Lyman limit; de Boer assumed that this 

was the same as that for population I stars at the same effective temperature. In 

spite of these caveats, the observations do currently support the hypothesis of a 

small mass range among the white dwarfs in different clusters. The higher 

luminosities of the AGB stars in metal rich clusters suggests that they will have 

slightly more massive white dwarfs than their metal poorer cousins (see also 

Sch~nberner 1987). 

A related question is the mass spread among the stars in a given cluster. For 

guidance here, we appeal to the recent models of synthetic horizontal branches 

reported by Lee, Demarque and Zinn (1988). These calculations are based on the 

assumption that the HB stars have a (truncated) Gaussian distribution in mass. The 

mass dispersion required for most clusters leads to a full width at half maximum in 

the distribution of 0.14 M@. According to Renzini (1977), the mass spread in the 

resulting white dwarfs should be reduced by a factor of =i/6 due to mass loss 

during the final AGB phases. Therefore, within the cluster, the typical mass 

spread should be Am=O.02 M@. 
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We conclude from this discussion that one can anticipate cluster cooling sequences 

to be very tightly delineated and to define almost identical loci irrespective of 

cluster metallicity, Of course, if observations should indicate otherwise, two 

possible culprits can be readily identified: (i) the mass loss mechanism, and 

(ii) non standard evolution. 

The existence of a m~ss spread on the HB is direct evidence that the mass loss 

process must involve an unaccounted for stochastic component which allows rather 

substantial variations in the total mass lost. If similar stochastic factors apply 

along the AGB, it is not completely clear that the mass spread introduced along the 

HB will be decreased by the full factor of 1/6. Given that the termination of the 

AGB phase is controlled by the mass remaining in the envelope, it does seem 

reasonable to expect some reduction to occur. 

The question of non standard evolution includes a number of issues. For example, 

a cluster like MI5 has an extended blue HB which cannot be modelled with the 

parameters appropriate to other clusters (Lee, Demarque and Zinn 1988). Indeed, the 

whole issue of why differences exist in the HB morphology of clusters with similar 

metallieity (of Buonanno, Corsi and Fusi Peci 1985) remains unresolved and points to 

a deficiency in our understanding of the parameters which control the late stages of 

stellar evolution (Fusi Pecci 1986). Whether such unknowns might manifest themselves 

in the white dwarf sequence is a moot point. 

The possibility that stars may bypass the AGB or even the HB on their route to the 

white dwarf stage must be entertained. This can occur in the course of binary star 

evolution (Iben and Tutukov 1986) and is possibly the explanation for the two 

anomalous planetary nebula central stars described by Mendez et al (1988) which 

surely will become white dwarfs. We have already noted that binaries seem to be rare 

in globulars but there are two situations to be wary of: (i) the very open globulars 

tend to contain blue straggler stars whose masses appear to be about twice that of 

the subgiants (Nemee and Harris 1987), and (ii) those clusters in an advanced state 

of dynamical evolution, like MI5, in which a large number of binaries may form in the 

core (see Elson, Hut and Inagaki 1987). A second possibilty is that HB stars with 

very small envelopes may evolve to the blue, through the sd5 and sdO regions, and 

then to the white dwarf region (Sch~nberner and Drilling 1984, Heber et al 1987). 

This consideration is relevant to those clusters with extended blue horizontal 

branches, like MI5 or NGC 6752. 

An imaginative suggestion made by Bailyn et al (1988) is that the extended blue 

horizontal branch stars are the result of a collision between a main sequence star 

and a white dwarf. This leaves the latter with a small envelope and appearing as a 

blue drooper off the horizontal branch. It is interesting to note that the merger 

of two helium dwarfs considered by Iben and Tutukov (1986) would also result in an 

object appearing as an sdB which, as Caloi et al (1986) show, is just what a blue 

drooper looks like. These ideas raise the intriguing possibility that the blue 

droopers of horizontal branch are generically (if not filially) related to the blue 

stragglers of the main sequence. 

Finally we note that Renzini (1985) has suggested that perhaps 20% of the post AGB 

stars might experience a final helium shell flash which could turn the star onto the 

path leading to a non-DA white dwarf. Given the observed difference between the high 

luminosity end of the DA and DB/DO sequences (Greenstein 1988), it appears that a 
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significant fraction of non-DA white dwarfs could confuse an intrinsically narrow 

cooling sequence. 

The mass estimates for the bulk of the cooler white dwarfs depend on the initial- 

final mass relationship discussed in the last section. The practical issue is the 

number of white dwarfs whose masses exceed the mass of the visible stars. Such high 

mass remnants will be segregated in the central region of the cluster and, if 

sufficiently numerous, can have a significant influence on the dynamical evolution of 

the cluster. The linear relationship of Iben and Renzini (1983) predicts a rather 

larger number of higher mass remnants than the non-linear relationship favoured by 

Weidemann (1984). In any case, the mean mass of the white dwarfs is not expected to 

be very different from that of the luminous main sequence stars and so they should be 

distributed throughout the cluster, more or less following the surface brightness 

profile. 

IV Observational Evidence for White Dwarfs in Globular Clusters 

There are basically three approaches for studying the white dwarf population in 

globular clusters: (i) indirect, based on dynamical models of the cluster, 

(ii) semi-direct based on observations of individual objects related to white dwarfs 

including immediate precursors and binary systems, and (iii) direct observation of 

individual white dwarfs. Each of these is discussed in turn below. 

(i) Indirect Studies based on Globular Cluster Dynamics. 

The basic mechanism forcing the evolution of a globular cluster is thought to be 

long range, gravitational two body encounters. This process, known as dynamical 

relaxation, drives the cluster toward a state of energy equipartition; a state which 

it can never achieve. The cluster developes a core-halo structure. The cores are 

collapsing toward, or have already reached, an almost singular state while the halo 

suffers a truncation from the tidal field of the Galaxy (see Elson, Hut and Inagaki 

1987 for a recent review of this field). 

In general, the structure of any cluster can be reasonably well represented by the 

well known King (1966) models. One important point to realize is that most of the 

available observational data pertains only to the luminous stars, chiefly those at 

the turnoff and the evolved stars above. These span an extremely narrow mass 

range. For this reason, the apparent agreement between the data and the single mass 

King models is somewhat illusionary. Dynamical relaxation leads to mass 

segregation in the cluster; the heavier stars are more centrally concentrated than 

the lighter stars. The bulk of the cluster mass may well be distributed quite 

differently from the relatively bright stars. However the internal motions of the 

stars depend on the total mass in the cluster and therefore information about the 

unseen mass, including the white dwarfs, can be obtained through kinematical 

studies. 

lllingworth (1976), Pryor et al (1988) and Peterson and Latham (1987), among 

others, have measured the central velocity dispersion in a number of clusters. The 

results, interpreted with King models, show that the central values of the cluster 

mass to light ratio are in the range 1 - 3. Given that the visible stars typically 

have M/L S 0.6, this is clear evidence that about 2/3 of the cluster mass is 
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unaccounted for by the brighter stars. Of course the dim stars on the lower main 

sequence contribute to the mass. In principle, given a mass spectrum and a plausible 

low mass cutoff, it is possible to calculate their contribution and hence determine 

at least the total mass of dark remnants in the cluster. In practise, this is not 

likely to be a very meaningful exercise for two reasons. (i) The low mass stellar 

population is very poorly constrained by current data and may not be simply related 

(i.e., with a power law) to the more visible stars (Drukier et al 1988). (ii) Mass 

segregation must be taken into account. To model this, one needs to assume a global 

mass function and thus the problem becomes circular. Evidently more constraints are 

needed. 

One approach is indicated by Richer and Fahlman (1988b) who were able to derive 

surface density profiles for stars in separate mass bins. Mass segregation is 

clearly seen but, within the framework of multimass King models, the data appears 

most consistent with a large population of low mass (<0.3 M@) stars. We were unable 

to place meaningful constraints on a dark remnant population. 

A complementary technique is to observe the velocity dispersion profile. A few 

studies of this type have been done and are conveniently collected in Meylan (1987). 

Both the kinematical and surface brightness profiles (of the brighter stars) are 

simultaneously fit with a series of multimass King models. This exercise involves 

varying a number of parameters describing the mass spectrum, including dark remnants. 

A recent example is Meylan's (1988) discussion of 47 Tuc. He used equation (7) with 

=1/3 to specify the white dwarf population. From a grid of some 400 models, his 

best 15 all have about 1/3 of the present cluster mass in the form of white dwarfs. 

Unfortunately, what is not clear from this work (or other similar studies) is 

whether one is compelled by the data to include such a large white dwarf component. 

In contrast to the above work, which is all based on King models, Murphy and Cohn 

(1988) have used the Fokker-Planck equation to model the evolution of a multimass 

component cluster through to the core collapsed phase, where the cluster exhibits a 

power law surface brightness profile near the center. Observations of the power law 

in two well observed clusters (MI5 and NGC 6624) are shallower than the predicted 

slope for a single component cluster. Murphy and Cohn attribute this to the fact 

that dark heavy remnants can dominate the potential in the central power law region 

whereas the lighter, luminous stars are more dispersed. Both the apparent slope and 

the radial extent of the power law depend fairly sensitively on the fraction and 

maximum mass of the dark remnants. This result, upon development of the model to 

more closely match the evolution in real clusters, holds considerable promise for 

quantifying at least part of the remnant population. 

(2) Semi-Direct Observations. 

We have already mentioned the eight cluster post-AGB stars studied by de Boer 

(1985) and shown by Renzini (1985) to place very tight constraints on the mass range 

of cluster white dwarfs. This is a list which surely can be added to. 

Another interesting group of stars worth further exploration in this context 

are the extremely blue horizontal branch stars of the kind found, for example, in 

NGC 6752. These have been studied recently by Caloi et al (1986), Crocker, Rood and 

O'Connell (1986), and Heber et al (1987). These stars appear to be 'ordinary' 

horizontal branch stars with extremely small envelope masses and may be related 
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(cluster analogues) to the field sdB stars. For sufficiently small envelope masses 

(S0.01 M@), such stars are expected to evolve to the blue, passing through a hot 

sdO phase on their way to becoming white dwarfs (Heber et al 1987, see also 

Sch~nberner and Drilling 1984). 

There is only one planetary nebula known to be in a globular cluster, K648 in MI5, 

recently discussed in some detail by Adams et al (1984). The central star is one of 

the post-AGB objects studied by de Boer (1985) and is also discussed by SchSnberner 

(1987) and Clegg (1987). 

There are two known; i.e., spectroscopically confirmed, cataclysmic variables 

which are probably members of globular clusters, M5 VI01 (Margon, Downes and Gunn 

1981) and V4 in M30 (Margon and Downes 1983). Both appear to be examples of dwarf 

novae. They are very faint objects and apart from their existence little else can be 

said. However it might be noted that these two dim stars are the most tangible 
evidence currently available that there are indeed white dwarfs in globular clusters. 

Shara et al (1986) have identified a candidate for Nova 1938 in MI4. Spectroscopic 

confirmation is needed since their object has rather odd colors, (B-V) ° = 0.8±0.4, 

(U-B)o = -0.3i0.4, suggesting that the putative white dwarf has an evolved companion. 

A nova was also observed in M80 in the year 1860 but, in view of its proximity to the 

cluster center, will probably never be recovered (see further discussion in Trimble 

1980). 

To the above list we can probably add the low luminosity x-ray sources observed 

in the direction of globular clusters (Hertz and Grindlay 1983). Krolik (1984) and 

Hertz and Wood (1985) have suggested that these are the high luminosity end of a 

population essentially similar to the field cataclysmic variables. The binaries 

are believed to be the result of encounters between main sequence stars and an 

ambient population of about 5000 white dwarfs per cluster. These observations are 

perhaps the best evidence that a significantly large number of white dwarfs inhabit 

the globular clusters, A cautionary note has been sounded by Margon and Bolte 

(1987) who were unable to identify plausible optical candidates for the five 

sources listed by Hertz and Grindlay (1983) in ~ Cen. 

(3) Direct Observations 

We finally come to the holy grail of this subject, unambiguous evidence for the 

white dwarf cooling sequence in globular clusters. There are two parts to the 

observational problem: (i) identifying, through photometric studies, plausible 

candidates for cluster white dwarfs and (ii) obtaining some spectroscopic 

confirmaEion that we are indeed dealing with bonafide white dwarfs. We have yet to 

get convincingly past the first part. 

A recent photographic study by Chan and Richer (1986) in M4 has revealed a 

surprisingly large population of blue objects whose spatial distribution, after 

background subtraction, appears to follow the cluster surface brightness profile. 

Calibrated three color photometry is available for a subset of these objects and 

allows a further discrimination between background QSO's and potential cluster white 

dwarfs. Among the white dwarf candidates, there appears to be two groups separated in 

color (they are shown in Figure 2). The bluest group was identified with cluster 

white dwarfs and the redder group, with foreground white dwarfs. The cluster white 

dwarf candidates, it will be noted, are rather luminous with M ~9.0. Given the Lee 
v 

424 



(1976b) counts of HB stars in MA, we would expect only 5 white dwarfs brighter than 

Mv~9.0 in the~ entire cluster. The five objeets shown in the figure are certainly not 

a complete sample and therefore either there are many more luminous white dwarfs than 

expected or the observed objects are something else. The same problem, too many 

too bright candidates, also applies to an earlier study of NGC 6752 reported by 

Richer (1978). 

The use of small field CCD's has largely supplanted photography and has been 

extensively used for deep photometric studies in globular cluster fields. Taking 

advantage of the superb imaging capability of the CFHT, we have made a detailed study 

of the relatively nearby cluster M71 using deep U,B,V exposures specifically to find 
the white dwarf cooling sequence (Richer and Fahlman 1988a). In that work we 

identified two groups of blue stars as shown in Figure I. 
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FiEure i. The blue stars in M71 from Richer and Fahlman (1988a) are plotted. 
The lines show the DA and DB (He) sequences defined by the 
reEression curves of Greenstein (Ig88), 

The fainter group looks very much like a white dwarf cooling sequence. With our 

adopted distance modulus of 13.7, the sequence does not match the locus of the field 

DA stars but instead appears to be in better agreement with the field DB sequence. 

An alternate explanation is that the sequence members are DA's but more massive (by 

about 0.1MO) than the field stars. Unfortunately these objects are still beyond 

spectroscopic study and so the issue remains open. 

Recently Ortelani and Rosino (1987) have claimed that they have detected white 

dwarfs in their deep V, B-V CMD of ~ Cen, Taken at face value, their objects appear 

to be a mixture of DA and DB stars. However, in view of the large scatter apparent 

at the faint end of their diagram, there is a need for further photometric study, 

particularly with U, to confirm the reality of these candidates. 

In addition to the possible white dwarfs, there is another 'sequence' of blue 

objects in M71 which is clearly seen in Fig. i. These stars are far too bright to 
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be cluster white dwarfs and too numerous to be foreground objects. Their colors 

are similar to those of field cataclysmic variables and we suggested that they may 

be cluster analogues of that group of objects. That this is no longer a viable 

explanation will be made clear shortly. 

For convenience, the than-Richer objects found in M4 and the M71 blue stars are 

plotted together in Figure 2. Also shown are three hot sdO stars discovered by 

Drilling (1983) and analysed by SchSnberner and Drilling (1984), and a group of i0 

faint (Mv~6.0) sdB stars discovered by Downes (1986). This diagram raises the 

interesting possibility that the three bright blue objects in MTI may be related to 

the sdO/sdB stars. The remaining bright blue objects in MTI seem to be similar in 

color to the 'foreground' group seen in M4. Finally, the faintest of the 

SchSnberner-Drilling stars, LSE 21, which they note is close to the transition 

point between sdO's and the white dwarfs, is located near the luminous M4 

candidates. 
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Figure 2. The M71 blue stars, and the M4 white dwarf candidate from than and 
Richer (1986) are plotted together with a slection of 3 sdO stars 
and 10 sdB stars. 

Very recently, we were able to obtain low dispersion spectroscopic observations 

at the CFHT of the three bright blue stars in M71 and two stars in M4, one 

belonging to the 'foreground' group and the other belonging to the 'cluster' group. 

The data has not been fully analysed and so only very preliminary results can be 

discussed here. 

The best data, naturally enough, was obtained for the brightest blue star in 

M71. A calibrated spectrum of this star is shown in Fig. 3 together with a 

spectrum of the standard sdB star FI08. The Balmer lines, while noisy, are 
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clearly evident, He II lines cannot be convincingly identified and the general 

shape of the continuum suggests that the candidate is somewhat cooler than FI08. 

It appears to be an sdB star. We emphasize that this data is a 'quick look' and 

will very likely be improved upon with further processing. The spectra of the 

other two M71 candidates are essentially similar but, as yet, too noisy to identify 

absorption lines with any confidence. However, they too are likely to be sdB 

stars. 
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Figure 3. The spectrum of the brightest blue star in M71 is shown together with 
the spectrum of the sdB standard sear FieEe 105. 

The cluster membership of these stars is questionable. Downes (1986) finds 
-6 3 

that the space density of sdB's is about 2 x i0 pc . Given the distance to M71, 

3.7 kpc, and the area of the sky surveyed, 24', we expect to see only 0.07 sdB 

stars in the foreground. However, the three stars could be in the background. The 

nearest would be at a distance of about 8.3 kpc and, if identified with the 

brightest star, have My=4.0, somewhat brighter than the mean magnitude of Downes' 

(1986) sample. The only mitigating factor is that the height of the object above 

the plane, at 660 pc, is higher than the sdB scale height of 325 pc found by Green, 

Schmidt and Liebert (1986). 

The spectrum of brighter and redder M4 star, Chan-Richer #774, was poor because 

of some moonlight contamination but nevertheless it is clearly not the spectrum of a 

white dwarf. The bluer M4 candidate, CR-831, appears to be rather flat and 

featureless. For now its true nature remains unknown. 

The bottom line is that we have not yet clearly identified a ~ingle white dwarf 

in any of the galactic globular clusters. 
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V Concluding Remarks 

Where do we go from here? There is still very useful work to be done on the 

ground. The present generation of 4-m class telescopes, equipped with CCD 

detectors, is capable of identifying white dwarf candidates with deep broad band 

photometry in the nearer globular clusters. It is clear, however, that a 

convincing delineation of a white dwarf cooling sequence requires a dedicated 

effort, both to survey a sufficiently large area and to beat down the photometric 

errors. While expensive in terms of telescope time, such programs are far cheaper 

than the cost of making similar observations from space. When the planned new 

generation of large telescopes come on stream, deeper surveys will be possible 

and spectroscopic confirmation will become feasible. Of course, when HST (or 

perhaps its successor) is finally operational, many of the issues discussed here 

will be settled. 
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TOVARD A DETERMINATION OF THE HELIUM ABUNDANCE IH COOL DR WHITE DWARFS 

P. Bergeron, F. Vesemael, and O. Fontaine 

D&partement de Physique, IJniversit& de Montr&al 

Convective mixing between the thin superficial hydrogen layer and the more 

massive and deeper helium layer is generally believed to be responsible for the 

increased number of non-DR white dwarf~ relative to the number of DR below IOOOOK 

(see Sion 1984 and references therein). However, because of the spectroscopic 

invisibi l i ty of the helium lines at effective temperatures below 13000K, the true 

atmospheric composition of these cool stars remains somewhat uncertain. On 

theoretical grounds, studies of the evolution of white dwarfs on the cooling 

sequence hove sho~  that if the hydrogen layer is thicker than ~lO-SHe, convective 

mixing does not occur ~Tassoul, Fontaine, and Winget 1988). Furthermore, the exact 

amount of helium pollution is very sensitive to the thickness of the hydrogen layer. 

I t  seems therefore imperative to evaluate to what extent DR stars below 13000K 

truly are hydrogen-rich. In  line with our previous efforts geared toward an 

understanding of the atmospheric properties of the cool DR white dwarfs, we present 

new insights into the spectroscopic modelling of these cool stars, and also 

demonstrate, for a particular object, how the helium abundance might be 

determined. 

Despite its spectroscopic invisibi l i ty, the helium abundance can be inferred from 

its effect on the Baimer lines through increased pressure ionization [Vehrse 1977; 

Liebert and Vehrse 1983; Bergeron, Vesemael, and Fontaine 1987, Paper I hereafter]. 

In  order to eualuate properly this spectroscopic diagnostic, a detailed model of 

pressure ionization is required. As discussed briefly in Paper I ,  Hummer and Mihalas 

(1988~ have recently developed such a model where the pressure ionization is 

treated with an occupation probability formalism. For each atomic level of the 

hydrogen atom, on occupation probability w is assigned: the electron has o 

probability w of being bound to the atom, and a probability 1-w of being ionized. 

In  the Hummer-Mihalas formalism, this occupation probability is governed by two 
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different types of perturbers: the charged and neutral part icles. The combined 

occupat ion probabi l i ty can be expressed as the product of both perturbations, 

w ' = w c h a r g e d W r ~ t c a l  • 

Vith in this occupat ion probabi l i ty framework, some care must be taken in 

calculating the bound-bound opacity, or the bound-free opacity from dissolved 

atomic levels (Deppen, Anderson, and Mihalas 1987). In part icular,  these dissolved 

levels will produce a smooth pseudo-continuum opacity similar to the Ing l i s -Te l le r  

prescr ipt ion. The inclusion of the Hummer-Mihalos formalism in the context of the 

spectroscopy of cool DR white dwarfs is i l lustrated in Figure 1, where synthet ic  

spectra of two character ist ic models at Io 9 9-8~) are displayed. 
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l.a._ 
uJ 0, 

t-- 
._i 
LM r~ 

l I I I I I I I 

T EFF = I0000, HE/H = O, 

I I 1 1 I 1 1 

T EFF = 7500. HE/H = 1. 
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Fig, 1. Comparison of synthet ic  spectra using an occupation 

probabi l i ty  uni ty  [dotted l ine), the full occupation probabi l i ty 

including perturbations from both charged and neutral part icles 

[solid l ine), and from charged part icles only [dashed line 1. 
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Spectra at both temperatures have been calculated with different versions of 

the occupation probabilit 9. The dotted line is calculated with an occupation 

probability unity for each atomic level. This approximation corresponds to a large 

extent to preuious spectroscopic analyses. The solid line represents the calculation 

obtained with the full occupation probability w, while the dashed line takes into 

account only the contribution from the charged particles lax3. Wr~e~ml'll. 

In  the hotter pure hydrogen model (top panel), the solid and dashed lines are 

super'posed, thus showing that the main contribution to the occupation probability 

comes from the charged particles. The neutral particle density of hydrogen is too 

low to modify significantly w. Ve note also that the full occupation probability 

treatment does not affect the line centers, even for the higher I~almer lines. ~,/hat 

is dramaticallg modified however, is the increased contribution of the pseudo- 

continuum opacity produced by dissolved upper atomic levels, in spectral regions 

where the line opacity is relatively unimportant. Spectroscopic analyses of DR stars 

using this newer formalism, particularly ~ b ~  re~Tz'on of' 22" Ced£ s~au~, could 

shift temperatures to higher values than estimated from previous studies (e~. Daou 

e~ a/. 1988]. 

In the cooler model with an increased helium abundance [lower panel), the 

contribution from the charged particles is completely negligible (the dashed and 

dotted lines are superposed~. Once again, the pseudo-continuum between the Balmer 

lines is affected by the Hummer-I'lihalos formalism but, this time, throu9h the 

perturbations from the neutral particles. However, in cool pure hydrogen models 

~nere the photospheric pressure and the neutral particle density are decreased, the 

pseudo-continuum contribution is significantly reduced, and does not affect the 

determination of effective temperatures IBergeron a~ a/. 1998). Zn the particular 

model presented on the lower panel, the helium signature is clearly noticeable from 

a close examination of the higher Bolmer lines, when the perturbation from the 

neutral particles is included. 

These considerations can be used to infer the helium abundance, as first 

suggested by Wehrse (19771, and Liebert and Vehrse {19831 . The sensitivity of the 

predicted line profiles on the helium abundance is clearly illustrated in Figure 2 

where the spectrum of the DR w~ite dwarf GO25 {Gr3121 is displayed, along with 

three synthetic spectra at log g=8.0 and different helium to hydrogen ratios. For 
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each model, the effective temperature was obtained from the best fit to H~r and H 6 

as these lines are less sensitive to the presence of helium [or to a variation of 

gravity I than H e or higher Bolmer lines. I t  is obvious that a fit to the whole 

spectrum requires a helium to hydrogen ratio in GD25 of the order of -.1. 

One particular aspect that has not been considered yet is the effect of the 

assumed surface gravity. Despite the analytical arguments considered b~l Liebert and 

Vehrse (198;5), o careful reonolysis ~Bergeron, Vesemoel, and Fontoine 1989) clearly 

demonstrates that /m/[um at~JfX~'~--e and 9rev[~.V ePfoct.s car~o~ l~e se/~u~t.ed; 

this conclusion is independent of the exact treatment of the occupation probability. 

Therefore, the GO25 spectrum could as well be {it with a pure hydrogen spectrum, 

but with an increased surface gravity. One ~y of avoiding this uncertainty is to 

look at a large sample of cool DR white dwar f ,  and assume a mean surface gravity 

of log g-8.0. Such o large sample of objects is currently under investigation using 

this technique. 
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Fig. 2. Comparison of the spectrum of GD25 [from top to bottom H e 

to Hy) with our best fit at different helium to hydrogen ratios. 
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Preliminan 9 results indicate that the fit obtained for GD25 is not a unique 

occurence, and that a fair number, and probably most of the cool DR white dwarfs 

below .,.IOOOOK ore best fit with atmospheres with helium abundances He/H.,.O.1, with 

a few objects as high as He/H,.IO. Because the surface gravity distribution of DR 

white dwarfs is expected to be van 9 narrow [Veidemann and Koester 1984), this 

result opens up the tantalizing possibility of actually measuring the thickness of 

the hydrogen layer in DFt stars through abundance analyses. 
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COHSTRAIHTS OH THE ATMOSPHERIC PARAMETERS OF THE BIHARY 

DR WHITE DWARF L870-2 {EG11} 

P. Bergeron, F. Wesemael 

D6partement de Physique, Universit6 de IMontr6al 

J. Liebert 

Steward Observatory, University of Arizona 

G. Fontaine, P. Lacombe 

D$partement de Physique, Universit(~ de rlontr6al 

The recent discovery that the cool DR white dwarf L870-2 {EG11, VD0135-052} is 

a double-lined spectroscopic binary composed of a detached pair of DR white 

dwarfs {Saffer, Liebert, and Olszewsl<i 1988, SLO hereafter I has raised some 

challenging problems for stellar evolution theories of such binary systems. One finst 

important step in the understanding of this short-period system is to establish the 

atmospheric parameters of each component. SLO have argued from previous 

determinations of the effective temperature and absolute magnitude of the system, 

and also from their own study of the composite H~ profile, that the two components 

should be similar. We wish here to reexamine this assertion by taking a new look 

at the constraints on the two components brought about by the available 

observational data. 

As f i~ t  pointed out by SLO, L8-/0-2 has widely been used as a photometric 

standard. In  particular, several spectra of L8-/0-2 at 2.25 A resolution have been 

obtained with the Steward Observatory 23m reflector and blue photon-counting 

Reticon in the course of our current study of the atmospheric properties of cool DR 

~4~ite dwarfs (e.g. Lacombe e~ 8./. 1983; Bergeron, Wesemael, and Fontaine 1989, 

1988). The average optical spectrum covering the high Balmer lines is displayed on 

Figure 1 together with the spectrum of 6-/4-7 (EG168), a DAZ white dwarf with similar 

effective temperature and discussed by Lacombe e~ e/. {198~). From this comparison 

alone, L870-2 does not appear to differ much from other garden variety hydrogen- 

line stars at that temperature. A particularly noteworthy fact is that this combined 

435 



optical spectrum can be fit by a single component spectrum. Using a newly 

developed grid of model atmospheres appropriate to the study of cool DR white 

dwarfs [8ergeron, Wesemael, and Fontaine 198"/, 1988), we obtain for L870-2 on 

effective temperature of 7240K±TSK, with a surface gravity of 7.8¢0.1. The resulting 

fit is displayed on Figure 2. Our effective temperature is in good agreement with 

those previously obtained under similar assumptions by Koester, Schulz, and 

•eidemann {1979, Te-7254K ), Shipman {19"F3, Te=-7300K), and Schulz and Vegner {1981, 

Te-7500K ). FI comparison of surface gravities determined by these authors Is not 

appropriate here, since all have used the measured parallax to first constrain the 

radius of the purported single star. However, the surface gravity obtained by Schulz 

and Vegner (1981) from equivalent widths ~/ono, yields a value near log g-7.9, 

entirely consistent with our determination. Thus, a first constraint can already be 

imposed from this spectroscopic evidence, namely that bSe summad . ~ p ~ c - ~ n s  F ~ n  

t:,ob~ ~ ~ . s  mus,~ be P£~ 1 ~  .~ stJ~J/e specq.rum a~. Te.=72/,.O/( arid /o 9 .9--7.8. 
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Fig. 1. Comparison of the spectrum of L8-/0-2 with the spectrum of 

G74-7, a single DRZ white dwarf with similar effective temperature. 

436 



FI second constraint is obtained from the study of the kinematics of the binary 

system. SLO have estimated the radial ve loc i ty  semiamplitude for each component as 
H 

KI--/"/JS km s "1 and K2-69J~ km s -1, which corresponds to a mass ratio of q-~--1.115. 

Our second constraint is thus that ~/le suf'/`ac'e orew[~.tes ot" t>o~J~ c o ~ . s  JSe 

consls~en~ ~/[U~ a mass rs~Zo o f  I.I~. 

A third constraint comes from the StrSmgren photometry. Because (u-b) ceases 

to be gravi ty  sensit ive at the low effect ive temperature of L8"/0-2 (Fontaine e~ z~/. 

1985), not much can be learned from this part icular  color index, The color index 

(b-y) ,  however, is temperature sensi t ive.  Fontaine e~ a/. ~198~ have measured 

(b-y)-O.274:l:O.Olg for L8-/0-2 which agrees with other values quoted in McCook and 

Sion [1987). The StrSm9ren photometry thus imposes that ~ ['$-u.~ ob,~ab-i~o ' /'tom 

L/~e sum o f  spec~.J~ o f  ~x~b5 ~ ~ . s  y te ld  a ~aYue consistent. ~/ZU~ 

measured va/ue o f  0.274. 

Final ly,  a fourth constraint is obtained from the measured luminosity excess. 

Greenstein (19851 has determined from measurement of m V and from an Qccurate 

tr igonometric paral lax, that L8"/0-2 has a luminosity excess of 1.1 magnitude from its 

mean [G-R}-M v relat ion (or equivalent ly  [b-y]-Mv]. This result can be translated 

into total luminosity if, as we argue below, the two components have similar 

effective temperatures, Accordingly,  the binar~,j system has a total luminosity -.2.75 

times larger than that of a single star which would have the same color 

([G-R~ or (b-y]~ as L870-2 but at log g-BE), the gravi ty most appropriate to the 

mean relat ion defined by Greenstein. From our [ b - y ) -T  e cal ibrat ion, we obtain for 

(b -y l ' 0 .274  an effective temperature of -/280K, completely consistent with the 

previous estimate of the spectroscopic temperature. Ve thus express the fourth 

constraint by requiring that ~ JuJ/~ o/ '  L/'Je /.fK~[vZo~Ja] /um~s[~ [~s  From 

~ ~  be e~JaY ~o 6~e oZ~served ~o~a/ lumtnosl~y. 

I n  order to reconci le all these constraints,  we use the fol lowing procedure. 

First ly, for a given set of surface gravit ies (91, g2}' consistent with the estimated 

mass ratio of 1.115 (second constraint},  we add the surface fluxes (weighted by the 

respective radii assuming a carbon core composition I for a large set of effective 

temperature couples (T1, T2). FI grid at log g - 7 ~  (first constraint~ is then used to 

fit these spectra in terms of a single star and to determine the best - f i t t ing 

temperature for each of these combined spectra. The locus of spectra which yield a 
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spectroscopic effective temperature of 7240K is then plotted on a (T I, T2} diagram. 

Rn example of such a diagram is shown on Figure 3 where the solid line represents 

the desired locus of model combinations: on this line, the combined optical spectra 

are all rigorously equivalent and can be fit by a single DR star at 72dOK, Io 9 

g=7.8. However, we should point out that this L~est~ fit does not represent 

necessarily a good fit to the observed spectrum. Secondly, we follow the same 

procedure but this time, calculate the $tr~mgren color index [b-y) and define in 

the [TI, T2) diagram the locus of constant [b-y)-O.27~l, consistent with the third 

constraint [dashed line}. Finally, we plot on the same diagram the locus of models 

with the appropriate overluminosity, according to the fourth constraint [dash-dotted 

line}. 
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constrained by spectroscopy [solid 

line}, photometry [dashed line}, and 
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the components. 
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For the binar~j system L870-2, components with sunCace gravities of Io 9 91-7.7 

and log 92-7.8 represent the best estimated fit IFi9ure 3). From the mass-radius 

relation for a consort core cony~s[E.[on CVinget, Lamb, and Van Horn 1988), the 

corresponding masses ore MI"OA2M e and M2-OA-IH e. Rs con be seen, in order to 

match the StrSmgren photometr~ and luminosity requirements, the effective 

temperatures of both components cannot differ significantly. FI conservative estimate 

of the range of effective temperatures varies from TI-6-/50K, T2-"~85K to TI--/4-/OK, 

T2-6830K, with all the intermediate cases equally acceptable. This conclusion is 

also consistent, as pointed out by SLO, with the observation that the H= profiles at 

quadrature differ in depth b 9 only -~30V,. In principle, these He< profiles could serve 

as another observational constraint to further narrow the temperature and/or gravity 

range of the system components. Clearly, this wore represents only an expIoroto~ 

investigation of this excitin 9 system. Further studies of the uncertainties associated 

with the overluminosity and with the assumed core composition of both components 

are now underway. 
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THE WHITE DWARF MASS AND ORBITAL PERIOD DISTRIBUTION 
IN ZERO-AGE CATACLYSMIC BINARIES 

M. Politano and R. F. Webbink 
University of lllinois at Urbana-Champaign 

I. INTRODUCTION 

A zero-age cataclysmic binary (ZACB) we define as a binary system at the onset of 

interaction as a cataclysmic variable. We present here the results of calculations 

of the distributions of white dwarf masses and of orbital periods in ZACBs, due to 

binaries present in a stellar population which has undergone continuous, constant 

star formation for 10 I° years. 

II. METHOD 

Distributions of ZACBs were calculated for binaries formed t years ago, for log t = 

7.4 (the youngest age at which viable ZACBs can form) to log t = i0.0 (the assumed 

age of the Galactic disk), in intervals of log t = 0.i. These distributions were 

then integrated over time to obtain the ZACB distribution for a constant rate of star 

formation. To compute the individual distributions for a given t, we require the 

density of systems forming (number of pre-eataclysmies forming per unit vollune of 

orbital parameter space), n~(t), and the rates at which the radii of the secondary 

and of its Roche lobe are changing in time, Rs(t) and Re,s(t), respectively. In 

calculating nf(t), we assume that the distribution of the orbital parameters in 

primordial (ZAMS) binaries may be written as the product of the distribution of 

masses of ZAMS stars (Miller and Scalo 1979), the distribution of mass ratios in ZAMS 

binaries (cf. Popova, et a2., 1982), and the distribution of orbital periods in ZAMS 

binaries (Abt 1983). In transforming the the orbital parameters from progenitor 

(ZAMS) to offspring (ZACB) binaries, we assume that all of the orbital energy 

deposited into the envelope during the common envelope phase leading to ZACB 

formation goes into unbinding that envelope. RL,~(t) is determined from orbital 

angular momentum loss rates due to gravitational radiation (Landau and Lifshitz 1951) 

and magnetic braking (7 = 2 in Rappaport, Verbunt, and Joss 1983). We turn off 

magnetic braking if the secondary is completely convective. 
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III. RESULTS 

Figures i and 2 show the results of these calculations. Our principal conclusions 

may be summarized as follows: 

Cataclysmic variables (CVs) first appear in a stellar population at an 

approximate age log t = 7.4 years. This is the smallest age at which close 

binaries leave white dwarf remnants. 

The distribution of white dwarf masses in ZACBs is not sufficient to account for 

the observed high white dwarf masses in CVs, emphasizing the possible importance 

of selection effects (Ritter and Burkert 1986; see also Politano, Ritter, and 

Wehbink, these proceedings). 

The orbital period distribution identifies four main subsets of ZACBs: 

(i) short-period systems containing He white dwarfs (peak near log P = -I.I); 

(2) systems with CO white dwarfs whose secondaries are convectively stable 

against rapid mass transfer to the white dwarf (peak near log P = -0.9); 

(3) systems with CO white dwarfs whose secondaries are radiatively stable 

against rapid mass transfer (peak near log P = -0.65); and (4) long period 

systems with evolved secondaries (wing out to periods of roughly 2 days). 

The period distribution of ZACBs has a local minimum between 2 and 3 hours, due 

to the discontinuity in white dwarf masses between CVs containing He white 

dwarfs and systems containing CO white dwarfs (cf. Webbink 1979). 

CVs forming from binaries less than 109 years old do not contain He white 

dwarfs. 

The formation rate of CVs is maximized when the nuclear time scale of the 

initial primary is comparable to the time scale for angular momentum loss during 

the pre-CV state. In this case, pre-CV systems are brought into contact roughly 

as fast as they are formed (emerge from the common envelope phase). 

This research was supported in part by NSF grant AST 86-16992. 
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T H E  O P T I C A L  S P E C T R A  O F  V803 CEN* 

S.O.Kepler 
Instituto de Fisica 
Universidade Federal do Rio Grande do Sul, 

J.E.Steiner and F.:lablonski 
Instituto Naeional de Pesquisas Espaciais, Brazil 

ABSTRACT. 

We obtained spectrophotometry of V803 Cen in both high state (B ~ 13.5) and low state (B .~ 17) 
from 3800 ]t to 7100 Jt and 5/~ resolution. Essentially all the observed absorption lines are due to He I. No 
emission lines in either high or low state were detected, as well as no significant departures from a Planck 
law distribution. 

1. INTRODUCTION 

V803 Cen, also named AE-1, was discovered by Elvius (1975) as a blue variable star with a 4 magnitude 
luminosity variation on a timescale of days. E.L.Robinson, on a literature search for stars similar to AM CVn 
(BZ29) and PG1346+082, both interacting binary white dwarfs (IBWD), suggested (private communication) 
AE-1 as a possible similar star, prompting a search for short timescale variations similar to the ones observed 
in AM CVn and PG1346+082 (Wood el. al. 1987). These short timescale variations were found by Kepler 
(1987) and O'Donoghue, Menzies and Hill (1987), demonstrating that V803 Cen was indeed similar to the 
IBWD PG1346+082. 

Since all the spectral observations were obtained with V803 Cen in either high state or medium state, 
and Mso only observed in the blue (Elvius 1975, Westin 1980, and O'Donoghue, Menzies and Hill 1987), we 
decided to obtain spectrophotometry of the star from 3800 to 7100 ]~ to see if we could detect light from 
different components of the system, as well as to see if we could detect any emission line, especially on the 
low state. 

Our observations show no evidence of emission lines or light from more than one component in the 
spectra at low or high state. 

2. OBSERVATIONS 

We obtained three spectra of V803 Cen at CTIO, using the '2D-Frutti' two- dimensional photon- 
counting detector on the Boiler and Chivens spectrograph of the 1.0 m telescope, with a 300 lines mm -1 
grating. The wavelenght coverage was from 3800 to 7100 It , and the resolution was ~ 5 /~ (FWHM). A 
WG360 filter was used to minimize contamination by second- order blue light in the red, and the observations 
were done with a 5 arcsec slit. We observed at least one spectrophotometric standard every night. 

Data reduction was done with IRAF, following a standard procedure; the two- dimensional images 
were first corrected for detector distortions using a calibration spectra of a tungsten lamp taken through a 
multihole decker and a long-slit BeAr lamp. After subtracting the dark current scaled by the exposure time, 
the images were divided by a normalized flatfield image obtained from dome-flat exposures. Sky-subtracted 
spectra were then obtained, rebinned onto a final linear wavelenght scale using the calibration derived from 
a HeAr lamp exposure taken at the position of the star, and corrected for extinction using the mean curve 
given by Stone and Baldwin (1983). 

The three exposure obtained were: 
1) d001, 1600 sec, on 26.06.86, UT 23:08 
2) d002, 600 sec, on 02.07.86, UT 23:15 
3) d003, 10800 see, on 20.07.87, UT 0:59 

10800 sec, on 21.07.87, UT 0:55. 
Exposure d003 is the sum of two exposures obtained on consecutive days in which the star stayed in 

low state. 

* Based on observations obtained at Cerro Tololo Inter-American Observatory, National Optical As- 
tronomy Observatories, operated by the Association of Universities for Research in Astronomy, Inc., under 
contract with the National Science Foundation. 
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Figure  1 Spectrophotometry of V803 Cen from high state (B ~ 13.5), to low state (B ~ 17.2). 
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F i g u r e  2 Line identification for the spectra of V803 Cen at high state (d001 - B ~ 14). All the lines 
identified bellow the spectra are tie I lines. The lines within parenthesis are unidentified. The data has been 
smoothed with a 3 point boxcar average for presentation. 

X 

2 

2.00E-I 

1.50E-I 

1.00E-1 

5.00E-1 

4 

4 

5 

# I ! I I I I 

V803 CEN 

• • I I I I I I I 

4000 4500 5000 5500 6000 6500 7000 
LAMBDA 

4 4 4  



3. DATA ANALYSIS 

The high state spectra contains only He I lines, with a possibility for a He II line at 6560 ~ . A fit of a 
Planck function to the portion of the spectra redward of 4500/~ for d001, when the count rate corresponded 
to B ~ 14, gives an effective temperature of Tel I = 17106 4- 275K. The curvature of the spectra blueward 
of 4500/~ could be caused by undercorrection with the spectrophotometric standard, since we only observed 
one s tandard that  night, or possibly by a strong blanketing effect due the He I lines. There is no evidence 
for either a blue or red excess continuum emission. 

For d002, at a high state around B ~ 13.5, a fit of a Planck function from 3900 ~ to 7100/k gives 
T,]I = 25776 4- 682K, and also shows no evidence of excess continuum. The temperatures at high state 
(Tell < 30000K) are still consistent with the absence of strong He II fines, especially A4686. 

The low state spectra d003, at B ~ 17.2, unfortunately of low S/N due to the small size of the 
telescope (obtained with a small telescope because we cannot predict what will be the magnitude of the star 
at any given period), shows no evidence for lines, either in absorption or emission. A Planck function fit to 
the whole spectrum gives an effective temperature of Tell = 7315 4- 73K. The low state spectra also does 
not show any evidence for multiple components. 

In conclusion, the observed spectra ofVS03 Cen shows essentially only He I lines, shallow in comparison 
with tha t  of a DB white dwarf, and does not show any evidence for multiple components. The observations 
are therefore consistent with the model for the interacting double degenerate star, with two Helium white 
dwarfs and an optically thick accretion disk. The 4 magnitude luminosity variations detected in the star can, 
in the IBDW model, be explained by mass transfer between the two white dwarfs. The absence of multiple 
components in the observed spectra indicates tha t  all the optical light comes from the accretion disk. The 
absence of emission lines even at low state implies that ,  unless we are seeing a 7300K white dwarf, the disk 
must be optically thick even in faint state. 

This work was partially supported by grants from CNPq and FINEP - Brazil. 
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THE PERIOD PROBLEM OF THE INTERACTING 
BINARY WHITE DWARF SYSTEM AM CVn 

J.-E. Solheim 
University of Tromsm 

Institute of Mathematical and Physical Sciences 
Tromso, Norway 

ABSTRACT 

A short review is given of the searches for an orbital period of this 

(believed to be} interacting binary white dwarf system. Today~ 3 or 4 

periods are known. A polar ring accretion model is proposed to e×plain 

the observations - at least partly. 

THE PHOTOMETRIC PERIOD 

Periodic variability of this star was first detected by Smak (1967). 

He found a period of I?.5 minutes. The star was proclaimed to be the 

shortest period binary system then known° Many theories for the 

system were proposed, but rapid flickering in the light curve and no 

strong X-ray emission: eliminated all models except the interacting 

binary white dwarf system (Faulkner et al.~ 1972). In this model a 

low mass white dwarf orbits a normal mass white dwarf in a close orbit. 

Mass is transferred from the low mass star, which is peeled off matter 

layer by layer. Later, 3 other objects of the same type were dis- 

covered. AM CVn may still have the shortest orbital period of this 

group of stars. 

Since only helium is detected in the optical spectrum, the mass losing 

star must be a helium white dwarf. An ultrashort period binary system 

will lose angular momentum by gravitational radiation. Detection of 

the secular changes in the period may therefore be a test of the 

theory of General Relativity or other theories of gravitation (Krisher, 

1985). Assuming that gravitational radiation is the only way of 

removing angular momentum, GR predicts a rate of increase in the 

otbital period between 3.6 and 7.3×10 -]3 . Extensive observations by 

Patterson et al. (1979) showed an increase in the orbital period 1000 

times this prediction. 

The times of minima in the light curve arrive rather unprecisely. 

They can arrive up to 0.2 of the period too early or too late. Some- 
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times one minimum is shallower than the other - or even missing for a 

few cycles. From one night to the next it is easy to commit a cycle 

count error, which may lead to calculation of a wrong period. Solheim 

et al. (1984) observed the system in 1982-83 and collected all times 

of minima published. It was shown that if one did not make a distinc- 

tion between primary and secondary minima, and avoided cycle count 

errors, all observations could fit one period: 1051.04 s or exactly 

half of that. A secular decrease in the period was found to be 

3.2xi0 -12 This is a factor of 100 less than found by Patterson et al. 

(1979), but with an opposite sign with respect to the value predicted 

by General Relativity. This period was interpreted as a period of 

rotation, and it was shown that the spinning up of the accreator 

easily could be explained by the transfer of angular momentum in the 

accreation process. The orbital period became unknown. 

At the same time, SFT analysis of long strings of old data (Kepler, 

1984) showed periods of 1011.5, 525.6, and 350.4 s. No power was 

found at the period of 1051 s. This means that if the observing 

period is long enough there is no feature in the light curve that 

repeats with 1051 s period. The period can still be 1051 s, but only 

the higher harmonics are observed. The new period of 1011 s could 

then cause much of the changes observed in the light curve, making one 

minimum disappear, or arrive too late or too early, explaining some of 

the timing irregularities of the system. If the 1051 s (525°5 s) 

period is related to rotation, then the new period of 1011 s might be 

related to the orbital period. 

No polarization is observed for the system, and if this is interpreted 

as a sign of a weak magnetic field, some of the phasing irregularities 

in the light curve can be explained if accretion happens mostly in the 

polar regions. Accretion may take place in a polar ring area and then 

mostly on the "night" side with respect to the donator. This produces 

the orbital modulation of the light curve. Part of the phase jitter 

may then be related to the migration in longitude of the accreting 

areas just as we observe it in the auroral regions on the Earth 

(fiqure I ). If the magnetic axes is tilted with respect to the orbital 

axes, we should also expect rotational modulation of the light curve. 
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Day Side 

Evening Side 

Night Side 

Side 

Fi_gure I: Basic auroral activities during an auroral substorm, when 
observed from above the north pole region. 

SPECTROSCOPIC PERIODS 

There has been 3 attempts to do high speed spectroscopy to determine 

the orbital velocity. Robinson and Faulkner (1975) did not find any 

secular variations or variations over the 17.5 min photometric period. 

They claimed to be able to detect sinusoidal variations with a semi- 

amplitude greater than 30 km s -I Voikhanskaya (1982) observed with 

the 6 m telescope, but did not succeed in detecting the 17.5 min 

period. Attempts made at La Palma in 1987 by Lazaro et al. (1988) will 

be reported at this meeting. 

Observations of IUE spectra (Solheim and Kjeldseth-Moe, 1987 showed 

narrow absorption lines of C, N and Si which vary in intensity with 

time, always blueshifted. This is interpreted as a sign of an opti- 

cally thick wind seen against a bright disk. There are only marginal 

signs of a P-Cygni profile now and then, and from line profile studies, 

it was concluded that the orbital inclination is less than 30 degrees. 
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This may explain the difficulty in making spectroscopical velocity 

studies. 

FUTURE WORK 

It is proposed to include this system in the whole Earth Telescope 

Project (Nather, 1988) to do as continuous observations as possible. 

This may solve the problem of the interpretation of the multiple 

periods observed, and also indicate if any of them are related to g- 

or r-mode pulsations, which also may be present in such a disturbed 

system as we believe AM CVn is. 
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CRITICAL MASS FOR MERGING IN DOUBLE WHITE DWARFS 
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I. INTRODUCTION 

We examine whether or not double white  dwarfs are u l t i m a t e l y  

merging into one body. I t  has been argued t ha t  such a double white  

dwarf sys tem forms from some intermediate-mass binary  s t a r s  and w i l l  

merge due to the g r a v i t a t i o n a l  r a d i a t i o n  which d e c r e a s e s  the s e p a r a t i o n  

of b ina ry .  A f t e r  f i l l i n g  the inner  c r i t i c a l  Roche lobe, the l e s s  

mass ive  component beg ins  to t r a n s f e r  i t s  mass to the more mass ive  one. 

When the mass t r a n s f e r  r a t e  exceeds a some c r i t i c a l  va lue ,  a common 

envelope is  formed. If the common envelope is  h y d r o s t a t i c ,  the mass 

t r a n s f e r  is  tuned up to be a some value which depends only on the white 

dwarf mass,  r a d i u s ,  and the Roche lobe s i z e .  The mass t r a n s f e r  from 

the l e s s  mass ive  to the more mass ive  components leads  the s e p a r a t i o n  to 

i n c r e a s e .  On the o ther  hand, the g r a v i t a t i o n a l  r a d i a t i o n  e f f e c t  reduces 

the s e p a r a t i o n .  Which e f f e c t  wins de t e rmines  the f a t e  of double whi te  

dwarfs ,  t ha t  i s ,  whether merging or not merging.  Since the formula of 

the g r a v i t a t i o n a l  r a d i a t i o n  e f f e c t  is  well known, we have s t u d i e d  the 

mass a c c r e t i o n  r a t e  in common envelope phase of double white dwarfs 

assuming the Roche lobe s i z e  is  as small  as 0.03 R~ or 0 . I  R<9 . 

I I .  C R I T I C A L  MASS A C C R E T I O N  RATES I N  COMMON ENVELOPE PHASE 

When the mass t r a n s f e r  exceeds the s o - c a l l e d  Eddington a c c r e t i o n  

r a t e ,  i . e . ,  

MEd d = LEdd/[GMwD/RwD - GMwD/Rph] , (I)  

where LEd d is  the Eddington l u m i n o s i t y  at  the pho tosphe re ,  i . e . ,  LEdd = 

4~ cG~D/~ , the a e c r e t e d  envelope expands to o v e r f i l l  the Roche lobe.  

Two p r e s s u r e s  between the extended envelope and the m a s s - l o s i n g  white 

dwarf ba lances  with each o t h e r .  H y d r o s t a t i c  balance is  reached in the 

co,non envelope.  We assume tha t  the envelope around the more mass ive  
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white  dwarf j u s t  f i l l s  the same p o t e n t i a l  s u r f a c e  as the l e s s  mass ive  

o n e ' s  s u r f a c e .  Assuming f u r t h e r  t ha t  the envelope around the white 

dwarf i s  s p h e r i c a l l y  symmetr ic ,  we have obta ined  the mass a c c r e t i o n  

r a t e s .  

The a c c r e t i n g  m a t t e r  r e l e a s e s  the g r a v i t a t i o n a l  energy.  In the 

equa t ion  of energy c o n s e r v a t i o n ,  we inc lude  the homologous term, i . e . ,  

dL 
r _ e ~h) + e (2) 

dM r n ,  

where M r Is the mass w i t h i n  the r a d i u s  L, ~ ~h) the homologous term of 

e g ( e . g . ,  Sugimoto and Nomoto 1975; N a r i a i ,  Nomoto, and Sugimoto 

1980), e n the n u c l e a r  energy g e n e r a t i o n  per u n i t  time and per u n i t  

mass .  We i m p l i c i t l y  assume tha t  the ent ropy of the t r a n s f e r r e d  ma t t e r  

i s  the same as the ent ropy of at  the top of the extended envelope .  

It  is  found t h a t  t he re  i s  the minimum envelope mass for  a given 

se t  of the whi te  dwarf mass and the Roche lobe s i z e .  For the minimum 

envelope mass ,  the mass a c c r e t i o n  r a t e  i s  very c lo se  to the Eddington 

a c c r e t i o n  r a t e  de f ined  by equa t ion  ( I ) .  The mass a c c r e t i o n  r a t e  

d e c r e a s e s  g r a d u a l l y  u n t i l  he l ium/ca rbon  is  i g n i t e d  a t  the bottom of the 

envelope as the envelope mass is  i n c r e a s e d .  For MWD ~ 0.8 MQ , 

however, he l ium is  i g n i t e d  before  the envelope expands to 0.03 R~ i f  

the a c c r e t e d  m a t t e r  is  he l ium.  For MWD> I . I  M~ , carbon is  i g n i t e d  

o f f - c e n t e r  before  the envelope expands to 0.03 R~ if  the ma t t e r  is  

carbon-oxygen m i x t u r e .  The mass a c c r e t i o n  r a t e s  are p l o t t e d  in F igu res  

I and 2. 

I l l .  CRITICAL MASS FOR M~GING 

a) He-CO p a i r  

When the whi te  dwarf mass i s  l a r g e r  than 0.8 M~ , he l ium is  

i g n i t e d  before  a common envelope i s  formed. Af te r  hel ium i g n i t i o n ,  the 

s t r u c t u r e  of the envelope changes and the envelope expands to o v e r f i l l  

the Roche lobe.  Then a common envelope may be formed around the 

sys tem.  Then the mass t r a n s f e r  r a t e  i s  given by the s teady burning 

l i n e  in Figure  2a. The change in the s e p a r a t i o n  may be determined by 

" ~2 a ~ - 2 ( 1 - q )  + 2(dJ~ - I  - I  
M22 J ' d t ' G R  = ~ M - ~ G ' (3) a 

i f  the t o t a l  mass i s  conserved ,  where ~ is  the i n e r e a s i n g  r a t e s  of the 

s e p a r a t i o n ,  ~ 2 the mass t r a n s f e r  r a t e s ,  and the second term in the 

middle means the dec rease  in the s e p a r a t i o n  due to the l o s s  of the 

o r b i t a l  angu l a r  momentum by g r a v i t a t i o n a l  wave r a d i a t i o n ,  i . e . ,  
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! (dJ )  _1.94xi0-2 Ml 3 J dt GR = (~:-) (l+q)q (a/109cm) -4 yr - I  (4) 

It is c lear  that if  the time scale of the mass t r an s f e r  v M is shor ter  

than that of the g r a v i t a t i ona l  wave radia t ion  v G, two white dwarfs are 

separating from each other .  If ~ M > ~ G' two s t a r s  are merging into 

one body. 

Equating v M = ~ G, we obtain the c r i t i c a l  masses for merging in 

common envelope phase as: 

Mcr(He)~ 0.25 M~ for MCO~ I M~ . (5) 

b) CO-CO o__rr CO+ONeMg pair  

Two white dwarfs are always merging into one body 

M always holds. 

because ~ G>> 

c) He-He pa i r  

When the to t a l  mass of the system is larger than ~ 0.6 M~ , two 

white dwarfs are probably merging a f t e r  helium is igni ted o f f - c e n t e r  

and the mass accre t ing  helium white dwarfs expands to a few solar  radi i  

(Saio and Nomoto, pr iva te  communication). The to ta l  mass is less  than 

0.6 M~ and the less  massive white dwarf mass is smaller than 0.2 M~ , 

two helium white dwarfs wil l  not merge. 
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figure captions 
Fig. l-The mass accre t ion  rate  is p lo t t ed  against  the envelope mass for 
variOus white dwarf core masses. Open t r i a n g l e s :  maximum accre t ion  
rate  in a s t a t i c  envelope. Open c i r c l e s :  mass accre t ion  rate at the 
helium ign i t ion .  F i l l ed  c i r c l e s :  mass accre t ion  ( i . e . ,  steady burning) 
rate of helium matter .  Numbers attached are the core mass of white 
dwarfs in solar mass un i t s .  Rph= 0.I l~ is assumed. 

Eig~ 2-The mass  accre t ion  ra tes  at the maximum accre t ion  (denoted by 
"max"), at the helium igni t ion  (denoted by " i g n i t i o n " ) ,  and at the 
steady helium she l l  burning are p lo t t ed  against  the core mass for two 
cases of the Roche lobe s i z e s ,  i . e . ,  0.I R O and 0.03 R~ for (a) 
helium accret ion and for (b) C+O acc re t ion .  
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ON THE SEPARATIONS OF COMMON PROPER MOTION BINARIES 
CONTAINING WHITE DWARFS 

T.D. Oswalt 
Dept. of Physics and Space Sciences 

Florida Institute of Technology 
Melbourne, Florida, USA 32901 

E.M. Sion 
Dept. of Astronomy and Astrophysics 

Villanova University 
Villanova, Pennsylvania, USA 19085 

Luyten [1,2] and Giclas et al. [3,4] list over 500 known common proper 

motion binaries (CPMBs) which, on the basis of proper motion and estimated 

colors, are expected to contain at least one white dwarf (WD) component, 

usually paired with a late type main sequence (MS) star. Preliminary 

assessments of the CPMBs suggest that nearly al] are physical pairs [5,6]. 

In this paper we address the issue of whether significant orbital expansion 

has occurred as a consequence of the post-MS mass loss expected to 

accompany the formation of the WDs in CPMBs. 

Though the CPMB sample remains largely unobserved, a spectroscopic 

survey of over three dozen CPMBs by Oswalt [5] found that nearly all faint 

components of Luyten and Gielas color class "a-f" and "+I", respectively, 

or bluer were a WD. This tendency was also evident in a smaller sample 

studied by Greenstein [7]. Conversely, nearly all CPMBs having two 

components of color class "g-k" and "+3" or redder were MS+MS pairs. With 

the caveat that such criteria discriminate against CPMBs containing cool 

(but rare) WDs, they nonetheless provide a crude means of obtaining 

statistically significant samples for the comparison of orbital 

separations: 209 highly probable WD+MS pairs and 109 MS+MS pairs. 

As a statistical measure of physical separation we define a separation 

index, log s/u, where s is the angular separation (in ") of the pair and 11 

is its proper motion (in "/y). Frequency histograms for log s/~ are 

compared in Figure I for the WD+MS and MS+MS pairs. Evidently the mean 

separation indices of WD+MS systems are significantly larger than MS+MS 

pairs {labelled L+G in Table i), implying nearly a factor of two difference 

in projected semimajor axis. The histograms also suggest that the 

dispersion in separations does not change much during post-MS mass loss; 

selection effects favoring the detection of one type of CPMB over the other 

would most likely result in different dispersions. 

The lower half of Figure I displays F(ms), the fraction of CPMBs likely 

to be MS+MS pairs {expressed in logarithmic form for convenience), as a 

function of separation index, log s/~ (bins containing fewer than five 

CPMBs have been omitted). This plot suggests a monotonic decrease in the 

454 



fraction of MS+MS pairs with increasing separation-- contrary to the 

expectation that close pairs of contrasting colors (WD+MS) are more easily 

distinguished from those of similar color. There is also no discontinuity 

in either diagram which might be construed as the result of binary 

disruption dynamically induced by perturbations from the Galactic disk [8]. 
- 1 / 3  . 

Curiously, F(ms)- (s/~) is consistent with the scatter in this plot; 

the physical significance, if any, has not yet been established. 

Is the apparent difference in separation between WD+MS and MS+MS pairs 

an artifact of the criteria used by Luyten and Giclas in searching for WD 

binaries? We tested this hypothesis by selecting a random spatial 

distribution of CPMBs from the LDS catalog [9]. This sample yielded 210 

probable MS+MS CPMBs and 26 probable WD+MS pairs. Since Luyten's criterion 
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Figure I. Top: Separation index log s/u histograms of Luyten and Giclas 
CPMBs. Bottom: Fraction F(ms) of the sample likely to be MS+MS pairs 
plotted as a function of separation index. 
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Table i. 

Comparison of Binary Separation Indices 

Sample WD+MS pairs MS+MS pairs 

n <log s/u> m.e. n <log s/~> m.e. 

L+G 209 2.22 0.04 109 1.91 0.07 

LDS 26 2.34 0.I0 210 2.09 0.04 

DA 52 2.11 0.07 - - - 

honDA 46 1.95 0.08 - - 

DQ 8 1.54 0.17 - - 
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Fl~_qure 2. Comparison of separation index log s/u histograms for CPMBs 
containing known DA (top) and honDA (bottom) WDs. Both groups have MS 
companions. CPMBs with a DQ WD have been shaded in the nonDA histogram. 
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for inclusion in the LDS was solely identical proper motion, these samples 

should be fairly representative of the general distribution of CPMB 

transverse velocities. The mean separation indices derived for the LDS 

WD+MS and MS+MS pairs are given in Table I. We again find that WD+MS pairs 

are nearly twice the physical separation of MS+MS pairs; however both LDS 

groups have separation indices larger than their counterparts in the Luyten 

and Giclas suspect WD binary lists. We tentatively ascribe this to the 

lower transverse velocities of the LDS pairs [I0]. 

The frequency of helium-rich (i.e. honDA) WDs is higher among CPMBs than 

among single stars [II]. Plausible explanations are that WDs found in 

CPMBs have different parent masses, angular momentum histories, and/or 

mass-loss compared to those of single WDs. Do the physical separations 

typical of DA and nonDA CPMBs differ? We culled a sample of 98 CPMBs 

containing spectroscopically identified WDs from the literature [12]. 

Figure 2 compares the separation index histograms for these DA and nonDA 

CPMBs. Although they may be marginally different (see Table i), the 

heterogeneous nature of the sources of spectroscopic identifications admits 

the possibility that misclassified weak-lined WDs contaminate the sample. 

Possibly significant is the fact that the eight known CPMBs containing DQ 

WDs which are included in the "honDA" histogram (shaded) have a mean 

separation one third that of most WD+MS pairs (see Table I). 

Clearly the potential of the Luyten and Giclas CPMBs as probes of post 

MS mass loss and orbital evolution has barely been tapped. Nevertheless, 

our preliminary results corroborate Greenstein's [7] assertion that 

significant orbital expansion is likely to have occurred among WD+MS pairs. 

We gratefully acknowledge the able assistance of L. Roberts in the 

preparation of our extensive database on CPMBs. This paper was partially 

supported by a NASA grant administered by the American Astronomical Society 

(TDO) and NSF grants AST88-02687 (TDO) and AST88-02689 (EMS). 
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TIME RESOLVED SPECTROSCOPY OF AM CVn 
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ABSTRACT 

The preliminary results of time resolved spectroscopy of the He White Dwarf system 

AM CVn are presented. We have searched for spectral variations at different photo- 

metric periods. These are found at different time scales although this does not 

particularly favour any of the searched periods. 

INTRODUCTION 

AM CVn (HZ 29) is a system whose photometric light curve shows variable minima 

(usually with a double hump) and (U-B), (B-V) color changes, with a periodicity of 

about 18 minutes (Smak, 1967; Warner and Robinson, 1972; Krzeminski, 1971). Rapid 

flickering, typical of the cataclysmic variables, has also been observed (Warner and 

Robinson, 1972). 

In its optical spectra there are no hydrogen lines, and only broad asymmetric ab- 

sorption lines of He I are observed. These lines are wider and shallower than in 

ordinary BD White Dwarfs (Robinson and Faulkner~ 1972). The line profiles may be 

partly filled up by emission cores with long term variations (Voikhanskaya, 1982). 

Among different models proposed over the years, a model with two helium white dwarfs 

orbiting each other as proposed by Faulkner et al. (1972) is the most plausible. In 

this model a low mass lobe-filling white dwarf transfers mass to a more luminous 

primary - and an optical thick disk with a considerable wind outflow is created 

(Solheim and Kjeldseth-Moe, 1987). 

One problem with the system is that no orbital period has been detected (Solheim, 

1988). The first attempt of high speed photometry was done by Robinson and Faulkner 

(1972) with the Lick 120-inch telescope. No sinusoidal variations with a semi- 
-i 

amplitude of ~ 30 km s were detected at the photometric period of 1051 s. 

Spectra were also taken by Voikhanskaya (1982), at the prime focus of the 6 m tele- 

scope. No significant changes in position or intensity of the He lines with the 

photometric period were observed, but she noted secular changes in the line profile. 
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Our time resolved observations of AM CVn have been carried out with the highest 

spectral and time resolution to date. This allows us to better estimate the 

limit of the radial velocity periodic variations and to study the line changes at 

different time scales. 

OBSERVATIONS 

The observations were made during three nights, 3th - 5th February 1987, at the 

Cassegrain focus of the 2.5 m Isaac Newton telescope at the Observatorio del Roque 

de los Muchachos, La Palms, Canary Islands. The spectrograph used was the IDS 

(Intermediate Dispersion Spectrograph) with the IPCS camera. The spectra covered 

the range 3950-4450 ~ with a spectral resolution of 0.25 ~ per channel. We took 485 

short exposures of one minute duration each, in order to allow a coadding in phase 

for any desired period. As the detector is photon-counting limited, it allowed us 

to make short exposures without degrading the S/N of the individual spectra. 

SPECTROSCOPIC VARIABILITY 

The data reduction process was carried using STARLINK programmes. For every selec- 

ted period we added the spectra in eight phase intervals. Cross-correlations be- 

tween the resultant spectra were made searching for Doppler shifts, in addition to a 

search for variations in equivalent width for the three absorption He I lines within 

our range (4026 ~, 4144 ~, 4388 ~). This period searches were made for different 

periods arising from high-speed photometric studies: 525 s, I011 s, 2022 s and 

1051 s. 

In a preliminary analysis we do not find significant changes which could be inter- 

preted as orbital variations at these periods. However, changes in both depth and 

profile of the He I lines are found for all the searched periods. As an example, 

Figure I shows the behaviour of two of the He I lines for the 1051 s period. This 

implies that AM CVn presents spectral variations in time intervals as short as a few 

minutes. 

As we did not find a clear periodicity, we searched for time variations adding 

spectra within time intervals from 15 minutes to one night. Figure 2 shows the 

added spectra for every hour in three nights. Variations in the asymmetry and depth 

of the He I lines are noticeable above the noise. A specially interesting event 

seems to have occurred at the end of the 3-4 Feb. night, with sudden intensity 

changes at the longer wavelength end of our spectral window, including the He I 

4388 ~ line. A more detailed analysis will be published elsewhere. 
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INTRODUCTION 

Because of its relative brightness (m v about 11.8 in quiescence and m v about 8.6 in 

outburst), SS Cygni is the Dwarf Novae most extensively studied since 1896 (Mattei 

et al., 1985; Bath and van Paradijs, 1983). 

Concerning its long-term behaviour, SS Cygni has short, long and anomalous out- 

bursts. Correlations between outburst characteristics and periodicities have been 

studied by van Paradijs (1983), Campbell (1934), and Sterne and Campbell (1934). 

SS Cygni, as any cataclysmic variable, also presents rapid variations. Since the 

discovery of this variability (Warner and Robinson, 1972) many long runs of high- 

speed photometry have been performed for different Dwarf Novae, both during out- 

bursts and in quiescence stages. Regarding to SS Cygni we can summarize these 

variations as: 

Flickering: Irregular oscillations in brightness which are attributed to variations 

in the luminosity of the bright spot. The typical timescale is of a few minutes, 

and it is completely random and unpredictable (Robinson and Nather, 1979). The 

amplitude is about 0.I mag, and the power spectrum shows a smooth decrease from low 

to high frequencies. 

Quasi periodic oscillations: Periods of 31.5 s have been reported (Robinson and 

Nather, 1979) at maximum eruption. These decline in time periods of 150 

s and the mean amplitudes are 0.003 mag. It is assumed that they are associated to 

the accretion disk. Patterson (1981) found 32 and 36 s QPO's in outbursts. 

Coherent oscillations: discovered by Patterson et al. (1978) have a mean amplitude 

of 0.005 mag and a determined period of about I0 s which can change rapidly 

(Robinson and Nather, 1979). These oscillations are only present some times during 

outburst with variable amplitudes and period correlated with the magnitude. They 

have been related (Hildebrand et al., 1981) with the soft X-ray 9 s pulsations found 

by Cordoba et al. (1980, 1984), and may be due to damped oscillations on the surface 

of the white dwarf or to material orbiting close to the dwarf (Hildebrand et alo, 

1981). 

It is also interesting to mention the periodicity of 12.18 minutes found by 
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Bartolini et al. (1985) and detected mainly in the red bands R and I, that they take 

as support to the hypothesis that SS Cygni belongs to the intermediate polars group. 

OBSERVATIONS AND RESULTS 

We monitored SS Cygni during an extensive observing programme as part of an organi- 

zed international campaign (Honey et al., 1988). The observations were carried out 

at the Observatorio del Roque de Los Muchachos (La Palma, Canary Islands), from 

September 9th to October lOth 1985. We used the 60 cm Swedish telescope and a one 

channel photometer modified by the Tromso Astrophysics Group for continuous photo- 

metry, with a Johnson V-filter. The integration times were 5 s and i0 s in out- 

bursts and quiescence respectively. Each run was occasionally interrupted for 

observations of the sky background and two nearby comparison stars. Two samples of 

the data are shown in Figure i. 

MA6. (V) 
~0.? 

I f 
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.0 .2 .q .6 .8 | .0  
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Figure I: Two samples of the light curve observed, a) Sept, i0-II, (variations 
around phase .8 are due to telescope drive), b) Sept. 25-26. 

The data reduction was carried out using a FT program at the University of Tromso. 

The runs of both comparison stars were analyzed in order to exclude instrumental 

frequencies. During oar observations SS Cygni had one eruption followed by a long 

quiescence period as shown in Figure 2. 
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a) The highest frequency oscillations (8-i0 s) were observed during the four nights 

at outburst, when the sampling rate was high enough. Figure 3 shows a dynamic power 

spectrum for one night. Two frequencies are present most of the time with some 

frequency drift towards slightly higher and lower frequencies. A consistent fre- 

quency increase with flux like that observed in the X-ray spectral range is not seen. 

b) For the remaining of the observing nights we have searched for lower frequency 

oscillations in the range 0.4-60 min. We find several periods with significant 

power even if they are not present for all the observing dates. Oscillations with 

periods in the range 30-33 s are present every night, with amplitudes reaching 0.003 

mag, also well into the quiescent stage. 

The complete results will be presented elsewhere. 
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THE MASS SPECTRUMOF THE WHITE DWARFS IN CATACLYSMIC BINARIES 

M. Politano I) , H. Ritter z) , and R. F. Webbink I) 
I) University of Illinois at Urbana-Champaign, U.S.A. 
z) Universit&ts-Sternwarte M~nehen, F.R.G. 

ABSTRACT 

Using the theoretically predicted mass spectrum of the white dwarfs (WDs) in zero-age 

cataclysmic binaries (ZACBs) by Politano and Webbink (1988), we examine to what 

extent observational selection can account for the observed high masses of the WDs in 

cataclysmic binaries (CBs). 

I. INTRODUCTION 

It has long been suspected that the high masses of the WDs observed in CBs (for a 

compilation of WD masses in CBs see~ e.g., Ritter 1987a; for a discussion, Ritter 

1987b) are due to some selection effect. That observational selection could, in 

fact, be the answer to the puzzle of the WD masses in CBs has first been shown by 

Ritter and Burkert (1986), Ritter and Ozkan (1986), and Ritter (1986), hereafter 

referred to respectively as papers I, II and III. In these papers it was shown that 

flux limitation introduces a very strong bias in favor of observing CBs with high- 

mass WDs. Whereas the strength of the selection effect, expressed in terms of the 

selection function defined in paper I, is independent of the intrinsic distribution 

of the WD masses, Pl,i, the corresponding mass spectrum of a flux-limited sample, 

Pl,0, does of course depend on Pl,i" Therefore, the question whether the selection 

effect is strong enough cannot be answered without knowing Pl,i" The estimates made 

in papers I and II using the mass spectrum of single white dwarfs, i.e., Pl,i = PSWD, 

showed that the selection effect is in fact strong enough to account for the observed 

WD masses in CBs if Pl,i is not too different from PSWD' 

In the meantime, work done by Politano and Webbink (1988) provides, for the first 

time, a detailed and self-consistent theoretical prediction of the intrinsic mass 

distribution of the WDs in ZACBs, PzAc~" In this paper we use PZACB in place of PSWD 

to examine to what extent earlier conclusions about the importance of observational 

selection remain valid. 
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II. THE INTRINSIC MASS SPECTRUM OF THE WHITE DWARFS 

Politano and Webbink (1988) compute the distribution functions of the orbital 

parameters, i.e., of the WD mass MI, the mass ratio q = Mz/MI, and the orbital period 

P, for ZACBs that form after a time t of constant star formation. However, the 

selection problem does not directly involve the distribution functions for newly 

formed CBs, but rather the intrinsic mass spectrum Pl,i of the WDs of the present, 

secularly evolved, CB population. The distribution functions characterizing the 

ZACBs and Pl,i are related in a rather complicated way. However, under three not 

unreasonable assumptions, this relation simplifies considerably. The assumptions 

are: i) Observational selection through flux-limitation is insensitive to the 

intrinsic mass spectrum of the secondaries of ZACBs. Computations in paper I showed 

this to be the case. 2) The time scale for the secular evolution of a typical CB is 

short compared to the time scale on which PZACB changes. Since the intrinsically 

brightest systems, which are predominantly seen in a magnitude-limited sample, are 

also the youngest, i.e., at most a few 108 yr past the ZACB stage, this assumption is 

also reasonably well fulfilled. 3) White dwarf masses in CBs are negligibly affected 

by secular evolution. With these assumptions, it follows that Pl,i is well- 

approximated by the current distribution PZACB" We take for the latter the 

distribution PZACB after 10 I° yr of constant star formation. 

TABLE l: Main characteristics of the intrinsic WD mass spectra 

PZACB(10 I° yr) and PSWD 

Ritter and Burkert 
this paper (1986) 

mass spectrum Pl,i PZACB PSWD 

relative number 0.60 0.0 
Helium WDs 

mean mass 0.34 M O 

relative number 0.40 1.0 
CO WDs 

mean mass 0.75 M 0 0.62 ~ 

The main properties of pZACB(10 I° yr) and of PSWD are listed in Table I. The most 

important difference between PZACB and PswD is the presence and dominance of helium 

WDs in PZACB' However, it is important to note that for M I a 0.6 MO, PZACB and PSWD 

agree to within a factor of -2, and that PswD is flatter than PZACB for M I a 0.85 MQ. 

III. THE METHOD 

We compute the mass spectrum Pl.0 and the expectation value of the WD mass <MI> for a 

number of flux-limited samples of CBs (defined in Table 2), using Pl,i = PzAcB (I01° 
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yr). 

Pl,o = S1Pl,i 

and 

<~> = f Mpl, 0dM 

Since selection is independent of Pl,i, we may use for S I 

computed in papers I and II. 

Because of the definition of the selection function S 1 (see paper I), we have 

(1) 

(2) 

the selection functions 

2.0 

To 

q 
E 1.0 

I I I L I I I I I I I I I 1 

Pl,i = PZACB S a m p l e  No .4  All Systems 
mv = 10 .0  

He l ium 
Whi te  Dwar fs  

< M >  = 0 . 5 5 M o  

Carbon Oxygen 
Whi te  Dwar fs  

< M >  = 1 . 0 4 M e  

k_, J 

/ 

0 , ~ -J  I I I I L I i ,I -1 
0 0.5 1.0 1.5 

M 1 / M e  

Figure i: Normalized mass spectrum pl,0(Ml) of the WDs of sample No. 4 defined in 
Table 2. 

IV. RESULTS 

Table 2 lists the defining characteristics and the resulting properties of Pl,0 of 5 

different magnitude-limited samples computed with Pl,i = PzAc~' For comparison, we 

list also the corresponding results obtained in paper I using Pl,i = PSWD" In order 

to illustrate the strength of the selection effect, we show in Fig. I the function 

Pl,0 for sample No. 4 of Table 2, The corresponding function Pl,i = PZACB may be 
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TABLE 2: 
samples. 
detail in paper I.) 

Defining and resulting characteristics of selected magnitude-limited 
(Sample numbers refer to the samples defined and discussed in more 

Defining characteristics of Pl,i = PZACB Pl,i = PSWD 

magnitude-limited samples He white dwarfs CO white dwarfs CO white dwarfs 

No. limiting range of relative <MI> relative <MI> <MI> 
m v orbital periods number M number M@ M G 

4 i0.0 all systems 0.09 0.35 0.91 1.04 0.98 

12 I0.0 below the gap 0.23 0.35 0,77 0.89 0,78 

13 i0.0 above the gap 0.00 0.40 1.00 i.i0 1.12 

15 12.5 all systems 0.12 0.35 0.88 0.98 0.90 

16 15.0 all systems 0.20 0.35 0.80 0.90 0°78 

found in Politano and Webbink (1988), and the selection function in paper I. 

main results may now be summarized as follows (see also Table 2): 

This 

The 

The selection effects introduced through flux-limitation are strong enough to 

account for the observed high masses of the WDs. 

Using Pl,i = Pz~cB, the results concerning the CO-WDs are qualitatively the same 

as, and quantitatively similar to, those obtained in papers I and II. Selection 

is strongest for M I a 0.6 MQ, where PZAC~ is very similar to PswD" 

The mean mass of the CO WDs decreases with increasing limiting magnitude m v . 

No CBs containing a helium WD are expected above the period gap (P a 3h). 

At m v = i0, about 25% of the CBs below the period gap (P s 2 h) should contain 

helium WDs. 

The mean mass of the helium WDs in CBs below the gap is <MI> = 0.35 MQ, and is 

insensitive to selection effects. 

The fraction of CBs containing helium WDs increases with increasing m v . 

research was supported by grants from the NSF (AST 86-16992), DFG, and NATO. 
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E v o l u t i o n  o f  Low-Mass  H e l i u m  Dwarfs  in  I n t e r a c t i n g  B i n a r i e s :  

A p p l i c a t i o n  to 4U1820-30 

Lorne A. Nelson 
CITA, University of Toronto, Toronto, Ontario, Canada 

Paul C. Joss and Saul Rappaport 
Center for Theoretical Physics, MIT, Cambridge, Mass., USA 

1. I n t r o d u c t i o n  

A number of evolutionary scenarios have been proposed that lead to the formation of binary 

systems consisting of a degenerate dwarf in orbit with a neutron star. In fact, most degenerate 

dwarfs in close-binary systems are probably the cores of evolved stars whose envelopes have been 

stripped by one or more episodes of common-envelope evolution. Once the envelope has been 

removed, the newly exposed core of the giant will have an effective temperature and radius that 

are considerably larger than the corresponding quantities in an older, highly degenerate dwarf. It 

is important for at least two reasons to evaluate the subsequent cooling history of such objects: 

(i) For de~ached binaries, we want to be able to infer from the current effective temperature 

and lmninosity of the degenerate dwarf the elapsed time since the core of its progenitor giant 

was exposed. (ii) For semi-detached binaries, we must know the evolution of the radius of the 

degenerate dwarf in order to compute important relationships among the orbital period and its 

rate of change, the mass of the degenerate dwarf, a~d the mass-transfer rate. 

One example of a system for which this type of analysis can be applied is the globular cluster 

X-ray burst source 4U1820-30. Recently, Stella, Priedhorsky, and White (1987) discovered a stable 

685 s periodicity in the X-ray flux fl'om this source. Using archival satellite data dating back to 

1976, Morgan, Remillard, and Garcia (1988) confirmed the 685 s periodicity and set an upper 

limit on the fractional rate of change in the period of PIP < 2.7 x 10 -~ yr -1. This high degree of 

stability provides convincing evidence that the periodic modulation in the X-ray intensity results 

from binary orbital motion. If the orbital period of 4U1820-30 is indeed 685 s, then it is the most 

compact binary yet discovered. Based on the recurrence times of the type I X-ray bursts that are 

observed and given our understanding of these events as thermonuclear flashes on neutron stars 

(see, e.g., Joss 1978), we can conclude that this system contains a neutron star that is accreting 

helium-rich matter. Moreover, the mean density of the Roche lobe-filling companion star can be 

inferred from the orbital period to be ~ 3100 g c m  -3. This density is indicative of a low-mass 

dwarf (<~ 0.1 M®) that is at least partially degenerate. 

2. E v o l u t i o n  o f  t h e  S e m i - D e t a c h e d  B i n a r y  

In order to examine the present evolutionary status of 4U1820-30, we assume that it is a 

semi-detached binary system consisting of a neutron star of mass M1 in a circular orbit with 

a low-mass secondary of mass M2. Systemic angular momentum losses drive the mass transfer 

and can include (1) gravitational radiation losses as specified by the Einstein quadrupole formula 

(JGR < 0), and (2) angular momentum that is carried away by any matter that may be ejected 

from the binary system. By including both of these possibilities, a general expression for the 
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mass-transfer rate -~/2 was derived by Rappaport ,  Verbunt, and Joss (1983): 

2~/2 1 " R ~R~./  2 -  JaR/J 

Here (~TH/2~2) -1 is the thermal contraction time scale of the secondary (R2 being the radius of 
the secondary), J is the orbital angular momentum, ~ad is the "adiabatic stellar index" (i.e., ~ad = 

dln R2/dln M2 evaluated at constant internal specific entropy), and q - MI/M2. The parameters 
c~ and ,B describe angular momentum losses due to possible systemic mass loss (see Rappaport  et 
a/. 1983 for details). Since the secondary must fill its Roche lobe, the orbital period can be related 
to the secondary's mass and radius by the well-known relation P = 9~(2G)-~/2R~/2M(1/2. Thus 

the fractional rate of change in the orbital period can be expressed as 

P 1M~ 3R~ 
P - 2M2 A- 2R2 (2) 

Equations (1) and (2) can be integrated to obtain the systemic evolution once the response 

of the secondary to mass loss has been ascertained. For the low-mass secondaries of interest here, 
the thermal contraction time scale is generally much larger than the gravitational radiation time 
scale (see §3), so that  the star responds almost adiabatically. Hence, ~ad can be determined to 

a good approximation from the mass-radius relationship for zero-temperature stars. Specifically, 
we have taken the radius of the secondary to be R2 = fRzs(M2; X, Z), where R z s  is the radius 
of a zero-temperature star as defined by Zapolsky and Salpeter (1969) and X and Z are the 
standard composition parameters for the secondary (which we have assumed to be chemically 

homogeneous). The factor f ( >  1) accounts for thermal contributions to the equation of state and 

is assumed to be constant in any given evolutionary calculation (see §III). We note that while the 

inferred values of ~ad may not be highly accurate when f exceeds unity, our results are rather 

insensitive to small variations in ~a4. 

3. Cool ing Evolut ion of  Hel ium Dwarfs 

We have determined the thermal contraction time scales of low-mass (<  0.2 M e )  helium 

dwarfs by calculating their evolutionary cooling histories. Very little previous work has been 

carried out on the cooling of low-mass helium or CO degenerate dwarfs (but see D'Antona, 

Magni, and Mazzitelli 1972 for a detailed study of the evolution of a 0.15 M® helium dwarf). 

We are particularly interested in determining at what point during the evolution the thermal 

contraction time scale, "rTH =- R2/RTH, becomes longer than the gravitational radiation time 

scale, V6R = J/JaR. For all times during the binary evolution when rTH > >  rGR, we are justified 

in neglecting the RTH/R2 term in equation (1). It can also be shown that  f ~_ constant when 

this criterion is satisfied. In this way, the thermal evolution is decoupled from the mass-transfer 

evolution. 

We have followed the cooling of the degenerate dwarf using a version of a Henyey-type code 

that has previously been used to study the evolution of very low-mass stars in cataclysmic vari- 
ables (see Nelson, Chau, and Rosenblum 1985 for further details). We incorporated extensive 

improvements to the evaluation of the equation of state and the radiative and conductive opaci- 

ties. Specifically, we implemented the Magni and Mazzitelli (1979) description of the equation of 
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state for pure helium. The radiative and electron conduction opacity coefficients were interpolated 

from the Cox-Stewart (1970) and Hubbard and Lampe (1969) opacity tables, respectively. Ex- 
trapolations beyond the limits of the opacity tables were sometimes required but usually occurred 

in regions of the star that were unstable against efficient convection, so that the numerical accu- 

racy of the opacities was not overly important. Since 4U1820-30 is located in the globular cluster 

NGC 6624, for which the metallicity Z is reasonably well known, we adopted the observationally 

inferred value (Z _ 0.003). We did not attempt to include the effects of chemical diffusion in this 

study, since they are thought to be unimportant (Alcock and Illarianov 1982). 

In Figure I we compare the magnitudes of the thermal contraction and gravitational radiation 

time scales for three representative stellar masses as functions of f (the ratio of the stellar radius 

to the radius of a completely degenerate star of the same mass and composition). W'e have 

taken the mass of the neutron-star primary to be 1.4 M®. As can be seen in the figure, the 

thermal contraction time scale is always much longer than the gravitational radiation time scale 

for f ~ 1.8. Values of f larger than ~ 1.8 correspond to stellar ages of less than ,,~ 3 x 10 s 

yr. Hence, we can reasonably conclude that if the progenitor binary (after an assumed phase of 

common-envelope evolution) took at least 3 × 10 s yr to enter into a semi-detached state, then we 

are justified in neglecting the RTIj/R2 term in equation (1) and in taking f to be constant. We 

also find that none of our models underwent crystallization, even at late ages (,~ 10 l° yr). 

12- , , , I ' ' ' I ' ' ' I ' ' ' I ' ~ ' -I 

J 
O . 0 5 M  o 

II _-=-' .,,, . . . . . . . . .  O. I OMo 
-9 5 % : P  .5 . . . . . . . . . . .  0. t5 M,~ 

8 .5  

- ' - ' " - - -  . . . .  8.5 ~" 9 8.5  . . . . . . . . . . . . . . . . . . .  " . . . . . . .  
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/ 9.5 TGR . . . . . . . . . . .  
7 . . . . . . . . . . . . . . . . . . . . . . . . .  8.5 - 

. . . . .  g . 4 " -  _ . . . . . . . . . . . . . . . . . . . .  

6 - .  . . . . . . . . . . . . .  B:o . . . . . . . . . . . . . .  8.~ 
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1.0 1.2 1.4 1.6 1.8 2 . 0  
f 

F i g u r e  1. Calculated thermal evolution of a low-mass helium degenerate dwarf. The upper set 
of curves shows the thermal time scale, rTH, as a function of f (the ratio of the stellar radius 
to the radius of a completely degenerate star of the same mass and composition). The legend 
indicates which stellar mass has been used in each calculation. The numbers next to the heavy 
dots on the curves are the logarithms of the elapsed evolutionary times. The lower set of curves 
shows, for comparison, the gravitational-radiation time scale, r an ,  of a semi-detached binary as 
a function of f ,  under the assumptions that the helium star is the lobe-filling secondary and that 
the primary has a mass of 1.4 M® (see text). 
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4. D i scus s ion  

Under the assumptions that the 4U1820-30 system consists of a neutron star with a mass 

of 1.4 M® and a radius of 10 km in a 685-s orbit with a fully degenerate ( f  = 1), helium-dwarf 
companion, and that no mass is being lost from the system during the mass-transfer process, it 

is possible to derive M2, P/P, and the observed X-ray luminosity L, .  The nominally predicted 
values for the system observables are PIP ~- 1.1 × 10-Tyr - t  , L ,  "~ 8 x 1037ergs s -1 , and 

M2 ~> 0.057 M e.  The calculated value of PIP is entirely consistent with the observed upper 
limit (see §1), and the calculated value of L~ is just consistent with the high end of the range of 

measured values of L , .  We conclude that the measured and inferred properties of the 4U1820-30 
system can be readily accounted for in an evolutionary scenario that invokes conservative mass 
transfer driven by the emission of gravitational radiation. Since the measured upper limit on 
PIP is only about a factor of two higher than the value predicted for our standard model, we 

expect that the rate of change of the orbital period will be detectable within the next few years. 
Hence, 4U1820-30 could be the first mass-transfer system where the rate of change of orbital 
period resulting from gravitational radiation reaction can be measured directly. 

We can also utilize the observationally inferred range of values for L ,  and the upper limit on 
PIP to set quantitative constraints on some of the system parameters. In particular, we find that 

for M1 = 1.4 M o and conservative mass-transfer, f must be no greater than ~ 1.2. Assuming 
that the initial value of M2 is < 0.1 Mo,  and given that f is approximately constant during the 

mass-transfer evolution, we see from Fig. 1 that at least ~ 3 x 109 yr must have elapsed between 
the formation of the dwarf-star/neutron-star binary and the start  of the mass-transfer phase (i.e., 

during the detached phase). (If the secondary retained a thin hydrogen-rich envelope after the 

spiral-in phase, the cooling time would only be increased.) Thus, this system might well have 

formed at a much earlier epoch in the history of the globular cluster NGC 6624, when the masses 
of the cluster giants would have been substantially higher than at the present time. 

An earlier version of portions of this paper was published by Rappaport  et al. (1987). This 

work was supported in part by the National Science Foundation under grant AST-8419834, by 

the National Aeronautics and Space Administration under grant NSG-7643, and by the Natural 

Sciences and Engineering Research Council (NSERC) of Canada. 
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B I N A R Y ,  P U L S A T I N G ,  AND I R R E G U L A R  VARIABLES 
A M O N G  P L A N E T A R Y  N U C L E I  

Howard E. Bond 
Space Telescope Science Institute 

Robin Ciardullo 
Kitt Peak National Observatory 

1. CCD P h o t o m e t r y  of P l a n e t a r y  Nuclei  

For the past two years, the authors have been carrying out a program of CCD photometry 
of planetary-nebula nuclei (PNNs), using the 0.9-m telescopes at Kitt Peak National and Cerro 
Tololo Inter-American Observatories. The aim of this program is to investigate the variability of 
PNNs on timescales of minutes to days, in order to search for close binaries and pulsators, as well 
as unexpected new classes of variable stars. 

The program represents an extension of the photoelectric photometry of PNNs carried out by 
Bond and Grauer (1987). Use of the two-dimensionai CCD detector allows us to model and subtract 
the nebulosity surrounding a PNN, in addition to providing exactly simultaneous observations of 
the PNN and several nearby comparison stars. The latter allow us to compensate for variable 
atmospheric transparency, permitting accurate differential photometry to be obtained even when 
the observing conditions are not photometric. 

2. Close-Binary Nuclei  

One of us has recently reviewed the subject of close-binary PNNs (Bond 1988a). That review 
lists the seven PNNs that are photometrically confirmed close binaries with orbital periods less than 
one day. Two of these objects--the nuclei of Abell 46 and Abell 63--are eclipsing binaries. For the 
remaining five systems, the light variability is due only to heated hemispheres on the main-sequence 
companions of the very hot primary stars, An example of the latter type of binary is the central star 
of Kohoutek 1-2, which has an orbital period of 16,2 hours. A complete B light curve, obtained with 
a CCD at CTIO, is shown below. The amplitude of the variation in the optical band is enormous, 
1.2 mag peak-to-peak, because of the fact that the primary star radiates mainly in the ultraviolet, 
while the considerably cooler heated hemisphere radiates mainly in the optical. The central star of 
HFG 1 shows a nearly identical light curve, at an orbital period of 14.0 hours (Bond et al. 1988). 

As discussed by Bond (1988a), the results of photometric searches for close-binary PNNs by 
several authors indicate that the fraction of binaries with P < 1 day among PNNs is about 15%. If 
we adopt the scenario suggested by Paczynski (1976), in which a wide binary drastically reduces 
its orbital separation by first entering a "common-envelope" stage, and then ejecting the envelope, 
it becomes clear that a substantial fraction of planetary nebulae are ejected by binary interactions, 
rather than in the normal course of single-star evolution. 

The fraction of planetary nebulae ejected from binary PNNs could be much higher if many 
of the nuclei are binaries with periods of days to weeks. Such binaries would have been difficult to 
detect in existing surveys. We are now making a special effort to monitor PNNs over multi-night 
intervals, and there are already suggestions that many longer-period binaries may indeed exist. 
Two new examples are the nucleus of Sp 1, which we find to vary by about 0.1 mug with a period 
of about 3 days (a composite spectrum had already been noted by M6ndez et aL 1988), and the 
nucleus of Sh 2-71, which varies by 0.4 mag with a period of approximately 2 weeks (the variability 
having been noted earlier by Kohoutek 1979). 
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B light curve for the binary nucleus of K 1-2, obtained with a CCD detector on the 
CTIO 36-inch telescope in February-March 1988. The orbital period is 16.2 hours, and 
the variations are due only to a heated hemisphere on the main-sequence secondary 
star; no true eclipses occur. 

During its subsequent evolution, a close-binary PNN will appear first as a detached white- 
dwarf/red-dwarf binary (such as V471 Tau), and ultimately, when magnetic braking and/or gravi- 
tational radiation force the stars close enough together for mass transfer, as a cataclysmic variable. 
A discussion of the birth rate for close-binary PNNs (Bond 1988a) shows that it is, if anything, 
more than enough to account for the origin of all cataclysmic binaries in the solar neighborhood. 

3. Pu l sa t ing  Nuclei  

Grauer and Bond (1984) discovered the first known pulsating PNN, the central star of 
Kohoutek 1-16. Its spectroscopic properties--strong features of He If, C IV, and O vI--are shared 
by the four known pulsating GW Vir (PG 1159-035) white dwarfs, and both the white dwarfs and 
the PNN are multiperlodic, g-mode pulsators. It thus seems probable that all of these objects share 
a common instability mechanism, possibly cyclical ionization of C and/or O in a hydrogen-deficient 
envelope (Starrfield et al. 1984, 1985; see critical discussion by Kawaler 1988). 

The nucleus of the southern planetary nebula Longmore 4 shows strong He II and C IV 
absorption, without detectable Balmer absorption (M6ndez et al. 1985). It was therefore an obvious 
candidate for photometric monitoring, and CCD photometry obtained at CTIO has now confirmed 
that Lo 4 is the second known pulsating PNN (Bond 1988b). A typical light curve is shown below; 
the dominant periodicity, as in K 1-16, is near 30 minutes, but the strong beating shows that several 
additional modes are present. 

' ' ' ' ' ' ' ' ' ' ' ' ' ' ' ' ' '  T,O + 

° _~ 
= .8 F-.~-. ~ .  ~ . . . ~ . .  __ : . . . . .  

'~' .9 

l l j  i , l , , , , , I , , , ~ l t , , ,  ~ I ,  d 
5 6 7 8 

UT (Hours)  
Typical CCD light curve for the pulsating central star of Longmore 4. There is a 
strong periodicity near 30 rain, with beating due to several additional closely spaced 
frequencies. 
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The pulsation periods are considerably shorter (~-,6-10 rain) in the four known GW Vir white 
dwarfs, in accordance with the view that they are somewhat more evolved, more compact stars. 
We presume that they were recently surrounded by planetary nebulae that have now dissipated. 
Continued monitoring of Lo 4 is planned, in an attempt to detect the period changes that are 
expected to be produced by the evolutionary contraction of this pre-white-dwarf star (cf. the study 
of GW Vir itself by Winger et al. 1985). 

Preliminary analysis of our photometry of the central star of NGC 1501, a member of the 
"O vI" class of PNNs, suggests that it is another pulsator; if so, its light curve is unusually chaotic, 
implying a very rich mode spectrum. 

4. I r regu la r ly  Variable P l a n e t a r y  Nuclei  

Our monitoring program has revealed several members of a new class of non-periodic, low- 
amplitude variables. These objects show variations of a few hundredths of a magnitude over 
timescales of several hours, and/or show differences in light level by such amounts from night 
to night. A typical light curve, for the central star of IC 4593, is shown below. 
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CCD fight curve for the irregularly variable central star of IC 4593. During this night, 
the star brightened by nearly 0.1 mag over about 3 hr, and was then nearly constant 
for another 1.5 hr. On other nights, the PNN varied irregularly about levels that were 
0.02-0.05 mag brighter. 

Other members of this class are the nuclei of Hu 2-1, IC 3568, NGC 6543, and possibly 
NGC 40. Similar photometric behavior has been reported for the central star of IC 418 by M~ndez 
et aL (1983), and seems to be present in photoelectric photometry of IC 2149 (Bond and Grauer, 
unpublished). 

One obvious characteristic that these variables share is the presence of a high-surface- 
brightness nebula, suggesting that they are nuclei of relatively young planetarles. An even more 
striking characteristic is that all of them are known to have strong stellar winds, as revealed by IUE 
observations (Castor et al. 1981; Cerruti-Sola and Perinotto 1985). 

The strong correlation of low-amplitude optical variability with presence of a stellar wind 
suggests either that the light variability is due to a variable mass-loss rate, or that both the 
variability and the mass loss arise from some common (but presently unknown) underlying physical 
mechanism. Further exploration of this new phenomenon will require simultaneous photometry and 
UV or optical spectroscopy. 
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ON THE FORMATION OF CLOSE BINARY WHITE DWARFS 

Icko Iben, Jr. and Ronald F. Webbink 
University of Illinois 

I. INTRODUCTION 

Single stars of initial main~sequence mass larger than about 0.8-1.0Q and less 

than approximately 6-8M O evolve into carbon-oxygen white dwarfs of mass in the range 

0.55-I.IM O in less than the Hubble time. Single stars do not make helium white 

dwarfs in a Hubble time. These statements are based on both observational and 

theoretical considerations. It is not yet established, but there are suspicions that 

single stars of initial mass in the range 8-10MQmay evolve into oxygen-neon white 

dwarfs of mass in the range 1.1-1.4%. As a single star of the appropriate initial 

mass develops a hot, electron-degenerate core composed of carbon and oxygen or of 

oxygen and neon, it becomes large (R > 200Ro) and luminous (L > 6000Lo), with the 

luminosity being generated most of the time by hydrogen burning, interrupted 

quasiperiodically by a helium shell flash. The star is said to be an asymptotic 

giant branch (AGB) star. Within 105-106yr after arriving on the AGB, an envelope 

instability, whose nature is still being explored observationally and theoretically, 

leads to the ejection of most of the hydrogen-rich envelope of the star. The remnant 

shortly becomes the central star of a planetary nebula composed of the ejected 

material, and then cools into a white dwarf configuration. 

In a close binary, the process of white dwarf formation can be radically 

different, as mass can be stripped from either star in a Roche-lobe overflow 

event and either transferred to the other star or lost from the system or both. 

Thus, the mass of the star which ultimately becomes a white dwarf can be quite 

different from that of the initial main-sequence progenitor, and the evolution of the 

white dwarf remnant of each Roche-lobe overflow event can be quite different from 

that of a single star of the same initial mass. Hence, the mapping between final 

white dwarf mass and composition and the main-sequence mass of the progenitor in a 

close binary is not the same as the mapping for single stars. For example, one can 

envision systems which form helium white dwarfs with masses in the range -0.I-0.5~, 

something which single stars cannot do in a Hubble time. The upper limits on the 

masses of progenitors which can form carbon-oxygen and oxygen-neon white dwarfs is 

also influenced by presence in a close binary. 

The evolution of white dwarfs formed in a close binary can also be different 

from the evolution of single white dwarfs. For example, the thicknesses of the 

hydrogen and helium layers in binary white dwarfs will be different from those of 

single white dwarfs because the mechanism of envelope ejection is different in the 
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two cases. This can affect cooling rates (through opacity) and spectral evolution 

(through diffusion, radiative levitation, and convective mixing). Due to frictional 

forces that arise in the common envelope which may be formed in Roche-lobe overflow 

events, the orbital separation of a binary white dwarf pair may be much smaller than 

the orbital separation of the progenitor main-sequence binary pair. If the white 

dwarfs are formed at a sufficiently small separation (< 3Ro) , they will move once 

again into Roche lobe contact in less than the Hubble time due to the loss of orbital 

angular momentum by gravitational wave radiation. If the lighter white dwarf is 

sufficiently lighter than the heavier white dwarf, the net result may be a simple 

mass transfer with the ultimate dissolution of the secondary on a long time scale. 

GP Com may be an example of such evolution in progress (Nather, Robinson, and Stover 

1981), and 40 Eridani B may be an example of the final result (Iben and Tutukov 

1986). If the two white dwarfs are composed of helium and are initially of 

comparable and of sufficiently high mass, the immediate result of merger may be an 

sdO or sdB star (Webbink 1984; Iben and Tutukov 1985, 1986). If one of the dwarfs is 

made of carbon and oxygen and the other of helium, the immediate result of merger may 

be a hot helium deficient star or an R CrB star (Webbink 1984; Iben and Tutukov 

1985). If both white dwarfs are composed of carbon and oxygen and the total mass of 

the pair exceeds the Chandrasekhar mass of 1.4MQ, the net result of the merger may be 

a type la supernova (Iben and Tutukov 1984a; Webbink 1984). Finally, if the heavier 

white dwarf is made of oxygen and neon, the net result may be the formation of a 

neutron star without a very spectacular accompanying explosion (Iben 1986). 

II. ROCHE-LOBE OVERFLOW, COMMON ENVELOPES, AND CONSERVATIVE MASS TRANSFER 

Consider a close pair of intermediate mass (2-8MQ) main-sequence stars neither 

of which fills its Roche lobe until after it has exhausted hydrogen at its center. 

The primary evolves due to the transformation of lighter into heavier particles in 

its core. The core shrinks because (a) the pressure at any point is proportional to 

the number density of particles (which, without shrinkage, would decrease) at that 

point and (b) the gravitational force at any point is proportional to the mass 

interior to that point and, without shrinkage, this force would remain constant. 

Shrinkage of the core releases gravitational potential energy which is converted into 

heat. The increase in core temperatures causes the rate of nuclear energy 

production, which is proportional to a high power of the temperature, to increase. 

The increased flux of radiant energy through the envelope of the star causes this 

envelope to expand. Once hydrogen is exhausted at the center, this process of core 

shrinkage and envelope expansion accelerates, not to be halted until helium is 

ignited in the core. 

If the primary fills its Roche lobe shortly after it exhausts central hydrogen 

and if the primary and secondary are initially of comparable mass, the time scale for 

mass transfer from primary to secondary will not be too different from the thermal 
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response time scale of the envelope of the secondary and the secondary may aecrete 

most of the matter proferred by the primary. It is thought that this may be the way 

that relatively massive Algols are formed. During the final phase of mass transfer, 

the primary is a subgiant and the secondary is a brighter and hotter main sequence 

star. Even though Roche-lobe filling will be maintained in any case by nuclear 

evolution of the subgiant, the mass-transfer rate may be augmented by a magnetic 

stellar wind (e.g., Iben and Tutukov 1984b). 

If the primary does not fill its Roche lobe until it is about to ignite helium, 

the rate of envelope expansion is so large that the timescale for mass transfer will 

be much smaller than the thermal response time scale of the secondary, and it is 

expected that the matter impinging on the secondary will form an expanding envelope 

which itself ultimately overflows the Roche lobe of the secondary. A "common 

envelope" (Paczynski 1976, Meyer and Meyer-Hofmeister 1979) then forms and the matter 

pushed into this envelope by the primary is thereafter presumably lost from the 

system. One may think of the common envelope as a viscous medium within which the 

binary evolves and this image points up the fact that frictional forces must abstract 

energy and angular momentum from the orbital motion (Bodenheimer and Taam 1984; Livio 

and Soker 1988; Livio 1988). The initial mass transfer rate will be even larger and 

the propensity to form a common envelope will be even further enhanced if the initial 

mass of the primary is much larger than the mass of the secondary. It is thought 

that classical cataclysmic variable systems and close binary central stars found in 

several planetary nebulae may be formed in this way (e.g., Paczynski 1976; Webbink 

1979; Livio, Salzman, and Shaviv 1979). 

The common envelope phenomenon continues until the amount of hydrogen-rich 

matter that remains on the surface of the primary drops below a critical value which 

depends on the mass and composition of the primary. This critical value is given 

roughly by the thickness of the hydrogen-burning shell and thus is larger for smaller 

primary masses. At the surface of the remnant, which has now contracted within its 

Roche lobe, matter which has undergone some CNO cycling has been exposed. The 

remnant continues to contract until helium is ignited at its center. At this time, 

its position in the H-R diagram lies between the main sequence and the white dwarf 

sequence, near the position occupied by homogeneous models of pure helium which are 

burning helium quiescently in their cores (the so-called helium main sequence). 

The mass of the remnant is typically much smaller than the mass of its 

progenitor. For example, a 10M6~main sequence model of population I composition 

evolves into a core helium burning star of mass 2M O and a 5M G model evolves into a 

helium star of mass 0.77M o. Note that, in a binary system, the mass of a star which 

will ultimately evolve into a white dwarf can be larger than the maximum mass of a 

single star which can evolve into a white dwarf of the same composition. The 

numerical values quoted here and in the following are usually from the calculations 

of Iben and Tutukov (1985). Other choices of composition and input physics will lead 

to somewhat different values. 
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Figure i. Transformations between progenitor mass and final white dwarf mass for 

case B and case C Roche-lobe overflow events. 
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Figure 2. Transformation between initial progenitor mass and final white dwarf mass 

for single stars and binary stars in case B Roche-lobe overflow events. 

4 8 0  



4 6 8 10 12 
Mprimordial/Me ,.-,ee 

Figure 3. Radius versus initial stellar mass for various evolutionary stages of 

single stars. 

Helium / r~  CO White Dwarfs 
White I ~ Mostly Single 
Dwarfs in I ~ and in Wide 
Binaries I ~ Binaries 

MwD/Me 

I ~ A i (  White Dwarfs 

i 
-CO White 
Dwarfs 

Helium 
White i 
Dwarfs i 
Without !' It Helium White 
GWR / ~i Dwarfs with 

" " i " " " "  "'" ' ~ \ ~ i  n 
/ to Account 

Mwo/Me j~_~ 

Figure 4. The top panel gives the birth rate of white dwarfs as estlmated by Iben 

and Tutukov (1986), The lower panel is a schematic giving an impression of how the 
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birth rate function when gravitational radiation is taken into account, forcing the 

merger of the lowest mass binary white dwarfs. The contribution of merged binaries 

has been overestimated by a factor of two, as we overlooked the fact that each merger 

reduces by one the number of white dwarfs surviving until the present. 
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If its mass is between -0.75M® and -2.5Mo, a helium star will expand again to 

fill its Roche lobe after exhausting central helium. It will begin and continue to 

lose mass until the mass of the helium layer remaining near its surface (its core has 

been converted into carbon and oxygen) has been reduced below a critical value. In 

this way the 2M® remnant of the first mass exchange event becomes ultimately a 1.05M@ 

CO white dwarf and the 0.77M O remnant becomes a 0.75MQ white dwarf. 

If its mass is less than -0.75M®, the helium star remnant of the first common 

envelope event will not expand sufficiently on exhausting central helium to fill its 

Roche lobe for a second time. Instead, it will go on to become a white dwarf without 

losing any more mass. 

If the mass of the progenitor is somewhere in the range 10-11M O, the white dwarf 

formed will be of the oxygen-neon variety, with a mass in the range I.I-I.4M G. For 

more massive progenitors, evolution becomes more complicated, and the exact outcome 

of the Roche-lobe overflow episode has yet to be sorted out. 

When a star fills its Roche lobe after having exhausted hydrogen at the center 

but before having ignited helium, we speak of a case B Roche-lobe overflow event. If 

the overflow event occurs before the star has crossed the Hertzsprung gap and 

developed a deep convective envelope (early case B event), much of the mass lost by 

the primary will be gained by the secondary. If orbital angular momentum is also 

partially conserved, the orbital separation may increase during the mass-transfer 

process. If the overflow event occurs after the primary has developed a deep 

convective envelope (late case B event), a common envelope is expected to be formed 

and the orbital separation is expected to be considerably reduced. 

If Roche-lobe filling is delayed until the primary has exhausted helium at its 

center and has developed an electron-degenerate CO core, we speak of a case C event. 

If Roche-lobe filling occurs before thermal pulses begin (early case C event), the 

mass of the resultant white dwarf will be nearly the same as the CO core mass of a 

single star when it first begins to thermally pulse. Since mass loss can abort the 

"second" dredge up process (which occurs in population I stars for initial masses 

larger than -5Mo) before the CO core is reduced to below I.IMo, the maximum mass of a 

progenitor which can produce a CO white dwarf is reduced by -IM O relative to the 

maximum mass for single stars. If Roche-lobe filling is delayed until thermal pulses 

have begun (late case C event), the mass of the white dwarf which will be formed 

depends on how long the progenitor has remained in the thermally pulsing phase before 

Roche-lobe filling occurs. For progenitor masses less than -2Mo, the mass of the 

white dwarf remnant can be anywhere between the mass of the CO core of the progenitor 

when thermal pulses begin and something approximately 0.1MQ larger. For progenitor 

masses larger than this, the mass of the resultant white dwarf is essentially the 

same as the mass of a white dwarf formed by a single star. Because of the strong 

winds experienced by A@B stars, the mass of the primary could well be less than the 

mass of the secondary when Roche-lobe filling occurs. The result is that, in many 

late case C events, the initial rate of mass transfer might be considerably less than 
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would otherwise be expected, and that may reduce the tendency toward common envelope 

formation. 

The mapping between progenitor initial mass and final white dwarf mass for the 

various types of Roche-lobe overflow events, as found in one set of calculations for 

one set of input physics (Iben and Tutukov 1985, Iben 1986) is shown in Figure i. It 

is to be emphasized that these results are not definitive; any number of variations 

in the input physics could alter the mapping significantly. 

III. MAPPING PROGENITOR BINARIES INTO WHITE DWARF BINARIES 

The mapping between the masses and orbital separation of a main-sequence binary 

and the masses and orbital separation of the white dwarf binary (immediately 

following the formation of the second white dwarf) depends on wh£ch cases of Roche- 

lobe overflow are appropriate and on a number of other assumptions about the nature 

of the several mass-loss, mass-transfer interactions; very few of these assumptions 

are founded on first principles. 

Of crucial importance is the evolutionary state of each star when it first fills 

its Roche lobe. Figure 2 gives curves in the radius-(initial)mass plane which mark 

where significant changes in the evolutionary state of single stars occur if they are 

of population I composition (Iben and Tutukov 1985). 

When the first Roche-lobe overflow event is of the early case B variety and 

component masses are comparable, it has long been the practice to suppose that both 

the total mass and the total angular momentum of the system are conserved, Given a 

mapping between initial primary mass and resultant white dwarf mass, the assumption 

of conservation of total angular momentum and total mass then leads to a unique 

determination of the masses and orbital separation of the intermediate system, now 

consisting of a white dwarf and a main-sequence secondary which is more massive than 

the initial primary. 

If the first Roche-lobe overflow event is of the late case B or of the case C 

variety or if the initial secondary is much less massive than the initial primary, it 

is commonly supposed that a common envelope will be formed. A convenient way of 

parameterizing the degree of orbital shrinkage which occurs in a common envelope 

event is (Iben and Tutukov 1984a) 

G MIZ/A0 - ~ GMIRMz/Af, (I) 

where M I and M 2 are the masses of the primary and secondary, respectively, MIR is the 

mass of the remnant of the primary after the common envelope event, Af and A 0 are the 

final and initial orbital separation, and ~ is a parameter which in some cases can be 

estimated theoretically but, in general must be determined from the observations. 

The expression on the left hand side of equation (i) is a crude measure of twice the 

energy required to drive off the common envelope when the mass lost from the system 

is large compared with the mass of the primary remnant and large compared with the 

mass of the secondary. The expression multiplying ~ on the right hand side of the 
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equation is a crude measure of twice the release in orbital binding energy for 

systems in which the degree of orbital shrinkage is large enough to neglect the 

initial orbital binding energy. When the masses of the two interacting stars are 

comparable, ~ in equation (i) should be divided by 4. With this understanding, an 

of -I means that orbital energy is converted into the energy to drive off the common 

envelope with 100% efficiency. An ~ large compared with I means that some source of 

energy other than orbital has been tapped to drive off the common envelope. An 

small compared with i means that only a fraction of the orbital energy has been used 

up in driving off the common envelope, the remaining fraction going into heating the 

escaping matter and supplying it with greater than escape velocities, or into 

radiative losses, or both. 

Two and three dimensional hydrodynamical simulations of common envelope events 

(Livio and Soker 1988; Taam and Bodenheimer 1988) suggest an ~ of the order of 0.3- 

0.6. Livio and Soker find some evidence that, the larger the initial orbital 

separation, the greater the tendency for the stellar cores to spin up the common 

envelope, and therefore the less efficient the transfer of energy between the orbital 

energy and the expanding common envelope will be. In any case, one can understand 

the formation of cataclysmics by this kind of scenario. For example, suppose that 

the primary and the secondary are of initial mass -10M@ and -0.SMQ, respectively, and 

that the primary fills its Roche lobe in a late case B event to become a white dwarf 

of mass ~I.05M@. Inserting these numbers as well as ~ - 0.3 in equation (I) gives A~ 

- A0/634. For the chosen initial mass ratio, the radius of the Roche lobe of the 

primary is initially RIL ~ A0/2 and the radius of the Roche lobe of the secondary 

after the common envelope event is Rze - 0.3Af. Hence RZL ~ RIL/1057. But the 

secondary now has a radius of -0.5RQ, and it presumably did not fill its Roche lobe 

until long after the common envelope event, when angular momentum loss by a magnetic 

stellar wind established contact. This means that RIL > 630R@. From Figure 2 it is 

obvious that our assumption of a case B event is inappropriate. A more consistent 

scenario requires choosing a slightly less massive primary and assuming a late case C 

event. Had we chosen ~ - 0.6, the original scenario of a case B Roche-lobe overflow 

event would have been viable. 

The main point of the exercise is to show that quite dramatic orbital shrinkages 

are implied by the assumption that orbital energy is the only source of energy for 

driving off the common envelope and that, the smaller the efficiency of conversion, 

the more dramatic is the shrinkage. We shall return to a discussion of this point in 

section V. 

After the first white dwarf has been formed, if the secondary is massive enough 

to evolve off the main sequence in a Hubble time and if it fits well within its Roche 

lobe during its main-sequence lifetime, a second common envelope event will usually 

follow when the secondary exhausts a nuclear fuel at its center and expands to fill 

its Roche lobe. This is because the large ratio of donor mass to receiver mass 

ensures a mass transfer time scale much shorter than the thermal time scale of the 
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donor and because, not only is the thermal response time scale of the white dwarf 

much larger than the mass-transfer time scale, but hydrogen-burning may be ignited 

near the surface of the accreting white dwarf, causing the regeneration of a red 

giant (common) envelope, much as in the case of novae. The role of hydrogen burning 

is not absolutely certain since the mean densities in the common envelope may be much 

less than in the red giant envelope of a single star. In any case, due to frictional 

dissipation, orbital shrinkage will again occur and, when the two white dwarf 

remnants emerge from the common envelope, the orbital separation may be quite small. 

If the separation is less than several solar radii, gravitational wave radiation will 

lead to a merger of the pair in less than a Hubble time. 

IV. LOW MASS BINARIES AND HELIUM WHITE DWARF PAIRS 

Conventional theory suggests that a single star which is initially massive 

enough to evolve off the main sequence in less than a Hubble time can make a white 

dwarf no lighter than -0.5M O and that this white dwarf is made of carbon and oxygen 

(or of neon and oxygen in a small fraction of cases). On the other hand, if the 

primary in a low mass binary is less massive than about 2MQ, it will develop an 

electron-degenerate core composed of helium as it leaves the main sequence, and, if 

it fills its Roche lobe before igniting helium, mass loss will transform it into the 

compact central star of a planetary nebula; after it has burned much of the hydrogen 

remaining in its envelope, it will evolve into a helium white dwarf capped by a very 

thin "skin" of hydrogen. The mass M~e of the white dwarf so formed is related to the 

effective radius R L of the Roche-lobe when mass transfer begins by 

R L - 103, 5MHe4. (2) 

If the primary and secondary are of comparable mass, and if the Roche-lobe radii are 

small enough (say, R L < 12R@, corresponding to A 0 < 32.5R@ and orbital period P < 12 

days) that the primary has not developed too deep a convective envelope before 

filling its Roche lobe, one might suppose that the mass transferred from the primary 

to the secondary will stick to the secondary. The primary will develop a deep 

convective envelope as it evolves to the giant branch, and an observer would see an 

Algol type binary. The primary will surely be tidally torqued so that it spins at 

nearly the orbital frequency, and one may further suppose that the agency which 

drives mass transfer is angular momentum loss by a magnetic stellar wind (MSW). If 

the time scale for mass transfer is short compared with the nuclear burning time 

scale ~=== = MHe/M~,, then the primary will shrink within its Roche lobe before M~ 

has grown appreciably and the Roche lobe of the primary will remain essential fixed 

during the entire mass-transfer phase. The orbital separation of the system after 

Roche-lobe detachment will be determined by solving 

RIL ~ 0.52(Mi/Mt) °'44 A, (3) 

in conjunction with equation (2). In equation (3), RIL is the Roche-lobe radius of 

the i ch component and M i is its mass; ~ is the total mass of the system and A is the 

485 



orbital separation. There are more accurate expressions for the relationship between 

RIL , Mi, Mz, and A, but for our purposes, expression (3) is quite accurate enough and 

it has the virtue of being simple to use. 

Using equations (2) and (3) with the requirement that the radius of the Roche 

lobe is the same before and after the mass-transfer event, we have that 

Af = (MI/MIR)°'44A0, (4) 

where A o and Af are the orbital separation before and after the mass-transfer event 

and MIR is the mass of the helium white dwarf remnant of the primary. Thus, Af is 

typically a few times larger than A 0 . 

A reverse phase of mass transfer follows when the secondary grows to fill its 

Roche lobe. Since it will be a larger subgiant than was the primary when it filled 

its Roche lobe, the secondary will have a deeper convective envelope than did the 

primary as a suhgiant. Furthermore, the aecretor will now be a very compact object 

with a long thermal response time scale and probably capable of igniting the accreted 

fuel and regenerating its own extended envelope. The second mass transfer episode is 

therefore likely to lead to the formation of a common envelope, with all of the mass 

lost by the secondary being lost from the system. We therefore use equation (i) with 

M 2 = MZR , M I =M2+(MI-MIR) = M~-MIR = M2f = mass of secondary after the first mass 

transfer episode, A 0 = Af, and Af = Aff = final orbital separation to obtain: 

Aff = 5 Af(MIR/Mzf)(MzR/Mzf ) . (6) 

Equations (2) and (3) can also be used to establish a relationship between the 

mass M2R of the helium white dwarf remnant of the secondary and MIR: 

M2~ = MIR(Mt/MIR-1) °"11 (5) 

The modest increase in orbital separation during the first mass-transfer~mass-loss 

episode thus implies that the second white dwarf is slightly more massive than the 

first. This is a general property of quasiconservative mass-transfer scenarios. 

As an example, let us suppose that M I = 1.5, M 2 = 1.0, and MIR = 0.25. Then, 

M2R = 0.32, A 0 = 29.7, Af = 2.20A 0 = 65.4, and Aff = 1.705. An upper limit on the 

time required by the white dwarf pair to move into final Roche-lobe contact comes 

from assuming that the only way in which orbital angular momentum is lost is by the 

radiation of gravitational waves. This upper limit is given by 

~6wR(yr) = 108"175A~/(MIRM2RM~R), (7) 

where MtR = MIR+M2R. Of course, if the orbital separation is comparable to the radii 

of the white dwarfs, tidal torques will cause heating and serve to shorten the time 

scale for moving into contact. Using Aff = 1.75 in (7), we have that the helium 

white dwarf pair in our example will move into Roche-lobe contact in less than rGW R = 

2.75x101°54yr. Choosing ~ - 0,3, rsw R - 2.2x108yr. 

One may repeat this exercise for many different combinations of initial (low) 

masses, only to find similar results: if the first-formed white dwarf is less massive 

than -0.3M@, the ultimate result is two helium white dwarfs which merge in less than 

a Hubble time. If the total mass of the two white dwarfs is less than some critical 

value of the order of 0.4-0.5Mo, merger will lead to a white dwarf of mass equal to 

486 



the sum of the masses of the white dwarfs prior to merger. If the total mass of the 

merging pair is larger than this critical value, the immediate result of merging may 

well be an sdO or sdB star. But this star will ultimately evolve into a CO white 

dwarf. 

If the initial orbital separation is large enough to permit the primary to reach 

the base of the giant branch (see Figure 2), it will have developed such a deep 

convective envelope that, when Roche-lobe filling first occurs, mass transfer takes 

place on a dynamical time scale, and a common envelope will be formed also in the 

first mass-transfer episode. If this is the ease, then orbital shrinkage also 

occurs, with the consequence that the effective radius of the Roche lobe of the 

secondary becomes smaller than the effective radius of the Roche lobe of the primary 

(when the first mass-transfer episode begins). This means that the mass of the 

helium white dwarf formed by the secondary will be less than the mass of the first- 

formed helium white dwarf. 

Using equations (i), (2), and (3) for each assumed common envelope event, we 

obtain: 

Mz R = ~lo.aS(Mg/M1)O,a6(M1R/M 17 o.zs(MI+M2/M1R+Ma)o.~t (97 

and 

Ae e = ~a~zl0a. 784 (Mz+Ma/M1)O. 4~MzR4 (MI~/M1)2 (MaR/Mz) (107 

for the mass of the second white dwarf and the final orbital separation in terms of 

the mass of the first white dwarf, respectively. Here we take into account the 

possibility that the parameter ~ could be quite different in the two common envelope 

events. Setting M I = 1.5, M 2 = 1.0, and MIR = 0.25, we have M2R = 0.22ei°'25 (= 0.16 

if e I = 0.3) and Aff = 0.22ez~t°.2SR@ (= 0.05R@ if e I = ~z = 0.3) Equation (8) then 

gives rsw R - 1.36x107ez4elbyr (= 267 yr, if ~I = ~z = 0.3). The same exercise for 

MIR = 0,35 gives M2R = 0.30~ 0-25 (= 0.22 if ~I = 0.3), Aff = 2.23e2~ll'25Ro (= 0.bR O 

if e I = e2 = 0.3), and r6w R = 5.4xlOl°ez4el5yr (= 106yr if ~i = ~z = 0.3). Note that 

typically MzR - 0.6MIR (because MIR/M I ~ 0.16 in equation 97. Only for values of MIR 

larger than -0.45MQ will it take longer than a Hubble time for a merger to occur. 

From these considerations it is evident that only the most massive helium white 

dwarfs are born at sufficiently wide separation that they can avoid merger in a 

Hubble time. This has interesting consequences for future searches for gravitational 

wave radiation from space detectors (e.g., Lipunov, Postnov, and Prokhorov 1986; 

Evans, Iben, and Smart 1987; Hils, Bender, Faller, and Webbink 1988). It also 

explains why the observed white dwarf distribution function contains so few white 

dwarfs less massive than -0.5Mo, despite the expectation that of the order of i0 

percent of all stars are born in binaries with initial masses and separations such 

that they should go through the sort of evolution we have just sketched. 

In Figure 4a we present an estimate (Iben and Tutukov 1986) of the birth rate of 

white dwarfs as a function of white dwarf mass. All of the white dwarfs in the low- 

mass hump of the two-humped distribution are helium white dwarfs in binaries. Most 

of the white dwarfs in the second hump are CO white dwarfs which are single or in 
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wide binaries. If, as our estimates suggest, all but the most massive helium white 

dwarf pairs merge in much less than the Hubble time, then, integrating over the 

lifetime of the galactic disk, the current white dwarf distribution function should 

look like what we have sketched in Figure 4b. That is, mergers shift all but the 

most massive helium white dwarf pairs made in binaries into the single star 

distribution and there are very few white dwarfs less massive than about 0.3M O. 

V. THE CLOSE BINARY WHITE DWARF L870-2 

Saffer, Liebert, and Olszewski (1988) have discovered that the star L870-2 is 

actually a pair of DA white dwarfs with a period of 1.6d. The two white dwarfs are 

very nearly of the same luminosity and surface temperature, implying that they are of 

very similar mass and age. However, the slight differences in global characteristics 

translate into finite differences in mass and cooling age which, though small, have a 

profound significance for unravelling the prior history of the system and for 

understanding the physics of mass transfer events in close binaries. We (Webbink 

and Iben 1988) have analysed data kindly provided by these authors in conjunction 

with theoretical evolutionary tracks in the HR diagram of cooling white dwarfs (Iben 

and MacDonald 1986) to estimate the masses of the white dwarfs to be MIR - 0.605 and 

MZR ~ 0.54. The mean cooling age of the white dwarfs is -109yr, but the more massive 

white dwarf is older than the lighter white dwarf by -108yr (adopting the mass- 

dependence of the cooling curves given by Winget et al. 1987). This means that the 

more massive white dwarf must be derived from the initially more massive of the main- 

sequence progenitor pair. 

We shall explore several scenarios for the history of the system, showing how 

the properties of the current system place a constraint on the product of the two ~'s 

used to parameterize the degree of orbital shrinkage in common envelope events. 

Suppose, first, that the initial primary filled its Roche lobe after having exhausted 

central hydrogen, but before having ignited helium (a case B event). From Figure I, 

we can estimate the mass of the primary to be M 1 - 4.3M@. The main-sequence lifetime 

of such a star is ~Ms - l'Oxl08y r" If the case B event was of the early variety, we 

might expect there to have been some orbital expansion and we might guess that the 

secondary was able to delay Roche-lobe filling until it had developed an electron- 

degenerate CO core, filling its Roche lobe eventually in a case C event. From Figure 

2, we see that the mass of the secondary must be M 2 - 2.7MQ when it first filled its 

Roche lobe. The main sequence plus core helium burning lifetime of such a star is 

rMS+H e ~ 3.SxlOSyr. Since this is 2.SxlOSyr longer than the main sequence lifetime 

of the primary, and since the cooling ages of the current white dwarfs differ by only 

-108yr, we exclude this scenario. Let us suppose next that the first mass-transfer 

event was of the late case B variety, thus presumably leading to orbital shrinkage in 

a common envelope; this requires that the second mass-transfer event also be of the 

case B variety. Again from Figure 2, we have that M 2 - 4.1MQ. The main-sequence 
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lifetime of such a star is ~MS ~ I'IxI08y r, or only 107yr longer than the main- 

sequence lifetime of the primary. We therefore exclude this scenario as well. 

Next, suppose that the primary undergoes a case C Roche-lobe overflow event. 

Its mass must have been M I - 3.1M O and its main sequence plus core helium burning 

lifetime was ~MS+He - 2"6XI08y r- The secondary could not have undergone a case B 

Roche-lobe overflow event because its mass just prior to this event must have been, 

at 4.1M@, larger than MI, implying that it had gained at least IM O from its 

companion. This contradicts our assumption that the first mass transfer event led to 

the formation of a common envelope, with all of the mass lost by the primary being 

lost from the system. 

The last option, then, is that both Roche-lobe overflowing events were of the 

case C variety. Remarkably, but perhaps fortuitously, the main-sequence plus core 

helium burning lifetime of the 2,7M@ secondary, ~MS+Ee -- 3.SxlOey r, is longer than 

that of the primary by precisely the difference in the cooling ages of the white 

dwarfs. 

The period of L870-2 combined with our estimates of component masses imply that 

the current orbital separation is Aff - 5.8R@ and we may use this to make statements 

about the degree of orbital shrinkage in each mass-loss event. From equation (I) 

with ~ = ~z, we have Af = 0.17~IA 0, For the second mass- transfer event we rewrite 

equation (I) as 

Q M22/A~ ~ ~2 GMIRM2R/Aff (i') 

and solve for Af = 130.5/~ 2 . From equation (3), we have that the Roche lobe radius 

about the primary after the first mass-loss event is R1n,f = 0.25Af = 32R@/~ 2 . With 

e2 = 0.3-0.6, Af ~ (435-217)R O and RIL,f = (I06-53)R O. from the two relationships 

involving Af, we find A 0 = 768/~i~ 2 and from equation (3) we find the radius of the 

Roche lobe about the primary before the first mass-transfer event to be RIL,0 = 

0.395A 0 = 303R6)/~I~ 2 From Figure 2 it is evident that 25 < RIL,0/R O < 500 and this 

means that 0.6 < ~i~2 < 12. But, with ~2 - 0.3-0.6, el > 1-2. 

Recall that, when the component masses are comparable, as is the case prior to 

the first mass-loss event, GM2MIR/A f overestimates (two times) the binding energy 

release by approximately a factor of 4. Hence, our scenario and the observational 

constraints tell us that orbital energy provided only one-eighth to one-fourth of the 

energy needed to drive off the common envelope. This result has profound 

ramifications for our understanding of the physics of the common envelope process. 

If one is used to thinking that the only source of energy for driving off the common 

envelope is orbital binding energy and that only a portion of the binding energy 

release is available for this purpose, then an ~ smaller than unity makes sense, but 

an ~ larger than unity is nonsense. 

However, we know that single stars that reach the AGB eject their hydrogen-rich 

envelopes in only a matter of I04-i05 yr. Is it not possible that, in the case of 

L870-2, the primary reached the thermally pulsing AGB stage before it filled its 

Roche lobe, and that the main driving force which ejected its hydrogen-rich envelope 
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was exactly the same as that which drives off the envelope of a single AGB star? It 

could be that the modification of the gravitational potential caused by the presence 

of a close companion speeds up the process of mass loss to a time scale of only few 

times 103 yr (ef. Eggleton 1985). The high densities in the wind from the primary 

and the differential velocities between the main-sequence companion and the wind 

would mean that there will be dissipation that causes orbital shrinkage, but 

shrinkage on a much more moderate scale than we are used to thinking of in terms of 

common envelopes (see Livio 1988 for a further discussion of this point). 

At this conference, a poster paper by Bergeron, Wesemael, Liebert, Fontaine, and 

LaCombe (1988) suggests that the white dwarfs in L870-2 have masses MIR = 0.47 and 

M2R = 0.42. (The difference between these mass estimates and our own is almost wholly 

due to differences in the adopted mass-radius relationships for cooling white 

dwarfs). It is not feasible here to examine all of the possible scenarios which 

might produce these masses at the current separation. We explore one. 

Suppose that both stars are helium white dwarfs that derive from low-mass 

progenitors after the fashion described in section IV. The white dwarf masses are 

large enough that we expect a common envelope to be formed in each mass-loss episode. 

If the constraint of 108yr as the difference between the cooling ages of the white 

dwarfs still holds, even approximately, we must assume that both main-sequence 

progenitors are almost identical in mass (~Ms - 101OY r x Mi -3"5 and M i < 2MG). From 

equations (2) and (3), we have RIL,0 = 155R O = 0.38A0, or A 0 - 400RQ. From equation 

(I) with M z - MI~ A t - 400RQ~IMIR/M I = 188Ro~I/M I. But, we also have, from equations 

(2) and (3) that RZL,f = 98R® - 0.5Af, giving Af ~ 196RQ. The two expressions for Af 

yield ~i - MI, and, since both M I and M z must be at least as large as IM O if the 

evolution to the current configuration takes place in less than a Hubble time, ~I > 

i. Once again, since the two main sequence progenitors are of comparable mass, this 

means that only a quarter (if M I - IMG) to one eighth (M I ~ 2Mo) of the energy needed 

to drive off the common envelope can have come from the release of orbital binding 

energy. Unfortunately, there is no simple mechanism to which one can point to 

provide the extra energy. 

We can also make a statement about ~2" Using equation (i') and Af£= 4.9Ro~ we 

have ~2 = 0"13M2 z" Since 1 < M2/M O < 2, ~2 - 0.13-0.52, and these values are 

consistent with the estimates of Livio and Soker (1988) and Taam and Bodenheimer 

(1988). 

This example points up a difficulty repeatedly encountered in trying to 

construct a scenario for the progenitor of L870-2. Whatever the scenario, the 

immediate progenitor of this system must have had an orbital separation of -200- 

400R O. At this separation, the binary cannot have avoided a preceding phase of mass 

exchange; yet, to have preserved such a wide system, the first mass transfer episode 

must have succeeded in dispelling most of the envelope of the initial primary with 

very little loss of angular momentum. Common envelope evolution alone does not 

appear capable of fulfilling this requirement -- the dissipation of enough orbital 
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energy to eject the common envelope necessarily involves the dissipation of a great 

deal of orbital angular momentum as well. Nevertheless, at so large a separation, it 

is difficult to avoid the conditions at the first episode of mass transfer that would 

have led to common envelope evolution. One must mitigate this tendency by appealing 

to other, more benign forms of systemic mass loss, such as stellar winds, or perhaps 

by tapping the ionization energy of the relatively weakly bound first common 

envelope. To produce yet more widely separated close binary white dwarfs taxes the 

imagination. We therefore expect L870-2 to be among the longest period close binary 

white dwarfs created by any scenario. 

This paper is supported in part by NSP grants AST 84-13371 and AST 86-16992. 
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A LIMIT ON THE SPACE DENSITY OF SHORT-PERIOD 
BINARY WHITE DWARFS 

Edward L. Robinson and Allen W. Shafter 
Department of Astronomy, University of Texas at Austin 

Austin, Texas 78712 

We infer that detached binary white dwarfs with orbital periods of a few hours 
exist because we observe both their progenitors and their descendents. The binary LB 
3459 has an orbital period of 6.3 hr and contains a pair of hot subdwaffs that will 
eventually cool to become white dwarfs (Kilkenny, Hill, and Penfold 1981). L870-2 is 
a pair of white dwarfs and, given enough time, its 1.55 d orbital period will decay to 
shorter periods (Saffer, Liebert, and Olszewski 1988). GP Corn, AM CVn, V803 Cen, 
and PG1346+082 are interacting binary white dwarfs with orbital periods between 
1051 s for AM CVn and 46.5 mix for GP Corn (Nather, Robinson, and Stover 1981; 
Solheim et aL 1984; Wood et al. 1987; O'Donoghue and Kilkenny 1988). These ultra- 
short period systems must be descendents of detached pairs of white dwarfs. We also 
expect short-period binary white dwarfs to exist for theoretical reasons. All 
calculations of the evolution of binary stars show that main-sequence binaries can 
evolve to binary white dwarfs (e.g., Ibex and Tutukov 1984). Among Population I 
stars, 1/2 to 2/3 of all main-sequence stars are binaries and about 20% of these binaries 
should become double white dwarfs with short orbital periods (Abt 1983, Ibex and 
Tutukov 1986). Thus, about 1/10 of all white dwarfs could be close binaries 
(Paczynski 1985). Nevertheless, no detached binary white dwarfs with extremely 
short periods have yet been found. 

The space density of short-period binary white dwarfs is worth measuring for 
several reasons. Most generally, the space density, is a test of modern theories for the 
evolution of binary stars. In addition, short-period binary white dwarfs should be the 
dominant source of gravitational radiation at periods between about 0.5 mix and 1 
hour (e.g., Clark and Epstein 1979, Evans, Iben and Smarr 1987). Plans to build 
detectors of gravitational radiation at these periods using space-based interferometers 
are now being seriously considered and this new generation of detectors should be 
sensitive enough to detect binary white dwarfs (Faller and Bender 1984). Finally, in 
the most commonly discussed model for Type la supernovae, the progenitor of the 
supernova is a short-period binary consisting of two white dwarfs with a total mass 
greater than the Chandrasekhar limit (Webbink 1979; Tutukov and Yungelson 1979; 
Ibex and Tutukov 1984; Paczynski 1985; Tornamb~ and Matteucci 1986). 
Gravitational radiation drives the binary to shorter orbital periods and ultimately 
disrupts the lower mass white dwarf. If enough mass accretes onto the higher-mass 
white dwarf, its mass will exceed the Chandrasekhar limit and it will collapse 
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catastrophically. The space density of short-period binary white dwarfs is a direct test 
of this model. 

We undertook, therefore, a search for binary white dwarfs among 
spectroscopically identified DA and DB white dwarfs (Robinson and Shafter 1988). 
As our primary goal was to test binary white dwarf models for Type Ia supernovae, we 
designed the survey to be sensitive to extremely short periods. Our basic method was 
to look for orbital radial velocity variations in the white dwarfs, although we chose an 
unusual instrumental technique for measuring the velocity variations. We used a high- 
speed photometer equipped with narrow band filters whose bandpasses lay in the wings 
of an absorption line, the H/line for DA white dwarfs or the He I L4471 line for DB 

white dwarfs. If the radial velocity of the white dwarf varies, the center of the 
absorption line moves toward or away from the filter bandpass, decreasing or 
increasing the flux of light through the filters. Orbital radial velocity variations can be 
detected from periodic variations in the filtered light curve. The amplitude of the flux 
variations can be converted to the amplitude of the radial velocity variation once the 
slope of the spectrum in the wing of the absorption line is known. Since all white 
dwarfs have surface gravities near log g --- 8 and since the slopes do not depend strongly 
on the temperature of the white dwarf over the temperature range in which most white 
dwarfs are found, we used a typical value for the slopes to convert the flux variations 
to radial velocity variations. The slopes were taken from the theoretical line profiles 
calculated by Koester (1980) for the DB white dwarfs and by Wickramasinghe (1972) 
for the DA white dwarfs. 

We observed 44 DA and DB white dwarfs chosen from the Villanova catalogue 
of spectroscopically identified white dwarfs (McCook and Sion 1987). The sample of 
stars consisted of white dwarfs that are brighter than V = 14,5, do not have close visual 
companions, and are observable from McDonald Observatory. There were no other 
selection criteria. We did not detect any binaries. 

There are three significant limitations to our survey. First, because the 
temperatures of the narrow band filters were not actively controlled, their central 
wavelengths slowly drifted as the ambient temperature in the telescope dome changed, 
introducing systematic errors into the measured intensities. These errors became 
significant on time scales longer than three hours and, therefore, we limited our survey 
to orbital periods less than three hours. The short-period limit was 30 s and was set by 
the sampling interval in the flux measurements. Second, the fluxes through the narrow 
band filters were low, limiting our ability to detect small flux and radial velocity 
variations. Finally, if the two stars in a binary have similar brightness, our sensitivity 
to radial velocity variations decreases. If the spectral types of the two stars are 
different, the absorption line being measured is diluted by the continuum light from 
the other star and the slope of its wings and the flux variations are reduced. If the 
spectral types of the two stars are the same, the detected flux variations correspond to 
the weighted average of the radial velocity variations of the two stars. Since the radial 
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velocities of the two stars have different signs, the averaging can reduce the flux 
variations and thus our sensitivity to radial velocity variations greatly. 

It is impossible to know the exact effect of these various limits on our sensitivity 
to short-period binaries without knowing the distribution of orbital periods, spectral 
types, and masses of the binary white dwarfs, which is precisely what we do not know. 
The upper limits to the semi-amplitudes of the radial velocity variations are less than 
70 km s 4 for 34 of the stars we observed and between 70 and 100 km s d for the 
remaining 10 stars. We have estimated the probability that we would have missed any 
binaries in our sample given these velocity limits by examining types of binaries that 
would be pathologically difficult to detect, generally binaries with periods at the long- 
period limit containing white dwarfs of nearly equal luminosities. We find that we 
should have detected more than half of even the most difficult cases. Although there is 
a finite probability that we have missed some binaries in our sample, we believe that 
our sensitivity is good enough to have detected a large fraction, perhaps 90%, of all 
binaries in our sample. 

Our null result implies that the fraction of field white dwarfs that are binaries 
with periods less than 3 hours is less than 1/20 with a probability of 0.9. Since the 
properties of the white dwarfs in our sample are roughly similar to the properties of 
the white dwarfs in the sample used by Fleming, Liebert and Green (1986) to 
determine the space density and birth rates of white dwarfs, we can scale their results 
to obtain limits on the space density of binary white dwarfs. We find that the space 
density of binary white dwarfs with periods less than 3 hours and with M v  < 12.75 is 
less than 3.0 x 10 .5 pc -3 with a probability of 0.9. 

We test the binary white dwarf model for the progenitors of Type Ia supernovae 
by comparing the observed limit on the space density of binary white dwarfs to the 
space density required to produce the observed rate of Type Ia supernovae. If the 
observed rate of Type Ia supernovae per unit volume in the Galaxy is R and if the 
orbital periods of the progenitor binary white dwarfs decay at a rate dP/dt, the 
distribution of binary white dwarfs in period is 

_ (dPh-1 
n(e) = t ¢  1 " 7 ; ; I  • 

We assume that the only mechanism causing the orbits to decay is gravitational 
radiation and that most of the binary white dwarfs first emerge from their common 
envelope evolution at periods longer than 3 hours. The required space density of 
binary white dwarfs with orbital periods less than 3 hours is given by the integral of 
n(P) over orbital periods between 0 and 3 hours. 

The rate of Type Ia supernovae in the galaxy is not well known. Using the 
historical supernovae, Tammann (1982) derives a rate of 0.027 yr -1 for the entire 
Galaxy. Using a subset of the historical supernovae, van den Berg (1983) and van den 
Berg, McClure, and Evans (1987) derive a rate of 0.022 yr -1 for all supernovae. 
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Somewhat over half of this rate is due to Type I supernovae, from which we can derive 
a rate of roughly 0.012 yr -1 for Type I supernovae alone. Note that the observed ratio 
of Type I to Type II supernovae in the Galaxy is not the same as the ratio in other 
galaxies, almost certainly because many Type II supernovae in the Galaxy have been 
missed. We convert the total rate to a volume rate by the usual method. The effective 
area of the Galactic disk is 109 pc3 (Miller and Scalo 1979). According to Tammann 
(1982) the observed scale height of Type I supernovae about the Galactic disk is about 
200 pc. Alternatively, if we assume that Type Ia supernovae belong to an extremely 
old disk population, a scale height as large as 400 pc may be more appropriate. The 
value of R could, then, reasonably lie anywhere between 1.5 x 10 -14 and 6.8 x 10 -14 yr-I 
pc-3. The latter value is the one given by Tammann (1982). We adopt R = (4.0+2.5) x 
10-14 yr-1 pc-3. 

We this choice of R, the required space density of binary white dwarfs that will 
become Type Ia supernovae is (1.6_+1.0) x 10 -5 pc -3. On theoretical grounds we expect 
that only about 1/10 of all binary white dwarfs are pairs of Carbon-Oxygen white 
dwarfs with total masses high enough to become Type Ia supernovae (Iben and 
Tutukov 1986) and, therefore, the required space density of progenitors for Type Ia 
supernovae must be multiplied by 10 to give the a required space density of all short- 
period binary white dwarfs. The number that is to be compared to our observed limit 
is, then, (1.6+_1.0) x 10 -4 pc -3. The required space density is a factor of 5+_3 greater 
than our observed limit. 

Our result is evidence that there is something amiss in the simplest binary white 
dwarf models for the progenitors of Type la supernovae. There are several 
possibilities for what could be wrong; among them: 
1) The measured rate of Type Ia supernovae in the Galaxy may be too high. The rate 

is based on a small number of historical supernovae in the galaxy, 7 in Tammann's 
sample and 3 in van den Berg's sample, and requires uncertain corrections for 
incompleteness. A large error in the rate would, nevertheless be surprising 
because with reasonable choices for the luminosity of the Galaxy and for the 
Hubble constant the galactic rate now agrees with the rate for external galaxies 
(van den Berg, McClure, and Evans 1987). 

2) Binary white dwarfs may be only one of several different progenitors for Type Ia 
supernovae. Iben and Tumkov (1984) have catalogued the possible alternative 
progenitors. One alternative, interacting helium star-white dwarf pairs, is 
particularly attractive as these systems could have a high enough birth rate to 
account for Type Ia supernovae if a large fraction of these systems become Type Ia 
instead of Type Ib supernovae (Iben and Tutukov 1987; Iben, Nomoto, Tornamb~, 
and Tutukov 1987). 

3) We have assumed that binary white dwarfs all form at orbital periods longer than 3 
hours. Theoretical calculations (e.g., Webbink 1984) suggest that some fraction of 
the binaries should form at periods less than 3 hours. Because binaries formed at 
shorter periods have shorter lifetimes, the space density of these short period 
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4) 

5) 

systems would be low. The fraction of systems that are formed at periods less than 
3 hours is uncertain because the physics of common-envelope evolution is 
uncertain, but a fraction larger than one-half may require a major revision in our 
understanding of common envelope evolution. 
If the binaries have special properties, they could have been missed because of the 
way we selected the stars to observe. A magnitude limited survey like ours is 
biased towards intrinsically bright stars. If most of the progenitors of Type Ia 
supernovae have absolute visual magnitudes fainter than about 13.0 they will be 
under-represented in our sample. Also, if the progenitors are pairs of DC white 
dwarfs, they would not be included in our sample. 
Finally, some technical problems could arise in comparing the space density of 
binary white dwarfs to the birth rate for Type Ia supernovae. If any mechanism 
for removing orbital angular momentum from the system besides gravitational 
radiation is operating, the orbits will decay faster and the required space density of 
binary white dwarfs will be reduced. No reasonable alternative to gravitational 
radiation has been suggested, however. We have adopted a value of 1/10 for the 
ratio of the number of binary white dwarfs with total mass large enough to make 
supernovae to the number with mass too small to make supernovae. It would be 
necessary to invoke a peculiar IMF at early times to change the ratio by a large 
factor. If the distribution of binary white dwarfs in orbital periods is not in a 
steady state, the relation between n(P) and R that we have adopted is not correct. 
This could happen if the star formation rate in the galaxy (or at least in the 
neighborhood of the sun) has been far from uniform. 

This research was supported in part by NSF Grant AST-8704382. 
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ON THE MASSES OF THE WHITE DWARFS IN CLASSICAL NOVA SYSTEMS 

James W. Truran 
University of Illinois 

and 

Mario Livio 
Department of Physics, Teehnion 

I. INTRODUCTION 

Significant progress in our understanding of the nature of the outbursts of 

the classical novae has occurred over the past two decades (see, e.g., reviews by 

Truran 1982; Starrfield 1986). Their outbursts are now understood to be driven by 

thermonuclear runaways proceeding in the accreted hydrogen-rich shells on the 

white dwarf components of close binary systems. Critical parameters which serve 

to dictate the varied characteristics of the observed outbursts include the 

intrinsic white dwarf luminosity, the rate of mass accretion, the composition of 

the envelope matter prior to runaway, and the white dwarf mass. 

Our concern in this paper is specifically with the question of the white 

dwarf mass. The expected average mass of isolated white dwarfs in the 

interstellar medium is - 0.6 - 0.7 MO; this follows straightforwardly from the 

assumption of a Salpeter (1955) stellar mass function and standard stellar 

evolution theory, and is confirmed by observations (Koester, Schulz, and Weidemann 

1979). The question arises as to whether white dwarf masses in this range should 

be typical of the white dwarfs in close binary systems. We seek to provide a 

partial answer to this question, for the specific case of classical nova systems, 

on the basis of observations of the dynamical evolution of novae in outburst 

(Section II) and of the abundances in nova nebular ejecta (Section III). We then 

provide an estimate of the average mass of the white dwarf component of observed 

classical nova systems (Section IV), on the basis of theoretical arguments 

concerning the critical envelope mass necessary to trigger runaway on a white 

dwarf of specified mass. Finally, we review existing mass estimates for novae and 

discuss these in the light of theoretical models. 

II. DYNAMICAL INDICATIONS 

There exists a large number of observations which point towards a very 

dynamical nature of many nova outbursts. These dynamical indicators can, in turn, 

be related to a relatively high mass for the white dwarf. We shall now review 

some of these observation and their implications. 
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(i) Speed class 

Out of 65 galactic novae listed by Payne-Gasposchkin (1957), 39 can be 

classified as "fast" or "very fast" novae, in the sense that their rate of decline 

from maximum exceeds 0.08 magnitudes per day. 

(ii) Super-Eddington luminosity 

The Eddington luminosity for a Chandrasekhar-mass white dwarf is of the order 

of 5.3 x 104 L@, corresponding to an absolute bolometric magnitude Mbo I = -7.1. 

It is interesting to note in this regard that de Vaucouleure (1978) finds that 

twelve out of fifteen novae for which the distance has been determined, using 

expansion parallaxes or interstellar line intensities, reach absolute magnitudes 

brighter than -7.1. Therefore, 12 out of the 15 systems reached super-Eddington 

luminosities (see Truran, Shankar, Livio, and Hayes (1988), for a discussion of 

this point). Moreover, all of the novae designated as "fast novae" by Payne- 

Gaposchkin (1957) reached absolute visual magnitudes brighter than -7.1. 

(iii) High expansion velocities 

In a number of novae for which expansion velocity measurements exist, high 

velocities were indicated. A few examples are: VI500 Cyg (1975) for which a 

velocity of Vex p = 1600 km s -I was measured (e.g. Ferland 1978; Ferland and 

Shields 1978), CP Lac (1936) where Vex p = 1300 km s -I (e.g. Pottaseh 1959; Ferland 

1979), DK Lac (1950) with Vex p = 870 km s -I (Collin-Souffrin 1977), IV Cep (1971) 

with Vex p = i000 km s -I (Pacheco 1977; Ferland 1979) and V1668 Cyg (1978) with 

Vex p = 740 km s -I (Stickland et al. 1981). 

We shall now argue that all of these observations (in addition to others dis- 

cussed in the next sections) point towards high white dwarf masses in the observed 

novae. The main point to note here is that the observations described in (i) - 

(iii) above outline a very dynamical nature of the outburst. 

Specifically: (a) High expansion velocities are clearly the signature of a 

dynamical event. (b) Super-Eddington luminosities can be obtained only in a 

configuration departing from hydrostatie equilibrium and (e) a rapid return to 

minimum indicates rapid expansion (which leads to cooling) and a short timescale 

for nuclear burning. All of these, in turn, can be obtained for relatively small 

envelope masses. We will now show that the theory of hydrogen shell flashes on 

the surface of accreting white dwarfs demonstrates that the more massive the white 

dwarf, the lower the mass it needs to acerete for a thermonuclear runaway (TNR) to 

occur. Both semi-analytical estimates (Fujimoto 1982, MacDonald 1983) and 

detailed numerical calculations (e.g. Prialnik et al. 1982, Starrfield, Sparks and 
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Truran 1985) have demonstrated that the strength of the outburst is determined 

largely by the pressure at the base of the accreted envelope. This pressure is 

given approximately by 

where AMac c is the accreted mass. A TNR occurs when Pb exceeds some critical 

value, Petit - 2 x I0 I~ dyne cm -2 (Truran and Livio 1986). Consequently, we find 

that AMac c is proportional to R4WD/MWD , which is a strongly decreasing function of 

the white dwarf mass. Therefore, massive white dwarfs ensure a low envelope mass 

at the time of the runaway. We would like to note, in this respect, that in the 

few cases in which the mass of the ejected nebula has been determined from 

observations (e.g. VI500 Cyg, CP Lac, IV Cep) masses of the order of 10 -5 - 10 -4 

M® were found (admittedly with large uncertainties). These values are consistent 

with MWD ~ I M@ (Truran and Livio 1986). High white dwarf masses are associated 

also with higher expansion velocities, simply by the fact that the escape velocity 

(which the expansion velocity must exceed) is higher for higher white dwarf 

masses. Finally, we would like to point out that an optically thick wind, which 

can be responsible for large mass loss, also occurs only for relatively massive 

white dwarfs (MwD > 0.8 M@; Kato and Hachisu 1988a,b). This is a consequence of 

the fact that the wind phase is obtained only following a large envelope expansion 

(which is obtained for massive white dwarfs, as explained above). Significant 

mass loss is essential in order to obtain nuclear burning timescales (and time- 

scales for return to minimum) which are not excessively long (compared to 

observations). 

We can therefore conclude that the most direct observations of nova out- 

bursts, the light curve and expansion velocities, point towards relatively massive 

white dwarfs in many classical nova systems. 

III. ABUNDANCE INDICATIONS 

Spectroscopic studies of nova ejecta provide further support for the view 

that rather massive white dwarfs are common occurrences in classical nova systems. 

Element abundance data are now available for a number of novae. The available 

heavy element data, reviewed most recently by Truran (1985a,b) and Williams 

(1985), are presented in Table I. Here we present specifically the mass fractions 

in the form of hydrogen, helium, carbon, nitrogen, oxygen, neon, sodium, 

magnesium, aluminum, silicon, sulphur, and iron. The available information 

concerning both helium and heavy-element abundances (total mass fraction Z) is 

collected in Table 2. For purposes of comparison, we note that solar system 

matter is characterized by a ratio He/H = 0.08 and a heavy-element mass fraction 

0.019 (Anders and Ebihara 1982; Cameron 1982). Following Truran and Livio (1986), 

this table also indicates the fraction of the ejecta in the form of helium and/or 

heavy-element enriched matter for these 13 well-studied novae. 
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TABLE i 

Heavy-Element Abundances in Novae 

Mass Fractions 

Objeet H He C N O Ne Na Mg A1 Si 

RR Pie I 0.53 0.43 0.0039 0.022 0.0058 0.011 ............ 
HR Del z 0.45 0.48 ... 0.027 0.047 0.0030 ............ 
T Aur 3 0.47 0.40 ... 0.079 0.051 . . . . . . . . . . . . . . .  
VI500 Cyg 4 0.49 0.21 0.070 0.075 0.13 0.023 ............ 
V1668 Cyg 5 0.45 0,23 0.047 0.14 0.13 0.0068 . . . . . .  
V693 Cr A 6 0.29 0.32 0.0046 0.080 0.12 0.17 0.0016 616076 0.0043 616022 
DQ Her 7 0.34 0.095 0.045 0.23 0,29 . . . . . .  
V1370 Aql 8 0.053 0.085 0.031 0.095 0.061 6147 ... 616092 ... 616012 

References. - (I) Willi~ms and Gallagher 1979. (2) Tylenda 1978. (3) Gallagher 
et al. 1980. (4) Ferland and Shields (1978). (5) Stiekland et al. 1981. (6) 
Williams et al. (1985), (7) Williams et al. 1978. (8) Snijders et al. 1984. 

Several important conclusions can be drawn from the abundance data collected 

in these tables. (i) High helium to hydrogen ratios are characteristic of nova 

ejeeta: the average for the 13 novae in Table 2 is He/H = 0.19. (2) High 

abundances of heavy elements, both the CNO group elements and the ONeMg group 

elements, characterize the ejecta particularly of the faster novae: VI500 Cyg, 

V1668 Cyg, V693 CrA, and V1370 Aql. (3) Substantial fractions of enriched matter 

are typical of both fast and slow novae: the average value for the novae listed 

in Table 2 is 0.38. 

The presence of these abundance enrichments holds important implications with 

respect to the typical white dwarf masses in these systems. The critical question 

here is how such concentrations can arise. Possible sources of these heavy- 

element abundance enrichments include (i) mass transfer from the secondary, (ii) 

TABLE 2 

Abundances in Novae 

Enriched 
Nova Date He/H Z Reference Fraction 

T Aur 1891 0.21 0.13 I 0.36 
RR Pic 1925 0.20 0.039 2 0.28 
DQ Her 1934 0.08 0.56 2 0.55 
CP Lac 1936 0.11±0.02 ... 2 0.08 
RR Tel 1946 0.19 ... 2 0.24 
DK Lac 1950 0.22±0.04 ... 2 0.30 
V446 Her 1960 0.19±0.03 ... 2 0.24 
V533 Her 1963 0.18±0.03 2 0.23 
HR Del 1967 0.23±0.05 0.077 2 0.35 
VI500 Cyg 1975 0.Ii±0.01 0.30 2 0.34 
V1668 Cyg 1978 0.12 0.32 3 0.38 
V693 Cr A 1981 0.28 0.38 4 0.61 
V1370 Aql 1982 0.40 0.86 5 0.93 

References - (i) Gallagher et al. 1980. (2) Ferland 1979. 
(3) Stiekland et al. 1981. (4) Williams et al. 1985; Williams 
1985. (5) Snijders et al. 1984. 
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nuclear transformations accompanying the outburst, and (iii) outward mixing of 

matter from the underlying white dwarfs. Truran (1985b) and Truran and Livio 

(1986) have scrutinized these possibilities and concluded that neither mass 

transfer nor nuclear reactions accompanying the outburst are capable of explaining 

the observed anomalies. 

It would appear, rather, that some fraction of the envelope matter and ejecta 

represents material which has somehow been dredged up from the core of the 

underlying white dwarf. Such envelope contamination can result, in principle, 

from shear-induced turbulent mixing between the white dwarf and the accreted 

material (Livio and Truran 1987), from diffusion induced convection (Kovetz and 

Prialnik 1985), or from convective overshooting subsequent to the runaway (Woosley 

1987). Whatever the mechanism, the character of such enrichments is a function of 

the underlying white dwarf structure and composition. High He/H ratios can result 

when the accreted hydrogen-rich matter mixes with helium-shell matter on white 

dwarfs, but the observed enrichments of CNO and ONeMg nuclei must arise from the 

deeper regions of the core. This demands the presence, respectively, of carbon- 

oxygen and oxygen-neon-magnesium white dwarfs (Law and Ritter 1983; Williams et 

al. 1985). We note, in particular, that such ONeMg white dwarfs are the expected 

products of the evolution of stars in the mass range - 8 - 12 MQ and are predicted 

to have masses - 1.2 - 1.4 M@. The fact that two of the eight novae for which 

detailed heavy element abundance analyses have been performed are enriched in the 

ONeMg element group (with Nova Vul 1984 II being a third possible candidate) 

strongly suggests that a significant population of massive white dwarfs is to be 

found in observed classical nova systems. Selection effects which help us to 

understand this result are reviewed in the next section. 

IV. RELATIVE FREQUENCY OF OCCURRENCE OF WHITE DWARF MASSES 

In a recent work, Truran and Livio (1986) estimated the relative frequencies 

of occurrence of different white dwarf masses in observed classical nova systems. 

In order to obtain these estimates, they made the following assumptions: 

(i) The TNR occurs when the pressure at the base of the accreted envelope 

reaches a critical value (Section 2, eq. i). 

(ii) The initial mass function for the progenitors of the white dwarf is 

given by the Salpeter (1955) mass function (see the discussion below of 

the effect of using different mass functions). 

(iii) The relation between the progenitor mass and the white dwarf mass 

provided by Iben and Truran (1978), is assumed to hold throughout the 

white dwarf mass range. (Using a different relation for high mass white 

dwarfs changes the estimates somewhat, but not the conclusions.) 

The relative frequencies obtained, based on these assumptions, as well as the 

recurrence time (for an assumed accretion rate Marc = 10-9 M O Y r-l)' are presented 
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in Table 3. The first two things to note in the table are: (i) about one third 

of all observed novae should contain very massive (MwD - 1.35 MO) white dwarfs 

(this is fully consistent with the observations of ONeMg white dwarfs, Section 

III) and (2) the averaEe mass of the white dwarfs in observed classical nova sys- 

tems is ~D = 1.14 MQ. In fact, if instead of a Salpeter mass function (assump- 

tion (ii) above) we use the estimates of ranges of initial main-sequence masses in 

binary systems obtained by Iben and Tutukov (1985), we find ~D = 1.23 M®. On the 

other hand, the white dwarf mass spectrum of Politano and Webbink (1988) would 

result in a somewhat lower average mass. We can therefore conclude that relative 

frequency of occurrence arguments predict an average white dwarf mass of about 

i.i - 1.2 MQ. 

Table 3 has another important consequence. The mean recurrence time between 

outbursts (for an assumed accretion rate of 10 -9 M@ yr -I) is 8900 yr. Recently, 

Livio (1987) has suggested that the accretion rate can be somewhat higher (- i0 -8 

M@/yr) for a period of about 50-300 years both before and after the outburst. 

Thus, the mean recurrence time can be of the order of 3000-4000 yrs. For such 

relatively short reeurrenee timescales, the discrepancy between the space density 

of classical novae as obtained by Patterson (1984) and Duerbeck (1984), and the 

Bath and Shaviv (1978) estimate, largely disappears. 

TABLE 3 

Relative Frequencies and Recurrence Time Scales 

Trec 

MWD (yr) /(MwD ) 

CO White Dwarfs: 
0.6 1.29 x 106 0.103 
0.7 7.31 x 105 0.053 
0.8 4.16 x 105 0.042 
O. 9 2.36 x 105 O. 040 
1.0 1.20 x l0 s 0.046 
i.I 6.39 x 104 0.062 
1.2 2.81 x 104 0.I00 
1.3 9.02 x 103 0.232 

ONeMg White Dwarfs: 
1.35 3.98 x 103 0.322 

V. OBSERVATIONS OF WHITE DWARF MASSES IN CLASSICAL NOVA SYSTEMS 

The masses of the white dwarfs in classical nova systems are extremely poorly 

known. Table 4 (compiled from Ritter's 1988 catalog) lists all the cases for 

which some estimates for the mass exist. Even in this table, the masses for 

HR Del and RR Pic are highly uncertain. In this list, V603 Aql and GK Per are 

fast novae. We would also expect the mass of the white dwarf in the case of the 

fast nova V603 Aql to be considerably higher than the quoted value, although the 

possible presence of a magnetic field may complicate matters (Haefnerand Metz 

1985). Observations of this object in an attempt to determine the white dwarf 

mass are thus strongly encouraged (although this is not an easy task for a system 
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with an inclination of 17°). In general, observations aimed at determining more 

white dwarf masses in nova systems (e.g. BT Mon is a good candidate) can be very 

valuable, as the present work has demonstrated. 

TABLE 4 

Masses of White Dwarfs in Classical Nova Systems 

System Orbital Period M~D(M(~ ) M secondary (M@) 
(days) 

GK Per (1901) 1.996803 0.9±0.2 0.25 

HR Del (1967) 0.214167 
0.9±0.1 0.58±0.01 0.1775 

DQ Her (1934) 0.193621 0.62±0.09 0.44±0.02 

RR Pic (1925) 0.145026 0.95 0.4 

V603 Aql (1918) 0.138154 
0.66±0.27 0.29±0.02 0.144854 

CONCLUSIONS 

On the basis of the considerations reviewed in this paper, we are led to the 

conclusion that the typical masses of the white dwarfs in observed classical nova 

systems are significantly higher than the 0.6-0.7 M O range characteristic of 

single white dwarfs. This (in itself) does not imply that the average mass in 

close binary systems differs significantly from 0.6-0.7 MQ. Selection effects are 

extremely important here. We emphasize that the present work discusses the masses 

of the white dwarfs in nova systems that are actually observed to erupt and not in 

CVs in general. Therefore, the conclusion obtained here, that the masses of the 

WDs in observed nova systems is high, is not in conflict with other works 

discussing the distribution of WD masses in nova systems in general. For example, 

Hameury, King, Lasota, and Livio (1988) have found recently that the majority of 

the WDs in magnetic nova systems, should have a mass around 0.6-0.7 M®, with a 

smaller group having a larger mass. 

To be put even more strongly, the present work implies that the observed nova 

systems do not represent average CV systems (in terms of the WD mass) and cannot 

be assumed therefore to imply general properties of the CV population. 

The estimates we provide of frequencies of occurrence of white dwarfs as a 

function of mass and of the average mass - 1.1-1.2 M@ in active systems reveals 

the nature of the selection effect: more massive white dwarfs simply require less 

accreted matter to trigger an outburst. Dynamical arguments and abundance 

arguments both strongly support this conclusion. In general, we believe that the 

picture that emerges from our arguments concerning the role of massive white 

dwarfs in classical nova systems is entirely consistent with theoretical and 

observational constraints. 
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We also wish to call attention to the fact that the higher masses typical of 

observed classical novae serve to define rather tightly the range of luminosities 

and allow the possible use of their plateau luminosities as standard candles 

(Truran 1982). This arises from the fact that the bolometric luminosities of the 

hydrogen shell-burning remnants of nova eruptions essentially obey the Paczynski 

(1971) core-mass-luminosity relation for AGB stars with degenerate carbon-oxygen 

cores. The corresponding luminosity plateaus for dwarf masses 1.0 to 1.3 MQ range 

from 2.8 x 104 to 4.6 x 104 L(D , with less than a factor two variation in 

luminosity and magnitude range Am j I. Novae thus represent potentially useful 

probes of the distance scale out to distances of order those of nearby clusters. 

Recognizing that very fast novae violate this condition at peak optical light, it 

is best to consider only moderately fast and slow novae. 

This research has been supported in part by the US National Science 

Foundation under grant AST 86-11500 at the University of Illinois. 
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ABSTRACT: The growth rate  of a white dwarf which accre tes  hydrogen-rich 

or helium matter is s tudied.  If the accre t ion  rate is r e l a t i v e l y  small, 

unstable shel l  f lash  occurs and during which the envelope mass is l o s t .  

We have followed the evolutions of shel l  f lashes  by steady s t a t e  

approach with wind mass loss so lu t ions  to determined the glass lost  from 

the system for wide range of binary parameters. The time-dependent 

models are also ca lcula ted  in some cases.  The mass loss due to the 

Roche lobe overflow are taken into account. This r e su l t s  ser ious ly  

a f f e c t s  the ex i s t ing  scenarios on the or igin of the type I supernova or 

on the neutron s ta r  formation induced by acc re t ion .  

Some neutron s t a r s  in low-mass X-ray b inar ies  and binary radio 

pulsars  are suggested to be formed through the accret ion- induced 

col lapse  of white dwarfs ( e . g . ,  Taam and van den Heuvel 1986 and 

references  t h e r e i n ) .  This accret ion- induced collapse is based on the 

assumption that  the accre t ing  white dwarfs can grow to the 

Chandrasekhar mass. However, once a strong nova explosion occurs, a 

s i g n i f i c a n t  part of the envelope mass is e jected from the system (see, 

e . g . ,  Pr ia ln ik  1986). When the mass accre t ion  rate is higher than 

2x10 -7 ~ yr -1, the hydrogen she l l  burning is s table  but helium shel l  
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burning is u n s t a b l e .  Therefore  we s t u d i e d  whether white dwarfs can grow 

to the Chandrasekhar mass or no t .  

We have solved s t eady  s t a t e  equa t i ons  with mass l o s s  for  the c a se s  

of nova and hel ium nova and ob ta in  sequences of o p t i c a l l y  th ick  wind 

s o l u t i o n s .  The wind is  a c c e l e r a t e d  by continuum r a d i a t i o n .  When  the 

wind does not occur we solved s t a t i c  e q u a t i o n s .  The fo rmula t ion  of the 

wind and the bas ic  envelope s t r u c t u r e s  are exp la ined  in Kato (1983). 

An e v o l u t i o n a r y  path of a nova can be followed by a sequence 

c o n s i s t i n g  of t h i s  s t a t i c  and s teady  s t a t e  models with mass l o s s .  

Figure  1 shows t ha t  the mass l o s s  s o l u t i o n s  and s t a t i c  s o l u t i o n s  for  

decay phase of nova for va r ious  white  dwarf masses  obta ined  by Kato and 

Hachisu (1988b). A complete cycle  of nova for a 1.3 M O white dwarf is 

desc r ibed  in a s i m i l a r  way in Kato and I lachisu (1988a). 
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The mass loss  ra te  of these  wind s o l u t i o n s  is  p lo t t ed  in Figure 2 
a g a i n s t  the hydrogen envelope mass ~ M. The mass los s  ra te  is large 
when the photospher ic  temperature is  low and i t  becomes smaller  as the 
s t a r  moves blueward in the H-R diagram. Dashed and dot-dashed l i n e s  
denote the mass decreas ing  ra te  due to the hydrogen burning for 1,3 and 
0.9M~ , r e s p e c t i v e l y ,  

Figure 3 dep ic t s  evolu t ionary  t racks  of one cycle of helium 
nova.The terminology "helium nova" is used to s t r e s s  the observa t iona l  
a s pec t s  of helium she l l  f l a s h e s  on a white dwarf su r f ace .  

The evo lu t ionary  t rack in the r i s i n g  phase depends on the i g n i t i o n  
mass: three t racks  are p lo t t ed  for three  i gn i t i on  masses.  The o p t i c a l l y  
th ick  wind occurs at the f i l l e d  c i r c l e s  and terminates  at the point 
with the shor t  v e r t i c a l  bar. Contrary to the i n i t i a l  phase, the 
evo lu t ionary  track in the decay phase is  independent of the i g n i t i o n  
mass, because the decay phase is assumed to be in the thermal 
equ i l ib r ium.  

The mass loss  ra te  of these s o l u t i o n s  are p lo t t ed  in f igure  4, The 
mass decreas ing  ra te  due to nuclear  burning is a lso  shown. 

We have also c a l c u l a t e d  time-dependent models These two r e s u l t s  
are in good agreement with each o the r .  
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We have obtained how much mass is los t  from the system or how 

much mass accumulates on the white dwarf. The mass accumulation ra t io  

is calculated as follows. When the Roche lobe is large enough the 

envelope lose i t s  mass due to the wind mass loss .  We have m a s s  loss 

rate  during wind phase. The nuclear burning always produces processed 

matter which accumulate on the white dwarf surface except the f i r s t  

stage in which the convection prevents the production to accumulate. 

From these values (in f igures  2 and 4) we have calculated the mass of 

the processed matter accumulated on the white dwarf. If the Roche lobe 

is small enough, the Roche lobe overflow is e f f e c t i v e l y  occurs. We 

assumed that the matter outside of the Roche lobe is quickly removed. 

Figure 5 shows that the mass accumulation r a t i o ,  i . e . ,  the growth 

ra te  of the white dwarf mass. Figure 5a is for the nova case with large 

Roche lobe (For the small Roche lobe see Kato and Hachisu 1988a, b). 

Figure 5b shows for the growth rate of the 1.3M¢ white dwarf. The 

crosses  denote the r e s u l t s  obtained from the time-dependent ca lcu la t ion  

in which IR< b Roche lobe are assumed. Solid curves are from the steady 

s t a t e  approach. (For de t a i l  see Kato, Saio, and Hachisu 1988). 
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D Y N A M I C  MASS E X C H A N G E  IN D O U B L Y  D E G E N E R A T E  B I N A R I E S .  
I I .  T H E  I M P O R T A N C E  OF N U C L E A R  E N E R G Y  R E L E A S E  

W. Benz and A.G.W. Cameron 

Harvard-Smithsonian Center for Astrophysics 

60 Garden Street, Cambridge, MA 02138 

and 

R. L. Bowers 

Applied Theoretical Physics, X-10, MS B259 
Los Alamos National Laboratory, Los Alamos, N.M. 87545 

I. I N T R O D U C T I O N  

The hypothesis that Type I supernova explosions originate in binary stars, in which the 
secondary overflows its Roche lobe and causes a white dwarf primary to pass a critical threshold 

for dynamical collapse, has gained in popularity over the last decade and a half (Truran and 

Cameron 1971; Whelan and Iben 1973; Wheeler 1982). During this period attention has also 
focussed on double-degenerate binary precursors of such systems, in which gravitational radiation 

of orbital angular momentum causes two white dwarf stars to spiral slowly together until the less 

massive of the stars begins to overflow its Roche lobe (Tutukov and Yungelson 1979; Webbink 

1979; Iben and Tutukov 1984; Paczyflski 1985). Cameron and Iben (1986) discussed the stability 

of such systems as the threshold of Roche lobe overflow was approached and for low mass ratios in 

which gravitational radiation can maintain a low rate of such overflow. Benz, Bowers, Cameron, 

and Press (1988, hereafter BBCP) computed the actual merging of a binary system composed 

of a 1.2M O primary and a 0.9M O secondary using a fully three-dimensional SPH code. Their 
simulation did not include the effect of nuclear energy release despite the fact that the temperature 

in the accretion shock reached the carbon ignition threshold, and therefore their conclusions about 
the structure of the merged object remained uncertain. 

In this paper we present preliminary results for the merging of the same binary system as 

in BBCP, but we have included in the code a reduced nuclear reaetion network and we have 
allowed for radiation pressure effects. The binary stars were, as in BBCP, assumed to be two zero 

temperature carbon-oxygen white dwarfs. Since BBCP describes in sufficient detail the equations 

solved and the numerical method, we will only concentrate here on the new physics that has been 
introduced into the code. 

II .  H Y D R O D Y N A M I C  E Q U A T I O N S  A N D  N U C L E A R  R E A C T I O N  N E T W O R K  

The results reported below were obtained using a fully three-dimensional hydrodynamic code 

based on the SPH scheme, which includes self-gravity and which makes no assumptions whatsoever 

about the flow symmetry. The hydrodynamics is described by the momentum equation in its 
Lagrangian form: 

dv VPtot 
- v~ + s , i , o  ( 2 i )  

dt p 

where Svls¢ is the classical artificial viscous stress which is introduced to model kinetic energy 
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dissipation in shocks; and the gravitational potential ¢ is obtained from Poisson's equation 

V2¢ = 4rap. (2.2) 

The mass density is denoted by p, the gravitational constant by G, and v is the velocity of a mass 

element. 
In BBCP the total fluid pressure did not include radiation effects; we now add this term 

by writing the total pressure to be equal to the sum of a degenerate electron pressure, a non- 

degenerate gas pressure, and a radiation pressure term: 

P,o, =Paeg + P,,,s + P,.~a (2.3) 

In the degenerate regime, the pressure is obtained, as in BBCP, from the ideal, fully relativistic 

equation of state (Chandrasekhar 1939). The gas pressure is found from the perfect gas equation 

of state. The radiation pressure term has the usual form: 

P,~  = laT4 (2.4) 

In order to compute the gas and radiation pressure terms we first have to know the temper- 

ature. To obtain the temperature we solve for each particle the equation: 

Unon-de, = U, ad + Uthem = aT a + cvT (2.5) 

where cv is the specific heat at constant volume and Uno~-aeg is the non-degenerate part of 

the total internal energy which is obtained by subtracting the degenerate energy from the total 

internal energy. The degenerate energy is only a function of density and can be readily obtained 

once p is known, and the total internal energy is given by solving the energy conservation equation. 

As mentioned above, the high temperature reached in the accretion shock indicates that 

nuclear energy release should be included in the code. Of course, a full network coupled with 

the 3D hydro code would be impractical because of the computer time and storage that would 

be required. We therefore used the same reduced network as in Benz, Hills, and Thielemann 

(1988, hereafter BHT). This network, developed for the study of white dwarf collisions, was 
devised having two simplifications in mind. First, since the dynamics has to be modelled but 

not the detailed chemical composition, the network should only serve the purpose of reproducing 
the energy generation accurately. This energy release should also take place over the correct 

timescMe. Second, the bulk composition of white dwarfs, generally a mixture of carbon and 
oxygen, with perhaps some helium, implies that "multiple alpha-particle" nuclei will dominate 

and that neutron- and proton-induced reactions can be neglected in a first approximation. For 

fast nuclear burning in which the principal products produced are not heavier than magnesium 

or silicon, as turned out to be the case here, a simple chain of these multiple alpha-particle nuclei, 
emitting and absorbing alpha-particles, gives an acceptable approximation to a larger network, 

and that is what was used here. 
Further details about the equations, the nuclear reaction network, and the numerical method 

can be found in BBCP and in BHT. 

III. R E S U L T S  

Figure 1 shows a selected number of snapshots of the binary dissolution. The velocity vectors 

are plotted projected onto the orbital plane. The magnitude of the minimum and maximum 
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velocity vectors is indicated on the second line above each frame in units of 6363 km/s. Time is 
given on the upper line in units of 1.10 seconds and each frame is 5.6x 109 cm on a side. The 
initial conditions were taken identical to those in BBCP, that  is two initially non-rotating, zero 
temperature white dwarfs. The simulation begins with the secondary filling its Roche lobe. We 
further assume that  angular momentum losses due to gravitational radiation can be neglected 

during the actual merging. 
After a few seconds, mass transfer starts and very quickly grows to reach values as high as 

0.0525M@/s. As expected, the dissolution of the binary proceeds in a very similar way to that 
reported in BBCP, and the secondary is again completely destroyed in about 60 seconds, i.e., 

three original orbital periods. We pointed out in BBCP that this extremely rapid merging is due 
to the fact that  not only mass but a substantial amount of angular momentum is transferred into 

the disk orbiting the primary which results in the two stars moving closer rather than away from 

each other. 
The resulting merged object, although more massive than a Chandrasekhar mass, does not 

collapse for the same reasons as found in BBCP. The inner part of the material added to the 
primary is no longer degenerate but is supported by thermal pressure, whereas the outer parts 
are supported by rotation. It will take at least one cooling time for the potential supernova event 
to take place. 

As predicted, we find that  the temperature rises high enough in the accretion shock to ignite 
carbon burning. However, the density and temperature only reach values for which carbon burns 
very slowly, and the amount of nuclear energy released only marginMly affects the dynamics. 
The major effect of nuclear burning is to allow considerably more mass loss from the system. 
Although still a small amount, the mass lost, now 0.051Mo, is about 9 times larger than was 
found in BBCP. Most of the ejected mass has been highly processed. 1~C has been reduced in 
abundance from 0.5 to 0.164, and 160 at 0.5013 is slightly above the originM abundance of 0.5. 
The major elements that  have been produced are 24My (0.184), 28Si (0.138), and a2S (0.01.2). 

The equivalent mass of the processed material ejected into the interstellar medium prior to the 
eventual explosion amounts to 0.0094M o of 24My and 0.0071M o of 28Si. This should not be 

enough to produce any visible signature later on when the ejecta from the supernova explosion 
runs into this earlier debris. 

The chemical composition of the merged object is practically unchanged from its original 
value. Processed elements are only present in traces. The most abundant of them, again 24My and 
2aSi, have abundances of 0.0073 and 0.0054; respectively. All these processed elements are located 

in the hot envelope surrounding the original primary. Practically no burning took place involving 

material from the primary. The merging process will therefore leave no obvious signature, at least 

as far as the chemicM composition of the supernova progenitor is concerned. 
This work has been supported in part by NASA grant NGR 22-007-272. One of us (W.B.) also 
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T H E  C O A L E S C E N C E  OF W H I T E  D W A R F S  A N D  T Y P E  I S U P E R N O V A E  

Robert Mochkovitch D and Mario Livio 2) 

l)Institut d'Astrophysique de Paris, 98 bis Bd Arago, 75014 Paris, France 

2)Department of Physics, Technion, Haifa 32000, Israel 

ABSTRACT: In the context of the white dwarf coalescence model for type Ia supernovae, we 

compute post-coalescence configurations involving a thick disk, rotating around a central white 

dwarf (the original primary), having the same total mass, angular momentum and energy as the 

initial system. We show that carbon ignition in rather low density material (10 s - 10 ~ g.cm -3) 

can be triggered during the merging process itself or later, by dissipation due to turbulence in the 

disk. The evolution of the object following carbon ignition is very uncertain. 

1. INTRODUCTION 

Exploding white dwarfs are generally considered to be responsible for type Ia supernovae (SN 

Ia) for a number of observational and theoretical evidences: SNe Ia have progenitors belonging 

to the old galactic population and spectra without hydrogen lines; SN Ia light curves are nicely 

explained by the radioactive energy release of 0.5 -0 .7  M® of 56Ni resulting from the combustion of 

a fraction of the white dwarf to nuclear statistical equilibrium (1,2]; uncomplete nuclear burning in 

the outer layers produces intermediate mass elements and the resulting abundances together with 

the dynamics of the ejecta give synthetic spectra which fit rather well with the observations [3]; 

the burning front propagates from the center to the surface by a deflagration wave, with expansion 

velocities which can reach 20000 km.s -1 and leaving no compact remnant [4], in agreement with 

the absence of neutron star in the two historical SNe I Tycho and Kepler. 

The carbon deflagration model therefore appears quite successfull in accounting for many of 

the observed features of SNe Ia but the main problem which remains is related to the presupernova 

evolution and can be summarized by the following two questions: (i) is it really possible to bring 

a white dwarf by accretion sufficiently close to the Chandrasekhar limit to allow central carbon 

ignition? (ii) if it is possible, does it occur in a large enough number of systems to explain the SN 

Ia rate, which is estimated to be of the order of 6.8 10 -14 pc-3.yr -1 in our Galaxy? 

The answer to these two questions is very uncertain. It may indeed be difficult to reach 

the Chandrasekhar limit by accretion of hydrogen-rich material, due to periodic mass ejection by 

hydrogen shell flashes [5]. Accumulation of helium appears to be possible only for accretion rates 

larger than 10 -s  M®.yr -~. However, even in this case, mass loss by a stellar wind during the 

receurent helium shell flashes could also reduce the efficiency of accretion and prevent the white 

dwarf mass from growing (6]. For a discussion of point (ii), the evolution of close binaries must 

be followed from their birth (with an assumed IMF and distribution function of initial orbital 
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separation) until the eventual explosion of one of their components as a SN Ia. Such a study 

may include periods of non-conservative mass transfer, loss of angular momen tum by magnetic 

breaking, accretion from a stellar wind, etc... In spite of uncertainties in the theoretical modelling 

of these proccesses, it seems that  no (at least classical) evolutionary path can be found, which 

could bring a large enough number of systems to the SN Ia stage I71. This has led to the search 

for (a priori) more "exotic" scenarios, such white dwarf coalescence [7,8]. Binary white dwarfs 

(BWD) are produced after the second period of mass transfer in systems of initial semi-major  axis 

from a few tens to a few hundreds R® and with components of intermediate mass. If the white 

dwarfs are formed with a separation in the range 2 - 3 R e ,  they can be brought in contact  by 

the emission of gravitat ional radiation within a Hubble time or less. For two carbon-oxygen white 

dwarfs the total mass involved is often larger than the Chandrasekhar limit and some explosive 

outcome can be expected. Both observational I91 and theoretical [7,8,101 estimates of the BWD 

bir thrate  have been obtained, but  the results are still contradictory so that  no reliable comparison 

with the SN Ia rate can be made. We did not address this problem in the present work. We focused 

on the structure and possible evolution of post-coalescence configurations, assuming conservation 

of total mass, angular momentum and energy in the merging process. These assumptions have 

been confirmed by the very recent 3 D numerical simulation of Benz et al. [71]. 

2. C O M P U T A T I O N A L  M E T H O D  

A post-coalescence configuration consists of a central white dwarf (the original primary) sur- 

rounded by a thick disk coming from its disrupted companion. To compute its structure,  we used 

the classical self-consistent field approach for differentially rotating, self-gravitating systems [12]. If 

the material  behaves as a barotrope,  which is the case for the fully degenerate white dwarf interior 

and has been assumed for the partially or non-degenerate disk, the specific angular momen tum 

must  be constant along axial cylinders. We have then j = j(cb), with the constaint that  this 

distribution must satisfy the Rayleigh criterion dj/dCv > 0, c? being the polar radial coordinate.  

For practical purposes, tile mass coordinate m(oS) has been adopted instead of ~5 and the following 

expression has been used for j ( m )  in the disk 

(m - M , )  

j ( m )  = jo • M1 + M~ + b(, , ,  - M , )  " (1) 

M1 and M2 are respectively the mass of the central white dwarf and the mass of the disk. The 

constant jo is determined for any b by the condition JMl Jt rn)arn = J '  where J = Jorb + J2 is 

the sum of the orbital angular momentum (before coalescence) and the proper angular momen tum 

of the disrupted white dwarf. We assume that  the central white dwarf is non-rotat ing since it is 

less affected by tidal interaction due to its smaller radius (even in synchronized systems, its angular 

momen tum remains moderate  compared to J with therefore little effect on the final results). 

We take into account the thermal contribution to the pressure by adopting a polytropic rela- 

tion, P -- Ap "r with 2 < 5/3 (i.e. smaller than the value for degenerate, non-relativistic electrons 

only), when the density goes below a given limit po. If we take for po the density at which 

the thermal  and degenerate electron contributions are equal, this gives a transition temperature ,  
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To ~-, 105p2o/3 K. The  value of A is ob ta ined  from the  cont inui ty  of pressure at  p = po. 

3. RESULTS AND DISCUSSION 

We considered systems wi th  a p r imary  of mass  1 M® and 0.6 or 0.8 M® companions .  We then  

searched for whi te  dwarf  plus thick disk configurat ions wi th  d is t r ibut ions  of angular  m o m e n t u m  

given by (1) and  q = 1.4. The  centra l  and  t rans i t ion  densit ies pc and  Po were ad jus ted  so as 

to  conserve mass  and  energy while angular  m o m e n t u m  conservat ion is au tomat i c  when  (1) is 

adopted .  For infinite b, i.e. a un i form angular  m o m e n t u m  dis t r ibut ion ,  no solut ion can  be  found,  

in agreement  wi th  the  work of Hachisu et al. [13]. However, a uni form j disk is de tached  or 

j u s t  in contac t  wi th  the  centra l  whi te  dwarf, which is not  the  most  likely conf igurat ion to be 

p roduced  in the  merging process. The  pr imary  occupies a large fract ion of its Roche lobe before 

coalescence and  the  t ransfer red  mater ia l  strikes it directly. We therefore believe t h a t  conf igurat ions  

in which  the  disk takes some pressure suppor t  on the centra l  whi te  dwarf  are more  probable .  It  

is t h e n  possible to find solutions conserving mass,  angular  m o m e n t u m  and  energy for b < brnaz 
(bma~ = 75 for M2 = 0.6 M®, bm~, = 20 for M2 = 0.8 M®). The  solut ion wi th  b = bmaz is ent i re ly  

degenera te ,  while for b < bmaz, the  t r ans i t ion  densi ty and  t empera tu re  increase, which  cor responds  

to a growing lift of degeneracy in the disk. We also found t h a t  for b < big,~ (big~ = 17 for M2 = 0.6 

M®, bian = 5 for M2 = 0.8 M®), the  t rans i t ion  point  (po, To) lies above the  ca rbon  igni t ion line 

which means  t h a t  diss ipat ion dur ing  coalescence has  t r iggered ca rbon  b u r n i n g  in the  disk. We have 

represen ted  in Fig. 1 an in te rmedia te  solut ion for the  M2 = 0.8 M® case, cor responding  to b = 12. 
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Figure  I: Equ i l ib r ium configurat ion after coalescence ob ta ined  wi th  q = 1.4 and  b = 12. The  to ta l  
mass ,  centra l  density, t r ans i t ion  densi ty and  t em pe r a t u r e  and  equator ial  radius  are respectively M 
= 1.8 M®, Pc = 4.5 107 g.cm -3 ,  po = 2.5 105 g.cm -3,  To = 3.7 l0  s K, Req = 2.6 109 era. T h e  
upper  curve gives the d i s t r ibu t ion  of angular  velocity (fl =- 0 in the  inner  1 Me) ) and  the  lower 
figure shows the  shape  of isodensity contours  p/pc = 0.8, 0.5, 0.2, 0.1, 0.01, 0.001 and  0. 
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Even if such a model does not ignite carbon during coalescence, it will probably do it shortly after 

in the boundary layer and inner disk region where a very high shear is present and turbulence 

is likely to develop (the Richardson criterion for stability is strongly violated there). With an 

a - t ype  prescription for the turbulent viscosity, values of Pturb as large as 1011 - 1 0 1 2  cm2.s -1 are 

obtained, leading to a dissipation rate which can reach 1011 erg.g- l .s  - I  in the boundary layer and 

10 9 erg .g- l . s  -1 in the inner disk. 

We then conclude that carbon will be ignited off-center, in a relatively low density, partially 

or non degenerate material (10 s - 10 6 g.cm -3) either during the merging process itself, or later on 

in the just-formed disk. Such physical conditions cannot directly give a SN Ia explosion. It is not 

clear at all whether carbon burning (to O - Ne - Mg composition) will propagate inward into the 

white dwarf or outward in the disk (or both !) or if it will be rapidly quenched, for example by 

material expansion. In the first case, the O - Ne - Mg white dwarf which is formed can collapse 

to become a neutron star with only a weak explosion [14], while in the second case, the nuclear 

energy which is still available may not be large enough to power a SN Ia [15]. 

It finally appears that the evolution which follows carbon ignition remains very uncertain. 

Now that the possibility of dynamical merging has been confirmed [11], an important theoretical 

effort is still to be made to prove that a SN Ia can indeed result from white dwarf coalescence. 
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A B S T R A C T  

The method of matched asymptotic expansions is used to calculate the detailed structure of 

white dwarf- accretion disk boundary layers. Both optically thick and thin boundary layers are 

investigated for various values of the relevant parameters, as long as the layer's vertical extension 

remains very much smaller than the white dwarf's radius. Detailed, self consistent solutions for 

the boundary layer's and disk's structure are calculated and used to find the amount of energy 

radiated onto the accreting white dwarf (recently recognized to be an important factor in nova 

outburst modelling). 

I N T R O D U C T I O N  

The importance of the accretion disk inner boundary layer (BL) is well established. However, 

since the pioneering work of Lynden-Bell & Pringle (1974), progress in trying to understand the 

BL structure has been rather limited. For a recent review, see Shaviv (1987). In cataclysmic 

variables the problem is particularly important. For example, it is clear that  various observational 

characteristics of dwarf novae (in particular the X-ray emission) have to do with the BL (Pringle, 

1977; Pringle & Savonije, 1979; Tylenda, 1981; Patterson ~ Raymond, 1985). Very recently it 
has been pointed out that  the effect of BL heating on the pre-nova accreting white dwarf is of 

paramount importance in modelling the outburst (Shaviv 8z Starrfield, 1987). 

Regev (1983) and Regev & Hougerat (1988) introduced the method of matched asymptotic 

expansions as a practical tool for obtaining the BL structure self consistently, and demonstrated 

its viability for the study of optically thin and thick BL's in cataclysmic variables. In this work I 

would like to report on the results of an extensive parameter space study in which self consistent 

BL solutions have been found. The parameters include (in addtion to the white dwarf's mass and 

radius) the angular velocity - f~, at the star 's surface, 2~/- the mass accretion rate and, in certain 

cases, the pressure (or the temperature) at the BL inner edge. It has to be pointed out that our 

method fails whenever some of the basic assumptions break down or another viscosity prescription 

in the BL is used. This may result in different BL structures with transition regions (Papaloizou 

~z Stanley, 1986). 
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O U T L I N E  OF T H E  M E T H O D  

I describe here only the essentials of the method. A full derivation is given in Regev (1983), 

hereafter R, for the optically thick case and in Regev ga Hougerat (1988), hereafter RH, for optically 

thin BLs. Consider the r component (in cylindrical coordinates) of the momentum equation. In 

its non-dimensional form, assuming steady state and axial symmetry it is: 

Ou Ou Op 1 z 2 
e 2 _ _  e u-~r + eV-~z - ~2r = - e  21 t- (1) 

p Or r 2 r 4 

see R eq. 7. The symbols here have their usual meaning. Note the role of the small parameter, 

e, defined to be O~/f2K.R.. ('tK. =-- (GM./Ra,)  a/z is the Keplerian angular velocity at the star's 

radius, R., and is used to scale ~2. ~3, is the sound velocity at a typical point. If e << 1, one can 

expand all the functions in e, and the lowest order approximation should be satisfactory. Dropping 

terms of order e and smaller in equation 1 one gets: 

1 
a 2 = - ( 2 )  

r 3 

which means that the Keplerian angular velocity is the lowest order solution. However, one now 

faces the obvious difficulty of being unable to satisfy the inner boundary condition for ~ which 

should be ft. and not 1 (Keplerian at r = R. in our units). Obviously, very near the boundary, 

in the BL, the above outer 8olution is invalid. The solution may be something of the type used in 

the so-called standard theory (Shakura & Sunyaev, 1973), but the price is the loss of consistency 

and the necessity to treat the BL somehow, separately. It is also quite disturbing that in such a 

treatment the disk structure does not depend at all on the inner boundary condition. 

The remedy is to use boundary layer methods, i.e. to use another expansion (the inner expan- 

sion) very near the inner boundary. In order to do this the coordinates (here the r-coordinate) 

have to be stretched, i.e. one defines a new coordinate r = i + 5R with 5(e) very small. Changing 

variables in eq. 1, r to R, one gets a possible meaningful equation in lowest order only for a certain 

choice of 5 as a function of e. This is called the significant limit and it determines essentially the 

BL width. For details, see R and RH, as well as Bender & Orszag (1978) or Van Dyke (1964). 

While the basis for understanding the method can be found in these last two references, our case is 

considerably more complicated as it involves several equations in two space variables. We eliminate 

the z-dependence by vertically averaging and using the assumption that the disk, as well as the BL 

is geometrically thin. We then proceed as explained in R (or RI-I) when the BL is optically thick 

and dominated by gas pressure and free-free opacity (optically thin and dominated by radiation 

pressure and electron scattering opacity). 

The decision which assumption to use is based on the following consideration. For each choice 

of the parameters (notably ~ . ,  and 2i)/) we look for an inner solution and try to match it to 

the outer solution (letting e --+ 0). If matching is impossible, something must be wrong with 

the assumptions. If we can match, we check our solution for consistency - i.e. if the BL is still 

geometrically thin and if its optical depth is according to the assumption. In doing this we use 

ratios of relevant timeseales and optical depth formulae similar to the ones of Pringle & Savonije 

(1979) and King & Shaviv (1984). 

The outer solution we find is, of course, identical to the Shakura & Sunyaev (1973) solution. 

However we improve on it by trying to determine all integration eonstants from matching with 

the inner solution and not by new assumptions and approximations. Consider, in particular, the 
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angular momentum equation for the outer solution (eq. 17 in R). After integrating on z one gets 

the familiarly looking equation for the specific angular momentum transport caused by the gradient 

of visous stresses: 

M ( r 2 f ~ ) =  ~ d r  

See eq. 22 in R. This equation is again in nondimensional units. ~ and/~ are constants, v is the 

viscosity and E the surface density. Integrating, one needs a constant (call it C): 

[ ( r2a )  - C] = - ~--r~r 3 d a  
Z dr" (4) 

Obviously, C has to do with the ability of the BL to take up angular momentum. See the discussion 

in Katz (1987) (p. 199) on this matter. The assumption of C = 1 (see e.g. Pringle, 1981) allows 

one to decouple the disk structure from the BL in the manner explained above. Our method, 

however allows one to determine C from the matching (if at all possible) and construct a consistent 

approximation by composing it from the outer and inner expansions. In this way we obtain the 

structure of the accretion disk all the way down to the star. In additon various integral quantities 

depend on C. For example the disk luminosity is Ld = L~,¢c(-~ - C)  and the BL luminosity is 
1 2 LBL = L~cc [C - ½(1 + f/2,)] giving together the total luminosity L T  = Lac~ (1 - 7f/ ,) ,  where 

L~cc -= GM,~r/R, .  

RESULTS 

The optically thick BL differs from the optically thin one. Let us call them Case A and B 

respectively. We find that ~ = e 2 in Case A, and ~ = e in Case B. It follows that the BL thickness 

(in the r direction) is ~ ell ,  in Case A and ~ H, in Case B, where H,  is the vertical extension 

of the BL. This supports the finding of Pringle &= Savonije (1979) who based their argument on a 

somewhat different consideration. 

For all the values of the relevant parameters for which a Case A solution exists and is consistent, 

we find values of 0.7 > C > 1.0. In this case one has to solve a set of four coupled ODE's for the 

structure of the BL. The equations are given in R (eqs. 34-37). C is found from the matching 

provided the values of p (or T) and ~ are given on the surface. We use a numerical code for 

the solution of this boundary value problem, which allows to determine C as an eigenvalue. A 

relaxation method using quasilinearization (Henyey method) is quite effective if a good initial 

guess is known. Figure la  is a typical example of Case A. In addition to the obvious departure 

from the standard solution (dashed curve) one sees also the effect of the BL on the disk up to 

r ~ 2R,. This result is for M, = 1M®, R, = 9 x 10Scm, ~ ,  = 0.3f/K,, M = 5.5 x 10-gM®/yr. 

The value of C for this model is found to be C = 0.71. 

In case B, as described in RH, we were able to find an analytical solution for the BL which 

can be matched to the outer solution if C - 1. Thus, the standard solution continues inward until 

it is smoothly matched with the BL solution. As expected, one gets in this case a much hotter BL 

(see figure lb). This result is for the same white dwarf parameters but for a significantly lower 

value of ~/: iV/= 3.5 × 10-X°M®/yr. 
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F i g u r e  1: Log(T) (absolute temperature) as a function of position (distance from the white 

dwarf's edge) in the BL and the inner disk. The right panel (a) is Case A (optically thick) and the 

left one (b) is Case B (optically thin). The dashed curves ave the standard (Shakura ~ Sunyaev) 

solutions for both cases. 
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F i g u r e  2: The heating of the white dwarf (Lhe~t) in units of L~,c¢ -- GM,  M / R .  as a function of 

2~/. The single curve on the left is in the case of an optically thin BL. The two curves on the right 

delineate the region for which optically thick BL solutions exist. 

Finally, I present the results for the amount of radiation falling onto the white dwarf from the 

BL and the accretion disk. The effect of this heating on the accreting star and its implications for 

the nova outburst have recently been studied by Shaviv & Stavrfield (1987). They point out that 

this heating can significantly affect the evolution to a thermonuclear runaway. The inclusion of 

this energy makes it more difficult to produce a nova outburst; specifically when Lhe,t "~ 0.25L . . . .  
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the outburst is significantly less violent, and little or no mass is ejected. 
Figure 2 depicts the amount of heating of the white dwarf for the same 1M® star as before 

(with R. = 9 x 10Scm and f/. = 0.3~K.) as a function of )~r. We calculate Lheat by adding the 
energy radiated into the star (calculated numerically in Case A) to the fraction of the disk and 
BL radiation which after being emitted from the surface falls on the WD. In the optically thin 
case a unique solution of a -~ Lhe,t/L~ce equal to 0.248 is obtained. In the optically thick case an 
addtional free parameter ( the temperature or pressure at the BL-white dwarf boundary) is needed. 
All the possible values of such a parameter which give a consistent matched solution fall between 
the two curves on the right side of figure 2. The temperature is lower for the upper limit curve 
(since then the gradient of T into the star is bigger and hence more energy is radiated inward). 

I would like to thank Joe Patterson, Mike Shara and Giora Shaviv for discussions; Norman 
Baker for letting me use his computer code and the Astronomy Department at Columbia and the 
Space Telescope Science Institute (where a part of this work has been done) for their hospitality. 
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H I G H  R E S O L U T I O N  O P T I C A L  S P E C T R A  O F  120 W H I T E  D W A R F S  

David Tytler and Eric Rubenstein 
Columbia University 

ABSTRACT. High quality optical spectra of 120 white dwarfs have been obtained to search for double 
degenerate systems, some of which might become type I supernovae. No systems with high amplitude 
velocity variations have been found. However several exceptionally cool DA white dwarfs have been found 
to show weak Helium absorption lines, and four stars have split H-aipha line cores indicative of binary 
systems. 

It is now widely believed (eg. Iben and Tutukov 1984) that  short period double degenerate stars - binaries 
containing two white dwarfs - are the most likely progenitors of type I supernovae. Robinson and Shafter 
(1987) have obtained an upper limit on the space density of these systems by searching for variations in 
the flux measured in the wing of an absorption line. In common with Bragaglia et al. (1988 and these 
proceedings) and Foss (these proceedings), we are hoping to determine the frequency of occurrence of short 
period double degenerates by looking for radial velocity shifts in optical spectra. 

The Palomar Observatory Hale 5m has been used with the Oke and Gunn double spectrograph to obtain 
simultaneous spectra of H-beta (4650-5060) and H-alpha (6250-6850). TI 800x800 CCDs were used with 
35 kms -1 per pixel giving a resolution of 70 kms -1. The wavelength ranges covered are sufficient to include 
the whole absorption line profile in all cases, while the resolution is just adequate to show the common 
sharp NLTE line cores. A signal to noise ratio of over 100 was usually obtained with integration times of 
about 20 minutes. Some 120 stars were observed two or three times each, giving a total of 600 spectra. By 
cross-correlating numerous spectra of four subdwarf flux standard stars we have found that  our wavelength 
scale has an accuracy of 1 kms -1. The velocities of the white dwarfs can be measured to an accuracy of 
about 1-10 kms -1, depending on the strength of the line core. A preliminary analysis of about half of the 
spectra has not revealed any large velocity variations. 

The spectra of eight stars which are of particular interest are shown below. The fluxes are only approxi- 
mate, while the zero points for the spectra of 0501+527 and 1538+269 have been shifted up by 35000 and 
30000 #Jy respectively. One the left, from top to bottom, are the red spectra of stars which all show split 
H-alpha lines: 1036+433 (Feige 34, type sd 0) ,  WD0501+527 (G191-B2B, DA0), 2317-054 (Feige 110, sd O), 
and WD22564249 (G245, DA4+dM). On the right are four stars with both H-alpha and He I A6678.15 : 
WD1637+335 (L1491-027, DA5/DA6), WD1247+553 (GD319, sd B/DA4), WD1538+269 (Ton 245, sd B), 
and WD1430+427 ( PG, DA3). These include the coolest DA stars known to show helium lines. 

Bragaglia~ A., Greggio, L., Renzini, A. and D'Odorico, S. 1988, ESO Messenger, 52, 35. 
Iben, I. and Tutukov, A.V. 1984, Ap.J. Suppl., 54, 335. 
Robinson, E.L. and Shafter, A.W. 1987, Ap.J., 322,296. 
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